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Résumé

Nous étudions la migration radiale des étoiles, et testons son impact sur I’évolution chimique
de la Voie Lactée. Pour cela nous utilisons une simulation N-corps+SPH (Gadget-3) de galaxie
fortement barrée, afin d’étudier la migration radiale induite par la barre. Nous examinons un
nouveau mécanisme de migration radiale : une fraction des étoiles piégées a la corotation de
la barre, se déplacent avec le rayon de corotation lorsque celui-ci va vers I'extérieur (quand la
vitesse de rotation de la barre diminue, du fait de son évolution séculaire). Nous montrons que
ce mécanisme affecte principalement les régions externes du disque, a condition que la coro-
tation atteigne ces régions. Nous montrons également que ce mécanisme n’a pas d’effets dans
la Voie Lactée, car les estimations observationnelles des caractéristiques de la barre, indiquent
que la corotation est loin des zones externes. Nous analysons également la migration radiale
dans cette simulation, afin de construire un modele empirique de diffusion stellaire dans
le disque, et nous incluons ce modeéle dans un code semi-analytique d’évolution chimique
de galaxie. Nous testons la validité de cette approche en vérifiant que les galaxies simulées
N-corps+SPH et semi-analytique ont des propriétés morphologiques et chimiques similaires.
Nous appliquons ensuite notre modele a la Voie Lactée, en adaptant les parameétres du modele.
Puis, nous comparons les résultats obtenus avec un grand nombre d’observations concernant
le voisinage solaire (relation age-métallicité, distribution de métallicité, relation a/Fe vs Fe/H
et la bimodalité disque mince - disque épais) , et les gradients radiaux d’abondance.

Mots clefs : migration radiale, évolution galactique, Voie Lactée, abondances chimique, milieux
interstellaire, modélisation
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|§ Introduction

Les galaxies se forment a partir a partir de la matiere noire, et des du gaz primordial formé
apres le Big Big, qui contient essentiellement de ’hydrogene, un peu d’hélium, et des traces
d’éléments légers. Ce gaz primordial tombe en s’enroulant dans les halos de matiere noire,
se refroidit par viscosité et rayonnement thermique, et ainsi forme des disques de gaz dans
les halos. Le gaz est alors soit de I'hydrogéne atomique, soit de ’hydrogene moléculaire H,.
Les premieres étoiles se forment par effondrements gravitationnels locaux du gaz. A partir
d’environ 1 milliard d’années apres le Big Bang, les premiéres galaxies sont formées, et elles
évolueront jusqu’a aujourd’hui en continuant a accréter du gaz primordial, et en fusionnant
entre elles pour former des galaxies de plus en plus massives, et de formes variées.

En fonction de leur histoire, les galaxies peuvent alors prendre des formes variées. Les obser-
vations de galaxies ont amené Edwin Hubble a construire le premier systéme de classement
des galaxies selon leurs morphologies : la séquence de Hubble (Fig. 1.1). Dans la partie gauche
de cette séquence on trouve les galaxies elliptiques E, classées de 0 a 5 selon leur ellipticité. Et
dans la partie droite de la séquence, on trouve les galaxies spirales, séparées en deux branches
selon la présence ou non d’'une barre en leur centre, notées SB et S respectivement. Les spi-
rales sont classées de a a d selon la morphologie des spirales. La Fig. 1.1, illustre la séquence
de Hubble avec des galaxies réelles.

Alorigine, ce classement était aussi censé décrire les différentes étapes de I'évolution mor-
phologique des galaxies : partant des galaxies elliptiques considérées comme primitives, qui
évoluaient ensuite en galaxies disques. Aujourd’hui, la théorie de I’évolution des galaxies
indique que cette évolution n’est pas valide, et que la séquence de Hubble doit se lire dans le
sens inverse : les galaxies primitives sont des disques, qui évoluent en galaxies disques, soit par
des processus internes aux galaxies qui sont encore mal connus, soit par fusion entre galaxies
disques de tailles comparables (on parle alors de fusion majeure, par opposition aux fusions
mineures qui impliquent un rapport de masse inférieur a ~0.1).

Les galaxies elliptiques sont généralement trés pauvres en gaz, et ne forment pratiquement
plus d’étoiles. Leur évolution ne se fait plus que part interaction, voire, par fusion avec d’autres
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FIGURE 1.1 - Illustration de la séquence de Hubble avec des observations de galaxies réelles.
la catégorie "Irr" représente les galaxies irrégulieres, qui ne rentrent pas dans la séquence de
Hubble.

galaxies. Dans ces galaxies le mouvement des étoiles est principalement radial. A I'inverse, les
galaxies disques sont souvent riches en gaz, et ont alors des taux de formation stellaire plus
importants. L'évolution de ces galaxies peut se faire par des processus externes (accrétion de
gaz, interaction avec des galaxies voisines ou satellites, fusion de galaxies) ; mais aussi par des
processus internes, liés au fait qu'un disque d’étoiles est hors de I'équilibre thermodynamique,
et va alors former spontanément des structures comme une barre ou des spirales, pour tendre
vers I'équilibre (voir Sec. 2.3).

La formation des galaxies est encore mal connue aujourd’hui. La théorie est testée grace a des
simulations N-corps+gaz. Une simulation N-corps+gaz, est constitué d'une partie N-corps,
qui résout les équations de la gravitation pour une quantité N d’objets ponctuels, représentant
des ensembles d’étoiles, et les particules de matiére noire; et d'une partie permettant de
résoudre les équations de '’hydrodynamique du gaz. Ces deux partie sont couplées grace a la
formation stellaire, et aux interactions gravitationnelles entre le gaz et les objets ponctuels.
Les codes les plus connus permettant de réaliser ce genre de simulation sont Gadget (Springel,
Yoshida & White, 2001; Springel, 2005) et Ramses (Teyssier, 2002). Ces deux codes, utilisent un
algorithme d’optimisation "en arbre" pour le calcul de la partie N-corps, permettant de ne
pas calculer pour chaque particule la force gravitationnelle exercée par chacune des autres
particules. Concernant la partie hydrodynamique, Gadget utilise un schéma de résolution
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SPH (Smothed Particles Hydrodynamics) (Lucy, 1977; Gingold & Monaghan, 1977). Dans ce
formalisme le gaz est représenté par des particules "étalées" par un algorithme de lissage. Le
code Ramses, quant a lui, utilise un schéma AMR (Adaptive Mesh Refinement), consistant en
une résolution Eulérienne avec une grille adaptative. Récemment, le schéma AREPO (Springel,
2010) a été développé pour traiter également I’hydrodynamique avec un schéma AMR dans
les simulations Gadget.

Ces codes servent notamment a produire des simulations cosmologiques, reproduisant I'évo-
lution d'un cube d’'Univers selon le modele ACDM, depuis ’age sombre (avant la formation
des premieres étoiles et galaxies), jusqu’a aujourd’hui. Citons, par exemple, la simulation Mil-
lenium (Lemson & Virgo Consortium, 2006) (basée sur une version modifiée de GADGET-2),
dont I'étude montre notamment que le nombre de fusions majeures donnant des galaxies
elliptiques n’est pas assez élevé dans la simulation pour reproduire le pourcentage de ces ga-
laxies dans les observations. Ce qui indique que I'évolution des disques en ellipses se fait grace
a des processus internes et également que la croissance des galaxies se fait majoritairement
par accrétion du gaz environnant (Genel et al., 2008). La simulation DEUS, est un exemple
plus récent de simulation cosmologique (Alimi et al., 2012), utilisant le code Ramses.

Les simulations "zoom" consistant a re-simuler, avec une plus grande résolution, des petites
parties de simulations cosmologiques permettent d’étudier plus précisément la formation
des disques galactiques (Navarro & White, 1993; Springel, 2000; Semelin & Combes, 2005).
Ces simulations ont mis évidence la nécessité de processus de "feedback" de la formation
stellaire et des noyaux actifs de galaxies, pour former des disques galactiques ayant des
propriétés conformes aux observations (e.g. échelle radiale, fraction de gaz, taux de formation
stellaire, etc). Le feedback stellaire décrit I'effet rétroactif de la formation stellaire sur le gaz du
milieu interstellaire. En effet, les étoiles renvoient du gaz chaud dans le milieu interstellaire
sous forme de vents stellaires ou bien lors de leur explosion en supernovae (pour les étoiles
suffisamment massives), les explosions de supernovae créent également des turbulences
dans le gaz. Le feedback des noyaux actifs de galaxies, est créé par I'interaction du trou noir
super-massif en leur centre, avec le gaz du disque galactique. Les modéles (Springel, Di Matteo
& Hernquist, 2005; Booth & Schaye, 2009; Teyssier et al., 2011) montrent que I'accrétion de gaz
interstellaire par le trou noir crée une émission de radiation intense, qui réchauffe le gaz du
disque galactique.

Les phénomeénes de feedback transmettent donc de I'énergie au gaz interstellaire, le chauffent,
ce qui régule la formation de nouvelles étoiles, car plus le gaz est chaud moins il est instable
gravitationnellement i.e. moins il forme d’étoiles. Sans ces mécanismes, le gaz se refroidit trop
rapidement, forme beaucoup d’étoiles dans les premiers milliards d’années de I'existence des
galaxies. Les galaxies sont alors vidées de leur gaz, et ne pouvant pratiquement plus former de
nouvelles étoiles, sont composées essentiellement d’étoiles tres agées.

Le simulations ont également permis de montrer que ’évolution des galaxies est trés sensible
au feedback, ce qui pose probléme dans la mesure ol1 les phénomenes de rétroaction sont
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encore trées mal connus et donc difficiles a modéliser proprement.

Pour tester les phénomenes d’évolution internes des disques galactiques dans un environne-
ment plus contrélé, on utilise des simulations N-corps+gaz de disques isolés, en contrélant
avec précision I'état initial du disque. Ces simulations permettent en particulier de tester la
dynamique des étoiles dans les galaxies, et les phénomenes d’évolution séculaire, comme
nous le verrons dans la partie

Concernant I’évolution chimique des galaxies, des progrés considérables ont été réalisés
grace a des modeéles semi-analytiques "classiques" (modéles en anneaux indépendants, i.e.
sans migration radiale), qui consistent a résoudre les équations de I'évolution chimique
détaillée. Ces modeles ont permis d’interpréter la grande quantité d’observations concernant
les abondances du gaz et des étoiles dans le halo, le bulbe et le disque de la Voie Lactée et les
galaxies externes. Ces derniéeres années, des travaux ont été menés sur ces modeles pour les
augmenter grace a des prescriptions de migration radiale, pour étudier les effets du couplage
entre la migration et I’évolution chimique, nous aborderons ce sujet en partie 3. Notons
toutefois que les simulations N-corps+gaz de disques galactiques sont en nette progression
concernant I’évolution chimique, en incluant de plus en plus d’éléments chimiques, mais ne
permettent toujours pas d’'inclure des phénomenes comme I'accrétion de gaz intergalactique,
qui a pourtant une grande influence sur la composition chimique du milieu interstellaire.

les modeéles les plus performants sont les modeles semi-analytiques, qui, couplées a des équa-
tions décrivant I’évolution dynamique des étoiles, et du gaz interstellaire. Nous aborderons ce
sujet en partie

Comme nous venons de la voir, il reste encore beaucoup de phénomenes a comprendre
pour réussir a modéliser correctement la formation des galaxies. Dans ce cadre, la galaxie
dans laquelle nous vivons, la Voie Lactée, nous sert de laboratoire pour tester les modeéles
d’évolution galactique. En effet, puisque nous sommes dans cette galaxie, nous pouvons
I'observer avec plus de détails que les galaxies extérieures. D’ot1 'importance des observations
et des études de la Voie Lactée. Dans la Fig. 1.2, nous montrons une carte de la Voie Lactée,
comme si nous la voyions de I'extérieur. Sur cette carte, on voit les deux bras spiraux majeures,
les bras spiraux plus faibles, la barre/bulbe centrale, et la position du Soleil qui est & environ 8
kpc du centre de la Galaxie, entre les deux bras majeurs.

La Voie Lactée est un systéme chimiquement inhomogeéne dont les composantes principales
sont (avec les données sur la morphologies issues de Juric et al. (2008)) :

» Le halo de matiere noire, constitué d’'une matiére encore inconnue aujourd’hui, a une
masse estimée de ~ 10'? M.

o Le bulbe/barre a une masse de ~ 1.5 x 10'° M, (majoritairement des étoiles), qui repré-
sente environ 25% de la masse stellaire totale de la Voie Lactée. Le rayon de la barre
est estimé a environ 2.5-3 kpc. Cette région est constituée majoritairement d’étoiles
vieilles, dont la métallicité peut atteindre 3 Z (avec Z, la métallicité solaire).



Annotated Roadmap to the Milky Way

[artist’s concept)

NASA / JPL-Caltech / R. Hurt [SSC-Caltech] ssc2008-10b

FIGURE 1.2 — Vue d’artiste de la Voie Lactée observée de 'extérieur, a partir d’observations
infra-rouges du disque par le satellite Spitzer. Les bras majeurs et mineurs sont indiqués, ainsi
que la position de la barre. Le repére est centré sur le Soleil et les distances sont indiquées en
années-lumieres. (Source : NASA, Spitzer Space Telescope)
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o Le disque mince a une masse totale de ~ 3 x 101°M,, il est la composante la plus
massive de la galaxie, pour ce qui est de la matiére baryonique. Son profil radial de den-
sité surfacique d’étoiles décroit exponentiellement avec une échelle de 2600+520 pc :
Zihin = Po,o e~ . Ce profil est valable jusqu’a un rayon d’environ 30 kpc. Son profil
vertical de densité volumique d’étoiles décroit exponentiellement avec une échelle de
hauteur de 300+60 pc au voisinage solaire. Il est composé d’étoiles d’ages divers, allant
environ de 10 a 0 Gyr, et ces étoiles ont des métallicités tres variées en fonction de leur
position radiale, avec des métallicité décroissantes en fonction du rayon. Sa métallicité
moyenne est [Fe/ H] ~ —0.1. C’est dans le disque mince que les étoiles se forment, a
partir du gaz moléculaire Hy.

» Le disque épais, quant a lui, a une masse de ~20% celle du disque mince. Sa vitesse de
rotation autour du centre galactique est plus faible que celle du disque mince (50 a 100
km/s de moins). Il est constitué de vieilles étoiles (~ 10 Gyr) de métallicité plutét faible
([Fe/H]~ —0.7). Son échelle de hauteur est de 900+180 pc au voisinage solaire, et son
échelle radiale est de 3600+720 pc.

o Le gaz a une masse de ~ 5 x 10° My, il est en rotation autour du centre et est confiné
prés du plan Galactique. La majorité de ce gaz est de 'hydrogéne atomique neutre
HI (~ 80%). Les 20% restant sont sous forme de gaz moléculaire essentiellement, et
une tres faible proportion est sous forme de gaz ionisé. La densité de HI est presque
constante entre 4 et 17 kpc. Hors de cet intervalle, sa densité décroit rapidement. Au
voisinage solaire, il a une échelle de hauteur de ~ 150 pc. Quant au gaz moléculaire,
il est concentré sur un anneau de densité maximale au rayon ~ 4.5 kpc, et hors de se
rayon sa densité décroit suivant une gaussienne de largeur a mi-hauteur ~ 2 kpc. Au
voisinage solaire, ce gaz a une échelle de hauteur de ~ 60 pc.

¢ Le halo stellaire est la composante galactique la moins massive, sa masse vaut 3%
de la masse du bulbe, mais c’est la composante baryonique la plus étendue : il peut
atteindre un rayon de 40 kpc. Il est constitué d’étoiles vieilles (>10 Gyr), et pauvres en
métaux([Fe/H]~-1.5).

L'étude des galaxies, et notamment de la Voie Lactée, a la fois par les observations et par les
simulations N-corps+gaz ou semi-analytiques, est d'une grande importance pour notre com-
préhension de I'Univers, car leur formation et évolution fait appel a de nombreux phénomenes
physiques, allant de I’échelle atomique (pour la nucléosynthése au cceur des étoiles) jusqu’a
I’échelle cosmologique (formation des galaxies, interactions avec leur environnement, etc).
Par ailleurs les différents phénomeénes en jeux sont souvent couplés entre eux. Les galaxies
sont donc au croisement de divers domaines de I'astrophysique.

Ainsi, 'observation des galaxies, permet de retracer leur histoire via des traceurs chimiques
ou morphologique (nous y reviendrons en partie 3 au sujet de la Voie Lactée), on parle
d’archéologie galactique. Dans ce cadre, la migration radiale des étoiles, un phénomene
dont I'importance avait été négligée jusqu’aux années 2000, apparait comme un processus
potentiellement clé, car le mélange des étoiles pourrait affecter une grande partie des traceurs



TABLE 1.1 — Propriété des populations stellaires des disque mince et épais®.

Mince Epais

Densité volumique Po.0 (Mo pc™®) 451072 531073
Densité surfacique Zo Mg pc_z) 28.5 7
Echelle de hauteur H, (pc) 300 900
Echelle de longueur Lo (pc) 2600 3600
Masse en étoiles Mp (10'° M) 2.3 0.53
(Age)o Ao (Gyr) 5 10
(Metallicite) o ([Fe/H])o (dex) -0.1 -0.7

a:Lindice ® indique ici des quantitées mesurées au rayon Galactique R,=8 kpc. Les quantités
moyennes sont indiquées par ().

utilisés pour étudier I’évolution des galaxies.

La partie 2, sera consacrée a la dynamique de la migration radiale des étoiles. Nous verrons
d’abord des résultats analytiques sur les orbites stellaires, mettant en évidence I'origine de la
migration radiale : I'interaction des étoiles avec les structures non-axisymétriques du disque
(barre, spirales). Dans cette partie nous rappellerons également le processus de formation et
d’évolution de la barre centrale et des spirales, nous montrerons que ces structures évoluent
avec le temps, et que les outils analytiques ne sont plus suffisants pour étudier la migration
radiale dans les disques qui se modifient avec le temps. Nous poursuivrons par un rappel des
connaissances sur la migration radiale dans les potentiels gravitationnels variables avec le
temps, ce qui nous amenera aux travaux que j'ai effectué sur la dynamique de la migration
radiale pendant ma these. Les résultats de ces travaux sont regroupés dans un article donné a
la fin de cette partie.

La partie 3 sera consacrée a I'étude des effets de la migration radiale des étoiles sur I'évolution
chimique des disques et en particulier celle de la Voie Lactée. Cette étude sera basée sur
I'analyse d’'une simulation N-corps+gaz, et sur I'utilisation de modeles semi-analytiques d’évo-
lution galactique. Nous commencerons par un rappel des travaux déja effectués sur I'évolution
des galaxies, incluant les effets de la migration radiale. Ensuite, nous verrons que la migration
radiale peut étre modélisée comme un processus de diffusion des étoiles dans les disques, et
ainsi étre incluse dans les modeles semi-analytiques. Puis, nous discuterons des travaux déja
réalisés dans ce domaine. Nous expliciterons comment la diffusion stellaire est modélisée dans
ces travaux, ce qui nous amenera a présenter la méthode que nous avons développée pour
construire un modele de diffusion stellaire plus réaliste basé sur ’analyse d'une simulation
N-corps+SPH. Cette méthode est explicitée dans un article publié dans MNRAS. Enfin, nous
appliquerons notre modeéle d’évolution galactique avec migration radiale a la Voie Lactée,
et comparerons les résultats obtenus avec un grand nombre d’observations concernant le
voisinage solaire, les disques minces et épais, et les profils d’abondances chimiques. Ces
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résultats sont rassemblés dans deux articles soumis a A&A.



A Eléments de dynamique

Dans ce chapitre nous allons rappeler les différents éléments de la dynamique galactique,
qui aménent au phénomene de migration radiale des étoiles dans les disques, ainsi que les
courants de gaz interstellaire. Nous allons donc commencer par décrire les orbites des étoiles
dans différents potentiels gravitationnels en rotation qui n'évoluent pas avec le temps. Nous
introduirons 'approximation épicyclique, la notion d’orbite guide, et d’épicycles. Nous défi-
nirons alors la migration radiale des étoiles, et les mouvements de churning et de blurring
(dénomination introduite par Schonrich & Binney (2009)). Cette approximation nous per-
mettra ensuite d’'introduire les phénomenes de résonances orbitales avec une barre ou une
spirale dans les disques, et nous verrons comment les étoiles peuvent étre piégées par les
résonances avec une barre faible. Par la suite, nous discuterons des différents modeles de
formation et évolution des spirales et de la barre dans les disques galactiques. Nous verrons le
role de ces structures pour I'équilibre thermodynamique des disques : les disques tendent
vers I’équilibre thermodynamique en modifiant le moment angulaire des étoiles grace a la
barre et aux spirales, car elles permettent des transferts de moment angulaire entre les étoiles
du disque et les particules du halo de matiére noire qui sont en résonance. Ainsi la barre et
les spirales changent avec le temps, et rendent le potentiel variable. Cette variabilité a des
conséquences sur la migration radiale des étoiles, et de nouveaux phénomenes apparaissent,
comme nous le verrons a la fin de cette partie, avec I'article (a soumettre) Kubryk, Athanas-
soula, Prantzos. Nous verrons dans cet article que I'évolution séculaire de la barre engendre
un nouveau mécanisme de migration radiale des étoiles.

2.1 Orbites des étoiles dans les galaxies disques

Dans cette section nous allons résoudre les équations du mouvements afin de décrire les
orbites suivies par les étoiles dans différents potentiels gravitationnels. Il existe de nombreux
modeles de disques galactiques, comme par exemple les disques de Mestel (Mestel, 1963), de
Kalnajs, de Kuzmin, les disques exponentiels, etc. Chacun de ces modeles est utile pour étudier
des propriétés spécifiques de la dynamique dans les disques, toutefois, les observations ainsi
que les simulations numériques montrent que les disques sont généralement bien décrits par
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Y

X

FIGURE 2.1 — Choix du systeme de coordonnées. La masse M reste immobile au centre du
repere, car nous nous intéressons aux orbites de particules de masse négligeable devant M.

un profil exponentiel de densité surfacique d’étoiles.

Le potentiel créé par les disques, ou toute autre distribution de matiére est calculé grace a
I’équation de Poisson :

AV =47Gp 2.1)

ol YV est le potentiel gravitationnel, G est la constante de gravitation et p est la densité
volumique de matiere.

Dans cette section, je rappellerai certains éléments de dynamique des étoiles dans les galaxies
disques. Il sera question de résoudre les équations du mouvement dans des modeles simples
de disques, afin de montrer d’ol1 vient la migration radiale des étoiles. Cette section nous
servira donc a définir ce qu’est la migration radiale.

2.1.1 Orbites dans les potentiels Newtoniens sphériques

Nous allons commencer par calculer les orbites dans le cas ot le potentiel gravitationnel est
créé par une masse ponctuelle M. Les particules dont nous voulons connaitre la trajectoire
ont une masse négligeable devant M, par conséquent nous pouvons considérer que M est
immobile. Le potentiel créé est a symétrie sphérique, nous nous plagons dans le repere illustrer
en Fig.
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2.1. Orbites des étoiles dans les galaxies disques

En se placant dans le cadre de la mécanique analytique, le Lagrangien s’écrit :
1 GM
,%:T—‘I’:E(f2+r2(p2)+— 2.2)
r

ou T et ¥ sont I'énergie cinétique et potentielle respectivement. L'énergie cinétique est ex-
primée dans le repére cylindrique, car du fait de la symétrie sphérique, nous pouvons choisir
de décrire la trajectoire dans le plan 6 = 7 (ou z =0) sans perdre en généralité. Enfin, G est la
constante de gravitation, et M est la masse du corps central.

On peut alors calculer I'expression des variables conjuguées, qui nous servirons ensuite dans
les équations de Hamilton, pour établir les équations du mouvement :
0% | 0&

2.
F_r:pr %Zr(p:p"):L (2.3)

ou p; et p, sont les variables conjuguées de r et ¢. On reconnait pour p, I'expression du
moment angulaire L de la particule. On peut alors exprimer I'’hamiltonien du probléme avec
ces variables :

H:—(pr+—)—T (2.4)

0H
jo ol 2.5)
opr
0H 1
= ==p, (2.6)
Opy T
2 2
0H GM P35 GM P5
pr:—ar=—7+g r=—7+ﬁ 2.7)
. 0H dL
p¢=—%=0 < E=O (28)
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Les équations et sont équivalentes aux équations 2.3, et ne nous apprennent donc
pas grand chose. L'équation 2.7 est I’équation du mouvement que nous allons résoudre, et
I’équation 2.8 montre que le moment angulaire est une constante du mouvement, et donc
que la trajectoire de ’objet reste dans un plan, ce qui est cohérent avec le fait d’avoir choisi
d’exprimer cette trajectoire dans le plan z = 0.

En multipliant a gauche et a droite par 7 dans I'Eq. 2.7, il devient possible d’intégrer une
premiere fois I'équation :

, GM 11?2

GM 2 . intégration 1.
_ Er = ——+& 2.9

Pi ==t = F
r2 r3 =

ol la constante d’intégration & est 1'énergie totale de la particule, qui est donc une constante

du mouvement, comme le moment angulaire L.

En utilisant I'expression du moment angulaire r?¢ = L, il vient dt = -dg. AinsiI'Eq. 2.9 se
réécrit de la maniére suivante :

1 I?\ GM
_(r-2+_2)__ - e 2.10)
2 r r
1((dr\? 2 GM
- _((_r +r2)__G_ - e @.11)
2 @ r4 r

1

En faisant le changement de variable u = -

- GL—Q/I, on obtient apres quelques lignes de calcul :

du)? ) G2M? 28
—| =a—-u avec a= +— (2.12)
do L4 I?
En prenant la racine et en séparant les variables, on obtient alors :
du
= +dg (2.13)
ay/1-%
a?

Dans cette expression, le signe + détermine le sens de parcours de I'orbite, et nous choisissons

12
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le signe +. L'expression s'integre facilement et donne :
u u
arccos(—) =p-w — — =cos(p-w) (2.14)
a a

Alors, en remplacant toutes les variables, on obtient |'expression finale

1 _1+ecos(f)

" » (2.15)
avec
2812 L?
e= 1+W , p:@ et f=(,0—(1) (2.16)

Les orbites dans le potentiel Newtonien sphérique sont donc des coniques dont un des
foyers est I'objet central de masse M. Les parametres de ces coniques sont I'excentricité e, le
parametre focal p, et 'angle f de la particule par rapport a un angle de référence w, on appelle
f I'anomalie vraie.

Lénergie & dela particule détermine |'excentricité de la conique, et détermine sila particule est
liée gravitationnellement a I’objet central. En, effet si e = 1 la particule ne passe qu'une seule
fois a proximité de I'objet central, il s’agit d'une particule libre : sa trajectoire est une parabole
si e =1, ou bien une hyperbole si e >1. En revanche, pour 0 < e < 1 la trajectoire est une
ellipse, traduisant le fait que 'énergie de la particule est suffisamment faible pour qu’elle reste
confinée autour de I'objet de masse M. La Fig. 2.2 illustre les différentes trajectoires autour
de la masse M, indiquée au foyer des coniques. Notons que les trajectoires obtenues pour
les particules liées a 1'objet central sont fermées, mais qu’en générale, les trajectoires réelles
sont des versions légerement perturbées de ces orbites, qui ne bouclent pas parfaitement. Par
exemple dans le systéme solaire, ces perturbations viennent de 'influence gravitationnelle des
autres planetes, qui produisent un mouvement de précession des orbites qui est une rotation
du grand axe des ellipses.

2.1.2 Orbites dans les potentiels de disques axisymétriques en rotation

Intéressons-nous maintenant au cas des orbites dans les disques galactiques. Pour l'instant,
nous allons considérer que les disques sont axisymétriques. La premiére remarque que nous
pouvons faire est que, dans le cas des galaxies disques, le probleme n’est plus a symétrie
sphérique. Nous utilisons toujours le repére illustré en Fig. 2.1, et nous choisissons de mettre

13
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D Directrice

F1GURE 2.2 - Illustration des différentes trajectoires, selon I’excentricité de la particule, déter-
minant sont caractere lié ou libre. La masse M est au foyer F des coniques.

le disque dans le plan z =0. De par la symétrie du disque, nous perdons alors I'invariance par
rapport a la coordonnée 6.

Considérons tout d’abord une particule dont la trajectoire reste dans le plan z =0. Cette parti-
cule n’a aucun moyen de savoir qu’elle se trouve dans un disque et non dans une répartition
sphérique de matiére. Par conséquent cette particule a une orbite ayant les mémes caractéris-
tiques que dans la section précédente : conservation du moment angulaire, et donc trajectoire
quireste confinée dans le plan z =0. La différence par rapport au cas précédent est |'expression
du potentiel gravitationnel, qui n’assure plus forcément que la trajectoire soit fermée. Cette
particule peut alors suivre une ellipse dont le grand-axe pourra étre aussi en rotation, comme
illustré en Fig.

A présent, considérons une particule dont la trajectoire peut sortir du plan z =0. Dans ce cas
la particule voit un potentiel ¥(r, z). La trajectoire d’'une telle particule est alors constituée
d’oscillations radiales entre I’apocentre et le péricentre (c’est aussi le cas des particules liées
de la section précédente), mais aussi d’oscillations verticales, c’est-a-dire perpendiculaires
au plan du disque z =0. Comme les équations décrivant de telles trajectoires sont en général
non-intégrables, il est usuel d’utiliser 'approximation épicyclique (Binney & Tremaine, 1987),
qui repose sur un développement au premier ordre des équations du mouvement, afin d’en
déterminer des solutions approchées.

Pour décrire I'orbite d'une étoile, nous nous placons dans un référentiel en rotation, de sorte
que si I'étoile avait une orbite circulaire, elle serait immobile dans ce référentiel. Nous devons
donc prendre en compte les pseudo-forces d’inertie d’entrainement et de Coriolis, liées au
caractere non-Galiléen du référentiel choisi. Dans les référentiels en rotation on remplace le

14



2.1. Orbites des étoiles dans les galaxies disques

FIGURE 2.3 — Exemple de trajectoire d'une particule confinée au plan z =0 d'un disque galac-
tique. Le centre galactique est indiqué par le grand cercle noir, et la particule est indiquée par
le petit cercle noir.

potentiel ¥ par le potentiel effectif W, ¢, qui permet de décrire a la fois la force gravitationnelle
et les pseudo-forces subies par I’étoile :

L2
Werr(rz)=Y(r,2)+ ﬁ 2.17)

ou ¥ (r, z) est le potentiel gravitationnel du disque et L, est le moment angulaire de I'étoile.
Nous définissons la position Rg du minimum de ce potentiel, c’est-a-dire le rayon ou les
étoiles ayant le moment angulaire L, sont en orbites circulaires :

(3“Peff

57 (Rg,0) =0 (2.18)
LZ
= %_E’(Rg,o)_R_g =0 (2.19)
ow L
=>  S5(Rg,0) = R—g (2.20)
g

Considérons alors une étoile en orbite quasi-circulaire autour du rayon guide r = Rg etdontles
oscillations verticales sont centrées sur I'altitude z =0. Nous faisons le changement de variable
X =1 — Ry, afin de centrer les coordonnées radiales sur le rayon guide. Alors le potentiel effectif

15
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se développe en séries de Taylor autour du point guide de I'étoile (x =0, z =0). Comme nous
développons autour du minimum du potentiel selon la coordonnées r, les dérivées premieres
de la séries de Taylor sont nulles, et ne restent que les dérivées d’ordres supérieurs ou égaux a
2:

1(0°W 1 (0¥
Vo6, =W 0,0+~ | —L | ac|—L| 2iordh @2
2\ or? 2\ 0z°
(Rg,0) (R,0)

Alors nous pouvons écrire les équations du mouvement approchées :

oV 0’y
x:—a—eff — x:_( aesz) x =  i=-’x 2.22)
* " (Re0)
oY 0°Y
zz_ﬁ — 5=_ Z eff z — 5=—v2z (2.23)
0z 0z2
(Rg,0)

ol1 k2 et v2 sont les fréquences des mouvements épicycliques radiaux et verticaux respective-
ment. En premiére approximation, les mouvements épicycliques autour des orbites circulaires
sont donc des oscillations harmoniques autour du point guide, dans le référentiel tournant
avec ce dernier.

La solution générale des équations ,est:
x(t) = Xcos(kt+v) (2.24)
z(t) = Zcos(vt+() (2.25)

ou X et Z sont les amplitudes des épicycles radiaux et verticaux respectivement, ¥ et { sont
les phases des mouvements radiaux et verticaux.

Il est également possible de calculer les mouvements azimutaux (selon la coordonnées ¢) des
étoiles a partir de leur moment angulaire. En effet, la vitesse angulaire des étoiles en orbites
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circulaires est Qg = %. Or, comme L, se conserve, il vient :
4

= 2 LZ(1+ ad )2 Q (1 Zx) (2.26)
q) = — = — —_— = g _—— .
r2 Ré Rg Rg
Alors, en remplacant x par I'expression , hous pouvons intégrer 'équation, et obtenir

I'expression des mouvements azimutaux :

X
sin(k £ + 1) 2.27)
4

2Q
(p(f) = Qgt+(p0—

Pour mieux visualiser les résultats, exprimons cette équation dans un repere cartésien (x, y,
z), centré sur le point guide (x =0, = Q¢ f + ¢y), et en rotation avec celui-ci. Nous avons déja
défini les variables x et z, la variable y décrit la direction perpendiculaire a x et z. Dans ce

repere, I'Eq. devient :
2Qg . )
y() =———=Xsin(kt+y) =-Ysin(kt + ) (2.28)
K
Avec les équations , et sont avons la solution des équations du mouvement dans

le cadre de I'approximation épicyclique. Cette approximation est valide tant que le potentiel
effectif est bien approximé par un potentiel harmonique selon x, y et z.

Considérons un modele de disque tres peu étendu dans la direction z. Alors si le disque
est suffisamment mince, I'expression de I’équation de Poisson 2.1 se simplifie, et permet de
calculer la composante verticale du potentiel :

0*¥(r, 2)
——— =47Gp(r,2) (2.29)

072
11 est alors clair que pour avoir un potentiel de la forme ¥ « z?, c’est-a-dire un potentiel
harmonique, on doit avoir une densité p constante. Par conséquent 'approximation épicy-
clique pour les mouvements verticaux des étoiles, n’est valide que pour des étoiles restant trés
proches du plan z =0, ot la densité de matiére peut étre considérée a peut pres constante i.e.
|z| < 300 pc. Or les disques galactiques peuvent avoir une échelle caractéristique de hauteur
de ~1 kpc, par exemple pour le disque épais du voisinage solaire. Lapproximation épicyclique
n’est donc pas valide pour décrire les orbites ayant des oscillations verticales amples. En
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Planet

FIGURE 2.4 - Illustration de 'approximation épicyclique pour une orbite de planéte autour
du Soleil. La trajectoire elliptique vraie est en tirets, 'orbite guide est le cercle gris clair, les
mouvements épicycliques sont indiqués par I'ellipse centrée sur le point guide (marqué par le
symbole +). Et la trajectoire obtenue avec 'approximation épicyclique est la courbe noire en
trait plein. (Extrait de (Binney & Tremaine, 1987)).

revanche, concernant les mouvements dans le plan du disque, la validité de I’approximation
est plus étendue, jusqu’a des amplitudes de I’ordre du kpc.

Dans le plan z =0, d’apres les équations et , les epicycles sont donc des ellipses dont
le rapport des axes vaut :

X K
- (2.30)
Y 2Qg

La valeur de ce rapport dépend du potentiel dans lequel I'objet se trouve. Par exemple, pour les
potentiel Newtonien on a % = % La Fig. 2.4 compare la trajectoire d'une ellipse Képlerienne
en tirets (correspondant aux calculs menés en Sec. ) avec la trajectoire obtenue avec
I'approximation épicyclique quand le rapport des axes vaut 1/2 (en trait plein). Les deux
trajectoires sont proches I'une de l'autre, ce qui illustre la pertinence de I'approximation
épicyclique.

En conclusion, nous avons vu que les disques galactique axisymétriques induisent des mou-
vements d’oscillation radiale des étoiles, qui sont décrits en approximant le mouvement des
étoiles par la superposition d'une orbite guide circulaire et de mouvements épicycliques.
Historiquement, il s’agit 1a de la premiére mise en évidence de la non-circularité des orbites
stellaires. Cependant, les galaxies réelles ne présentent pratiquement jamais une symétrie
axiale parfaite car des structures se forment spontanément dans les disques (nous discute-
rons plus en détails en section 2.3 de la barre et des spirales), c’est pourquoi nous allons voir
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2.1. Orbites des étoiles dans les galaxies disques

dans la suite comment les étoiles évoluent dans les disques non-axisymétriques, et quelle est
I'influence des non-axisymétries sur les mouvements radiaux des étoiles.

Enfin, les orbites que nous avons étudié ici ont trois intégrales : L., E; et E;, qui sont respec-
tivement le moment angulaire, I'énergie des mouvements épicycliques radiaux et verticaux.
Ces intégrales s’expriment de la facon suivante (Binney & Tremaine, 1987) :

L, = ¢ (2.31)
_ Lo
E, = 5K X“=E (2.32)
1
E, = zv222 (2.33)
ol les variables sont les mémes que dans les Egs. et . Notamment, nous verrons plus

loin que la conservation du moment angulaire lors des mouvements épicycliques permet
d’étudier la migration radiale en séparant les différents mécanismes dynamiques qui peuvent
en étre a l'origine.

2.1.3 Orbites dans les potentiels non-axisymétriques en rotation

Les potentiels sont non-axisymétriques notamment quand une barre et/ou des spirales se
forment dans le disque (nous verrons en Sec. 2.3 la formation de telles structures). Les passages
a proximité d’autres galaxies ou les galaxies satellites naines contribuent également a rendre
le potentiel non-axisymétrique. Cependant, nous nous limiterons ici a la description des effets
induits par une barre rigide en rotation a la vitesse angulaire Q;, qui nous permettra d’aborder
les aspects de la dynamique dans les potentiels non-axisymétriques les plus fondamentaux
pour la migration radiale des étoiles.

ATaide de la figure 2.5, nous illustrons la forme du potentiel effectif créé par une barre en
rotation. Nous travaillerons dans le référentiel en rotation avec la barre, qui est ici au centre
de la figure, alignée verticalement. Le potentiel effectif est montré dans la moitié gauche de la
figure et il est symétrique par rapport a I’axe vertical. Dans ce potentiel les points L1, L2, L3, L4
et L5 sont des points d’équilibre, c’est-a-dire qu’en ces points, ona V¥, ¢ = O. La stabilité de
ces points est examinée dans Kubryk, Athanassoula, Prantzos (a soumettre) donné en Sec.
Par analogie avec les points d’équilibre qui apparaissent dans le probleme a trois corps, ces
points sont appelés points de Lagrange. Nous montrons également dans la figure les orbites
qui vivent dans ce potentiel, et que nous allons déterminer dans la suite. Par ailleurs, les points
L1, L2, L4 et L5 ont presque le méme rayon galacto-centrique, ils sont répartis autour du rayon
de corotation (que nous expliciteront plus loin).
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FIGURE 2.5 - La figure est divisée en deux. Dans la moitié gauche, est représenté le potentiel
gravitationnel créé par une barre orientée verticalement et sans spirales. Le minimum du
potentiel est au centre de la barre (disque vert), deux minima locaux sont alignés avec le
grand axe de la barre (disques bleus), et deux maxima sont alignés avec le petit axe de la barre
(disques rouges). Dans la moitié droite, sont indiquées les orbites qui vivent dans ce potentiel.
Les familles d’orbites x1 et x2 au centre créent la forme de la barre, les orbites circulaires, hors
de la barre sont aussi indiquées et appartiennent également a x1. Sont aussi indiquées les
orbites en "fer a cheval" autour des maximas du potentiel, qui peuvent étre soit LPO (pour
Long Period Orbit), ou SPO (pour Short Period Orbits)
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2.1. Orbites des étoiles dans les galaxies disques

L'équation du mouvement dans ce potentiel est :

F=-VY¥-2(Q, x ) —Qp x (Qp x 1) (2.34)

ol les deux derniers termes de I’équation sont la force de Coriolis et la force centrifuge, qui
sont ajoutées car nous travaillons dans un référentiel non-Galiléen. Et r est le vecteur (x,y)
dans le référentiel en rotation avec la barre.

En prenant le produit scalaire de I'Eq. ,avec I, il vient :
Loy Lo 0 (2.35)
| = _— X = .
dr\2 2P
g (2.36)
dr '

ou E; est I'énergie de Jacobi, qui s’exprime également :

Ej=E-Qp.L, (2.37)

Ainsi, Ej est une intégrale du mouvement dans les potentiels non-axisymétriques en rotation,
et contrairement au cas axisymétrique, nil'énergie E des mouvements épicycliques dans le
plan, ni le moment angulaire L, ne sont conservés, mais leurs variations sont reliées via I'Eq.

2.1.3.1 Orbites stellaires a proximité des points de Lagrange

Pour étudier les orbites dans les potentiels non-axisymétriques en rotation, il est utile de
commencer par les orbites trés proches des points de Lagrange. Dans la suite, nous allons
étudier les orbites autour du point L3, c’est-a-dire les orbites dans la barre. Toutefois, la
méthode que nous allons appliquer est valide autour des autres points de Lagrange, et les
résultats que nous allons trouver pour L3 sont valables pour 14 et L5 a condition de faire
un changement de variable pour centrer les coordonnées en ces points, je donnerai plus de
détails dans la suite. En revanche, autour de L1 et L2 nous verrons que le comportement des
étoiles est différent de celui autour de L3, L4 et L5.

Suivant Binney & Tremaine (1987), pour déterminer les orbites stellaires au cceur de la barre,
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Chapitre 2. Eléments de dynamique

c’est-a-dire autour du point L3 de coordonnées (0,0), nous allons développer le potentiel
effectif en ce point. Alors, comme pour le cas axisymétrique, les dérivées premieres sont nulles
car on se trouve a un minimum du potentiel, et comme les axes de la barre sont alignés avec les
axes x et y du repere tournant, les dérivées croisées sont nulles également. Cette méthode est
aussi valable autour des autres points de Lagrange, et les équations sont les mémes en faisant
un changement de variable mettant le point étudié a I'origine des nouvelles coordonnées.
Nous obtenons donc autour de L3 :

10°Werr , 10°¥err ,

Werr(x,y) =Werr(0,0)+ = X+ - 2.38
eff 6 ) =¥erp(0,0)+ 5 —3 2 0y (2.38)
O Weyy O Weyy - : ,
En posant yxx = —5— et ¥y, = 57 et en introduisant dans I'Eq. ,on ales
équations du mouvement suivantes :
X= 2Qpy—Wixx
by XX (2.39)

J=— 2Qp%—Wyy

Nous obtenons donc un systéme d’équations différentielles du second ordre a coefficients
constants, dont les solutions générales sont de la forme

x(t) = Xexp(At)
y() =Yexp(At)

(2.40)

avec X et Y des constantes réelles, et A une constante complexe que nous allons déterminer
dans la suite. En remplagant alors dans on obtient le systéme matriciel suivant :

¥

Alors, si le déterminant de la matrice est non-nul, la seule solutionest X =0et Y =0: les

A +¥, )X -21Q,Y =0 AM+¥,., 210,

= 2 =0 (2.41)
200X+ (A2 +W¥,,)Y =0 200, A*+VYy,

étoiles ne bougent pas de L3. Pour que les solutions soient non triviales, le déterminant doit
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2.1. Orbites des étoiles dans les galaxies disques

donc étre nul, c’est-a-dire :

M+ A (W + Py +4Q5) + P Py =0 (2.42)

Nous obtenons ainsi, I’équation caractéristique du systéme, qui est du quatrieéme degrés, et
donc, posséde quatre racines complexes (opposées deux a deux) qui sont les valeurs possibles
de A dans . U'analyse des solutions de permet de déduire la stabilité du point de
Lagrange, ce qui a été discuté dans Pfenniger (1990). En effet, si A posséde une partie réelle
non-nulle alors les expressions divergent de facon exponentielle, I'étoile s’éloigne tres
rapidement du point de Lagrange : c’est un point d’équilibre instable. En revanche, si 1 est
imaginaire pur le mouvement est périodique autour du point de Lagrange : c’est un point
d’équilibre stable. Il est alors possible de déterminer des conditions de stabilité, dépendant de
la valeur des constantes dans . Dans l'article a soumettre Kubryk,Athanassoula,Prantzos
(donné en Sec. 2.4), nous étudions ces conditions dans le cas un peu plus général ol1 la barre
n’est pas alignée avec les axes du repere.

La nature stable ou instable de I'équilibre aux points de Lagrange dépend de la forme du
potentiel effectif en ces points via les coefficients W et ¥y,. Selon les conditions de stabilité
obtenues par Pfenniger (1990) et dans notre article (Sec. 2.4), les points L1 et L2 sont toujours
instable a cause de la forme en "selle de cheval" du potentiel effectif, et le point L3 est toujours
stable car c’est le minimum absolu du potentiel effectif. En revanche, concernant les points L4
et L5, la stabilité est beaucoup plus sensible a la forme du potentiel et il n’est pas possible de
généraliser leur nature en examinant I'expression des conditions de stabilité, il faut analyser
les potentiels au cas par cas. Toutefois dans les simulations, il apparait que L4 et L5 sont
stables dans la plupart des cas parce que les potentiels galactiques simulés ont généralement
les bonnes propriétés pour que ce soit le cas. On considere alors qu’il en est de méme pour les
potentiels réels.

Par conséquent, le fait que L3 soit stable, impose que A soit un nombre imaginaire pur i.e.
A =z*ia ou A ==+ip, caril doit y avoir quatre valeurs possibles, opposées deux a deux. Et on
pose 0 < a < B. Dans ce cas les solutions des équations du mouvement sont de la forme :

x() = Xjcos(at+dy)+ Xacos(Bt+pa)
y(@) =Yysin(at+ 1)+ Yosin(Br+ o)

(2.43)

Et en substituant ces expressions dans I'Eq. , on obtient les relations entre les constantes
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Xy etYy,ainsique Xo et Vs :

—a?
Y, = Y—a Xy = ZQba( X

— 2
ZQhaz Vyy-a (2.44)
Y _ lyxx_ﬁ X — ZQbﬁ X
2= 20,0 2= \ijy_ﬁZ 2
Les orbites des étoiles composant la barre sont donc déterminées par les équations et
, qui décrivent une superposition de deux mouvements elliptiques, ayant chacun les
fréquences a et f. Comme nous avons définit 0 < @ < 3, en utilisant I'Eq. il vient :
2 2
a”<V¥y, < B (2.45)
Alors, d’apres les Eq. ,onaY;/X; >0et Y2/ X, <0, ce qui veut dire que les mouvements a

la fréquence a se font dans le sens de rotation de la barre (on parle d’orbite prograde), et les
mouvements a la fréquence S se font dans le sens opposé (on parle de mouvement rétrograde).
Par conséquent, il existe deux classes d’orbites autour de L3 : les orbites progrades dont |'orbite
guide est décrite par l'ellipse « et les epicycles décrits par 'ellipse §; et les orbites rétrogrades
ol le role des ellipses a et § est inversé. Ce calcul repose sur un développement du potentiel
autour du point L3, toutefois les résultats obtenus restent valides pour les orbites autour des
points L4 et L5, qui sont également des points d’équilibre stables, a condition de centrer les
variables sur L4 ou L5.

Par ailleurs, les orbites autour de L3 peuvent avoir leur grand axe orienté parallelement au
grand axe de la barre, ou bien perpendiculairement, formant les familles d’orbites "x1" et "x2"
respectivement, selon la notation de Contopoulos & Papayannopoulos (1980).

Pour les trajectoires autour des points instables L1 et L2, des exponentielles croissantes en
fonction du temps apparaissent dans I'’expression des orbites. Une analyse détaillée des
trajectoires d’étoiles en L1 et L2 est donnée par Romero-Gémez et al. (2006), ou les auteurs
montrent I'influence de ces points sur la formation d’anneaux d’étoiles autour de la barre.

2.1.3.2 Exemples d’orbites formant la barre

Ces orbites ont été étudiée dans différents potentiels gravitationnels constituant des modeles
de barres rigides (sans évolution séculaire). Les travaux de Contopoulos & Papayannopoulos
(1980), Athanassoula et al. (1983) et Contopoulos & Grosbol (1989) ont montré que la barre
est supportée par une famille d’orbites nommée "x1". Les Figs. 2.6 et 2.7, illustrent les formes
possibles de ces orbites, et comment elles dessinent la barre. Ces orbites sont fermées, tra-
duisant le fait qu’elles sont en résonances (elles font un nombre entier d’oscillations pendant
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FIGURE 2.6 — Orbites supportant la forme d’une barre quelconque, dessinées dans le référentiel
tournant avec la barre. Les orbites en traits pleins sont des membres de la famille x1, et sont en
résonance 2 :1 avec la barre (c.f. Sec. 2.2) ces orbites sont alignées dans le sens de la barre. Les
orbites perpendiculaires a la barre sont les orbites de la famille x2. Les orbites en pointillets
sont en résonance 4 :1 (elles font 4 oscillations radiales, pendant 1 révolution dans la barre), et
contribuent a la forme rectangulaire de la barre.

une révolution dans la barre). La plupart des étoiles constituant la barre sont en résonance
2:1 (ILR) (panneau en haut a gauche de la Fig. ), mais certaines étoiles sont sur d’autre
résonances, et notamment la résonance 4 :1 qui contribuent alors a la forme rectangulaire
que peuvent avoir les barres (voir Fig. 2.7).

Par ailleurs les orbites x1 sont fermées et stables, c’est-a-dire qu'une orbite proche d'une x1
mais légérement perturbée (trajectoire non-fermée), ne s’en éloignera pas, par conséquent la
famille x1 constitue la colonne vertébrale des barres, qui "piege" les orbites perturbées. Enfin,
les étoiles réelles ne suivent pas exactement les orbites x1 car elles sont toujours perturbées
par les petites irrégularités présentes dans les potentiels réels, mais elles s’enroulent autour
des x1 et forment ainsi le corps de la barre. 'autre famille d’orbites est perpendiculaire a I'axe
de la barre, c’est la famille "x2", qui est importante pour l'interaction de la barre avec le gaz.

2.1.4 Définition de la migration radiale : blurring et churning

Dans cette premiere section, nous avons décrit le mouvement des étoiles dans deux cas
simples : le disque axisymétrique, et le disque comprenant une barre rigide en son centre. Nous
avons résolu les équations de la dynamique, en faisant I’approximation que les orbites sont
une superposition de deux mouvements, ce qui permet de trouver des solutions analytiques
proches des orbites réelles. Ainsi, ces analyses permettent de mettre en évidence les deux
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FIGURE 2.7 - Différents exemples d’orbites de la famille x1 supportant la forme de la barre.
Figure extraite de Skokos, Patsis & Athanassoula (2002), ol1 le nombre dans chaque panneau
indique I'énergie de Jacobi de I'orbite, dans le potentiel étudié dans le papier.

phénomeénes dynamiques principaux a |’origine de la migration radiale des étoiles, dans les
disques galactiques

Dans un premier temps, nous avons vu le cas du disque axisymétrique, dans lequel les orbites
sont bien décrites par la superposition de mouvements elliptiques rétrogrades, et de faible
amplitude autour du point guide, et du mouvement du point guide lui-méme, qui suit une
orbite circulaire prograde autour du centre de la galaxie. Ces mouvements elliptiques sont
appelés épicycles et leur amplitude dépend dépend de I'énergie de I’étoile. Dans ce cas la
migration radiale vient de 'ellipticité des orbites, comme dans le potentiel Newtonien. En
revanche elles ne sont généralement pas fermées, car le grand axe des ellipses tourne autour
du centre galactique. C’est pourquoi nous avons vu deux fréquences apparaitre : celle du
point guide autour du centre galactique et celle de I'ellipse qui est donc la fréquence des
mouvements radiaux. Notons au passage, que les épicycles décrits ici ne sont pas circulaires,
contrairement a ceux intervenant dans la théorie développée par Hipparque (190 av. J.-C. -
120 av. J.-C.) puis Ptolémée (80 ap. J.-C. - 168 ap. J.-C.) dans I’ Almageste (Ptolemaeus, 150 ap.
J.-C.) au sujet des orbites planétaires dans le systeme solaire.

Dans un deuxieme temps, nous avons vu le cas d'un disque avec une barre en son centre. Nous
nous sommes intéressés aux orbites proches des points d’équilibre (ou points de Lagrange) qui
apparaissent quand on se place dans le référentiel tournant avec la barre. Nous avons vu que
le mouvement est 1a aussi bien décrit par la superposition de deux composantes : une orbite
guide, autour de laquelle I’étoile oscille en suivant une ellipse. Cependant, a la différence du
cas précédent, I'orbite guide n’est plus circulaire, elle est également elliptique. Dans ce cas,
nous avons deux sources de migration radiale : d'une part, les épicycles comme dans le cas
précédent, et d’autre part, les variations de I'orbite guide elle-méme, qui apparaissent a cause
de la barre au centre du disque. Nous précisons ici que, les bras spiraux générent eux aussi des

26



2.2. Résonances entre les étoiles et une barre faible dans le disque

points de Lagrange, et que les résultats que nous avons rappelés dans le cas d’'une barre, sont
également valables dans le cas ou1 la structure non-axisymétrique est une spirale. Enfin les
mouvements radiaux, dans les disques non-axisymétriques peuvent étre plus amples puisque,
dépendant de la synchronisation des deux mouvements, les deux oscillations radiales peuvent
se cumuler.

Ainsi, nous avons illustré deux choses : d'une part, que la migration radiale se sépare en deux
composantes, qui sont souvent appelées churning (pour les mouvements de I'orbite guide) et
blurring (pour les mouvements epicycliques) depuis Schonrich & Binney (2009) ; et d’autre
part que les structures telles que la barre et les spirales peuvent augmenter les mouvements
radiaux des étoiles.

Nous avons aussi, montré que I'une des différences entre le churning et le blurring, est la
conservation du moment angulaire. En effet, nous avons montré qu'une trajectoire composée
d’une orbite guide circulaire et d’épicycles, conserve son moment angulaire ; mais que ce n’est
plus le cas lorsque I'orbite guide présente aussi des oscillations radiales.

Par ailleurs, nous verrons que cette séparation de la migration radiale en deux composantes est
également utile lorsqu’il s’agit d’inclure la migration dans un modele d’évolution galactique,
comme nous le verrons au Chap.

2.2 Résonances entre les étoiles et une barre faible dans le disque

Dans cette section nous allons, d’abord définir la notion de résonance, puis donner une
description plus approfondie des orbites stellaires autour d’'une barre, et nous intéresser
plus spécifiquement aux étoiles en corotation avec la barre. Car la corotation tient un role
prépondérant dans I'évolution des disques et des structures (barres, spirales), et est également
au centre des travaux sur la migration radiale. Sur cette résonance, la vitesse de rotation des
étoiles est la méme que celle de la structure : Q = Qg, o1 Q est la vitesse angulaire des étoiles et
Q, la vitesse angulaire de la structure. Comme la vitesse angulaire des étoiles dans les disque
est une fonction décroissante du rayon (Fig. 2.8), et comme la vitesse angulaire de la structure
est considérée fixe, alors il n'y a qu'un seul rayon ou les étoiles et la structure tournent a la
meéme vitesse. Ce rayon est appelé rayon de corotation que nous nommerons parfois Rc dans
la suite. De plus, a cause de la décroissance de la vitesse angulaire des étoiles, si on se place
dans le référentiel tournant avec la structure, les étoiles sous le Rc tournent dans le sens de la
structure : Q — Q; >0; et les étoiles au-dela du Rc tournent dans le sens inverse : Q — Q <0

Les autres résonances font intervenir, a la fois, la fréquence épicyclique « (voir section
précédente), et la différence de vitesse de rotation entre les étoiles et les structures non-
axisymétriques Q — Q. On parle de résonance quand ces fréquences sont reliées via |'expres-
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sion :

Ik+m(Q-Q5)=0 (2.46)

ol Q; est la fréquence angulaire de rotation de la structure (barre, spirales, etc), et [ et m sont
des entiers relatifs et naturels respectivement. Avec la corotation, les résonances dont nous
parlerons dans la suite sont les résonances de Lindblad (qui ont été étudiées d’abord par Bertil
Lindblad), car nous allons voir qu’elles affectent I’évolution de la barre et des spirales. Ces
résonances sont définies par m =2 et [ = +1, ou le signe + indique que Q — Q; <0, ces étoiles
sont au-dela du Rc, c’est la résonance de Lindblad externe (ou OLR pour Outer Lindblad
Resonance). Inversement, le signe — indique que Q — Q; >0, donc ces étoiles sont sous le Rc,
c’est la résonance de Lindblad interne (ou ILR pour Intern Lindblad Resonance). On désigne
également les résonances en utilisant la valeur absolue des entiers [ et m, avec la notation
|m| :|1]. Dans cette notation les résonances de Lindblad se notent 2 :1, ce qui signifie que
pendant que le point guide fait un tour du centre galactique, il y a deux périodes épicycliques.

La Fig. 2.8, est un exemple de diagramme utilisé pour déterminer la position de la corotation
et des résonances de Lindblad. Dans cette figure, on trace la vitesse angulaire des étoiles et les
valeurs de Q +« /2 et Q —x/2 en fonction du rayon. La vitesse de rotation de la structure avec
laquelle les étoiles peuvent entrer en résonance est indiquée par la ligne horizontale. Ici, les
auteurs de ce diagramme (Yuan & Kuo, 1997), étudient les résonances avec une barre ayant
la vitesse angulaire Q;, =80 kms~'kpc™!. Dans ce type de diagramme, les résonances sont
aux intersections entre la ligne horizontale et les courbes de vitesses. On retrouve alors I'OLR
au-dela de la corotation, et 'ILR sous la corotation, et selon la forme du potentiel, la courbe
Q—x/2 peut présenter un maximum local pres du centre galactique, il est alors possible d’avoir
trois intersections (et parfois plus) de la ligne horizontale avec cette courbe. Dans ce cas la
résonance de Lindblad interne est divisée en deux : la résonance de Lindblad interne interne,
la plus plus proche du centre (ou IILR) ; et la résonance de Lindblad interne externe (ou OILR).
De ces deux résonances, la plus effective est 'OILR.

Nous allons maintenant décrire les comment se comportent les étoiles a la corotation dans
le cas ot la structure en rotation est une barre faible (nous expliciterons le terme "faible").
Suivant Binney & Tremaine (1987), nous réutilisons d’abord I'approximation épicycliques
développées en Sec. pour obtenir la solution générale des équations du mouvements,
puis nous examinerons le cas des étoiles a la corotation, afin de montrer que la corotation
"piege" les étoiles. Par ailleurs, les résonances de Lindblad peuvent piéger les étoiles (Goldreich
& Tremaine, 1981), mais nous n’en parlerons pas ici.
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FIGURE 2.8 — Diagramme permettant de localiser les principales résonances entre les étoiles et
une structure en rotation dans le disque. En fonction de la distance au centre de la galaxie, les
courbes pleines indiquent la vitesse angulaire des étoiles Q, et la valeur de Q + «/2 et Q — /2.
La ligne horizontale en pointillets indique la vitesse angulaire Q de la structure. La corotation
et les résonances de Lindblad sont alors localisées aux intersections entre la ligne horizontale
et les courbes en traits pleins. (Extrait de Yuan & Kuo (1997))
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2.2.1 Solutions générales des équations du mouvement

Nous repartons de I'équation du mouvement . On utilise 'expression du gradient en
coordonnées cylindriques (7, ¢, z), et 'expression de 'accélération dans ces coordonnées :

r=((- r(/')z)ér +Q2rp+rple,+ze; (2.47)

En posant ¢ =0 dans le grand axe de la barre, I'équation du mouvement dans le potentiel en
rotation avec la barre a la vitesse Q;, devient :

ow
F-rg? = —E+2r¢Qb+Qir (2.48)
L 1ov .
ro+2r¢p = —;—a(p—ZrQb (2.49)

Dans le cas étudié ici, on considere que la barre est faible, i.e. le potentiel gravitationnel créé
par la barre est faible devant le potentiel créé par le disque. Ce qui permet de développer le
potentiel :

Y(r,p)=Yo(r)+¥1(r,¢) (2.50)

ol W (r) est le potentiel axisymétrique du disque (ordre 0 du développement), et W, (7, ¢) est
la perturbation non-axisymétrique du potentiel du disque par la barre (ordre 1 du développe-
ment), avec |¥;/¥y| «1. Nous pouvons également développer les coordonnées :

r(t) =ro+r (1) ; @(1) = @o(1) + ¢1(1) (2.51)

On retrouve ici'idée de I'approximation épicyclique, ol1 les mouvements sont décomposés
en une orbite circulaire (rg,po(t)), autour de laquelle I'étoile peut effectuer des mouvements
de faible amplitude (r; (#),¢1(¢)). En remplacant les termes dans I'équation , on peut
ensuite séparer les termes d’ordre 0 et d’ordre 1. Les termes d’ordre 0 a gauche et a droite
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doivent se simplifier dans I'équation du mouvement, ce qui impose :

.2 d\PO . 2
ro$o” =——| —2rogoQlp—Qyro (2.52)
dar J,,
qui se réécrit
. dWO)
+Q 2 = | — 2.53
ro(¢o +Q2p) ( ar ), (2.53)

On reconnait dans cette expression la force centrifuge (membre de gauche) et la force issue
du potentiel ¥y (membre de droite), toute deux exprimées au rayon ry et dont on a simplifié
les signes — qui apparaissent dans I’expression de ces deux forces. Léquation est donc
I'expression de I’équilibre entre la force centrifuge et I'attraction gravitationnelle. On définit
Qo = Q(rg) avec

[1d%¥g
Q(r) =41/= (254)
r dr

ol est 'expression de la vitesse circulaire des étoiles au rayon r dans le potentiel ¥y. On
peut alors réécrire puis intégrer I'équation

i intégration
Po=Q-Qp ————  @ot) = (Qo—-Qp)t (2.55)
=
Léquation décrit 'orbite guide circulaire, qui est prograde (Qg — Qj >0) pour ry <R, et

rétrograde (Qg — Qj <0) pour rp >Rc.

Nous allons maintenant nous intéresser aux termes d’ordre 1 qui apparaissent dans les équa-
tions et

r"1+(d2\y°—92) rn—2roQog1 = —(%) (2.56)
dr? o or J,,
§ Ao 1 (Y
Y1+ 2Qp— = i e (2.57)
T'o rO a(p o
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A présent, nous avons besoin de définir le potentiel ¥, créé par la barre, et nous choisissons
de I'exprimer de la facon suivante :

WY1 (r,¢) =¥p(r)cos(mey) (2.58)

ol m =2 car nous nous intéressons au potentiel créé par une barre, et il faut ¥}, <0 pour que
¢ =0 soit dans le grand axe de la barre, c’est-a-dire pour placer les maximas du potentiel effectif
perpendiculairement a la barre, en ¢ = +7. Comme ¢ < ¢, nous faisons I'approximation

@(1) = po(t) dans I'équation , avec o connu grace a I'équation . Enremplacant dans
les équations et ,il vient :
.. dz‘l’o 2 . d"Pb
rn+ -Q r—=2r0QQpp; = —|——| cos[m(Qy—Qp)t] (2.59)
dr? o dar ),
) r mY¥p(ro) .
P1+2Q0— —Zsm[m(Qo—Qb) t] (2.60)
o ro
En intégrant I'équation , on obtient :
n Wp(10)
1=—2Qp— — cos[m(Qo—Qp)t]+ Cste (2.61)
¢ o 12(Q0-Qyp)
ce qui permet de remplacer ¢; dans I'équation , ce qui donne :
|+ K2 [d\yb+ 20%s [m(Qo —Qp) 1]+ Cst (2.62)
F1+xgr =— cos[m(Qg — ste .
PRl dr " r@-9p |, 0 b
avec
a*vy dQ?
K2 = ( 0 +392) = (r— +4Q2) (2.63)
dr? o dr o
qui est la fréquence épicyclique (voir Sec. ). La constante d’intégration qui apparait peut

étre absorbée dans la valeur de r;. Léquation du mouvement obtenue ( ) est celle d'un
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oscillateur harmonique de fréquence naturelle k¢, qui est forcé a la fréquence m(Qy — Qp). La
solution générale pour ce type d’équation est :

avy, 2QY¥,, cos[m(Qo—Qp) 1]
1= t - 2.64
r(f) = Creos(kol +y) — | — -y . A (2.64)

Dans cette expression C; et ¥ sont des constantes arbitraires, et nous avons définit :

A = x5 — m*(Qo— Qp)? (2.65)
Finalement, on remplace la variable ¢ par la variable ¢ en utilisant I’expression .l vient:
Ko®¥o
r1(@po) = C1 cos| ———— + | + Cy cos(meyp) (2.66)
Qo —Qp
avec
1[d¥y, 2QY,
Cr=—— + (2.67)
Al dr rQ-Qpl,,
Léquation , décrit les orbites stellaires de facon générale dans le potentiel créé par un
disque perturbé par une barre faible. Lexpression est valide partout, contrairement a I’analyse
faite en section qui ne concernait que le voisinage des points de Lagrange. On remarque
cependant que I'équation a une forme similaire a la composante x de 'équation ,a

ceci prét qu’'on a maintenant explicité toutes les constantes qui interviennent dans I'expres-
sion. Par ailleurs, cette expression permet de décrire aussi bien les orbites fermées (dans le cas
ol C; =0) que les orbites ouvertes, qui sont la superposition d’'une orbite fermée et de petites
perturbations (dans le cas ou1 C; #0, saufsi il y a résonance).

On remarque également que I'expression , suggere |'existence de cas particuliers, qui sont
les résonances. En effet, I'expression diverge pour Qg = Qy, c’est-a-dire pour la corotation, il
est alors nécessaire de traiter ce cas de fagcon un peu plus détaillée, ce que nous ferons en Sec.

. Aussi, si Q et x sont liés par I'expression , avec | = +1 'expression est nulle, ce
qui fait aussi diverger les équations. Dans ce cas, il s’agit des résonances de Lindblad puisque
nous avons choisi m =2.

33



Chapitre 2. Eléments de dynamique

2.2.2 Ftoiles piégées a la corotation

Les équations et divergent au rayon de corotation, quand Qg = Q. Par conséquent
I'approche utilisée dans la section précédente doit étre modifiée pour comprendre le compor-
tement des étoiles au niveau de cette résonance. Nous réécrivons les équations du mouvement

et , en nous placant au point L5 i.e. Q(rg) = Qp et g = %n, et en utilisant I'expression
des fréquences épicycliques (Eq. ):
.. 2 2 . a\Pl
rn+ (‘KO —4QO)I’1 —ZrOQO(p1 = —? (2.68)
. r 1 0¥,
+2Q)— = ———— 2.69
¥1 0 o rg 9 (2.69)

En utilisant 'analyse des orbites autour de 14 et L5 dans des potentiels analytiques de barre
(voir Binney & Tremaine (1987)), on peut montrer : (i) que quand |’excentricité e des orbites
tend vers 0, la composante non axisymétrique du potentiel (qui correspond a la barre) est
proportionnelle 2 e? i.e. la barre est faible; (ii) que les orbites a proximité des points de
Lagrange stables (L3, L4, L5) sont une superposition de deux mouvements elliptiques aux
fréquences a et f (conformément a ’analyse en Sec. ); (iii) que lorsque e —0 les ellipses
B sont des épicycles; (iv) que les ellipses a sont trés allongées dans la direction azimutale,
avec |Y1/X;| = e; (v) que ces dernieres ont une faible fréquence, avec a = eQ,.

Cette analyse permet de faire des hypothéses quant a I'ordre des termes dans I'expression
Lorsque la barre est faible (e «1) : ¥; est d’ordre e? d’apres (i) ; r; est d’ordre e d’apres (iv) ; ¢;
est d’ordre 1 d’apres (iv) car les mouvements sont amples dans la direction azimutale ; ¢, est
d’ordre e d’apres (v) ; Par ailleurs, une dérivée temporelle revient a une multiplication par e.
Ainsi, on ne conservant que les termes d’ordre e dans I'expression ,ilvient :

(K3 —4Q2)r —2r0Qo¢1 =0 (2.70)

Qui permet d’éliminer r; en substituant dans

10,

r2 0¢

(2.71)

2_492

x5
P —5—=
Ko 0

(ro,o+¢1)
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Alors, en utilisant I'expression pour remplacer ¥, on obtient

2w, (495 x5
Pr=——7 | —=— |sinl2(po + ¢1)] (2.72)
"o Ko
Lexpression , peut alors se réécrire ainsi :
d? .
d_g = —pz siny (2.73)
avec
2_ .2
_ 2 _ i 405 — K,
y=2¢1 et p=—|¥Ypo)l—7p— (2.74)
"o Ko

Précisons que la différence 4(2% - K% dans I'expression de p?, est toujours positive (Binney
& Tremaine, 1987), assurant la validité de I'équation obtenue. Par ailleurs, la singularité qui
apparaissait dans I’équation a disparue. L'expression est ’équation d'un pendule
pour la position azimutale ¢; de I'étoile, avec ¢; =0 quand I’étoile est a I’azimut du point L5.

Analysons maintenant le mouvement décrit par . Le point d’équilibre est en ¢;=0, c’est-
a-dire au maximum du potentiel ¥, et non au minimum. Dans le mouvement du pendule,
il existe une énergie limite en dessous de laquelle le pendule oscille autour de la position
d’équilibre, et si'énergie est supérieure a cette limite, le pendule effectue des tours complets
autour de son point d’attache. Le méme phénomene se retrouve ici, I'énergie du pendule est
donnée par :

E Ly 2 cos (2.75)
p—zw p L )

etsi E, < p? I'azimut de I'étoile oscille autour du point de Lagrange L5 (en ¢g = %n), elle
est donc piégée par le point de Lagrange. En revanche, si £, > p?, I'étoile effectue des tours
complets autour du centre de la galaxie, elle n’est donc pas piégée par le point de Lagrange.
Par symétrie, ces résultats sont également valables autour du point L4.
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En injectant I'équation , dans , on obtient :
210Q 1 r0Q0
rn=—-———-=+——-=|1/2[Ep + p?cos(2¢))] (2.76)
ERTor I g DTCYIR: V2IEy + pPeostze

qui est alors I’expression du mouvement autour des points stables L4 et L5. Contrairement,
aux expressions obtenues en section qui ne sont valables qu’a proximité des points de
Lagrange, 'expression est valable quelque soit 'amplitude des mouvements autour de
L4 ou L5, dans le cas ol la perturbation du potentiel par la barre est faible. La forme de ces
orbites est représentée dans la Fig. 2.5, leur aspect incurvé autour des points L4 ou L5 leur
vaut le nom d’orbites en "fer a cheval". Comme les points L4 et L5 sont proches du rayon de
corotation, les étoiles piégées autour de ces points oscillent d'un c6té a I'autre de la corotation,
avec des périodes différentes selon leur position initiale, ce qui a pour effet de mélanger les
étoiles autour du rayon de corotation.

Dans cette section, nous avons donc montré comment les étoiles peuvent étre piégées par la
corotation avec la barre, autour des points de Lagrange L4 et L5. Toutefois, cette conclusion est
obtenue pour une barre rigide, c’est-a-dire sans évolution. Dans I'article Kubryk, Athanassoula,
Prantzos (a soumettre) donné en Sec. 2.4, nous examinons le cas ou la barre évolue (le rayon
de corotation se déplace), et étudions dans ce cas le piégeage des étoiles, et nous décrivons le
lien de ce phénomeéne avec la migration radiale des étoiles.

2.3 Formation et évolution des structures non-axisymétriques dans
les disques galactiques

Les études de 'Univers proche permettent d’estimer la fraction de galaxies elliptiques, disques,
spirales et barrées. Aguerri, Méndez-Abreu & Corsini (2009) notamment, ont étudié un échan-
tillon de 3060 galaxies issues du catalogue spectroscopique du SDSS-Data Release 5 (Adelman-
McCarthy et al., 2007). Ces galaxies ont été sélectionnées en redshift, en magnitude absolue,
en inclinaison et selon leur voisinage : dans l'intervalle de redshift 0.01<z<0.04 , avec une
magnitude absolue M, <-20, et avec b/a >0.5 pour éviter les effets de projection dus a l'in-
clinaison (ol a et b sont le semi grand axe et le semi petit axe respectivement), et seules les
galaxies n'étant pas a proximité d’autres objets ont été retenues. Le résultat de cette étude
montre que 26% des galaxies de I’échantillon sont des galaxies elliptiques, 29% sont des ga-
laxies lenticulaires, 20% sont des spirales de type précoce et 25% sont des spirales de type
tardif. Autrement dit, environ 3/4 des galaxies de I'Univers proche sont des disques (étant
soit lenticulaires, spirales précoces, ou spirales tardives). Enfin, parmi ces galaxies disques, la
fraction de galaxies barrées est de 45%. La fraction de galaxies barrée dépend également du
type de galaxie disque : 29% des lenticulaires ont une barre, 55% et 54% des spirales précoces
et tardives respectivement ont une barre.
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Dans les années 60 et 70 I’étude des galaxies et de leurs structures se faisait a I'aide d’outils
analytiques basés essentiellement sur I'’équation de Poisson, permettant de connaitre le po-
tentiel gravitationnel créé par un disque et ses structures; et sur la distribution de Boltzmann
qui permet de décrire la répartition des étoiles dans I’espace des phases; et par des calculs
d’orbites dans des potentiels spécifiques. Ces études analytiques considéraient des potentiels
statiques, c’est-a-dire des galaxies dont les structures n’évoluent pas avec le temps, et ont
permis de grandes avancées dans le domaine de la dynamique des galaxies, et sur la théorie
des orbites (Binney & Tremaine, 1987). Au cceur de ces travau, se retrouve souvent la friction
dynamique, qui est un échange d’énergie cinétique entre une étoile et une structure massive
lorsqu’elles passent a proximité I'une de 'autre. Dans les disques, oi1 le mouvement de rota-
tion des étoiles autour du centre galactique est décrit par son moment angulaire, la friction
dynamique produit un échange de moment angulaire.

Toutefois, des I'arrivée des premiéres simulations il est devenu clair que les disques galactiques
et leurs structures changent avec le temps. Lorsque les changements sont lents (de I'ordre du
milliard d’années ou plus) on parle "I'évolution séculaire" (Kormendy, 1979), par opposition
aux processus d’évolution plus rapide (de I'ordre de la centaine de millions d’années). Et les
travaux de Little & Carlberg (1991), ont montré que certaines approximations nécessaires pour
mener les calculs analytiques ne permettent pas de décrire la réalité avec précision.

Nous avons vu dans les sections précédentes que les structures non-axisymétriques peuvent
avoir une influence forte sur la migration radiale. Toutefois, les résultats analytiques sont
obtenus dans le cas de structures rigides. Dans la section 2.4, je présenterai les résultats des
travaux menés pendant ma thése sur la migration radiale dans le cas ot les structures évoluent.
Mais avant d’aborder ce sujet, je vais rappeler dans cette section les mécanismes via lesquels
les structures non-axisymétriques se forment. Je commencerai donc, par discuter des spirales,
en abordant le modele des modes spiraux, et le modele des bras spiraux transitoires, puis je
discuterai de la barre.

2.3.1 Les modes spiraux stationnaires

Les bras spiraux sont encore des structures dont les modeles de formation ne sont pas parfai-
tement établis. Les spirales ne peuvent pas étre des structures matérielles, en effet, a cause
de la diminution de la vitesse angulaire des étoiles en fonction du rayon galacto-centrique,
les spirales s’étireraient et s’enrouleraient autour du centre galactique (Fig. 2.9). Ainsi elles
présenteraient un aspect qui n’a jamais été observé dans les galaxies réelles, et auraient une
durée de vie trés courte, de seulement quelques rotations i.e. quelques centaines de millions
d’années.

La Fig. donne un exemple de spirale galactique. Il s’agit ici de la galaxie M51, qui présente
deux bras spiraux trés marqués et presque symétriques. Ce type de spirale est appelé "grand
design", par opposition aux spirales floconneuses dont un exemple est donné en Fig.
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FIGURE 2.9 - [llustration des effets de la différence de vitesse angulaire sur des spirales consi-
dérées comme des objets matériels. (depuis ircamera.as.arizona.edu)

Dans le premier modele viable de spirales, celles-ci sont vues comme des ondes de densité se
propageant dans les disques galactiques. Ce modele, présenté d’abord par Lindblad (1958), a
été ensuite largement développé par Lin, Yuan & Shu (1969) et Shu (1970), jusqu’a ce que le
modele arrive finalement a maturité avec Lynden-Bell & Kalnajs (1972); Bertin et al. (1989a,b);
Lowe et al. (1994), qui ont proposé un mécanisme pour la formation des ondes spirales
permettant de comprendre pourquoi les disques forment de telles structures.

Dans ce modele les bras ont une vitesse angulaire constante, ce qui n’est pas le cas des étoiles
(qui ont une vitesse angulaire plus élevée vers le centre galactique) ainsi il existe un unique
rayon auquel les étoiles tournent a la méme vitesse que la spirale : c’est le rayon de corotation
(Rc). Sous le Rc, les étoiles tournent plus vite que la spirale et la dépasse, tandis qu’au-dela
du Rc, les étoiles tournent moins vite. Ainsi la spirale exerce sur les étoiles sous le Rc une
force gravitationnelle qui tend a ralentir les étoiles (elles cedent du moment angulaire a la
spirale), a 'inverse les étoiles situées au-dela du Rc sont entrainées vers 1'avant par la spirale
(la spirale leur transmet du moment angulaire). Par conséquent, la spirale permet de transférer
le moment angulaire des étoiles des parties internes du disque vers les parties externes. Nous
allons maintenant voir en quoi ce transfert de moment angulaire joue un réle fondamental,
permettant aux disques galactiques de tendre vers I'équilibre thermodynamique.

Les disques galactiques sont des objets isolés, et composés de particules (les étoiles) auxquels
s’appliquent donc la deuxieme loi de la thermodynamique : les disques tendent a augmenter
leur entropie jusqu’a atteindre I’équilibre thermodynamique. Pour un disque galactique,
augmenter 'entropie revient a augmenter I'énergie des mouvements épicycliques de ses
étoiles : c’est le "chauffage" du disque i.e. les étoiles passent d’orbites circulaires a des orbites
présentant des oscillations radiales et verticales de plus en plus amples et rapides. L'énergie
des épicycles étant décrite par les équations et , cependant nous ne considérons ici
que I'énergie E, des mouvements dans le plan du disque.

Décrit en termes de position des étoiles dans ’espace des phases, un disque froid et mince
est composé d’étoiles en orbites circulaires, qui occupent une faible portion de I'espace des
phases, 'entropie du disque est donc faible. En revanche un disque chaud, est composé

38



2.3. Formation et évolution des structures non-axisymétriques dans les disques
galactiques

FIGURE 2.10 - Observation de la galaxie M51, une spirale "grand design" typique, avec sa
galaxie satellite en haut a droite. (Credit : NASA, Hubble Heritage Team, (STScI/AURA), ESA, S.
Beckwith (STScI))

d’orbites présentant des oscillations épicycliques amples avec une distribution de vitesses
plus large. Par conséquent les étoiles d'un disque "chaud" occupent une plus grande fraction
de I'espace des phases, un tel disque possede alors une entropie supérieure.

Le mécanisme pour augmenter |’énergie des mouvements épicycliques fait intervenir I'énergie
de Jacobi (Eq. 2.37), qui est une quantité conservée lors du mouvement. Par conséquent, les
variations de I'énergie totale E = E; + E; (avec E. 'énergie de I'orbite circulaire) en fonction
de la variation de moment angulaire L, pour une étoile s’exprime :

dE
d(Lz)

=Q,=> E(L,) = Q,L, 2.77)

c’'est-a-dire que lorsque le moment angulaire d'une étoile est modifié, elle se déplace linéaire-
ment dans le plan (E, L;), suivant une droite de pente Q;, comme illustré en Fig. 2.11. Cette
figure représente un diagramme de Lindblad qui permet de visualiser facilement ou1 sont les
orbites circulaires (sur la bordure de la zone grisée), et les orbites ayant une énergie épicyclique
non-nulle (zone claire). La zone grisée dans cette figure indique les états inaccessibles pour
les étoiles. Les fleches indiquent comment se déplacent les étoiles, dans le plan (E, L;) lorsque
leur moment angulaire est modifié, selon I'Eq. 2.77. Dans cette figure, est aussi indiquée la
région ot les étoiles tournent a la méme vitesse que le mode spiral : au niveau du rayon de
corotation (Rc). On constate alors, que les étoiles sur des orbites circulaires initialement sous le
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Rc (et donc dans les régions internes du disque) ne peuvent que perdre du moment angulaire,
et alors acquérir de I'énergie épicyclique (elles vont de la bordure de la zone grisée, vers la zone
claire). A l'inverse, les étoiles en orbites circulaires au-dela du Rc (dans les régions externes
du disque) ne peuvent qu’augmenter leur moment angulaire, et ce faisant, elles augmentent
également leur énergie épicyclique (elles vont également dans la zone claire du diagramme).

En résumé, pour atteindre 1'équilibre thermodynamique, un disque doit voir augmenter
son entropie, ce qui se fait lorsque les étoiles passent des orbites circulaires a des orbites
présentant des oscillations epicycliques, en augmentant I'énergie des mouvements épicycles.
D’apres I'Eq. pour augmenter cette énergie, il faut faire varier le moment angulaire des
étoiles. Lynden-Bell & Kalnajs (1972) ont montrer que des résonances entre les étoiles et la
spirale permettent aux étoiles sous le Rc de céder leur moment angulaire aux bras spiraux, qui
eux mémes transmettent ce moment angulaire aux étoiles au-dela du Rc, produisant ainsi le
chauffage du disque nécessaire pour atteindre 1'équilibre thermodynamique.

Eccentric orbits

FIGURE 2.11 — Diagramme de Lindblad (extrait de Sellwood & Binney (2002)). La région grisée
estinaccessible pour les étoiles, cette région est délimitée par la courbe indiquant I'énergie des
étoiles en orbites circulaires, en fonction de leur moment angulaire. Par conséquent, toutes
les étoiles de la région claire sont sur des orbites non-circulaires i.e. ces étoiles ont une énergie
épicyclique non-nulle.

Toutefois, cette théorie de Lin, Shu, Lynden-Bell et Kalnajs (LSLBK) repose sur une approxima-
tion permettant de rendre 'influence des bras spiraux plus locale. En effet, 'action d'un bras
spiral se propage par interaction gravitationnelle dans tout le disque, affectant alors toutes
les étoiles. Lapproximation qui a permis d’écrire la théorie de la propagation des spirales
dans les disques, consiste a travailler avec des spirales étroitement enroulées. Ainsi, un bras
spiral (qui est une surdensité) est immédiatement suivi par une sous-densité d’étoiles, elles
méme suivi de prés par un nouveau bras spiral, etc. Il en résulte qu’a suffisamment grande
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échelle (dépendant de I'étroitesse choisie entre les spirales) les surdensités et sous-densités
s’annulent vis a vis de la gravitation. Cette approximation permet donc de mettre en équation
la propagation de proche en proche de ’'onde de surdensité, ce qui est mathématiquement
plus "facile” dans le sens o1 les équations sont alors linéaires. Cependant, les solutions four-
nies dans le formalisme de LSLBK ne forment pas une base compléete de solutions, c’est-a-dire
que toutes les solutions ne peuvent pas étre exprimées dans ce cadre.

Certaines équations provenant initialement de la physique des plasmas, fournissent une
meilleure description de la propagation des spirales. En effet, un plasma est un fluide composé
de particules chargées électriquement, qui interagissent alors a la fois par collision, mais aussi
par le biais de I'interaction électromagnétique qui, comme la gravitation, est une interaction a
longue distance. Par conséquent, dans les plasmas, une surdensité de particules chargées peut
avoir des effets non-locaux, de la méme maniere qu'une surdensité d’étoiles peut influencer
toutes les étoiles du disque galactique.

Les équations en question sont celles de Van Kampen (1955), et concernent les ondes station-
naires dans les plasmas au sein desquels les collisions sont négligeables, et seule I'interaction
a longue distance est considérée, ce qui constitue un comportement similaire a celui des
étoiles dans les galaxies. Les modes stationnaires issus de ces équations forment une base
complete de solutions, ce qui n’est pas le cas de la théorie de LSLBK. Mais ces modes n'ont
pas d’équation de dispersion pour lier le vecteur d’onde a la pulsation de chaque mode, par
conséquent toutes les pulsations sont des solutions acceptables i.e. il n'y a pas de nombre de
bras privilégié. Il est alors nécessaire de faire intervenir des parameétres supplémentaires pour
expliquer le nombre de bras dans chaque galaxie.

Ces parametres viennent par exemple de 'environnement de la galaxie. En effet, les spirales
"grand design" dont les exemples typiques sont M51, M81 ou NGC 5364, ont toujours une
galaxie voisine, comme l'illustre par exemple la Fig. . Ce qui implique une asymétrie du
potentiel gravitationnel. Les disques galactiques semblent donc répondre a cette perturbation
par la formation de deux bras spiraux trés marqués et approximativement symétriques 'un de
l'autre. Cependant rien n'indique que les bras ainsi formés persisteront si la galaxie voisine
fini par s’éloigner de la galaxie étudiée.

Cependant, ces travaux ont permis de mettre en évidence un mécanisme pour la croissance des
spirales. Ils ont montré que la résonance de Lindblad interne et la corotation se comportent vis
avis des ondes de densité comme des barriéres réflectives et semi-réflectives respectivement,
formant ainsi une cavité résonante dont les spirales sont des modes propres.

2.3.2 Les bras spiraux transitoires

Le modele alternatif aux modes stationnaires des disques stellaires, est celui des "feuilles en
cisaillement", c’est-a-dire des disques infiniment minces, dans lesquels il existe un différentiel
de vitesse. Comparé au modele de la section précédente, le modele de la feuille en cisaillement
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FIGURE 2.12 — Observation de la galaxie NGC 4414, un exemple de spirale "floconneuse", i.e.
une organisation complexe de spirales. (Crédit : NASA et ESA)

ne considére qu’'une petite région du disque devant la taille du disque total.

Ce modele est développé indépendamment par Goldreich & Lynden-Bell (1965), Julian &
Toomre (1966) et plus récemment Fuchs (2001), et montre que les disques en rotation diffé-
rentielle sont instables et que de petites perturbations dans la répartition du gaz (comme les
nuages), sont les graines induisant la formation de bras spiraux. Le mécanisme d’amplification
des instabilités est appelé "amplification par balancement”, c’est un phénomene non-linéaire
permettant de tres fortes amplifications des instabilités.

Aussi, dans ce modele de multiples bras spiraux peuvent se former puis disparaitre de fagcon
continue, se qui peut laisser apparaitre une organisation complexe des bras spiraux. La Fig.

illustre une spirale dont le schéma est complexe, par opposition aux spirales "grand
design". Il s’agit ici de la galaxie NGC 4414.

La premiere étape de ce mécanisme est la formation d'un bras précurseur, qui pointe vers
I'avant (dans le sens de la rotation des étoiles). Du fait de la rotation différentielle du disque, se
bras se retourne pour devenir un bras "trainant", qui pointe dans le sens opposé de la rotation
des étoiles. Lors de la phase de retournement, la densité d’étoiles dans le bras augmente et
forme le bras final : ¢’est I'amplification par balancement.

Comme on peut le voir dans la Fig. , extraite de Julian & Toomre (1966), les bras spiraux
sont liés aux mouvements épicycliques des étoiles. En effet, 'étoile considérée a un mouve-
ment circulaire au départ (sans oscillations radiales). Quand la graine rattrape I'étoile (qui
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FIGURE 2.13 — Dans une simulation N-corps+SPH (Gadget3) a 1 Gyr, représentation de la
trajectoire des étoiles dans un référentiel tournant a 40 Gyr~!. L'échelle de couleur indique la
densité d’étoiles, les courbes noires la vitesse moyenne des étoiles dans chaque pixel. Plus ces
courbes sont épaisses, plus les étoiles vont vite, et les fleches indiquent le sens de rotation. Le
cercle rouge en tirets, indique le rayon auquel les étoiles tournent a la méme vitesse que le
référentiel.

va moins vite parce que plus éloignée du centre galactique), elle cede du moment angulaire
al’étoile, qui amorce alors des mouvements épicycliques d’oscillations radiales. Les cercles
sur la trajectoire de I'étoile indiquent des durées égales, on constate alors que I'étoile va plus
lentement apreés avoir dépassé la graine, quand elle est plus proche du centre (les cercles sont
plus rapprochés les uns des autres). Or les régions ot les étoiles se déplacent plus lentement
sont nécessairement plus dense en étoiles. Et ces régions sont agencées en bras spiraux. Une
fois la spirale formée, la densité de la région est augmentée, ce qui permet de renforcer les
effets de la perturbation du moment angulaire des étoiles et donc de précipiter encore d’avan-
tage les étoiles dans les bras spiraux. Par ailleurs, la ligne horizontale en tirets longs et courts
alternativement, indique le rayon moyen de I'étoile, apres le passage de I'étoile a proximité
de la graine, c’est le rayon de I'orbite guide. On observe que cette ligne se prolonge un peu
au-dessus du rayon initial de I'étoile, cette étoile a donc vécu un épisode de churning vers
I'extérieur, bien que cette migration soit ici de tres faible amplitude.

Quant aux étoiles plus proches du centre galactique, qui tournent plus rapidement que la
graine, elles perdent du moment angulaire lorsqu’elles dépassent la graine. Il en résulte
également un mouvement épicyclique et une régions ot les étoiles deviennent plus lentes.
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Le phénomeéne décrit ci-dessus, est également en accord avec les considérations évoquées
dans la section précédente sur I'équilibre thermodynamique des disques galactiques. En effet,
dans ce modele la variation du moment angulaire des étoiles se fait grace aux spirales, ce qui a
pour effet de chauffé le disque, et donc de le faire tendre vers son équilibre thermodynamique.

Enfin, comme ce mécanisme chauffe les étoiles du disque, il ne produit que des bras spiraux
transitoires. En effet, si les étoiles acquierent de trop larges mouvements épicycliques, leurs
orbites finissent par étre trop désorganisées, et n'arrivent plus a se synchroniser pour former
un bras spiral : le chauffage du disque permet de le rendre stable vis a vis de la formation de
bras spiraux.

D’apres Toomre (1981), le mécanisme de 'amplification par balancement est le mécanisme
principal de formation des bras spiraux, ce qui implique que les bras observés dans les galaxies
sont transitoires.

ATaide de simulations a trés haute résolution D’Onghia, Vogelsberger & Hernquist (2013),
ont confirmé que lorsque le bruit est faible dans la densité du disque, aucun bras spiral
n’apparait dans la simulation pendant au moins les trois premieres rotations du disque.
En revanche, dans ces mémes simulations, des spirales transitoires apparaissent en moins
d’une année galactique lorsque sont ajoutées dans le gaz des particules plus denses que les
autres, et comparables a des nuages de gaz moléculaires géants. La conclusion est que ces
particules servent de graines pour la formation des bras spiraux. Il est intéressant de noter
qu’actuellement seules des spirales transitoires ont été produites dans les simulations N-corps.
Baba, Saitoh & Wada (2013) ont également montré que le mécanisme de 'amplification par
balancement est a 'origine des bras spiraux transitoires et récurrents observés dans leurs
simulations N-corps.

Les simulations N-corps ont également permis de vérifier que les bras transitoires sont dif-
férents des modes stationnaires évoqués dans la section précédente. En effet, les modes
stationnaires ont une vitesse de rotation unique, ils tournent de facon rigide. En revanche, les
bras transitoires ont une vitesse angulaire qui diminue vers I'extérieur du disque, de la méme
facon que les étoiles (Grand, Kawata & Cropper, 2012, 2014; Baba, Saitoh & Wada, 2013). Les
bras transitoires sont donc en corotation avec les étoiles quelque soit le rayon considéré. Par
ailleurs, ce comportement des bras spiraux a été confirmé dans les observations des galaxies
proches M51, NGC 1068, M101, IC 342, NGC 3938 et NGC 3344 (Merrifield, Rand & Meidt,
2006; Meidt et al., 2008; Meidt, Rand & Merrifield, 2009).

2.3.3 Labarre centrale

Comme nous 'avons déja dit, les observations montrent qu'un peu plus de la moitié des
galaxies spirales forment une barre en leur centre. Nous donnons un exemple de ce type de ga-
laxie dans la Fig. montrant la galaxie UGC 12158. Dans les simulations, les disques forment
spontanément une barre car ils sont initialement hors de I’équilibre thermodynamique. En
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FIGURE 2.14 — Exemple d’'une trajectoire d’étoile passant a proximité d'une surdensité (la
graine du bras spiral est indiquée par le carré hachuré). Les courbes pleines sont les courbes
d’égales sur-densité d’étoiles. Les courbes en tirets sont les courbes d’égales sous-densité
d’étoiles. (extrait de Julian & Toomre (1966)). Le mouvement de 1’étoile est montré dans le
référentiel en rotation avec la surdensité constituant la graine du bras (le carré hachuré).
L'étoile considérée est a un rayon galactocentrique plus grand que la graine, par conséquent
elle tourne moins vite que la graine.

effet, nous avons mentionné au sujet des spirales que les structures non-axisymétriques per-
mettent aux disques de tendre vers ’équilibre thermodynamique, c’est donc aussi le cas des
barres.

Les travaux de Little & Carlberg (1991), ont montré comment la friction dynamique entre le
barre et les étoiles contribue aux échanges de moment angulaires. Toutefois, ces travaux ont été
menés dans le cadre de barres rigides, or les simulations numériques montrent que les barres
évoluent avec le temps : leur taille et leur vitesse de rotation peuvent changer. Différentes
études ont montré que les échanges de moment angulaire, sont le moteur de I'évolution des
structures dans les disques galactiques. Nous avons déja mentionné Lynden-Bell & Kalnajs
(1972) a propos de la formation des spirales. Mark (1976) a montré qu'un moyen d’amplifier
une onde spirale est de faire diminuer le moment angulaire du disque, en le transférant au
halo de matiére noire, via les résonances entre la spirale les étoiles et le halo. Kormendy
(1979) puis Sellwood (1980) sont les premiers a proposer que ces mémes échanges soient le
moteur de I'évolution séculaire de la barre. D’autres travaux sur les simulations N-corps sont
ensuite venu approfondir ces résultats, en particulier L. Athanassoula (avec Athanassoula
(2002) ;Athanassoula & Misiriotis (2002) et Athanassoula (2003)) sur I'étude de I’échange du
moment angulaire entre la barre, le disque et le halo.

Par ailleurs, les travaux de Little & Carlberg (1991) portant a la fois sur les aspects analytiques et
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FIGURE 2.15 — Observation de la galaxie UGC 12158, un exemple de spirale barrée. (Cré-
dit :ESA/Hubble & NASA)

sur les simulations N-corps ont permis de montrer les limitation des travaux analytiques qui ne
prennent pas en compte 1'auto-gravitation des disques dans I'étude de la friction dynamique.
En effet, les auteurs expriment les variations de moment angulaire des étoiles causées par la
friction dynamique avec une barre, puis ils comparent les variations analytiques obtenues
aux variations observées dans des simulations N-corps. Ils trouvent alors, que I'évolution de
la rotation de la barre est différente (étant soit plus lente soit plus rapide que les prédictions
analytique selon la nature de la barre). C’est pourquoi aujourd’hui les travaux sur la dynamique
galactique se font essentiellement a I'aide de simulations N-corps ou N-corps+gaz.

Dans la Fig. extraite de Athanassoula (2002), nous voyons pour une simulation de disque
barré, la distribution de la masse du disque et du halo en fonction du rapport de fréquence
(Q-Qp)/x (panneaux du haut). Etla variation de moment angulaire pour les étoiles en fonction
du méme rapport de fréquence (panneaux du bas). Nous pouvons voir que les étoiles sur
I'ILR perdent 0.06 unités de moment angulaire, et que les étoiles a la corotation avec la barre
gagnent une faible quantité de moment angulaire ( 0.01 unités). En revanche, les particules de
matiére noire, en corotation avec la barre gagnent 0.045 unités de moment angulaire. Ainsi, les
étoiles de la barre perdent du moment angulaire, en le cédant majoritairement aux particules
de matiere noire.

Cette perte de moment angulaire a pour premiére conséquence le ralentissement de la rotation
de la barre, en conséquence de quoi les résonances avec la barre se déplacent vers I’extérieur.
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FIGURE 2.16 - Les panneaux du haut indiquent la masse en fonction du rapport des fréquences,
pour les particules du disque et celles du halo. Les panneaux du bas indiquent les variations
de moment angulaire du disque et du halo en fonction du rapport des fréquences. Extrait de
Athanassoula (2002)

En effet la vitesse angulaire des étoiles est une fonction décroissante du rayon, donc si la
barre tourne moins vite, les étoiles en corotation avec elle sont alors plus vers 'extérieur du
disque. Et il en va de méme pour les autres résonances et en particulier I'ILR, et donc la barre
s’allonge en méme temps que sa rotation ralentie, vérifiant alors ’hypothése que les échanges
de moment angulaire amplifient la barre.

Ces études montrent également qu'il est important de considérer des halos non-rigides. En
effet dans le cas de halo rigides, il ne peut pas y avoir de transfert de moment angulaire, et les
simulations produisent en générale des barres peu développées.

Par ailleurs, les barres vivent généralement dans des disques présentant des structures spirales,
qui affectent le potentiel gravitationnel. Dans ce cas, Patsis, Kalapotharakos & Grosbel (2010)
ont montré que la barre est presque seulement supportée par des orbites chaotiques.

2.4 Migration radiale des étoiles dans les potentiels variables

Nous avons vu dans les sections précédentes que les mouvements radiaux des étoiles sont
influencés par les structures non-axisymétriques et en particulier la barre et les bras spiraux
qui peuvent se former dans les disques. Dans les sections 2.1 et 2.2, nous avons rappelé des
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éléments de dynamique galactique qui décrivent le mouvement des étoiles dans les galaxies
disques, dans le cas ot les structures sont rigides.

Par la suite, nous avons discuter de la formation et de I’évolution de la barre et des spirales
dans les disques galactiques. Nous avons vu que ces structures se forment spontanément dans
les disques dynamiquement froids, car ils sont loin de I’équilibre thermodynamique. Et nous
avons rappelé le mécanisme permettant a la barre et aux spirales de chauffer le disque, et ainsi
de le faire tendre vers 1'équilibre. Nous avons vu différents modeles de spirales, montrant que
les spirales ne sont pas des structures fixes une fois formées, de méme pour la barre. Nous
avons rappelé que les échanges de moment angulaire entre la barre, le disque et le halo de
matiere noire, sont le moteur de I’évolution séculaire des barres galactiques.

Cette discussion permet de mettre en évidence que les calculs analytiques obtenus pour des
structures rigides, ainsi que les conclusions qui en sont tirées, ne sont pas nécessairement
valides dans les galaxies réelles ou dans les simulations N-corps. Malheureusement, inclure
I’évolution séculaire des galaxies dans la dynamique stellaire, empéche de résoudre analytique-
ment les équations du probleme. La meilleure méthode est donc d’étudier le comportement
des étoiles dans des simulations N-corps (ou N-corps+gaz) pour comprendre les mécanismes
couplant I’évolution séculaire et la migration radiale des étoiles, et étudier son impact sur la
formation et I’évolution des galaxies réelles.

2.4.1 Contexte

Comme nous I'avons dit, 'étude de la dynamique galactique avec des potentiels gravitation-
nels changeant avec le temps, nécessite I'utilisation de simulations N-corps.

Sellwood & Binney (2002), dans un article fondateur pour I'étude de la migration radiale dans
les potentiels variables, ont étudié la migration radiale causée par une spirale transitoire a
deux bras, de courte durée de vie, et qui apparait spontanément. Dans leur simulation, c’est la
seule structure non-axisymétrique qui se forme, permettant alors d’étudier spécifiquement
les effets d'une spirale transitoire : les auteurs montrent que le churning a majoritairement
lieu autour du rayon de corotation de la spirale, par échange de moment angulaire; que
les étoiles en orbites quasi-circulaire sont les plus susceptibles de migrer a la corotation;
et que ce mécanisme de migration n'augmente pas la dispersion de vitesses des étoiles i.e.
les étoiles ayant migré restent sur des orbites quasi circulaires. Ils élaborent aussi un cadre
théorique pour expliquer le phénomene, basé sur la conservation de I'énergie de Jacobi, et sur
le diagramme donné en Fig. . Leur analyse repose sur les orbites en "fer a cheval", que nous
avons détaillé en Sec. 2.2. Toujours en utilisant les orbites en fer a cheval, les auteurs montrent
que la durée de vie de la spirale permet aux étoiles de n’effectuer qu'un seul passage d'un c6té
a lautre du rayon de corotation. Par conséquent, la spirale entraine un échange de position
radiale, entre les étoiles de chaque c6té de la corotation. Cet effet est plus conséquent que le
meélange engendré par les orbites en fer a cheval dans un potentiel fixe (Sec. ), car dans
ce cas les orbites sont permanentes, ce qui permet éventuellement aux étoiles de retourner
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a leur point de départ. En revanche, le potentiel variable créé par la spirale transitoire, fait
que ces orbites n’existent que lorsque la spirale est présente. Ainsi, les étoiles échangent leurs
places autour de la corotation, et aucune ne revient a sont point de départ. Cet article explore
également les conséquences de la migration radiale sur les observables liées a 1’évolution
chimique des galaxies, dont nous reparlerons dans le chapitre

D’autres travaux utilisant les simulations N-corps sont venus ensuite explorer plus en détails le
mécanisme de diffusion stellaire proposé par Sellwood & Binney (2002) autour de la corotation
avec les bras spiraux, ainsi que les conséquences de la migration sur différentes observables de
la Voie Lactée ou des galaxies externes (nous y reviendrons en partie 3). Et d’autres mécanismes
de migration radiale ont été suggérés, ce que nous allons voir dans la suite.

Les différentes études menées par R. Roskar (Roskar et al., 2008b,a, 2012), ont confirmé les
différents points présentés dans Sellwood & Binney (2002), et étudié les effets de spirales
transitoires récurrentes. En effet, leurs simulations forment spontanément des spirales, qui se
forment puis disparaissent, laissant la place a de nouvelles spirales dont la vitesse angulaire est
différente. Ainsi, de multiples rayons de corotation apparaissent et disparaissent, permettant
aux étoiles migrante de passer d'un rayon de corotation a l'autre, grace a la conservation de
la circularité des orbites lorsque les étoiles migrent a un rayon de corotation. La récurrence
des spirales transitoires produit alors une migration radiale bien plus importante, puisque les
étoiles ne sont plus contraintes de migrer en restant autour d'un seul rayon de corotation, mais
ont la possibilité d’explorer tout le disque, générant alors une diffusion des étoiles dans les
disques. Par ailleurs, ces travaux se penchent aussi sur les effets de la migration sur I'évolution
galactique, et en particulier, montrent que son impact est de plus en plus fort vers les régions
de plus en plus loin du centre galactique, car la formation stellaire locale va en diminuant,
permettant aux étoiles venant d’autres régions de représenter une fraction de plus en plus
importante de la totalité des étoiles locales. Leur étude porte également sur 'impact de la
migration sur differents marqueurs observationnels de I’évolution chimique, ce que nous
verrons plus en détails en partie 3.

La question de l'influence de la migration radiale sur la formation du disque épais est encore
débattue. Certains travaux (Schonrich & Binney, 2009; Sales et al., 2009; Loebman et al.,
2011) ont suggéré que la migration pourrait expliquer la formation du disque épais observé
dans les galaxies disques, en faisant migrer vers 'extérieur du disque des étoiles venant des
régions centrales de la galaxies. Ces étoiles venant du centre, elles sont en moyenne plus
vieilles, et ont une forte dispersion de vitesses verticales. En allant vers I’extérieur, la densité
surfacique de matiere diminue, donc la force gravitationnelle de rappel des étoiles vers le plan
du disque diminue également. Par conséquent, du fait de leur forte dispersion de vitesses
verticale, les étoiles venant du centre qui se retrouve plus loin dans le disque pourraient
avoir des oscillations verticales plus amples, formant ainsi un disque épais. Cependant, les
travaux de Minchev et al. (2012) montrent que ce mécanisme ne serait pas valide. En effet,
lors du déplacement vers I’extérieur, I’action verticale J, = E,/v (ou v et E, définissent les
epicycles verticaux - voir Sec. ) se conserve, et v décroit a cause de la diminution de la
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densité surfacique de matiere. Il en résulte que E, diminue également pour les étoiles des

régions centrales, migrant vers |'extérieur, c’est-a-dire que leur dispersion de vitesses verticales
diminue. Par conséquent ces étoiles ne contribueraient pas a la formation du disque épais.
Par ailleurs, Minchev et al. (2012) confirment leur conclusion en analysant le comportement

des étoiles migrantes dans des simulations N-corps.

En plus de la corotation avec des spirales transitoires, d’autres mécanismes de migration ont

été mis en évidence dans les simulations N-corps :
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+ Un processus voisin de celui décrit précédemment avec les spirales transitoires, fait

intervenir les surdensités qui peuvent se former lorsque différentes spirales de longue
durée de vie, ayant des vitesses angulaires différentes, sont en interférence constructive.
Ce mécanisme décrit par Comparetta & Quillen (2012), produit également une diffusion
stellaire dans le disque, grace aux multiples rayons de corotations avec les surdensités
qui se forment, mais le mécanisme agirait sur les échelles de temps plus courtes.

Minchev & Famaey (2010),Minchev et al. (2011) ont montré que dans les galaxies
spirales barrées, ol les spirales et la barre n’ont pas nécessairement la méme vitesse
angulaire, des superposition de résonances peuvent se produire, induisant une réponse
non-linéaire des étoiles. Ce mécanisme est, lui aussi, plus rapide que la corotation
avec des spirales transitoires, et les auteurs montre qu'il est un ordre de grandeur plus
efficace que les spirales transitoires.

Le cas des spirales barrées a également été étudié de facon phénoménologique par Bru-
netti, Chiappini & Pfenniger (2011), a I’aide de simulations N-corps. Dans cette étude,
la migration radiale est décrite par des coefficients de diffusion radiale des étoiles. Ces
travaux soulignent 'importance jouée par la barre dans de telles galaxies, en montrant
le lien entre la force de la barre (évaluée grace au mode m=2 de la décomposition de la
densité stellaire en série de Fourier) et la diffusion des étoiles dans le disque. Ces travaux
montrent également que les coefficients de diffusion varie fortement en fonction du
rayon galacto-centrique et du temps : autour de la corotation avec la barre on trouve
une région de forte migration dans les disques dynamiquement froids, et cette région
suit la corotation quand elle se déplace a cause de I’évolution séculaire de la barre;
au-dela de la barre, 1a ot les spirales se développent, on trouve une région étendue
jusqu’au bord externe du disque, dans laquelle le coefficient de diffusion est élevé mais
qui diminue également lorsque le disque est dynamiquement plus froid.

Les effets de marées causés par une galaxie satellite naine produisent une forte mi-
gration radiale dans les régions externes du disque (Quillen et al., 2009). Cette étude
se concentre sur la simulation de la migration radiale dans la Voie Lactée, et montre
qu'un satellite peut induire des courants d’étoiles, visibles dans les distributions de
vitesses. Les courants mis en évidence vont de I'extérieur vers I'intérieur, en particulier,
le voisinage solaire serait alors peuplé d’étoiles venant des régions externes du disque,
brouillant les observables concernant I’évolution chimique. Par ailleurs, ces courants
pourraient correspondre a ceux observés dans le voisinage solaire, suggérant ainsi le
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passage récent d'une galaxie satellite.

 Enfin, Bird, Kazantzidis & Weinberg (2012) ont examiné I'influence d'une succession de
fusions mineures : un bombardement de satellites. Ce phénomene intervient dans le
scénario de la formation des galaxies par fusions successives de galaxies. L'analyse de
simulations menée pour cette étude, montre que la migration radiale est plus forte dans
les disques perturbés par les fusions mineures, et affecte surtout les régions externes
du disque, car les étoiles y sont moins contraintes gravitationnellement.

2.4.2 Travaux de dynamique effectués durant la thése

Dans l'article Kubryk,Athanassoula,Prantzos, (soumis ou qui sera soumis prochainement),
nous étudions le churning dans une simulation N-corps+gaz (Gadget3). La galaxie simulée
présente des spirales, et une barre. Les bras transitoires sont de moins en moins forts au
fur et a mesure que le disque est chauffé, et la force de la barre augmente avec le temps, et
devient rapidement (apres 2 Gyr) la structure non-axisymétrique dominante dans le disque.
L'évolution séculaire de la barre se traduit par sa croissance et la diminution de sa vitesse de
rotation, ce qui déplace sont rayon de corotation de ~4 kpc a 2 Gyr, jusqu’a ~14 kpc a 10 Gyr.
C’est une simulation a haute résolution, comportant 2 millions de particules réparties entre le
gaz, les étoiles primordiales (présentes des t=0), les étoiles nouvelles (qui se forment a partir
du gaz), et le halo de matiere noire. La durée totale de cette simulation est de 10 Gyr.

Afin d’analyser cette simulation, j’ai développé une bibliotheque compléte de routines d’ana-
lyse de données et de visualisation en Python, utilisant le module py_unsio (http ://pro-
jets.Jam.fr/projects/unsio/wiki/PythonReadData) développé au LAM. Ainsi les routines élabo-
rées sont utilisables sur n'importe quelle simulation Gadget, mais aussi sur les simulations
Ramses et toute simulation dont les fichiers de sortie sont dans un format connu par UNSio.

Afin d’étudier I'évolution des spirales et de la barre présent dans cette simulation, nous avons
réalisé des spectrogrammes du disque galactique pour chaque rayon (Fig. 4 de 'article en Sec.

), permettant d’analyser les structures du disque en terme de modes de Fourier, de suivre
I'évolution de leur vitesse angulaire, de leur amplitude (i.e. de leur force). Les spectrogrammes
permettent également de déterminer le lieu des résonances avec les différents modes de
Fourier présent dans le disque, en particulier le rayon de corotation (RC) de chacun des
modes (Fig. 6 de I’article en Sec. ) et les résonances de plus haute multiplicité comme
les résonances de Lindblad internes et externes. Par ailleurs, nous avons utilisé une seconde
méthode de détermination du rayon de corotation, en déterminant I’évolution de la vitesse de
rotation de la barre, et la vitesse circulaire des étoiles en fonction du rayon. Nous trouvons
heureusement, que les deux méthodes donnent les méme résultats.

Nous nous sommes intéressé a divers aspects de la migration radiale ayant lieu dans cette
simulation. Nous avons d’abord vérifié que le moment angulaire des étoiles est bien un
indicateur valide du rayon de I'orbite guide des étoiles, ce qui nous permet de séparer les
mouvements de churning et de blurring (Fig. 8, 9 et 10 de 'article en Sec. ). Puis, nous
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avons déterminé les lieux ol la migration est la plus forte (Fig. 11 et 12 de I'article en Sec. )
(en terme de fraction d’étoiles migrantes), en analysant I’évolution du moment angulaire des
étoiles sur des intervalles successifs de 1 Gyr. Nous sélectionnons les étoiles présentant une
migration significative sur ces intervalles, en fixant un seuil pour les variations de moment
angulaire sur les intervalles de temps. Ce seuil est fixé a 400 kpc®>Gyr~!, correspondant a
une variation de ~1.8 kpc pour le rayon guide. Ainsi, entre ~3 Gyr et ~8 Gyr, nous trouvons
une bonne corrélation entre la position du rayon de corotation avec la barre (qui se déplace
vers I'extérieur avec I’évolution séculaire de la barre) et les régions de forte migration, ce
qui indique que la région de corotation avec la barre induit la plus forte migration radiale
(avec une fraction forts migrateurs a environ ~35 % : Fig. 14 de I'article en sec. ), sur cet
intervalle de temps. Avant 3 Gyr, nous ne trouvons pas cette corrélation bien que la barre
soit déja formée (a environ 2 Gyr), et 'analyse des spectrogrammes du disque révele que
les modes m=3, m=4 et m=5 de Fourier sont plus forts que la barre a cette époque (Fig. 5 de
l'article), et que ces modes ont des RC répartis dans presque tout le disque (Fig. 6 de I'article),
qui induisent une forte migration radiale dans tout le disque. Et sur I'intervalle entre 8 et 9 Gyr,
la corrélation se perd parce que le rayon de corotation de la barre est presque hors du disque
stellaire, dans des régions trés peu peuplées en étoiles.

Nous nous sommes intéressés au piégeage des étoiles autour des points de Lagrange, afin de
mettre en évidence un nouveau mécanisme de migration radiale. En effet, nous avons vu en
Sec. 2.2, que les maxima du potentiel effectif créés par une barre sont des points d’équilibre
stables, qui peuvent piéger les étoiles si elles ont une énergie de Jacobi suffisamment basse.
Mais la vitesse de rotation des barre a tendance a diminuer, a cause de I’échange de moment
angulaire avec le halo. Dans ce cas, les points de Lagrange se déplacent vers I'extérieur du
disque, avec le rayon de corotation de la barre. Si les étoiles restent piégées lors de ce mouve-
ment, elles suivent le déplacement des points de Lagrange, et sont entrainées vers I'extérieur.
Ce mécanisme de migration n’ayant jamais été étudié, nous avons di développer de nou-
veaux outils pour analyser la dynamique stellaire dans un potentiel tres variable (comprenant
simultanément I’évolution séculaire de la barre, et la formation récurrente de bras spiraux
transitoires). En effet, le potentiel créé par la galaxie simulée est tres influencé par les bras
transitoires, qui créent des points de Lagrange également transitoires. La difficulté est donc
que les points d’équilibre stables se déplacent vers I'extérieur, et que leur nombre et position
sont influencés par les bras transitoires.

Pour analyser le potentiel, nous avons utiliser le fait que le temps caractéristique du déplace-
ment de la barre est plus long que celui de la durée de vie des bras transitoires. Nous avons
donc supposé que l'effet d'un seul bras spiral est négligeable dans notre probléme. Cependant,
comme les bras spiraux se forment de facon continue dans cette simulation, les effets cumulés
de plusieurs bras transitoires ne sont sans doute pas négligeables. Alors, pour analyser le
potentiel effectif et déterminer la position des points d’équilibre pertinents pour notre étude,
nous avons lissé spatialement le potentiel effectif a 'aide d’'un filtre de Fourier. Nous n’avons
gardé que les modes m=1 et m=2 dans la décomposition du potentiel en modes de Fourier
(Fig. 20 et 21 de I'article). Nous avons montré que les points de Lagrange du potentiel lissé
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restent stables en nombre et en position, mis a part leur mouvement vers I'extérieur (Fig. 23
de l'article), et qu’ils piegent les étoiles. Nous avons montré qu'une partie des étoiles piégées
autour de ces points est entrainée vers |'extérieur. Et nous avons étudié les conditions pour
que les étoiles restent piégées pendant que les points de Lagrange se déplacent : nous avons
montré que I'énergie cinétique de I'étoile doit étre suffisamment élevée au moment ot elle
entre dans la région de corotation de la barre, pour compenser le fait que cette énergie dimi-
nue lorsqu’elle migre vers I'extérieur (car les fréquences épicycliques diminuent). En effet, la
condition pour rester sur une orbite en fer a cheval autour d'un point de Lagrange de type L4
ou L5, est d’avoir une énergie totale (ou énergie de Jacobi avec Ej = E¢j, + Epo;) suffisamment
grande pour pouvoir franchir les points de Lagrange de type L1 ou L2.

Résultats importants : notre étude indique clairement que notre nouveau mécanisme de
migration radiale est bien valide (Fig. 16 de I'article), et qu’il peut entrainer les étoiles sur de
trés longues distances : certaines étoiles initialement a 2 kpc, peuvent se retrouver a 14 kpc.
Et, bien qu'un nombre limité d’étoiles soient concerné (environ 15% des étoiles prises dans
la résonance de corotation restent piégées plus de 2 Gyr : Fig. 27 de I'article), 'impact peut
étre important sur les régions les plus externes du disque la ot la formation stellaire est faible.
Ainsi, ce phénomeéne peut avoir des conséquences sur les profiles photométriques radiaux
des disques galactiques et contribuer au "coude" qui y est parfois observé dans les régions
externes des disques Bakos et al. (2011), a la forme en "U" des profiles de couleur, ainsi qu’a
I'augmentation de I'échelle de longueur du disque.

Par ailleurs, nous avons montré que le déplacement des points de Lagrange et du rayon de
corotation produit les mémes effets qu'un bras transitoire, tel que décrit par Sellwood &
Binney (2002). En effet nous avons montré que la plupart des étoiles ne sont pas entrainées
vers l'extérieur par les points de Lagrange, elle tournent autour des points de Lagrange tant
qu’ils sont a proximité, et lorsqu’ils s’éloignent les étoiles cessent leur migration radiale. Il en
résulte un mélange des étoiles de la région de corotation, qui échange leurs places de facon
symétrique par rapport au rayon de corotation, comme dans les travaux de Sellwood & Binney
(2002).

2.4.3 Article: un nouveau mécanisme de migration radiale
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1 INTRODUCTION

In a companion paper (Kubryk, Prantzos & Athanassoula 2013)

ABSTRACT

In this paper, we analyse the dynamics of stars in the simulaiready used in a com-
panion paper (Kubryk, Prantzos & Athanassoula 2013). Wépegfn more details the mech-
anisms of radial displacemerahurning experienced by the stars and we show that the coro-
tation region of the bar is the mosffective churning inducer. We also find a new churning
mechanism induced by the outward displacement of the bartgtation resonance. We call
this mechanisrbar-induced churningWe show that the instantaneoueetive potential does
not describe accurately the churning occurring in the @station region, because it con-
tains information about structures that are short-livegl ttufew hundred million years), in
comparison to the characteristic period of horseshoeo(attleast 1 Gyr). We show that a
more appropriate method to work with non-steady potentigte® smooth theféective poten-
tial, to keep only the fects of the largest structures that live longer than thelstraktures.
Then we define the-Lagrangian point§ound in the smoothedffective potential, that live
long enough to fiect the stellar orbits in the corotation region of the bag #mat can be
interpreted as a representation of the combin@eces of multiple Lagrangian points, both
short-lived and long-lived. Finally we use this method t@lgse a new migration mecha-
nism, that we calbar-induced churningWe show that stars experiencing this phenomenon
are trapped around maximum-type 2-Lagrangian points, laidsuch stars with high Jacobi
energy are more likely to remain trapped while the coromtitoves outward. Finally, we
show the fraction of stars remaining in the corotation regand show that only 11% of the
coldest stars (low Jacobi energy) and 17% of the warmestitarain in the corotation region
for more than 3 Gyr while it moves outward. In any case, thetfoa stars concerned by the
bar-induced churningeveals that this mechanism does not concern a lot of sterefore,
most of the corotating stars only experience a local mixiogiad the corotation radius, they
swap their places as if the bar were a local transient feaasrim the mechanism of Sellwood
& Binney (2002), for transient spiral arms. The mechanisrbarfinduced churningan be
important for studies of the outer regions of disc galaxieshe bar’s corotation reaches
this regions where few stars are formed locally, the numbstars brought byar-induced
churningcan constitute a large fraction of the local stars, affieicathe luminosity and color
profiles.

hood (Casagrande et al. 2011), or of the “U-shape” in radial p
tometry profiles (Roediger et al. 2012). Radial migratios hso
been proposed as a possible mechanism for the thick diskatam

we investigat_ed the consequences O_f, ra_dial mig_ra“"” (Glodinn- (Schonrich & Binney 2009), but this issue is still under ai(e.qg.
ing and blurring — as defined in Schonrich & Binney (2009)) on  \jinchey et al. 2012a). See also Kubryk, Prantzos & Athangaso

chemical evolution in an N-boéy\SPH simulation, concerning an
isolated, early type, barred galaxy. Do to so, we analyseditin-

(2013) and references there-in for other observationaesde ra-
dial migration.

ulation to get an empirical model of radial migration delsed as

a diffusion process, as in Brunetti, Chiappini & Pfenniger (2011) Schonrich & Binney (2009) distinguished two components in
In the present paper, we analyse more precisely the dynarhias the radial movement: thehurning and theblurring, that are as-
dial migration in this simulation, focussing on the chugimech- sociated respectively to the change of guiding radius, anithe
anisms. epicyclic movements of the stars around it. Few direct alzdiEms

Being able to account for many observations of chemical com- of stars moving radially due to churning have been made. én th
position of the local stars and for photometry profiles okdjalax- solar neighbourhood, the Hercules stream could be expldiye
ies, radial migration or radial mixing of stars seems to faym- stars &ected by the outer Lindblad resonance of the central bar
portant role in galactic evolution. This is, for exampleg ttase (Dehnen 2000); and the Hyades stream could be the resultiof an
of the age-metallicity relation of the stars in the Solarghéiour- ner Lindblad resonance with a spiral pattern (Sellwood 2036v-
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eral physical phenomenons, supported by numerical simoo&t
analysis and theoretical arguments, are able to inducelrdidi-
placement of stars through churning.

Episodic churning was identified in N-body simulations by
Sellwood & Binney (2002). It happens to stars having low w@ibi
eccentricities that are trapped in a corotation resonaiitteatran-
sient spiral structure. These stars follow horseshoe orlait they
have periodic oscillations around the corotation radibsy tperi-
odically gain and lose the same amount of angular momentach (a
preserve their Jacobi constant). In their paper, Sellwodirgey
(2002), have shown that the life-time of the spiral is appr@tely
half the period of the horseshoe orbits, meaning that thie stass
only once the corotation radius, so they swap their places sy
metrically, with respect to the corotation radius. They énaso
shown that this movement preserves the angular momenturiz dis
bution. Notice that that the horseshoe orbits are not atidmalue
to epicyclic motion, the stars following this type of orbitave an
oscillating guiding center following horseshoe orbitsigépicyclic
movements around the guiding center. In addition, the asthave
shown that stars on nearly circular orbits are more seesitithe
corotation resonance: by experiencing larger guidingusdaria-
tions. They have also shown that this mechanism do not heat th
stars experiencing radial migration which remain on quasue
lar orbits. Following Sellwood & Binney (2002), numerousdies
with N-body simulations have focused on the origin of radié
gration in galactic disks.

The works of RoSkar et al. (2008b), RoSkar et al. (2008a),
RoSkar et al. (2012), confirmed the aforemention@elots, and also
described theféects of recurrent transient spiral arms which are
rotating rigidly. They have found multiple transient spipatterns
in their N-body simulations resulting in multiple corotai radii
which evolve with time. As a result, the stars can experieswe
cessive churning episodes, being repeatedly trapped otatam
resonances with fferent transient arms. Due to this mechanism,
the stars can explore a large part of the disk, or even theeawvhol
disk, being scattered by the multiple corotations. A keyeaspf
this phenomenon is the conservation of the quasi-ciraylafior-
bits experiencing a churning episode. As we already meation
Sellwood & Binney (2002) have shown that stars having loveaec
tricity undergo larger radial migration around the coratatadius.
Therefore, if stars were heated while migrating, they wawtbe
able to experience successive episodes of churning.

Comparetta & Quillen (2012), have described a similar churn
ing mechanism experienced by stars in corotation resonaiibe
short lived density peaks. The physics of the stars at ctivotés
the same, but in this study the authors focused on the sked li
density peaks created by constructive interferences néieat spi-
ral patterns (rigidly rotating). When transient spiraltpats rotat-
ing at diferent angular speeds are interfering constructively, they
create short lived density peaks at a variety of radii ancukamg
speeds, and each one has a specific corotation radius. Aslg res
the stars can be transported from a corotation radius tarem,@nd
undergo large displacements in the disk. They have shovithisa
churning mechanism is more pervasive in the disk, and happen
shorter time scales.

Minchev & Famaey (2010), Minchev et al. (2011), Minchev
et al. (2012b), have found another mechanism involving nier-
action of a bar with spiral patterns. They have shown thatwbs-
onances from the bar and the spiral pattern overlap, duestdith
ferent rotation speeds of these structures, the resportbe sfars
is stronger i.e. the angular momentum variations are laagamd
the corotation. Minchev et al. (2012b) notice that the catioh

with the bar induces a churning that appears similar to thienthg
induced in Sellwood & Binney (2002), by a transient spiratean.
This behaviour is surprising since the bar is not transienobly
slowly evolving. We discuss briefly this issue in Sec. 7.4to6 t
work.

All the previous migration mechanisms involve a corotation
resonance with a bar or a spiral. But other resonances cagend
migration, namely the Lindblad resonances. As in the caseraf
tation, the Lindblad resonance can induce changes in thelang
momentum of stars, but these stars are radially heated nitnash
to the case of corotation. However, this mechanism doesppataa
to be dficient at the Lindblad resonances with a transient spiral
(Sellwood & Binney 2002), inducing only low angular momentu
variations. In studies of galactic bars (Athanassoula p6@8Inner
Lindblad Resonance (ILR) appears to be the locus where &g st
in the disc lose the largest amount of angular momentum. Mexyve
the stars on the ILR are on elongated orbits constitutindgpénend
they are not concerned by the radial migration, because deei
creasing angular momentum results in a decreasing rotsgiead
of the bar and not in guiding radius variations. On the otfarch
the stars in corotation with the bar, gain a small amount guan
lar momentum (most of the angular momentum lost at the ILR is
transferred to the dark matter particles corotating withtiar).

Other studies revealed that recurrent transient arms dmnot
tate rigidly, but follow the dierential rotation speed of the disk.
Grand, Kawata & Cropper (2012b,a, 2014), have studied ttialra
migration around this type of transient arms, and showetttiea
stars experience churning episodes at various radii arthendrm.
Indeed, if an arm follows the fferential rotation speed of the disk,
each point of the arm is a corotation radius. Therefore, teetm
anism highlighted in Sellwood & Binney (2002) occurs allrago
the arm. This behaviour of transient arms has also been fisund
simulations by Baba, Saitoh & Wada (2013). The comparisen be
tween the migration induced by recurrent rigid arms or resur
winding arms is not easy since each type of arms has been found
hardly comparable simulations, havingfdrent initial conditions.
Nevertheless, it seems that each of these two phenomenaihnave
ilar qualitative impacts: the stars can explore the entis&,ds in
the stellar difusion described in Brunetti, Chiappini & Pfenniger
(2011). In addition, the fact that fiierent behaviours of the arms
are found in the simulations is a problem itself and it shdaddie-
termined whether this comes fromfiirent analysis methods and
interpretations of the results, or whether the simulatimaly ex-
hibit different types of transient arms.

Finally, it has been shown that churning can be induced by
an orbiting dwarf satellite galaxy. Quillen et al. (2009)xdebed
the churning coming from tidalfeects of a dwarf satellite orbiting
around the galaxy. This mechanism concerns the stars oiutiee o
disk; for instance, in the Milky Way it could involves starfgloe so-
lar neighbourhood and larger radii. Sanchez-Blazquet. ¢2009)
have shown that the merger-driven gas inflows causes the-pote
tial to deepen, resulting in a redistribution of the angufermen-
tum towards the external parts of the disk and inducing awanat
movement of the stars.

In this paper we identify and analyse a hew migration mech-
anism: thebar-induced churningThis mechanism occurs when a
bar appears in a disk galaxy. During the secular evolutiothef
bar, its rotation speed decreases and the corotation ratiues
outwards. A fraction of the stars in the bar’s corotationioagre-
mains trapped in the corotation resonance thus they folhendts-
placement of the corotation radius, and are driven outwahds
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will give further details, and describe the dynamics of thigra-
tion mechanism, in the next sections of this paper.
Our analysis revealed that, in the numerical simulation we

used, the region where stars corotate with the bar is the most

churning-inducing. Therefore, in this paper, we studydherning

of stars corotating with a bar, in a disk perturbed also bysient
spiral arms. We will show the dynamical origin of churningtliis

region, and describe what are its consequences on thegpostti
stars in the disk.

It is likely that all these types of churning occur in realldis
galaxies, at dferent periods and radii during their evolution and in
different proportions, depending on the individual history atte
galaxy. In this paper we will study the churning in one peauli
simulated galaxy, which is isolated and forms a strong bdrren
curring transient spiral arms (details about the morphploitthis
galaxy will be given later). We shall try to identify and digengle
the various migration mechanisms.

In Sec. 2, we describe the simulation, and we give some char-
acteristics of the simulated galaxy. In Sec. 3, we shofked?nt
behaviours of stars at the corotation resonance, we defirsg wh
we will consider asar-induced churningand see how stars ex-
periencing churning can be separated from the ones moviig ra
ally because of the epicyclic oscillations. In Sec. 4, wenstimat
the region where stars corotate with the bar is the most atgan
inducing. In Sec. 5, we will describe the stellar movemeaotst in
this simulation. In sec. 6, we start investigating the dyitashstars
corotating with the bar in a disk perturbed by recurrent sramt
spiral arms, and show that the Lagrange points found in ttaim
taneous fective potential do not describe accurately the churning
and we analyse the stability of the Lagrangian points in tireta-
tion region. In Sec. 7, we show that churning is better dbscrby
2-Lagrangian points (that we will define in that section). $tedy
statistically the behaviour of stars in the corotation oegio show
that the local radial mixing (around the bar’s corotatiodiug) is
the most &ective churning mechanism in this simulation, and that
bar-induced churninglue to stars following the corotation region
as it moves outward, concerns only a few stars. Finally, wesa-
rize our results in Sec. 8.

2 THE NUMERICAL SIMULATION
2.1 The set-up

The simulation we use is performed using the GADGET-3 code
(Springel, Yoshida & White 2001; Springel & Hernquist 2002,
2003; Springel 2005), with a softening length of 50 pc. Iis tode,
the matter constituting a galaxy is represented Iffedgnt compo-
nents: the GAS, the HALO, the DISK (stars already existingat
i.e. the oldest stars in the galaxy) and the STARS (new dtatate
formed from the GAS component at@). The initial composition
of the used simulation is: 83.2% of total mass in the HALO comp
nent (1 000 000 particles), 12.6% in the GAZ component @it
750 000 particles) and 4.2% in the DISK component (200 000 par
ticles). So the initial galaxy is made of a dark matter halgaseous
disk, and an old stellar disk.

The dark matter halo has a core in its inner region. It is de-
scribed by the density function

Mh a exp(r2/r)
2732 1¢ '

where My, is the total mass of the hadojs the core radius ang:

ph(r) = 1)

r2+y2
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is the cut-df radius. The constant normalizes the density, and is
defined as

a=[1- vrexp@)(1-erf(@)] )

whereq = y/rc (Hernquist 1993). The values chosen for this simu-
lation areMp, = 2.5x 1011 Mg, rc = 30 kpc,y = 1.5 kpc. So, each
dark matter particle has a mass 2 10° Mo,

The initial gas (GAS) and old stars (DISK) form the initial
disc of the galaxy, that is described by the following densit
My R)secﬁ’-(i) :

7

e —_—
4nhez, Xp( h

with R the cylindrical radiush the disc scale-lengttey the disc
sclae-height, and/y the total mass of the disc. The initial radial
velocity dispersion of the disk particles:

pd(R2) =

®)

or(R) = 100exp(—3—F:1) kms?. 4)
For the DISK component) = 3 kpc, zy =0.6 kpc, and the mass of
each particle is 5x 10° Mo,

The GAS component is described by the same projected den-
sity distribution, with a smaller scale-height, set by theltody-
namical equilibrium that is computed during the iteratiatcala-
tion of the initial conditions (Rodionov & Athanassoula 291

The simulated galaxy is isolated, meaning that it evolves in
a closed box, without interaction with neighbouring gadexiand
no gas accretion during the simulation. As a result, the GasS(
component) is rapidly depleted by stellar formation, augting
the number of stellar particles (STARS component). Thus gis
fraction comes to levels in good agreement with observatan
z=0 and at intermediate

For more information on the initial conditions and the simu-
lation see Athanassoula, Machado & Rodionov (2013), aretref
ences therein.

2.2 Global properties and radial profiles of the simulated
galaxy

Some snapshots of the simulation are displayed in Fig. 1revle
show gas in the upper panels, and stars in the lower paneifient
ent times of the evolution. Most of the stars are formed dutire
first ~2 Gyr when the gas density is the highest. In that period, the
non-axisymmetric structures of the disk are dominated bypties-
ence of transient spiral structures. Bg Gyr, a bar is formed in the
center of the galaxy and grows steadily until the end of theuta-
tion, when it extends to almost half the size of the stellakdihe
bar torques push the particles within corotation inwardgatds
the innermost region, where they form a disky, circulaeli&trong
inner concentration. This inwards motion is particularhportant
for the gas due to the shocks along the leading edges of the bar
(Athanassoula 1992). Due to its high gaseous density, rimisri
most part becomes a region of intense star formation. Timerin
region — often referred to as discy-bulge, pseudo-bulgaisoy
pseudo-bulge (Kormendy & Kennicutt 2004; Athanassoula5200
Nowak et al. 2010) — has a strong concentration of mainly gds a
young stars, as well as older stars. Due to this inwards mgote
annulus beyond the discy pseudo-bulge and within coratatide-
pleted of gas. This morphology has been already observéditot
previous simulations (Athanassoula 1992; AthanassougesHsido
& Rodionov 2013) and in observations (Jorsater & van Moorsel
1995; Lindblad et al. 1997).

Fig. 2 displays the evolution of the azimuthally averagetiaia
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Figure 1. Face-on view of the simulated galaxy at 1, 2, 4, 6 and 9 Gyr-fiaasicles are displayed in the upper row and star-pastitiehe lower one. The
color scale (see on-line version) on the right shows the rmurabparticles per pixel, with size ¥5 pc.

stellar tang. speed

0 2 4 6 8 iO 12 14 16 18
radius (kpc)

Figure 2. From top to bottom: azimuthally averaged radial profileshef t
stellar surface density, gas surface density, star foomatite, and tangen-
tial velocity curves. Curves correspond to snapshots takery 2 Gyr, with
the thickness of the line increasing with time and thiek solidones cor-
responding to the final (10 Gyr) result. The missing part eftthick solid
curve of the SFR, indicates that their is no stellar fornrabietween 2 and
3 kpc during the last 2 Gyr, because of the lack of gas.

e—e no Migr.
4r| ~—a  with migr. : 1

mean age (Gyr)

0 5 10 15 20
radius (kpc)

Figure 3. Azimuthally averaged photometric radial profiles of thesgslat
the final time of 10 Gyr. The upper panel shows the absoluteninate per
parsec square, without extinction, for the U,B,V,l and Kdsufsee legend
in the figure). The two middle panels show the final B-V and BrKfites,
respectively. The bottom panel shows the average stellaroé@ll stars
born in radiusR (filled circles) and of all stars found in radiés(triangles)
at the end of the simulation.
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profiles of the surface densities of stars and gas, the staaf@on
rate, as well as of the average stellar tangential veloltishould
be emphasized that the average surface density profile&priity

tle information for the inner disk, which is dominated by thesr.
They, however, clearly reflect the inside-out formationtaf tisk,
as they extend outwards and become flatter with time. Theogase
profile is mostly depleted in an annulus encompassing thedbar
to the action of the bar, which gradually produces a “spduapsd”
profile; the latter &ect is also responsible for the late depletion of
stars in the 2-6 kpc ring, which also produces a shallow hole i
the stellar profile. The SFR profile displays similar feasuas the
gaseous profile. The small values of the SFR outside 14 kpdt res
in a steep stellar profile beyond that radius. In the absehicéadl,

the gas is substantially depleted, onrl§% of the initial quantity
remaining at the end of the simulation.

We get photometric information on the simulated galaxy by
post-processing the photometric evolution of the stellapyta-
tions. To do so we adopt the latest version of the PEGASE-HIR co
(Le Borgne et al. 2004), which includes metallicity-depemtistel-
lar tracks, and we ignore the extinctioffexts. In the upper panel
of Fig. 3, we present photometric profiles of the galaxy atehe
of the simulation (10 Gyr). The obtained light emission isenand
more intense when looking from U-band to K-band, becausd mos
of the stars are formed in the first 2 Gyr, so they are old and-emi
ting in longer wavelengths. All photometric bands displag same
“spoon shape”, as the stellar surface density profile.

In the two middle panels of Fig. 3, we display the B-V
and B-K color profiles. In those two profiles, the values dasee
monotonically from~2 to 12 kpc, but then increase again from
13 to 18 kpc, so that from the center to outer edge, the disk be-
comes first “bluer” and then “redder”. This result is hard t© u
derstand in the framework of a pure inside-out formatiomade,
where the younger (bluer) stars have to be found at the |aagir
and the older (redder) stars in the inner regions. Stietes have
been found both in observations of real disk galaxies (sd®@8a
etal. 2011, and references therein) and in simulationsk&oét al.
2008a). They are interpreted in terms of radial migratiocuogng
in disk galaxies, although the nature of that migration hatseen
clearly established yet.

arms), pattern speed, and strength (power), we perfornmchtrea
dius a Fourier analysis of the azimuthal density variatiéwitowed
by a Fourier transform along the temporal coordinate (Seibv
& Athanassoula 1986; Masset & Tagger 1997). With this method
the arm multiplicity n, corresponds to the Fourier modermFor
example, the bar is described by the mode2mand a 3-arm spi-
ral is described by the mode=8 of the Fourier decomposition.
The Fourier transform along the time coordinate is expassing
the conjugate coordinate which is the frequency. We obtapanm
of the power in a given Fourier mode in the radius-angulaedpe
plane (see Fig. 4), for a given time interval. In these mapsttern

is indicated by an horizontal structure. The length of thiecture
indicates the radial extent of the pattern, and its positiorthe
y-axis, indicates the angular speed of the pattern. For oot
mode, it is possible to have multiple horizontal structuiethere
are various spirals having the same multiplicity, rotatdifferent
angular speeds (see Fig. 4). Note that the strength of eatlesd
spirals of same multiplicity, changes with time.

By summing the power associated to each pixel of the maps,
we obtain the total power of the given arm multiplicity in thieen
time interval. By evaluating the total power on successives tin-
tervals, we get the evolution of the power with respect toetim
We display graphically the results of this method in Fig. 8.the
modes grow roughly at the same pace between 0 and 1 Gyr. Then,
the modes m3 and m=5 decrease until the end of the simulation.
The mode m4 grows until 2 Gyr approximately, and then expe-
riences a fast decrease followed by a slow increase untilyi0 G
Finally, the mode m2 grows as quickly as e until 2 Gyr, but
contrary to the other modes, it keeps growing until 10 Gystda
than the r=4 mode. For the m2 mode, the behaviour between 0
and 2 Gyr is due to the formation of the bar, while after 2 Gyyr, i
is due to the secular evolution of the bar (Athanassoula R0t
evolution of the m=4 mode after 2 Gyr is also related to the secular
evolution of the bar, but before this time, it is related taréas spi-
ral patterns. Note also that the=® and 5 modes have almost the
same evolution after 2 Gyr.

These diferent modes are representative of the structures’
evolution in the disk: the mode #2 is associated with a bar,#8

The lower panel of Fig. 3 presents the average stellar age as@nd m=5 result from the presence of any spiral patterns having 3

a function of galactic radius for two cases: i) if no migratioad
occurred (that can be done since we know the birth radiud tfel
stars formed from gas, so we can rebuild the stellar disk as if
migration occurred), ii) if migration occurs (that is thefetellar
disk found at 10 Gyr, in which stars have experienced radial m
gration). Case i) displays a sharp decreasel® kpc, as expected
from the radial profiles of the SFR presented in Fig. 2: theStaws
bornin the outer disk are young, because of the inside-out forma-
tion of the galaxy. In case (ii), no such down-trend is obsdrv
because the outer regions are populated by a dominant dliar ste
component coming from inner radii, which increases sulbistiyn
the corresponding average stellar age. Taking into acabanthe
average metallicity profile of the stellar disk is flat at 10r@yig.

2 in Kubryk, Prantzos & Athanassoula (2013)) one concluties t
itis simply the larger age of the migrated stars and not tineital-
licity that is at the origin of the up-turn of the B-V and B-Kloos

in the outer disk.

2.3 Transient spiral arms

In the simulation we observe transient spiral arms (Fig.Tb).
analyse their properties, namely their multiplicity (nuenbof
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or 5 arms, and m4 is associated both with the bar and with any
spiral pattern made of 4 arms. Therefore, Fig. 5 shows tHatde
2 Gyr, the disk is dominated by multiple pattern spirals (akse
Fig. 1 left-most panel) although a bar starts to grow (se¢ sugx-
section). After 2 Gyr the spirals become gradually weakdnijev
the bar keeps growing. All this was also verified by viewing th
individual snapshots of the simulation.

We also use the data coming from the Fourier analysis of the
stellar densities, to determine the angular speed of therpatand
their corotation radii. We know the angular speed of statschv
is indicated by the red dashed curve in Fig. 4. And we can iden-
tify the angular speed where the maximum power of the paitern
therefore, we find which radius along the curve of stellarutaig
speed corresponds to the speed of the identified maximunthwhi
gives the corotation radius (CR) of the stars with the pattEor
example, using Fig. 4, in the interval 1-2 Gyr the maximum @ow
is found atQ ~44 knys/kpc, corresponding to a corotation radius of
4.8 kpc. And in the interval 2-3 Gyr, the maximum power is fdun
at Q ~35 km'skpc, corresponding to a corotation radius of 6 kpc.
We repeat this for patterns=i to m=5, on 1 Gyr time intervals,
so we obtain the evolution of the corotation radius of eadtepa
between 0 and 9 Gyr. These results are summed-up in Fig. Bewhe
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Figure 4. Power-spectrum of the #8 mode. These maps are obtained
through Fourier analysis (see text)pper panel:power-spectrum in the
interval 1-2 GyrLower panel:power-spectrum in the interval 2-3 Gyr. The
red dashed curve indicates the rotation frequency of staksGyr (in the
upper panel) and 3 Gyr (in the lower panel). The yellow curneticate
Q- «/3 (lower curves) an@ +«/3 (upper curves).

we find that corotations with patterns occur at multiple iragier
the disk.

We notice in Fig. 6, that the #4 mode follows closely the
m=2 mode after 2 Gyr. This behaviour indicates that, once the ba
is formed, the m4 mode represents only the first harmonic of the
m=2 mode i.e. the bar. So, there are almost no spiral patters ha
ing four arms after 2 Gyr. We also notice that these two moedes r
main close to the corotation radius calculated with an atiethod,
where we determine the angle of the bar at each time step,&nd d
duce its angular speed (see next subsection). The restits et
using this second method are indicated by the black dashed cu
in the figure. Finally, we observe strong jumps between 4 ahd 4
Gyr for the components &#8 and n¥5, and a jump between 5.5
and 6 Gyr for the component+3. This comes from the multiple
patterns existing in each mode. To determine the corotatidius
with a mode, we use the maximum found in the power maps (e.g.
Fig. 4). Because the strength of each pattern do not remastaat
with time (the spirals are transient), the maximum in the @ow

[e)]

total power

time (Gyr)

Figure 5. Total power over the whole disk of the Fourier componentslm
2, 3, 4 and 5 (see legend), over the whole disk and the wholelaiion
time.
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Figure 6. Evolution of the corotation radii of patterns from=2 to m=5

(see legend) on 1 Gyr time intervals from 0 to 9 Gyr, every Oys Gach
data point is plotted at the center of the interval it repnéseThe black
dashed curve indicates the corotation resonance of theahdrthe red
dashed curve indicates the bar radius.

maps can jump from one pattern to an other, when the dominant
one fades out. As a result, the angular speed that we deteigam
display discontinuities, thati@ct the value of the corotation radius

of the Fourier mode.

2.4 Bar evolution

In this simulation, the central bar is the most significanh-o
axisymmetric structure in the galaxy, reducing the reéatmpor-
tance of spiral arms as it grows (Fig. 1). Therefore, it isezted
that various dynamical phenomena linked to asymmetriefién t
gravitational potential (e.g. disk heating, radial migrat chaos,
resonances), will increasingly be consequences of theracfithe
bar, rather than of other structures (such as transierdlsgims).
In view of the discussion in the next sections, we analyzebtire
by computing m2 Fourier mode in the angular distribution of the
stellar particles (Athanassoula & Misiriotis 2002). Fronese re-
sults we deduce the bar strength, its angular speed andt lef
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Figure 7. Length of the bar semi-major axis (blue curve) and bar ctiosta
radius (green curve). Values before 2 Gyr show strong Vanstbecause
the bar is not yet completely formed and the Fourier resultthé mode
m=2 are not reliable (dashed part of the curves).

its semi-major axis (which will sometimes be called “radiumsthe

following), as well as the corotation radius (results aspliiyed in
Fig. 7). The determination of the bar length is done usingdiae
termination of the amplitude of the azimuthakg Fourier mode

AR = /ag(R) +b3(R) at each radius, whem(R) andb,(R) are
the codficients of the second harmonic in the Fourier decomposi-
tion of the azimuthal surface density of stars at radtiendag(R)
is the codicient in the mode m0 at radiusR. We define that the
radius where the value 0% (R)/ap(R) becomes lower than 0.20
marks the bar's major-axis length.

The bar becomes longer with time, its outer edge moving from
2 kpc at 2 Gyr to 8 kpc at 10 Gyr. And it slows down as it trans-
fers its angular momentum to the halo (Athanassoula 2008. T
decreasing angular speed of the bar with time, combined twéh
decreasing angular speed of the disk as a function of ractieates
the outward displacement of the corotation radius, whictthes
the outer rim of the stellar disk at the end of the simulatlarthis
simulation, the bar starts its formation between 1 Gyr and/g, G
where its strength grows quickly, although we do not havefa sa
estimation of the parameters describing bar evolutionreetdGyr,
because it is too small. After 2 Gyr, its mass increases,cotnes
more and more elongated, its strength increases until thefehe
simulation. Knowing the length of the semi-major axis of b,
we can separate the bar region from the disk region, and dempu
the average tangential velocity of the star particles indis& (R
> bar radius). For times below 2 Gyr, the bar is not yet formed
so we take stars at radii bigger than the radius of the bar atr2 G
(~1.8 kpc). We find that the average tangential speed of statseon
disk is very slowly decreasing with time: it is around 225/krat
the beginning, and around 217 Jsrat the end of the simulation.
Therefore, we will sometime consider that the rotation dpehe
disk is constant at 220 kis over the whole simulation time.

3 MOTIONS OF INDIVIDUAL PARTICLES
3.1 Definitions and examples

The orbit of a star in the potential of a galactic disk is comiyale-
scribed as the superposition of a main circular motion (dedithe
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Figure 8. Temporal evolution of relevant quantities for a star cdinta
with the bar between 3.8 and 4.5 Gyr, around an unstallagrangian
point (defined in Sec. 7). In the flierent panels we display, from top to
bottom:panel 1, radius of the stellar particle(thin blue curve), vertieat
gular momentum divided by the average stellar tangente¢djin the disk

at each time step (thick curve red), corotation radius Ktliashed black
curve), locus of the outer resonances definedby «/m, whereQ is the
angular speed of the star in the frame rotating with the barindlicate var-
ious resonances: A1 (thin black dashed), &2 (thin green dashed), #3
(thin red dashed), e (thin blue dashed), and the length of the bar’'s major
axis (thick dashed green curv@anel 2, the vertical angular momentum of
the star (blue curve) and the vertical angular momentunesponding to
the corotation with the bar (black dashed cur®gnel 3, the angular speed
of the star (full blue curve), and of the angular speed of the (Hashed
black curve)Panel 4,the azimuth of the star in the frame rotating with the
bar (0 degrees is set on the major axis of the bar), and theutiziof the
“averaged” Lagrangian points we show in green the unstadilet$ (min-
ima of the dfective potential) and in red the stable points (maxima of the
effective potential) Panel 5, the Jacobi energy of the star (solid red), the
difference between the maximum and minimum values of fieete po-
tential at corotation (dashed greeRanel 6, the radial and vertical actions,
blue and green curve respectively.

guiding radius), and harmonic oscillations called epiegc{Bin-
ney & Tremaine 1987). Sellwood & Binney (2002) calleldrring

the radial oscillations around the guiding radius @hdrningthe
modifications of the guiding radius. A star can experienagring
(or angular momentum variations), when it is in a resonatet ac-
tion with non-axisymmetric structures of the gravitatibpatential
(spirals, bar) (Lynden-Bell & Kalnajs 1972). We listed iretimtro-
duction all the known physical processes able to inducenthgr
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Figure 9. A star corotating with the bar between 4 and 5.5 Gyr, around
a stable major Lagrangian point. This is an example of sharirmuced
churning. See Fig. 8 for a description of the panels.

Figs. 8, 9 and 10 show three typical stellar orbits interagti
with the bar through its corotation resonance. In the uppaepof
these figures, the thin solid blue curve is the galactocentdius
of the stellar particle, where the epicyclic oscillatiome &isible.
The thick black dashed curve is the corotation radius of e b
The thick red solid curve is an estimation of the guiding wadi

computed afy(t) = ﬁn% , WhereViang(t) is the average tangen-
tial speed of the stars in the disk at each time step (seequvi
section). We see that it remains close to the average getattic
radius of the star, showing thif can be used as a proxy for guid-
ing radius, thus allowing one to disentangle tifieets of blurring
and churning. The other panels are fully described in theridgf
Fig. 8, and will be analysed throughout this article.

In Fig. 8, the star enters the corotation at time 3.8 Gyr and
leaves the resonance at time 4.5 Gyr approximately. Thiwvésya
short interaction that hardlyffiects the radial position of the star as
its guiding radius only moves from 6 kpc to 7 kpc approximatel
After its interaction with the corotation, we have identifigy plot-
ting its orbit in the frame rotating with the bar that the dtalows
a succession of resonances with the bar: the 5:1 between 6 and
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Figure 10.A star corotating with the bar since 2.5 Gyr until 9 Gyr. Thers
is also moving around a stable major Lagrangian point. Thamiexample
of long bar-induced churning. See Fig. 8 for a descriptiothefpanels.

staris in a 2:1 resonance with the bar, meaning it followslan-e
gated orbit constituting the bar.

In Fig. 9, the star enters the corotation region at 4 Gyr and
leaves it at 5.5 Gyr approximately. This interaction holds &
longer time, and fiects much more the orbit of the star than the
previous example: it moves its guiding radius from 6 to 8 kpe a
proximately. As the previous star, this one follows a susicesa
resonances with the bar: the 4:1 between 6 and 7 Gyr, the 3:1 be
tween 7.2 and 8 Gyr, and the 2:1 between 8.7 and 9 Gyr. Again,
the star loses angular momentum when entering a new canotati
and is ultimately captured by the bar, on the 2:1 resonante. A
though the behaviour at corotation of these two stars seienilas
we will see in the next sections of this paper that they hatferdi
ent dynamical origins. This star is an example of short bduced
churning.

In Fig. 10, we have an example of a star experiencing a large
bar-induced churning. The star enters the corotation ard.B
Gyr, and remains trapped until the end of the simulationgitisi-
ing radius follows closely the corotation radius. The odfithis
star is therefore stronglyfiected, we see that it is driven from 5

Gyr, the 4:1 between 6 and 6.5 Gyr, the 3:1 between 7 and 7.5 Gyr to almost 14 kpc by the corotation resonance. The third pahel
and the 2:1 between 8.7 and 9 Gyr (the times are approximates) lows to verify that it remains corotating with the bar: thegaltar

During these resonances, we observe that the angular moment
(and guiding radius) of this star displays oscillationsg &nat it
decreases when the star enters in a new resonance. Ulginihigl

frequency of the star follows closely (on average) that ef tar
since 2.5 Gyr approximately. This argues that corotaticth aibar
having steadily decreasing angular velocity can causege laut-

© 0000 RAS, MNRASD0(, 000-000



Radial migration in a bar-

ward radial displacement in the disk, resulting in a phenmne
that we will callbar-induced churningThat is a newly identified
phenomenon inducing guiding radius variations. The prixuoof
stars concerned by this phenomenon will be investigatedm &
In addition, we have computed the epicyclic frequergy in the
disk, that is estimated using the circular speed of statseigalaxy
(Binney & Tremaine 1987). The frequenkfr) decreases when the
radiusr increases. We have checked that the frequency of radial
and azimuthal oscillations (panels 1 and 3 of the figure)opfes
closely the value ok(r), meaning that the decreasing frequency of
the oscillations, is due to the outward movement of the star.

At this point of the paper, the important information to take
from these figures are:

e Lz/Viang is @ good proxy for the guiding radius (red curve
in panel 1) because the angular momentusis not dfected by
epicyclic motion

e When a star enters the corotation region of the bar, it experi
ences episodes of churning.

e Stars can be trapped in the corotation resonance for various
durations, leading to various guiding radius variations.

e Other phenomenons occur when stars are outside corotation
radius that alsoféect their guiding radius (angular momentum).

In the following, we will identify the main sources of churn-
ing, and investigate the causes for the large disparity értithes
stars remain in corotation with the bar. This study will bexé@at
times larger than 2 Gyr, because prior to this period thesigrthe
process of forming, so that its amplitude varies stronglthwime.
The behaviour at early times: (2Gyr, when the bar is not yet in
place) is ruled by transient spiral arms, and should be theeses
in (Grand, Kawata & Cropper 2012b).

3.2 Finding the churned star particles

Although instructive, the study of the galactocentric wesddf a star
does not allow one to establish unambiguously the occuerefic
churning. That is due to the epicyclic oscillations in thetimo of
particles (Fig. 8 to Fig. 10 show some examples). As disclgse
viously, it is more appropriate to use the variation of thetigal an-
gular momentum £ to that éfect. However, to detect only signifi-
cant churning episodes, a threshold\bf; has to be adopted, oth-
erwise almost 100% of the stars would be found to underganchur
ing because of minor variations of their guiding radius. @sults
suggest a “reasonable” threshold value of 400%k@yr-1: much
smaller values lead to false identifications of churnedsstahile
much larger ones lead to missing episodes of significantnmgr

The value of the threshold fakLz can be linked to an ap-
proximate guiding radius variatiohRy via the tangential speed of
the stars:ARg ~ %ﬂzg. This is an approximation because we use
the mean tangential speed, so we estimate a megrvalue for a
given ALz. In the simulation, the average tangential speed of the
stars in the disk is approximately constant at 220 kpc &ythus,
our threshold for the churned stars corresponds thexRp~1.8
kpc.

4 SOURCES OF CHURNING

To investigate the origin of stellar churning, we will deténe and
analyse the fraction of stars that were churned, as a funco
radius and time, on ffierent time intervals of 1 Gyr, covering in
total the range from 1 to 9 Gyr. We chose to work on 1 Gyr time

© 0000 RAS, MNRASDOG, 000-000

dominated disk galaxy Il : Dynami@spects 9

intervals, because it approximately corresponds to 5 cheniatic
dynamical time (or 5 bar rotations), so this is a long enougtiopl

to observe the dynamicaffects induced by the bar or the spirals
on the stars.

As mentioned in the previous section, the angular momentum
variations of individual stars are a proxy for guiding ralitaria-
tions. Therefore, in each of our time intervals, we seleettiurned
stars using the threshald_z >400 kp@Gyr-1 for angular momen-
tum variations. Once the churned stars are found, we rebeid t
first churning time (that is, the first time a star crosses ti@sen
angular momentum threshold in a time interval) and tlatial
galactocentric radius (i.e. the radius at the beginninghefttime
interval). Then, we bin the churned stars in the planiigal galac-
tocentric radius vs. first churning tim&nd we normalize the num-
ber obtained in each radial bin with the total number of staesch
bin at the beginning of the time interval. Thus, we get thetfom
of stars that were churned, from each initial radius as atfonof
time, on the defined time intervals.

The results are displayed in Fig. 11. Before 2 Gyr, the bar
is not yet fully formed and churning occurs almost everyweher
the disk, due to the corotation of stars with transient $@ires
that form at almost all radii (see also Grand, Kawata & Croppe
2012b). In the interval 1-2 Gyr, we see that the region wheee t
fraction of migrating stars is the highest (within the 1lrsacon-
tours, between 3 and 7 kpc) is where we find the corotation o&di
the m=3, 4 and 5 Fourier modes. In the interval 2-3 Gyr, the corota-
tion radii are more spread in the disk, theimode being around 8
kpc, and the m3 around 6 kpc. And we find stars migrating around
the corotation of the bar (a2 and 4 modes), but the correlation do
not appear clearly. In this interval, the highest migratiraction
appears correlated with the=8 and m=5 modes (corresponding
to spiral patterns). From 3 to 8 Gyr, the churned fractiontafs
appears more concentrated around the bar corotation rduiigis
lighting a tight correlation between radial churning andotation
with the bar. After 6 Gyr the corotation radii of all the modes
main close to one another, and near the region of high migrati
fraction. However, due to the weakness of the modes 3 and 5 at
that times (see Fig. 5) compared to the modes 2 and 4, we cnclu
that radial migration is induced by the corotation with ttae after
3 Gyr. The transient spiral arms probably become weakerniseca
the dfectiveness of their formation decreases due to the disk heat
ing (by the bar and the spirals) that makes it more and mokdesta
against arms formation. Finally, in the last interval fromo® Gyr,
the bar corotation radius is almost outside the stellar diskhe
stars &ected by the resonance are mostly at radii lower than the
corotation radius because their are almost not stars arleagii.

We repeated the previous analysis using each churned star’s
final galactocentric radius (i.e. the radial position of thestdrthe
end of the time interval), to investigate where the churnatsgo
once they started to experience guiding radius variatidgsin,
the number of star we obtain in each radial bin is normalizgd b
the total number of stars at the beginning of the time infeiiva
this bin. We display the results in Fig. 12. In the first timeeival,
from 1 to 2 Gyr, we see theffect of the transient arms: stars tend
to spread over the whole disk, contributing to its extensgward
larger radii. In the second time interval, from 2 to 3 Gyr, vees
that churned stars also tend to spread in the disk. That isodine
fact that transient arms corotate with stars at many radfiérdisk,
so the guiding radius variation of stars trapped in corotetican
be larger. On the next intervals, from 3 to 8 Gyr, the final uadi
of the churned stars remains roughly symetrical aroundtatom
radius and almost no spreading away from that radius is wbder
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Figure 11. Initial radius and first churning time for all the churnedrstéselected using the threshald, >400 kp@Gyr1) born before the beginning of each
time interval. Each panel displays the result on one timeriat: [1,2Gyr] for the first panel, [2,3Gyr] for second phregc. First churning time is recorded
when angular momentum change of the star crosses the thigshdhe first time in each interval. The color scale indesathe fraction of churned stars.
The color scale indicates the fraction of migrating paegtici each bin, from 0 (white) to 6% (red). Some values can beemithan 6% (in the first and last
intervals), but are still indicated red, in order to imprdkie color contrast. The thick black curve is the bar radius.did not plot the results below the bar
radius to focus on churning in the disk. The other thick codducurves indicate the corotation radius of patterns froa2 no m=5 (see legend). The patterns
m=2 and m=4 are related to the bar. The patterns3rand m=5 are spirals. The strength of the various patterns is itetican Fig. 5. The thin red contours
are 1o and 20~ density isocontours for the churned fraction. See on-lemsion for a full color figure. In each temporal interval, ¢emporal bins are 0.13

Gyr wide and our radial bins are 0.0625 kpc wide.
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Figure 12. Same work as in Fig. 12, but using tfieal radius of the stars on each time intervals.
This is in agreement with the fact that the churning inducgthle very different from théar-induced churningand we will compare
bar, makes stars swap their places around the corotatidumsyas the later to the former in Sec. 7. Finally in the interval fr@to
suggested in Fig. 13. In that figure, we show the variatiomsalf 9 Gyr in Fig. 12, we see that the stars that started to exparien

star particles, of theitz on three time intervals (1-2 Gyr, 4-5 Gyr  a churning episode within the corotation radius, are novsidat
and 9-10 Gyr), as a function of their finaL (at the end of the corotation: they have gain angular momentum through theesam
corresponding interval). It can be seen that stars remagedb the mechanism as explain before, and moved to region where gery f
bar corotation radius, because stars bdlgyyot gain the amount of stars are initially present. This contributes to a late @siten of the
angular momentum to reach the symmetrical position withees disk, beginning roughly at 7.5 Gyr, which is visible in thel&r

to Lcorot; @nd the same happens to the stars alh@ugt, except that surface density of Fig. 2.

they lose angular momentum. These results were alreadysdied By integrating the fraction of churned stars from Fig. 11rove
in (Sellwood & Binney 2002). Thisféect will be callmixingin the time in each interval, we obtain Fig. 14. Where we displayh@ t
following, because the stars are mixed radially througtrrmimg in fraction of stars that are churned (i.e. the number of chiistars

a 4 kpc wide region around the corotation radius. This belnasi divided by the total star number), and ii) the fraction of oted
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Figure 13. Angular momentum variatiom\(;) for all stars versus final an-
gular momenturL; final, at diterent times of the galaxy evolution: be-
tween 1-2 Gyr (pper panél, 4-5 Gyr (niddle panél and 8-9 Gyr lower
pane). In all panels, the horizontal white dashed line corresisoto no
variation inL; and the two horizontal black dashed lines correspond to
AL = +400 kp@Gyr1, which is the threshold value we adopted to identify
the migrating stars (Sec. 3.3). The thick full black curvalirpanels is the
average\L; for eachL; final and the thin black vertical lines are the values
of Leorot = Rgormﬁbar of the bar at the beginning and the end of the time
interval, respectively. The color scale indicates the neindb stars in each
bin of the plane 4L, L; final). See on-line version for full color figure.

stars at corotation with the bar (i.e. the number of churrtacss
at corotation divided by the number of all the detected ntigga
stars, using the threshold in angular momentum variattmot)j re-
sults are function of the initial radius of stars on each tinterval.
In our 1 Gyr temporal bins, we define stars at corotation asiles
lying in the angular speed interval @@, (tc); 1.1Qpac(tc)], where
tc is the center of a given time interval. This selection ciitetre-
lies on the fact that, in this simulation, the angular speati@bar

decreases by approximately 10% every 1 Gyr. In each panel, we

indicate by vertical lines the radius of the bar (dashedoredine)
and the corotation radius (solid; blue on-line) at the beigig and
at the end of the corresponding time interval. We remind tiiat
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Figure 14. In all panels: fraction of all churned stars (full blue ondi
curve) and fraction of churned stars at corotation (dastredrgon-line
curve), as a function of the radius of stars at the beginningagh time
interval. The (blue on-line) full vertical lines indicatlet corotation radius
at the beginning and end of each time interval and the (reiheh-verti-
cal dashed lines the corresponding length of the bar’s seajor axis. The
corresponding time intervals are indicated on each panel.

paper focus on the churning occurring in the disk, so we wiljyo
analyze the fraction outside the bar radius (indicated ytlick
part of the blue curve). However, we know that the orbits tituts
ing the bar are elongated along the bar’s major axis, andsthet
on these orbits, periodically gain and lose angular monmariia-
tween apocenter and pericenter. As a result, these stadsimeed
as churned ones by our method, and the fraction of churneglista
enhanced below the length of the bar’s semi-major axis.

In Fig. 14, we reduce the amount of churned stars detected in
the bar region by rejecting the stars whose first churning tisn
shorter than the characteristic dynamical time of the dis&f is
one rotation of the bar. The angular momentum variation ef th
stars on elongated orbit in the bar occur on much shorter time
scales than this characteristic time, because the angodgdsof
stars is higher in the central region of galaxies. Therefoith that
method, we reduce the number of churned stars detected athe
while conserving this number in the disk.

In the 2-3 Gyr time interval, the fraction of churned stars is
around 35% over most of the disk, and this fraction holds eexn
eral kpc away from bar corotation (solid blue on-line cufvem 3
to 9 kpc). In the 4-5 kpc region, corotation is responsible~2/3
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of those churned stars (dashed green on-line curve), bbeinest

of the disk, churning is due to other physical processeshdmts
Gyr interval, the fraction of churned stars has dropped20% (or
lower) over most of the disk and remains around 30% in thetaero
tion radius ¢6-7 kpc); again, almost/2 of the latter are due to bar
corotation. Finally, in the 7-8 Gyr interval, the fractiohahurned
stars remains at30% around corotation radius, and the corotating
stars represent abouft32of the total churned stars in this region;
elsewhere in the disk, the fraction drops-tb0%.

Our results show that at all times there are stars experienc-
ing churning all over the disk. Before 3 Gyr, transient dgirre
obviously at the origin of that churning. Once the bar is ragro
enough compared to the spiral patterns, it enhances clguahihe
bar’s corotation, which produces then systematically a¢iof
churned stars around corotation radius. However, chunpéngists
at those times all over the disk, even away from the coratatiibh
the bar, albeit at lower levels (churned fractions aroun@Q®).

We will see in the next section, that the churning of thosessta
is due to various dynamicatfects involving the corotation radii of
the spiral patterns, and resonances of higher multipligity the
bar.

5 GLOBAL STELLAR MOVEMENTS

In a companion paper (Kubryk, Prantzos & Athanassoula 2013)
we analysed theffects of radial migration on the chemical evolu-
tion by post-processing the chemical results using a seatlitical
code. To do so, we had to insert radial migration in the lattete,
using a probabilistic model for the amount of stellar masherge
between the radial zones at each time step. In this model awe h
free parameters and we analysed the simulation present frape
obtain numerical values for the free parameters.

In this section, we will describe more precisely the stellar
movements induced by the resonances of higher multipligiti
the bar, by the corotation resonances of the spiral armshemniotr,
and by the bar-induced churning. We will explain how thesgresi
tion mechanisms combine with cumulativests over time, lead-
ing to the strong radial migration observed in this simolati

5.1 Bar's resonances of higher multiplicity

The resonances of higher multiplicityfacting stars at radii larger
than CR (corotation radius) are defined as:

K

Q:_Hf (5

whereQ is the angular speed of stars in the frame rotating with
the bar« is radial epicycles frequency, amdis the order of the
resonance.

In Fig. 15, we display the initial vs. final angular momentum
of stars, on successive 1 Gyr intervals: 1-2 Gyr, 3-4 Gyr,Gy8
and 8-9 Gyr. Using the circular velocity, we determine thealue
corresponding the radii where we find the resonancesLT tere
the stars are on some resonance are indicated with veitiealih
the figure: the magenta thick dashed line, marks the pogifitime
bar's corotation at the central time of each interval, arelttack
dashed lines indicate the resonances of higher multiplafitthe
bar. The orange dashed line marks the OLR (define@ by—«/2)
at the central time of each interval. The coloured soliddiimeli-
cates the corotation resonances of the spiral patterne¢iead of
the figure). Finally, the red thick curve is the average ah#ingular
momentum as a function of the final angular momentum.

In the left-most panel of Fig. 15, the stars havinognitial >
1000 kpc2Gyr1 approximately, gain angular momentum on the
interval 1-2 Gyr. Because this occurs before the time whiee t
bar is fully formed (2 Gyr), we can say that the stars haveeaghin
angular momentum because of the transient spiral armsatkat
the strongest on this time interval. The stars belgwjtia ~ 700
kpc2Gyr~1 (within the bar's corotation radius) lose angular mo-
mentum because they start forming the bar, and once in ththbgr
are on the ILR (inner resonance of order 2 with the bar), sg the
transfer their angular momentum to the dark matter halodAds-
soula 2002). In this panel, the resonance of order 4 and tteteco
tions with spirals are superposed, which is a remarkablenerse
overlap, but it don't appear to create a particularly strotigration
episode as it would be expected (Minchev et al. 2011) prgbabl
because the overlap do not last for enough time.

On the two middle panels of Fig. 15 (intervals 3-4 Gyr, 5-6
Gyr), we see mainly thefiects of the bar, because the strength of
the spiral patterns has decreased while that of the bar baesaised,
so that, on average, the bar is the dominant non-axisymersttic-
ture. We see that the inner part of the disk lose angular mamen
(again, because of the ILR). The stars around the bar’s atiwat
have lost angular momentum if the are below the corotatiadheat
end of the time interval, while they have gain angular momenif
they are above the corotation at the end of the interval, lz@udalue
are almost symmetric with respect to the CR. This indicates t
the stars around the corotation radius have swapped tlaeieqlin
agreement with the results of Sellwood & Binney (2002), aboe
effects of a transient spiral patterns (we will come back onlibis
haviour in Sec. 7). Finally, the stars located around the ©f.fRe
bar (the resonance of orde=#) have gain angular momentum, ac-
cording to Athanassoula & Misiriotis (2002), this is due rtartsfer
of angular momentum between the ILR and the OLR: the angular
momentum of stars at the ILR is mostly transfered to the daat m
ter particles at the OLR, but a few amount of angular momensum
also transferred to the stars at the OLR. On these panelsttibe
resonances of higher multiplicity with the bar and the catiohs
with spiral patterns have almost nffexts. And the angular mo-
mentum exchange around the CR, increases at latter times s
the bar gain strength.

On the right-most panel of Fig. 15 (interval 8-9 Gyr), theeyut
resonances of higher multiplicity are out of the disk, andsee
only the dfects of the ILR, and the stellar movements around the
CR which almost out of the disk.

Therefore on 1 Gyr intervals, the spiral rules the stellaveno
ments at£2 Gyr, and the bar’s corotation becomes the méfste
tive churning inducer after 2 Gyr outside the bar region. Ao 1
Gyr intervals, we cannot see the bar-induced churning Isectne
bar's CR do not move enough: according to Fig. 7, the CR have an
outward displacement of 1.25 kpc approximately, so thes Star
lowing the CR do not come from radii far from the final position
of CR. As a result they have small impact on the average Initia
angular momentum in Fig. 15.

In Fig. 16, we display the initial vs. final angular momentum
of the stars on the time intervals 1-3 Gyr, 1-5 Gyr, 1-7 Gyr a8l
Gyr. The magenta dashed line marks the position of the barts c
tation at the end of the interval, the red curve is the aveiaigal
angular momentum as a function of the final angular momentum,
and the orange dashed line marks the OLR (the outer resonénce
order 2) at the final time of each interval. The purpose offtbisre
is to investigate the cumulativefects over time of the migration
mechanisms.

We can see that in the inner parts of the disk, in the region of
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Figure 15.0On the time intervals 1-2 Gyr, 3-4 Gyr, 5-6 Gyr and and 8-9 Gnor( left to right panels), we display the initial versus fiaagular momentum
for all the stars (formed from the gas in the simulation: tHF&B component of the disk) existing at the beginning of eastetinterval. The color scale
indicates the number of stars in each pixel, the black soielihdicates the locus of the diagonal final = Lzinitial- USing the radius of a given resonance
and the circular velocity at this radius, we determine theasponding value of,. The thick magenta dashed line marks the place of the bargatmn at
the end of the time interval. The orange dashed vertica) timarks the OLR (outer Lindblad resonance) of the bar. Thekidashed vertical lines mark the
resonances of multiplicity e, m=3 and n==1 (from left to right) with the bar, defined by Eq. 5. And theaaled solid vertical lines indicates the position of
the corotation resonances with the Fourier modes in the fiimk m=3 to m=5 (see legend).
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Figure 16.0n the time intervals 1-3 Gyr, 1-5 Gyr, 1-7 Gyr and 1-9 Gyr (ffirkeft to right panels), we display the initial versus finagjalar momentum for all
the stars (formed from the gas: the STAR component of the digkting at the beginning of each time interval. The colmls indicates the number of stars
in each pixel, the black solid line indicates the locus ofdregonall, final = Lzinitial. The thick magenta dashed line marks the place of the barigatmn

at the end of the time interval. The orange dashed vertioaliarks the OLR, the thin black dashed vertical lines magkésonances of order 4, 3 and 1

(from left to right) with the bar, defined by Eq. 5, at the enceath time interval. And the coloured solid vertical linedigates the position of the corotation

resonances with the Fourier modes in the disk, froaBrto m=5 (see legend).

the bar, the initial angular momentum is larger than the famaju-

lar momentum in average. That is due to the fact that stapedra
in the bar are on the ILR, as already exposed about the previou
figure. Here, we see the cumulativfeets of the ILR over time:
the stars in this region lose more and more angular momerasm,
a consequence, the rotation speed of the bar decreases.

Outside the bar’s corotation region, the stars come in geera
from inner radii when comparing their state at 1 Gyr with tate
times. The average initial angular momentum (red solid €uis
below the diagonal, and the curve displays a hollow arouadtR.
To explain the behaviour of the average initial angular motne,
we have to combine thdfects of the early spiral arms (at3 Gyr),
with the resonances of higher multiplicity with the bar, ane bar-
induced churning (stars trapped in the corotation regioningp
outward).

On the left-most panel (1-3 Gyr), the early spirals induce an

© 0000 RAS, MNRASDOG, 000-000

outward movement of the stars havihg > 1500 kpZGyr1 be-
tween 1 and 2 Gyr (see Fig. 15) and the OLR can also have appre-
ciable dfects. For example, the starslatsina = 2000k pEGyr1,
have an average initial angular momentum of 1K@2Gyr 1.

The diference is 23&pc2Gyr1, corresponding to an average ini-
tial guiding radius approximately 1 kpc inward (because dire
cular speed is approximately 220 Jsh This value is roughly the
same between 1500pc2Gyr! and the OLR (atL; final & 2500
kp&Gyr-1). For stars having their final angular momentum above
the OLR, the average gain of angular momentum decreases. Thi
is because, on that time interval, the OLR has moved outward,
(from 1450kpGyr~1 in the left-most panel of Fig. 15 to 2500
kpGyr1 in the left-most panel of Fig. 16) so the stars in that
interval have gain angular momentum, while stars at radiide
than OLR have not yet felt itskects.

On the following interval (1-5 Gyr), The OLR is now around
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3400kpcGyr1, so the stars that were at radii larger than the OLR
on the interval 1-3 Gyr, have now gained roughly the same atou
of angular momentum than the stars that were between 1500 anc
2500kpZGyr~1 on the interval 1-3 Gyr. Around the bar's corota-
tion radius (magenta dashed line), we see ffeces of the position
swapping already described: the stars below the CR haverlanig

tial angular momentum, and stars above the CR have lowéalinit
angular momentum. Thefierence, when compared to Fig. 15, is
that the changes around the CR are not symmetric, becauganve s
seeing the fects of the bar-induced churning: the trapped stars
can come from very low radii, even from the initial positiohtioe
corotation (which is around 2 kpc at 2 Gyr), therefore theydp

the average initial angular momentum of the stars in thetatiom
region.

On the next time intervals (1-7 Gyr and 1-9 Gyr), we observe
mainly the défects of the ILR and the bar’s corotation. On these in-
tervals we observe a stronger impact of the bar-inducechagir
that lower the average initial angular momentum around tRe C
This dfect of the bar-induced churning appears to increase when
the bar’s corotation reaches the outer regions of the dizke¥am-
ple, when the corotation correspondd.tofina ~ 1575kpc,2Gyr‘1
at 5 Gyr, we have an average initial angular momentum of 1250
kpGyr1, corresponding to an average outward movement of 1.5
kpc for the guiding radius of the stars corotating with the &i25
Gyr. While when the bar’s corotation correspond 1ging ~ 3000
kpGyr~! at 9 Gyr, the average initial angular momentum is at
corotation is approximately 1900p2Gyr1, corresponding to an
average outward movement of 5 kpc approximately for thes star
the corotation region at 9 Gyr. In sec. 7, we will analyse tyreaan-
ics of the bar-induced churning, and the fraction of stareemed
by this phenomenon.

In the end, we have shown that to understand the radial mi-
gration we had to combine théfects of the transient arms prior to
the bar formation, thefBects of the various resonances with the bar
outside the corotation radius (mainly the ILR and OLR andrthe
mulative dfects over time), the bar’s corotation and the bar-induced
churning.

5.2 Hfects of the corotations with spirals

In Figs. 9 and 8, we have examples of stars that undergo rdidial
placements before entering the corotation region of theTter star
in the first figure is born at 10 kpc at 2.5 Gyr, and its radialipos
tion decreases steadily to 7.5 kpc between 2.5 and 3.5 @yr,ith
guiding radius remains roughly constant until the startsteoro-
tating with the bar. In the second figure, the star starts atptl
and moves steadily inward between 2 and 3 Gyr, ending at 7 kpc,
then its guiding radius experiences small variations hatbe due
to small perturbations in the galactic disk), until it alsarts coro-
tating with the bar. These movements occur far from the atiart
resonance with the bar, so it can not be involved. Therefeeesus-
pect other resonances to be responsible for this radiakbtiggy.

In Fig. 17, we display the angular momentum of the stars as
a function of their initial angular momentum, on the intér2a3
Gyr. Using our analysis of the corotations with patternscavert
our corotation radii to angular momentuin; corot = Reorot * Vtang
whereRcorot is One identified corotation radius aNghng is the tan-
gential speed of stars, which is approximately 220«krmherefore,
we are able to indicate the location of the corotation in tharg
(vertical lines), and the location of the stars that haveuerited
by each corotation on the time interval (tilted dashed Jn8¢ars
that migrate because of the corotation resonance shouid thea
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Figure 17. Angular momentum variation for all stars versus initial alag
momentum between 2 and 3 Gyr. The color scale indicates tmbauof
star in each bin. The black curve indicates the average iexped by the
stars as a function of their initial angular momentum. Theiea@ lines in-
dicate the position of the fierent corotations (see legend), and the tilted
dashed lines indicate the position of the stars influenceédmh corota-
tion and have the corresponding color. These lines haveltipe s2, be-
cause stars influenced by corotation resonances swap tae@sparound
the corotation radius. The red dot indicates where the st&ig. 8 is.

places around the corotation radius (Sellwood & Binney 2082

a result, the dashed lines have a slope -2. The star in Fig.i8; i
dicated by the red dot: its radius at 2 Gyr is 11 kpc and itsiggid
radius variation is -4 kpc, that gives an initial angular nestum

of 2420 kpé.Gyr! and an angular momentum variation of -880
kpc2.Gyr 1. So, this star is close to the purple dashed line, mean-
ing that it is in the region where the stars have most likelgrbe
influenced by the corotation with the=tb pattern, between 2 and 3
Gyr. This star loses angular momentum and migrate inwaosser
ing the corotation radius of the=% pattern.

In Fig. 18, we do the same work between 2.5 and 3.5 Gyr, and
the red dot indicate the position of the star in Fig. 9. Thiz &
at 10 kpc at 2.5 Gyr and at 7.5 kpc at 3.5 Gyr, thefore its ihitia
angular momentum is 2200 kh&yr1 and its angular momentum
variation is -550 kpt.Gyr 1. As the previous example, this star is
also close to the region of influence of the-mpattern, that make
it lose angular momentum, resulting in an inward radial ®uign.

This analysis gives an illustration of the churning indubgd
corotations with spiral patterns. In our two examples, weetanly
two stars migrating inward, but a deeper analysis of thects
should have brought results similar to Sellwood & Binney(Q20
But, since the bar is the dominant non-axisymmetric stmnectar
most of our simulation time, we focused on the migration wetl
by the interactions with the bar.

We highlighted in this section that the corotation with ttze b
is very dfective in inducing stellar churning, and that stars churned
from the corotation region tend to remain in that region hie hext
section, we will investigate the dynamicafects supporting this
phenomenon. To do so, we will analyse tlfeeetive potential and
examine the correlation between the existence of Lagrarmats
and the radial churning of stars around the corotation seadiu
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Figure 18. Angular momentum variation for all stars versus initial alag
momentum between 2.5 and 3.5 Gyr. The color scale indicaeeaumber

of star in each bin. The black curve indicates the averager@eqred by
the stars as a function of their initial angular momenturre Vértical lines
indicate the position of the fierent corotations (see legend), and the tilted
dashed lines indicate the position of the stars influenceeéamh corota-
tion and have the corresponding color. These lines haveldipe s2, be-
cause stars influenced by corotation resonances swap the@sparound
the corotation radius. The red dot indicates where the staig. 9 is.

6 DYNAMICS AROUND THE LAGRANGIAN POINTS
6.1 Inthe simplified case

The Lagrangian points are the equilibrium points of tiffecive
potential, that is defined as:

1
Det1(r,60) = O(1,6) - zﬂﬁ 2, (6)

where® is the potential in a Galilean reference frantg, is the
angular speed of the bar, andd) are the polar coordinates.

{(I)XX+ Dyy+4Q2 > 2, [DyxDyy— DF, (3) @

By~ B2, >0 ®)

where thedyy, Dyy and ®yy are the second derivatives of the ef-
fective potential with respect to variablgsy, and cross derivative
respectively, andy, is the rotation speed of the bar. This result is
equivalent to that of Pfenniger (Pfenniger 1990), who hawéept
these inequalities written in an other form, to distinguigtween
different types of unstability.

The analysis of the stability conditions shows that the kadd
points L1 and L2 are always unstable, meaning that starsdrou
them can reach these points, but they will not stay (Romermmex
et al. 2006); and the maximum-type Lagrangian points L4 &hd L
are stable, meaning that stars rotating around these {fottsv-
ing horseshoe orbits Binney & Tremaine (1987)) will not bizein
away from the Lagrangian points by small perturbations efeh
orbit.

6.2 Inour simulation

We computed theftective potential in our simulation a 10 pc soft-
ening length. The left panels of Fig. 19 display tieetive poten-
tial maps at times 2 and 4.5 Gyr. As expected, tiieative potential
decreases when moving to radii far from corotation radiusgvis
marked by a blue dashed circle), and shows local maxima and mi
ima near the corotation radius. In our simulation, the Lagian
points are also close to corotation, but they are not aligviddthe
bar axis, and their number and location are varying with tiive
observe that the spiral arms or over-densities crossingdhata-
tion radius, have a strong influence on these charactexisticere
they cross the corotation, the potential reaches a minirarhas
the shape of a saddle point, and between these pointdtdutive
potential reaches a maximum value.

We found that the stability condition (a) in Eq. 7 for the La-
grangian points, is always verified in our N-body simulatiso
their stability depends only on condition (b). We obtain e
negative values of the stability condition (b) for the saddipe

The dynamics of stars around Lagrange points have been well Lagrangian points. The maximum-type Lagrange points aaril

studied in the case where the potential do not evolve witletim
and more specifically, in the simple case where the only non-
axisymmetric component of the potential is a bar with camsta
rotation speed and no secular evolution (see for exampleegin
& Tremaine (1987), or papers by Athanassocetial). In this case,
the Lagrangian points are aligned with the bar major and mino
axis: two maximum-type points, usually called L4 and L5ga&d
with the minor axis; two saddle-type points, L1 and L2, aéign
with the major axis; plus the minimum of the potential at tkater

of the galaxy, called L3. The points L1, L2, L4 and L5 are néar t
corotation radius, and are fixed in space and time.

stable at early times, but the analysis is moifedilt at later times
because we want to compute derivatives of tlffieative poten-
tial, which is more noisy. Nevertheless, we can consider ttiea
maximum-type Lagrangian points of thective potential are sta-
ble since we always get roughﬂ7xx<l>yy—®>2(y > 0 (condition (b))
around them. Therefore, we expect the motion of the starsdro
the maximum-type Lagrangian points to be quasi-periodieyt
should rotate around the local maxima of tieeetive potential.
And the motion of the stars around the saddle-type Lagrangia
points should be as described in (Romero-Gomez et al. 2006)
We check the previous analysis with a visualization of tieé st

The stellar movement around the Lagrangian points can be lar orbits around the maxima of the instantaneofisofive poten-

quasi-periodic or unstable. The equations ruling the gpesbdic
motion are given in Binney & Tremaine (1987), and the oneisgul
the unstable motion are given in (Romero-Gémez et al. 20086)
understand of which type is the stellar motion at corotatiith the
bar in this simulation, we investigate the stability of tregrangian
points.
Following (Binney & Tremaine 1987), but without assuming

the 4-fold symmetry of the potential, we obtain the follogire-
sults :

© 0000 RAS, MNRASDOG, 000-000

tial. In Fig. 19 the right column displays the average statiga
velocity vectors in each pixel of the disk, in the frame riotgtwith
the bar, at 2 Gyr (upper panel) and 4.5 Gyr (lower panel). Mere
assume that epicyclic motions have negligible influencehase
figures, because they introduce blurring without chandnegatver-
age speed value, so, when there is only one family of orbiipgs
through a pixel, the average speed-vector of the stars trptkel
is the speed-vector that would have a star following the iggid
orbit in that pixel i.e. without blurring. It reveals thatetlstars in
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Figure 19. Upper row the left and right panels, show the isocontours of tfieative potential (black lines), and a density map of thesséa2 and 4.5 Gyr.
The dashed-blue circle represent the corotation radiuseatime of each paneMiddle row The left and right panels, show average velocity maps kKblac
lines with arrows indicating the direction of average speectors) in the reference frame rotating with the bar, aeddénsity map of the stars at 2 and 4.5
Gyr. The color scale in all panels represents the numbeetésparticle in each pixel. The blue dashed circle reprssthe corotation radius at the time of
each panel. The central region (in white) has been removiedpmve the density contrast. (See on-line version forwad figure) Lower row Addition of
snapshots (previously aligned with the axis of the bar) étitme interval 2.9< 3.0< 3.1 Gyr (left panel) and 4.9 5.0< 5.1 Gyr (right panel). We display the
average velocity maps (black lines) in the reference frasteting with the bar, and the density map of the stars. Ther caale in both panels represents the
number of stellar particle in each bins. The blue dashetkaiepresents the corotation radius at the time of each plartble first two rows, the greged dots
mark the locus of minimum-typmaximum-type 8-Lagrangian points at 3 Gyr and 5 Gyr. Whilthimlast row, these dots mark the locus of the 2-Lagrangian
points. The notion of n-Lagrangian point will be explainedSec. 7.
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the corotation region rotate aroundfdrent points located on the
corotation radius.

Following the the previous analysis of the Lagrangian mint
in our simulation, we should see in the right panels of Figth®
stars following horseshoe orbits around stable maximype-tya-
grangian points. But when comparing the stream maps (right p
els) with the &ective potential at the same times (left panels in
the figure), we notice a discrepancy: the center of the calisthe
points of transition from one cell to an other in our stebtreams
maps, do not match the place of the Lagrangian points thabean
identified by eye in theféective potential maps.

This drawback can be explained by the fact that transiens arm
have very short typical life-time<{0.1 Gyr) compared to the char-
acteristic dynamical time of the galaxy (which approxinhate-
creases from 0.2 to 0.4 Gyr on 8 Gyr). The same behavior for the
transient arms is observed in other simulations (Grand,aw
Cropper 2013). Therefore, a single arm, and ffeas on the La-
grangian points, may not have time to influence the guidirt or
of stars, and only the time average gravitational forcestegdeyy
successive arms, may be relevant to understand the stalianing.
We will investigate that hypothesis in the next section.

7 COROTATING STARS IN A NON-STEADY
POTENTIAL

We have seen in the previous section that the instantandtacs e
tive potential fails to fully explain the velocity maps, leese the
typical life-time of transient arms is short compared to @y
cal characteristic time, thus a single arm hardlgets the guiding
radius of stellar orbits. We found that the position of Lagyian
points in the instantaneous potential do not match the ipasit
of the "vortices” found in the velocity maps, created by thars
following horseshoe orbits around the maximum-type Lagiam
points. This is because we were using tools developed fadgte
potentials. Therefore, to understand the dynamics of stgrsten-
tials evolving with time, with many recurrent transientrgpiarms,
we have to find other methods.

One method is to work with smoothed potentials, assuming
that the smallest structures are too short-lived to havegareaia-
ble impact on the stellar orbits. Therefore, smoothing theiptial
allow to consider thefects of the largest non-axisymmetric struc-
tures only, that live long enough compared to the dynamioae t
scale of stellar orbits (about 0.3 Gyr for one revolutionus the
galactic center). As a result, we expect the smoothEstive po-
tential to evolve more slowly with time, giving sense to Laggian
points at least on time intervals commensurable with thedyoal
time scale of stellar orbits.

In addition, with the panel 4 in Fig. 10, we can estimate that
the period of the horseshoe orbit can be about 2 Gyr or lomhger.
the previous subsection, we estimated that the minimabgeof
horseshoe orbits is approximately 1 Gyr, which in agreemsiht
the estimated period of 2 Gyr for the particle in Fig. 10. Timse
scale is long compared to the life-time of transient spjrtdsre-
fore it brings further justification to the smoothing of th@eetive
potential.

In the following, we will smooth theféective potential, using
low-pass Fourier filter, and introduce the notion of n-Lagjian
points. They we will argue that we need to use the 2-Lagrangia
points to describe the movement of stars corotating withbidre
and we will follow the evolution of these points. Then we will
check that the 2-Lagrangian points describe more accyréiel
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guiding orbit of stars in the frame rotating with the bar.dip, we
will do statistics on the stars trapped in the corotationmegn or-
der to characterize the proportion of stars concerned bgiffexent
motions that can be induced in the corotation region.

7.1 Introducing the n-Lagrangian points

We smooth the fective potential at the corotation radius using
Fourier filters: we perform a Fourier analysis of the azimalitrari-
ations of the #ective potential at the corotation radius, and re-
construct a smoothed potential by summing Fourier modes fro
m=0 to m=n. The high frequency variations are described by higher
modes, therefore, the lower is n the smoother is the potekiia
will call the equilibrium points found in such a smoothedgatal
n-Lagrangian pointswhere n is the maximum Fourier mode that
is used. With this method, when-neo, we get the instantaneous
potential, and theo-Lagrangian points are the Lagrangian points.

Our hypothesis is that the variations of th@eetive poten-
tial described by the first modes of the Fourier decompasidice
spatially large, and persistent in time, because createlhriggr
structures in the disk, that should evolve on larger timadesthan
the small perturbations. Therefore, applying a low-passiEofil-
ter on the ective potential will give spatially smoother potential,
and it should also produce smoother temporal variationeepb-
tential. The obtained smoothed potential can be intergratethe
potential ruling the phenomenons occurring on large tinagesc In
the following, by adjusting the value of n, we want find thegyot
tial describing phenomenons ruled by the bar, which is acttra
having a longer life-time than the transient spiral arms.

In Figs. 21 and 22, we give examples of smoothé&éative
potential in the corotation region of the bar. We display &e
Lagrangian points (upper panel) and 2-Lagrangian poimtse(
panel) at 3 and 5 Gyr of the simulation. It is visible that a éow
value of n leads to less equilibrium points, because thelsrag}
ations are smoothed. In addition, the 8-Lagrangian poigsary
close to the Lagrangian points. We used them in Fig. 19, td thar
position of the Lagrangian points found in thieetive potential.
But we have seen that these points are created by transies} so
they do not describe the stellar movements having largerdigaé
time-scale.

7.2 Fourier analysis of the &ective potential at corotation

As already said, Lagrangian points are places where thalérat-
atives of the &ective potential are null. Based solely on this defi-
nition, we catch all the small perturbations of the potdraiaated
by low amplitude short-lived local overdensities. Mostli the
stellar orbits are not influenced by these minor Lagrangiaintp.
Therefore, we want to find the Lagrangian points created bsemo
significant structures (e.g. the bar), that live long enotglTect
the stellar orbits.

We analysed the trajectory of stars experiendiag-induced
churning trapped in the corotation region between 2 and 9 Gyr.
The results are displayed every 1 Gyr in Fig. 20 for 564 star pa
ticles, where we see the radial movements of the trappesl fetiar
lowing the corotation radius (white curve) of the bar (uppanel).

In addition, we clearly see that these stars tend to stayhfguan

the axis perpendicular to the long axis of the bar (lower paafe

ter ~4.5 Gyr. Apparently, the stars remaining trapped around the
corotation of the bar behave as if they were trapped aroued th
Lagrangian points L4 and L5 found in the simple model, sugges
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Figure 20. We identified 564 star particles trapped in the corotatigiore
between 2 and 9 Gyr (experiencibgr-induced churning and we display
here the evolution of their position in the frame corotatingh the bar
every GyrUpper panelgalacto-centric radius of these stars, the thick white
curve indicates the corotation radius of the Haower panel azimuth of
these stars in the frame corotating with the bar (the long akithe bar

is a @ here), the thick white lines indicates the 2%nhd 90 angles (axis
perpendicular to the bar)

ing that the 2-Lagrangian points may explain their movemBat
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Figure 21. Effective potential minus mean value, in the corotation region
at 3 Gyr.® =0 marks the bar major axis. The blue crosses indicate the
value of the &ective potential minus the mean value at each time, the red
line is the superposition of the modes=finto Mm=8 (upper panel), ml

and m=2 (lower panel) of the Fourier spectrum. The red and greed file
circles mark the maximum-type and minimum-type n-Lagrangpoints
respectively, with g8 in the upper panel and=2 in the lower panel.

m=2 have larger amplitudes than the mode3r(and than higher
modes that are not shown here) at almost all times, meanatg th
the dfect of the most prominent structures in the disk can be catch

fore ~4.5 Gyr, this trend do not appear clearly yet because of the by considering only the two first modes. As a consequence of ou

lower bar’s strength allowing stars to escape a Lagranginty
and being captured by the other: there are lot of exchandesbe
the Lagrangian points. After4.5 Gyr, the stars seem more tightly
trapped around the Lagrangian points.

Indeed, since these stars interact with the bar, which imagt
m=2 Fourier mode of the stellar density in the disk, it appeats n
ural to consider that the 2-Lagrangian points may play a ile
this movement. As a result, we smooth theeetive potential at
corotation by keeping only the1 and m=2 modes of the Fourier

choice to keep only the #1 and =2 modes, we always find two
maximum-type and two minimum-type 2-Lagrangian pointshia t
smoothed fective potential of the corotation region.

7.3 The 2-Lagrangian points

In Fig. 24 we display the azimuthal position of the obtained 2
Lagrangian points, and their position on the disk, in thenmefce
frame rotating with the bar. We find that the points remaincatt-c

decomposition of thefBective potential at corotation, expressed as stant azimuthal position while moving outward with the datmn

function of azimuthal angle (the mode=® is always null in our
analysis, because we remove the mean value).

The results of this analysis attimes 3 and 5 Gyr are provided i
Figs. 21 and 22, where the azimuth zero corresponds to tharmaj
axis of the bar. The amplitude of the modesn2 and 3 in the
effective potential at corotation for the times between 2 ang/® G
are displayed in Fig. 23. In the latter figure the modeslnand

radius. These results are also used in the panel 4 in Figsa&d 9
10.

We compare the evolution of the azimuth of stars trapped in
the corotation with the maximum-type 2-Lagrangian point&ig.
25. The position of the 2-Lagrangian points coincide quitdlw
with the azimuth of the stars. Befored.5 Gyr the 2-Lagrangian
points are not well defined because the strength of the bastis n
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Figure 22. Effective potential minus mean value, in the corotation region
at 5 Gyr.® =0 marks the bar major axis. The blue crosses indicate the
value of the fective potential minus the mean value at each time, the red
line is the superposition of the modes=fnto m=8 (upper panel), ml

and m=2 (lower panel) of the Fourier spectrum. The red and greed file
circles mark the maximum-type and minimum-type n-Lagrangpoints
respectively, with g8 in the upper panel and=2 in the lower panel.

large enough compared to that of the spirals, resultingrgetedis-
persion in the position of the 2-Lagrangian points. Thidaixys the
behaviour of the trapped stars beferé.5 Gyr. Notice, that the the
azimuth of the 2-Lagrangian points appear with a tilt angim¢
pared to the axis perpendicular to the bar. However, ouryaisal
show that the 2-Lagrangian points may well help to undedstha
behaviour of stars experiencitgr-induced churning

We checked that when adding modes higher tha2 mve find
more equilibrium points, that spread around the prefereadathal
positions that were found with modes up te=B) resulting in a
progressive blurring of Fig. 24.

Using our knowledge about Lagrangian points, we have a bet-

ter understanding of why the stars that corotate with thecaarhe
trapped for many dierent times in the context of evolving poten-
tials:

e we know that the saddle points of the steaffgeive poten-
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Figure 23. Power of the Fourier modes=i, 2 and 3 (see legend) found in
the dfective potential at corotation radius. The Fourier analysimade
along the azimuthal coordinate at each time between 2 andr9The
curves displayed in this figure are smoothed using a Savigay algo-
rithm.
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Figure 25.Same as Fig. 20, but we added the position of the maximum-type
2-Lagrangian points (white circles) found in thieetive potential.

the bar and that are located on such a point will not remapptéd

in the corotation. This behaviour is illustrated in Fig. §ere we
see in panel 4 that when this star is in corotation (betwe&n 3.
and 4.5 Gyr approximately), it is located around an unst&ble
Lagrangian point (Green crosses).

e in steady potentials, we expect the maximum Lagrangian
points (L4, Ls) to be stable (Sec. 6.1). But the notion of stabil-
ity of the equilibrium points is valid only in steady poteais,
so, when dealing with evolving potentials, it has to be takeéh
caution. Nevertheless, we will consider here that the marin2-
Lagrangian points (red filled circles in Fig. 21) are “stdbMore
precisely, we mean that, under the assumption that thesgspoi
move slowly enough (adiabatic evolution), the stars trdppe
horseshoe orbits around them can stay around these “stable”

tial (L1, L» Lagrangian points) are always unstable (Sec. 6.1). Their Lagrangian points while they move, under some conditioaé th

homologue 2-Lagrangian points are also saddle pointsidiied
circles in Fig. 21) and they are moving outward, as the ctimta
radius. Therefore, they are also unstable: the stars thatiate with
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will be described in the next subsection. This behavioutlis-i
trated in Figs. 9 and 10. In Fig. 9, we see a star that is cangtat
with the bar and that is trapped around a stable 2-Lagranugian,
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Figure 24. Left panel azimuthal position of the 2-Lagrangian points as a fumctibtime, in the frame rotating with the bar (the major axishef bar is on the
axis (thete:0°, theta=180"). Red and green filled circles mark the maximum-type andnmimni-type Lagrangian points respectiveRight panel position of
the Lagrangian points in a face-on view of the disk, at samedias in the left panel. The bar is aligned with the x axis.

albeit for a short time. And in Fig. 10, we see a star remaining
trapped around the 2-Lagrangian point for a long time. Tlifis d
ference of behaviour for stars trapped round stable 2-lragaa
points is the object of the following subsection.

To check that the 2-Lagrangian points found in the low Faurie
modes allow a better description of the churning of starsoad-c
tation, we plot the lower panels of Fig. 19. On these paneés, w
added the snapshots on time intervals 2.45-2.55 Gyr, ckiatne
2.5 Gyr (left panel) and 4.4-4.6 Gyr, centred on 4.5 Gyr (righ
panel). The snapshots are aligned with the bar axis, anddghe v
locity are expressed in the frame rotating with the bar ak ¢imee
of the time intervals. Then we build spatial bins and in eaohwe
compute the average velocity vector of the stars, thus alpio
trace stellar-streams maps, as in the middle row of the sayueefi
Then we mark the locus of the minimum-type and maximum-type
2-Lagrangian points that we found in the smoothfdative poten-
tial.

Now we have better agreement between the stellar stream

maps and theftective potential: the maximum-type 2-Lagrangian
points are close to the center of the vortices of stars onesbre
orbits, and the minimum-type 2-Lagrangian points are chhee
frontier between two adjacent vortices.

7.4 The Jacobi energy

We have shown that the time a star remains trapped in theacorot
tion resonance depends first on its location: namely whethsr
orbiting around a stable or unstable 2-Lagrangian poirttjtkap-
peared that this criterion is not enough to understand winyeso
stars trapped around “stable” 2-Lagrangian points do notaie
trapped.

To investigate further the behaviour of the particles indine-
ulation, we look at the Jacobi energy of a star, which is caegbu
as:

1
Es=3 ®)
wherer’is the velocity of the star in the reference frame corotating
with the bar, andbe 1 is the dfective potential given by Eq. 6.
In Figs. 8, 9 and 10, the panel 5 displays the Jacobi ergjgy
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Figure 26. Distribution of the stars in the radius vs. Jacobi energygla
at time 2 Gyr. The color scale represents the number of stagach bin.
The red line is the minimum value oftective potential at each radius, and
the black line is its maximum value at each radius. The whiedeparates
the stars that can cross the corotation radius (above teg &nd the ones
which can not (below the line). In this figure, the horseshimt oegion is
above the white line and below the black curve.

of the star (red curve) and the maximum and minimum valueiseof t
effective potential on the corotation radius (green dashedesr
that we denote a®e+ t(Rcorot: ®max) and Pe+ t(Reorot, @min) re-
spectively. In these plots, we subtract®d; :(Rcorot, @min) from
the three energy above, because the minimum vallg ¢b cross
the corotation i8De {(Reorot, @min)- This is illustrated in Fig. 26,
where we have the repartition of the stars, at 2 Gyr, in thaela
Jacobi energys.radial position. Stars rotating around a maximum
of the dfective potential have to cross the corotation radius, this
means that their Jacobi energy must be above the minimad wdlu
the potential at corotation radius (this value correspdhéslow-
est saddle-type Lagrangian point): these stars have todedbe
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white line in Fig. 26. So the first criterion to experience ratgpn
due to the corotation is

E3(R) = Def f(Reorot, Omin) 9

We can see in Figs. 8 to 10 that, while the stars are corotating - 0.3}
(]

with the bar, they satisfy Eq. 9.

To understand how a star’s Jacobi energy evolves when it mi-

grates outward, we can rewrite Eq. 8 using the actilinandJ;:

Ej(R) = (R IR+ v(R) Iz + De 1(R) (10)

because in the epicycles approximation (Binney & Trema8&¥},
we haveEj = ER + Ez + @ for planar movements, anfigr =
1/2«2X2, E; = 1/2v2Y? for the kinetic energies; andk = 1/2«X?,
J, = 1/2vY2 for the actions, wherX andY are the amplitudes of
the radial and azimuthal epicycles respectivelgndy are the ra-
dial and vertical epicyclic frequencies respectively.

From the panel 6 in Fig. 10, we see that the actions of stars

have only small variations while they remain in the disk{ tira not
enough to explain the decreasing valueegf so we will consider
the actions to be conserved quantities. The remaininghlagaare
the epicyclic frequenciesandy, that are functions of thefiective
potential (Binney & Tremaine 1987), that decreases wheiusad
increases. This is observed in panels 1 and 4 in Fig. 10. Tdrere
when a star moves outward its kinetic energy decreases sechu
the decreasing frequenciesindv in Eq. 10.

As a result, we expect that the conditions for a star to be
trapped for a long time in corotation with the bar, is to retatound
a maximum type 2-Lagrangian point, and to have a high intiel
at the moment the star enters corotation region) Jacobggner
compensate the decreasing kinetic energy while moving anatw
and still verify Eq. 9. Given the expression 10, this comuditis
equivalent to require high values of the actions. The paruéltGe
Figs. 10, 9 and 8 gives an illustration, where the radialoacin
10 is approximately constant at 0.0kpEGyr—1, while it has the
value 0.00%pcGyr~1in Figs. 9 and 8, i.e. the long trapped star
have a radial action roughly 5 times larger than the two othees
which are trapped for short times.

To test the previous hypothesis, we select twiiedent groups
of stars: one with low initial Jacobi energies (but with eglwen-
ergy to cross the corotation radius: Eq. 9), and one withédrigfi-
tial Jacobi energies. Both groups have their guiding radig(lar
momentum over tangential speed) in the corotation region.

Using Fig. 26 we illustrate the above selection criteria. We
define as the corotation region, the region comprised indset
the two points of intersection between the white line andallaek
curve. As the potential evolve with time, the corotationioaglso
changes, as displayed in the lower panel of Fig. 27. The btaurs
ing low Jacobi energy are above the white line and below thekbl
curve. And the stars having higher Jacobi energy are abave th
maximum of the &ective potential, that is above the maximum of
the black line in Fig. 26.
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Figure 27. Evolution of the fraction of stars in the horseshoe orbiiarg
(which is defined in the Ej-R plane), for successive inifi@dsty between 2
and 9 Gyr, every 0.5 Gyr. At each, the number of stars in the horseshoe or-
bit region is obtained, then we follow how many of these @hisitars remain

in the horseshoe orbit region and we compute the fractioarofining stars
over initial number of staraipper panelevolution of the fraction of stars as
a function of time. The dierent colors indicate fferentty. Middle panel
evolution of the fraction of stars as a function of the relatimest’ =t—tg.
The thick blue line is a fit having equatidift’) = 0.35exp¢t’ /1.4). Lower
panel evolution of the corotation region, as defined in the text.

the middle panel, the fractions are displayed in a relative de-
fined ast’ =t -tp, so that the time evolution of the fractions can be
compared. We observe that the initial time do not have a gtiron
fluence on the evolution of the fraction of remaining standy ¢he
time elapsed since the initial time appears relevant tordesthe
fraction of remaining stars in the corotation region. And tbwer
panel display the evolution of the corotation region, asreefiin
the previous paragraph.

In Fig. 27, we show the results for the low energy stars.
In the middle panel, the red thicker line have equatidqt() =
0.35exp(t’/1.4) to fit the data. In Fig. 28, we have the results for
the higher energy stars. In the middle panel of this figuretittker
red line is the same as in Fig. 27, and the black thicker lineha
equationg(t’) = 0.5exp(t’/1.7). Therefore we have a characteris-
tic timety, that is the time necessary to reduce by 50% the number
of stars, from each group, in the coration region. For thedaergy
stars we havél-/2 =1.4In(2)~ 0.97 Gyr while for the higher energy

Once the stars belonging to these groups are identified at astarswe ﬁnd{'/2 =1.7In(2)~ 1.18Gyr. So we have a verification of

given time, we follow how many of them remain in the corotatio
region (that is moving with time) every 0.5 Gyr. In Figs. 218,
we display the evolution of the fraction of stars belongiogéach
group (number of remaining stars from one group over théainit
number of stars in the group), forftérent initial timesg, from 2
to 8.5 Gyr, every 0.5 Gyr. In the upper panel of these two figure
the fractions are displayed as a function of absolute tinegning
that the first point of each curve is the fractiontgt0.5 Gyr. In
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our initial hypothesis: the stars in the corotation regiathwigher
initial Jacobi energy are likely to follow the corotatiorgien for a
longer time, than the stars with low initial Jacobi energy.

In addition, this analysis gives a hint about a questioredhis
by Minchev et al. (2012b) in the discussions of their papethe
theory developed by Sellwood & Binney (2002) the most signifi
cant migration is observed when the non-axisymmetric gireds
transient and have a life-time roughly equal to half the qubof
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Figure 28.Same process as in Fig. 27, except that the stars are seldtied
higher energies. In the middle panel, the thick blue cunthéssame as in
Fig. 27. The thick black line is a fit having equatigft’) = 0.5exp¢t’/1.7).

horseshoe orbits. However, the bar appears to be the rfiest e
tive driver of radial migration in our simulation, althougtis not
a transient feature. In our analysis, the stars having higaeobi
energy are more likely to follow the corotation with the barem it
moves outward. In the same time, it has been shown that tre sta
with small eccentricity (low Jacobi energy) are more likedybe
trapped on horseshoe orbits around Lagrangian pointsefdrer
the stars trapped on horseshoe orbits have lower prolyatailfol-
low the corotation. As a result, because of the outward mevem
of the corotation radius, the bar is seen as a transientréeiuthe
low energy stars, and is felt during a tirfigy.

The Oort constants A and -B are equal in the epicyclic approx-
imation, if the galaxy have a flat rotation curve (Binney & if@ne
1987). Therefore, using Eg. 11 from Sellwood & Binney (2002
can estimate the minimal period of the horseshoe orbits:

-B

Tmin=7Ro Aol

(11)
whereW¥y is the amplitude of the azimuthal variations of tHeee-
tive potential at the corotation radius. At 4.5 Gyfy ~ 0.5x 10°
kpc2Gyr2 (Fig. 21) and the corotation radito ~ 7 kpc There-
fore, we havd i, ~ 0.9 Gyr. From Fig. 7, we deduce that the speed
of the corotation radius is approximateWe, ~ 1.5 kpcGyr1.
Then, assuming that theéfeiency of the bar is maximal i.8,, =
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Figure 29. Cumulative fraction of stars that remain in the corotatien r
gion for the low energy groups (blue curve) and the highergngroup
(red curve),as defined in Sec 7.4. This curves are obtairiag tre fitting
functions obtained using Figs. 27 and 28.

7.5 Statistics on corotating stars (at£2Gyr)

Using our analysis of the stars remaining in the corotategian
(Sec. 7.4), we can describe statistically the behavioutaw§ $n the
corotation region. Doing so, we can compare the impact diaste
migration due to the mixing of stars around the corotatialiusof
the bar, to the impact of the bar-induced churning (define8eo.
3.1).

Given the speed of the outward displacement of the coratatio
region (lower panel of Fig. 27), 3 Gyr is approximately thenmi
imum duration ensuring that there is no overlap betweenrihe i
tial and final position of the corotation region. Therefdne stars
trapped at least for 3 Gyr, in this simulation, have movedaisd
and followed the corotation region. These are stars experig
bar-induced churning.

In Fig. 29, we display the cumulative fraction of star tragppe
in the corotation region for smaller and smaller times. Eresults
are obtained using the fitting functiofi§(t’) = 0.3exp(t’/1.4) for
the low energy stars, anft'(t’) = 0.3exp(-t’/1.8) for the higher
energy stars. For the low energy stars (red curve), we gelifa
of these stars initially in the corotation region, are tregbfor more
than 3 Gyr, while 17% of the higher energy stars remain trdipe
more 3 Gyr. The higher energy stars spend more times in tlee cor
tation, however, the fraction of these stars among the totalber
of stars in the corotation region is low compared to the foacof
low energy stars. As a result, the absolute number of staraire
ing in the corotation region, while it moves outward, is doated
by low energy stars.

Our analysis shows that the fraction of stars experiencarg b
induced churning is low, as a result the impact of this migrat
mechanism is more appreciable on the outer edge of the diskewh
only a few stars are formed locally. So this mechanism coalgth
strong impact on the study linked to the external parts ofiibks,

0.5Tmin, we can estimate the displacement of the corotation radius such as the breaks found in the luminosity and color proffég. (

d = TonVer = 0.7 kpe Therefore, to keep the low energy stars on
horseshoe orbits, the corotation radius have to move lessQtv
kpc approximately. And the value &g at 4.5 Gyr, is fairly rep-
resentative of the amplitude of the varitations found in é¢ffec-
tive potential over the whole simulation (it varies fronl x 10° to
~0.2x 10° kpEGyr—2 between 2 and 9 Gyr).

3).

We also get from Fig. 29, that most of the stars in the corota-
tion region are trapped for short times: about 50% (for arergy)
of them are trapped for less than 1 Gyr. This is lower than énmd
of horseshoe orbits, so the maiffiext of the corotation resonance
is to mix stars around the corotation radius. Then, becafiieeo
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exponentially decreasing stellar surface density of tek,dhe av-
erage €fect of this mixing is to drive stars outward. Indeed, stars on
the inner side of the corotation will reach the outer sidel ace-
versa the stars initially on the outer side. But since thesstetially

on the inner side, outnumber the ones initially on the ouith, sn
average we get that the corotation induce an outward movemen
of the stars, as shown in a previous paper using the same W-bod
+SPH simulation (Kubryk, Prantzos & Athanassoula 2013).

8 SUMMARY

In this work, we studied radial migration defined as a guidiag
dius variation of the stellar orbit. We have checked thatwémtical
angular momentum, combined with the tangential speed of,sta
allows to estimate the guiding radius of stars. It allows tidg
specifically the churning, because the angular momenturot iafa
fected by the epicyclic oscillations.

We studied specific aspects of stellar radial migration in a
bar-dominated disk galaxy, by analyzing a N-be&PH simula-
tion (with gadget-3. In this simulated galaxy, the bar is formed
around 2 Gyr and then evolves secularly until the end of timeisi
lation (9 Gyr). During the secular evolution period, the beows,
its rotation speed decreases and its strength increasé8 @yr.
As a result the corotation radius, and the other resonaniteshe
bar move outward with time. We also find transient spiral airms
the simulation, whose strength increases until 1 Gyr apprately,
and then, decreases slowly until the end of the simulatianh¥ve
shown that the transient arms €3 and m=5 Fourier modes) rule
the radial migration before approximately 3 Gyr, passetitihee,
the bar has gained enough strength relatively to the arnispse
comes the main driver of radial migration in the disk.

We have found that since the bar formation, the corotation
region with the bar is the dominant place where stars staleto
churned. We selected the migrating stars, with a thresimadahgu-
lar momentum variations on 1 Gyr time intervals, in orderatgeét
a quantitative description of the phenomenon. This analysids
for strong migrators, since we set our threshold on a redtiigh
value (we select stars experiencitB > 1.8k pc), therefore, it gives
a lower limit for the fraction of migrating stars. This work strong
migrators shows that the corotation region of the bar is wilee
fraction of migrating stars is the highest, with values ad35%
in this simulation at all time since the bar is formed (at 2)GWe
also found that, amongst the migrating stars, around 70%evht
are in corotation with the bar, in the corotation region.sTvalue
drop to 0% at radii far from corotation, so the migration atitg
at other radii, is not due to velocity dispersion, allowirigrs far
from corotation radius, to have the same angular speed dmathe
This analysis also exhibit that radial migration occursobefthe
bar formation, at times lower than 2 Gyr, over the whole digkis
is due to transient spiral arms, that have a decreasing argpeed
over their length, and that corotate with the stars at all (&)L We
also shown that migration at these early times contributb¢aa-
dial extension of the disk: some of the stars that whereistatd
migrate below 10 kpc at 1 Gyr, are found around 14 kpc at 2 Gyr.

We have analyse the churning of stars by comparing thelinitia
and final angular momentum of the stars on various time iaterv
On successive 1 Gyr intervals, we have described fiteets of the
ILR in the bar region, theféects of the bar’s corotation and the
OLR. And observed that theffects of the bar are roughly sym-
metric around the CR. On larger time intervals, always istgrat
1 Gyr, we analysed the cumulativéects over time of the migra-
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tion mechanisms, thus allowing to describe the impact ototire
induced churning on the average initial angular momentustars.

We have shown that the instantaneotie@ive potential do
not describe accurately the movement of stars corotatirig thve
bar, because it is shaped by transient arms or small ovetigsns
that have short life-time compared to the characteristiopge~ 1
Gyr) of stars on horseshoe orbits around Lagrangian poltts.
problem is that Lagrangian points are used to study steady po
tentials, in this context the Lagrangian points do not cleawgh
time. While in our case, the Lagrangian points change quitid-
cause of the influence of local short-lived overdensitieshenpo-
tential near the corotation with the bar. As a result, we defithe
n-Lagrangian pointsthat are found in the smootheffective po-
tential, and represent the combinefeets of large structures (that
live long enough) and of multiple short-lived Lagrangiarirgs.

We described how we can find n-Lagrangian points, that also
correspond to a time and spatial average of tffiecdve potential,
using a Fourier low-pass filter to smooth thEeetive potential. We
tested that the 2-Lagrangian points manage to describe hew t
stars move in the disk around the corotation region. Thistean
seen on maps of the average velocity (in each pixels) of #ms st
(in space and time), in the frame rotating with the bar. Theaps
display some vortices created by stars on horseshoe arbitged
on maximum-type 2-Lagrangian points, and extending aziailyt
from a minimum-type 2-Lagrangian points to the next one.

We studied how stars can be trapped in horseshoe orbits
around the maximum-type 2-Lagrangian points for long peri-
ods so they can be driven outward with the the corotation-reso
nance. We call this migration mechanism ther-induced churn-
ing. We shown that the type (local maximum or saddle point) of
2-Lagrangian points, is a first criterion to determine wieth star
can be trapped for a long time. And we found a second critgrion
which is the initial value of the Jacobi energy when the starts
corotating. We have shown that the stars having higheminia-
cobi energy are more likely to be trapped for a long time in the
corotation region while the corotation radius moves outlvave
also studied the amount of starexted by this migration mech-
anism, and found that only a small fraction are trapped fanag |
time. As a result, this phenomenon mostly have apprecidtdets
on the outer parts of the disk where few stars are formedljocad
the condition that the corotation radius reaches thesemsgi

We have also shown that because of its secular evolutioh (tha
is responsible for the outward movement of the bar coratatin
gion), the bar acts on the coldest (low Jacobi energy) ctingta
stars as a transient structure having a life-time approvéty@qual
to half a horseshoe orbit period. Explaining why it is $i@etive to
induce radial migration, therefore, secularly evolvingsbare also
in the scope of the theory developed by Sellwood & Binney 2200
about transient arms.

The result of our analysis is that, in this simulation, therma
radial migration inducer is the corotation resonance whith bar,
that makes the coldest corotating stars swap their placasmdr
the corotation radius, as if the bar was a transient stractde-
cause of the exponential stellar surface density profildefdisk,
this exchange of stars results in an average outward moveshen
the stars of a few kpc, as already exposed in a companion paper
(Kubryk, Prantzos & Athanassoula 2013). And the other ntigna
mechanisms (bar-induced churning, corotations with kpiraso-
nances of higher multiplicity with the bar) are leskeetive, except
at early times where the corotations with spiral arms ararhan
migration inducers.
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8] Impact de la migration radiale sur
I’évolution chimique des galaxies

Ces vingt dernieres années, des études observationnelles et théoriques ont suggéré que la
migration radiale des étoiles pourrait influencer les propriétés des disques galactiques. Déja
dansles années 90, il avait été réalisé que la dispersion observée dans la relation age-métallicité
des étoiles du voisinage solaire (panneau du haut de la Fig. 3.1 extrait de (Edvardsson et al.,
1993)) était manifestement trop grande pour étre expliquée uniquement par la diffusion
hors du rayon de naissance due aux mouvements épicycliques. Par ailleurs, I'analyse des
données du Geneva-Copenhagen Survey (Casagrande et al., 2011) montre que la distribution
en métallicité des étoiles du voisinage solaire contient a la fois des étoiles jeunes et vieilles
a des métallicités aussi faibles qu’élevées (Fig. panneau du bas). Ces observations sont
impossibles a reproduire avec les modeles d’évolution classiques (en anneaux indépendants,
donc sans migration radiale), qui produisent une relation unique, sans dispersion, entre age
et métallicité au voisinage solaire.

De plus, Wielen, Fuchs & Dettbarn (1996) ont montré que le Soleil devrait étre né ~2 kpc plus
al'intérieur de sa position actuelle pour expliquer sa métallicité élevée, comparée a celle du
milieu interstellaire local, et a celle des étoiles voisines. Cette valeur est proche de I'excursion
radiale maximale autorisée par les épicycles AR ~ v20 r/x ~2 kpc (en considérant les valeurs
locales observées de la dispersion radiale des vitesses o ~50 km/s (Holmberg, Nordstrom &
Andersen, 2009) et la fréquence épicyclique x ~ 37 kms~'kpc™! (Binney & Tremaine, 1987)).
Depuis, la métallicité solaire a été revue a la baisse (Asplund et al., 2009), si bien qu’elle est
maintenant compatible avec celle des jeunes étoiles du voisinage solaire, ainsi qu’avec le
milieu interstellaire local. Toutefois, des incertitudes persistent au sujet de la nécessité d'un
mélange radial important afin d’expliquer les observations (see e.g. Haywood, 2012; Nieva &
Przybilla, 2012).

Selon les modeles "classiques” de I’évolution du voisinage solaire, la métallicité du voisinage
solaire ne doit pas avoir augmenté significativement depuis la formation du Soleil (il y 4-5
Gyr). Ceci est expliqué par les effets combinés de la faible efficacité de la formation stellaire, et
de l'infall continu de gaz intergalactique pendant cette période. Ainsi, sans migration radiale
stellaire, il devrait étre impossible de trouver des étoiles beaucoup plus métalliques que le

79



Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

Y r T v T T T v T v T v
i o <01 ]
0.5F +0.11<e<0.16 -
L .« o
.
% .o *
— 0.0} O o @ e b N
E % +++ L4
.
é ®e Vs e o °
_05:. o * ]
“t - ]
+ L]
s . ]
-1.0F —F— E
e 1 i i 1 1 1 1 A

1 i 1 i
0.2 0.4 0.6 0.8 1.0 1.2
log Age (Gyr)

T T T
0.20— =
L —— Young stars 4
L Intermediate stars 4
| === Old stars 4
0.15— =)
c = .
k-] L .
8 0.10 —
w B -
0.05— I I 1
B [1‘{4' Sl .
L 1] T B
| rI"LI.'}"I _ A 2
0.00 b= saFey ~Fl 4 “EU—
-1.0 -0.5 0.0 0.5

[Fe/H]

FIGURE 3.1 — Panneau haut : dge et métallicité des étoiles observées au voisinage solaire
(Extrait de Edvardsson et al. (1993)). Panneau bas : distribution en métallicité des étoiles
observées au voisinage solaire, selon différentes tranches d’ages (Extrait de Casagrande et al.
(2011)
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Soleil, mais les observations montrent que les étoiles du voisinage solaire peuvent atteindre
des métallicités de ~0.4 dex. Or, la migration radiale pourrait permettre aux étoiles des régions
internes (plus métalliques) de se déplacer jusqu’au voisinage solaire, ce qui en ferrait un bon
candidat pour expliquer les distributions de métallicité observées (Chiappini, 2009), ainsi que
la dispersion dans la relation age-métallicité des étoiles au voisinage solaire.

Sellwood & Binney (2002) (§SB02) ont montré que, en présence d'un bras spiral transitoire,
les étoiles d'un disque galactique peuvent se déplacer bien plus loin que la limite maximale
autorisée par les épicycles : les étoiles en corotation avec une telle spirale transitoire peuvent
étre déplacées a des rayons galacto-centriques différents vers I'intérieur ou I’extérieur, leur
rayon final étant approximativement le symétrique de leur rayon initial par rapport a rayon de
corotation avec la spirale. Ils ont également montré que, lors de ce processus, la distribution
en moment angulaire des étoiles n’est pas modifiée, et que les étoiles migrantes ne sont pas
chauffées cinématiquement. Puis, en utilisant un modéle semi-analytique simple, ils ont
montré comment la migration peut augmenter la dispersion dans la relation age-métallicité
locale, de fagon bien plus significatives qu’avec les seuls mouvements épicycliques. Cette
étude a ensuite inspiré un grand nombre de travaux théoriques sur la migration radiale tant a
I'aide de simulations N-corps (e.g. Roskar et al., 2008a; Sdnchez-Blazquez et al., 2009; Martinez-
Serrano et al., 2009; Sales et al., 2009; Roskar, 2010; Minchev & Famaey, 2010; Minchev et al.,
2011; Brunetti, Chiappini & Pfenniger, 2011; Minchev et al., 2012; Grand, Kawata & Cropper,
2012; Baba, Saitoh & Wada, 2013; Bird et al., 2013; Di Matteo et al., 2013; Kubryk, Prantzos &
Athanassoula, 2013; Grand, Kawata & Cropper, 2014), que de simulations semi-analytiques
Lépine, Acharova & Mishurov (2003); Prantzos (2009); Schénrich & Binney (2009); Minchev,
Chiappini & Martig (2013); Wang & Zhao (2013); Minchev, Chiappini & Martig (2014). A
cause de la difficulté qu’il y a a reproduire un disque similaire a celui de la Voie Lactée avec les
simulations N-corps+SPH, celles-ci se concentrent sur I’étude de la dynamique de la migration
radiale et de son impact général sur I'évolution chimique ; les modéles semi-analytiques, quant
a eux, se concentrent sur les propriétés de la Voie Lactée.

Lépine, Acharova & Mishurov (2003) a considéré un modele-jouet de disque avec une réso-
nance de corotation fixe, déplacant les étoiles a la corotation vers l'intérieur ou I'extérieur. Ils
ont montré que, dans le cas de la Voie Lactée, les profils d’abondance (supposés exponentiels
au départ) s’aplatissent entre 8 et 10 kpc (autour de leur rayon de corotation), mais les don-
nées actuelles ne permettent pas de conclure a ce sujet (Luck & Lambert, 2011). En analysant
des simulations N-corps+SPH Roskar et al. (2008b) a présenté une étude systématique des
implications de la migration radiale (fagon SB02) sur I'évolution chimique des disques; ils ont
discuté la dispersion dans la relation age-métallicité locale, I'élargissement de la distribution
en métallicité des étoiles locales, 'aplatissement des profils d’abondance, ainsi que I’aplatis-
sement de I'histoire de la formation stellaire. Certains de ces effets avaient déja été analysés
plus en détail a I'aide d’'un modéle semi-analytique simple par Prantzos (2009), qui a trouvé
que le mécanisme de migration de SB02 produit une dispersion de la relation d4ge-métallicité
qui dépend de I'dge des étoiles (parce que les étoiles jeunes ont moins de temps pour migrer
loin de leur rayon de formation, vers des régions de métallicité tres différente de leur région
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d’origine) et a montré comment les extrémités de la distribution en métallicité des étoiles
locales peuvent étre affectées par la migration.

Schonrich & Binney (2009) ont couplé un code complet d’évolution chimique a une pres-
cription paramétrée de la migration radiale, dans laquelle les mouvements épicycliques (le
blurring) et les varitations de I'orbite guide dues aux bras spiraux (le churning) sont considérés
séparément. Ils une trés bonne concordance entre leur modele et les données observation-
nelles du voisinage solaire. Par ailleurs, ils ont suggéré que la migration radiale pourrait
expliquer la formation du disque épais de la Galaxie, en amenant dans le voisinage solaire des
étoiles plus "chaudes" cinématiquement. Cette hypotheése a ensuite été examinée a I’aide de
simulations N-corps, mais des résultats différents ont été obtenus aucun résultats permettant
de trancher définitivement cette question n'a encore été obtenus. Par exemple, Loebman
etal. (2011) trouvent que les processus séculaires (i.e. la migration radiale) sont suffisant pour
expliquer les propriétés cinématiques du disque épais local ; alors que Minchev et al. (2012)
trouvent que la migration radiale affecte tres peu I’épaisseur du disque et suggerent que la
formation du disque épais nécessite des fusions galactiques dans la jeunesse de la Voie Lactée.
Cette question est donc encore sujet a débat aujourd’hui, entre les partisans d'une formation
du disque épais par des processus d’évolution séculaire internes au disque, et les partisans
d’'une formation par des fusions galactiques a une époque reculée (e.g. Bournaud, Elmegreen
& Martig, 2009; Brook et al., 2012; Forbes, Krumholz & Burkert, 2012; Steinmetz, 2012; Bekki
& Tsujimoto, 2011), tandis que Bovy et al. (2012), en séparant les populations stellaires en
fonction de leurs abondances chimiques (i.e. dans le plan [O/Fe] vs [Fe/H]), ont suggéré que
le disque épais n’est pas une composante distincte du disque de la Voie Lactée.

3.0.4 Lamigration radiale vue comme un processus de diffusion des étoiles

Comme nous I'avons vu dans la partie 2, derriere le terme "migration radiale" se cache en fait
plusieurs phénomenes. Nous nous sommes focalisés sur la migration produite par I'évolution
séculaire de la barre, qui entraine les étoiles piégées a la corotation vers I'extérieur du disque.
Dans I'article présenté en Sec. , hous avons montré que la migration radiale causée par ce
mécanisme concerne une fraction limitée des étoiles, et que notre nouveau mécanisme est
surtout intéressant pour I'étude des régions externes des disques galactiques.

Nous avons aussi rappelé en Sec. 2.4 les autres mécanismes induisant de la migration stellaire,
qui ont été étudiés jusqu’a aujourd’hui. En particulier, nous rappelé les travaux de Roskar
(RoSkar et al., 2008b,a, 2012), qui montrent comment une succession de phénomenes tran-
sitoires, créant une succession de rayons de corotation différents, induisent des processus
de diffusion des étoiles. Nous illustrons ces effets dans la Fig. (issue de 'analyse d'une
simulation N-corps+SPH dans Kubryk, Prantzos & Athanassoula (2013)), ol nous montrons
I'évolution de la distribution radiale d'une unique population stellaire née entre 0 et 1 Gyr, a 8
kpc. Sur cette figure, les différentes courbes indiquent la distribution a un temps ¢ différent
(voir 1égende), ainsi, on voit que ces distributions sont approximativement gaussiennes, ce
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FIGURE 3.2 — Evolution de la distribution radiale des particules stellaires nées a 8 kpc entre
0 et 1 Gyr dans une simulation N-corps+SPH. Chaque courbe correspond a la distribution
radiale de ces étoiles a un temps ¢ indiqué dans la légende. Les distributions sont centrées sur
le rayon d’origine. (Extrait de Kubryk, Prantzos & Athanassoula (2013))

qui est cohérent avec un processus de diffusion, qu’elles s’élargissent avec le temps, et qu’elles
restent centrées sur le rayon d’origine.

Cette idée a été avancée par Brunetti, Chiappini & Pfenniger (2011), qui montrent dans leurs
travaux que la migration radiale peut étre considérée comme un processus de diffusion. Ils
établissent I'expression des coefficients de diffusion, qui dépendent du temps et de la position
radiale, et montrent que la diffusion des étoiles dépend aussi de la "température" du disque.
Les travaux de Shevchenko (2011), ont également montré que la diffusion stellaire peut se faire
grace au chaos généré par les superpositions de résonances mises en évidence par Minchev
& Famaey (2010). Et dans Kubryk, Prantzos & Athanassoula (2013), nous avons comparé les
résultats d'une simulation N-corps+SPH avec les résultats d'une simulation semi-analytique
(dans laquelle les parametres de la diffusion stellaire sont obtenus grace a I’analyse de la méme
simulation N-corps+SPH). Il ressort de cette comparaison que la migration radiale vue comme
un processus de diffusion, permet de capturer les effets principaux de la migration radiale, et
ainsi, de retrouver dans la simulation semi-analytique les propriétés de la galaxie simulée en
N-corps+SPH.

D’une maniere générale, modéliser la migration radiale par un processus de diffusion ne
permet de représenter que les mouvements moyens des étoiles du disque, et donc les mouve-
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ments les plus significatifs. En revanche, les mouvements concernant peu d’étoiles, et étant
trés asymétriques par rapport au rayon d’origine ne sont pas ou mal représentés. C’est par
exemple le cas du nouveau mécanisme de migration que nous avons étudié dans la partie 2.
Ne pas représenter ce mécanisme a essentiellement des conséquences sur la modélisation
des régions les plus externes du disques, et donc sur la modélisation des "cassures" observées
dans les profils radiaux de densité surfacique d’étoiles, et dans les profils de couleurs (Bakos
et al,, 2011). Cependant, pour que ce mécanisme affecte les régions externes, il faut que le
corotation de la barre ait atteint cette région (Sec. ). Les estimations de la taille de la barre
dans la Voie Lactée donnent des valeurs entre 2.5 et 3 kpc (Babusiaux & Gilmore, 2005; Bobylev
etal., 2014), d’apres de nombreux travaux (e.g. Athanassoula, 1992) R, = 1.2 Rg, d’ol1 un rayon
de corotation a environ 3.6 kpc, ce qui est loin du bord extérieur de la Voie Lactée (a environ
15 kpc). Par conséquent, le nouveau mécanisme de migration radiale mis en évidence dans
notre article en Sec. , est négligeable dans I'étude de la Voie Lactée.

3.1 Modele de migration basé sur I'analyse d’'une simulation N-corps

Nous avons étudié les effets de la migration radiale sur I’évolution chimique d'une galaxie
disque dominée par une barre, en analysant une simulation N-corps+SPH. Puis nous avons
construit un modéle de migration radiale sous forme de diffusion stellaire, paramétré par des
coefficients de diffusion issus de I'analyse de la simulation N-corps+SPH. Puis, nous avons
montré qu'un modele semi-analytique paramétré de maniere adéquate, dans lequel nous
avons inclus le modele de diffusion radiale des étoiles, peut reproduire les propriétés de la
galaxie N-corps+SPH et permet d’étudier son évolution chimique de facon plus compléte.

3.1.1 Analyse de la simulation N-corps+SPH

Résultat important : en analysant la simulation N-corps+SPH, nous avons trouvé que le fluide
non-dissipatif constitué par les étoiles se comporte différemment du fluide dissipatif qu’est le
gaz, vis a vis de la migration radiale : les étoiles migrent loin et dans de fortes proportions dans
tout le disque, alors qu’en moyenne le gaz reste proche de son rayon initial dans le disque
(Fig. 4 et 5 de I'article en Sec. ). Cependant, dans les régions internes de la galaxie, la barre
transfert une grande quantité de gaz vers le centre, affectant considérablement I’évolution du
bulbe/barre. Nous montrons donc clairement que le gaz et les étoiles ne doivent étre traités
de la méme facon dans les modeles d’évolution chimiques incluant la migration radiale. Ce
résultat est important dans la mesure ou certains modeles d’évolution, notamment Schénrich
& Binney (2009), font migrer le gaz comme les étoiles.

Ici, nous nous concentrons sur la migration des étoiles dans la partie du disque au-dela de
la barre, laissant I’évolution du bulbe pour de futurs travaux. Par "migration radiale", nous
désignons ici tout type de déplacement radial des étoiles, les éloignant de leur rayon de
formation. Nous avons étudié I'impact de la migration radiale sur divers aspects de I'évolution
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chimique du disque, bien que I'utilisation de I’Approximation du Recyclage Instantané ',
ainsi que la représentation de la chimie par un seul "métal" (I'oxygeéne) dans la simulation
N-corps+SPH n’offrent pas des conditions idéales d’analyse.

La migration radiale augmente la dispersion en métallicité des étoiles dans toutes les zones
radiales et a tous les ages stellaires (Fig. 8 de l'article en Sec. ), mais d’autres facteurs
contribuent a cette dispersion : les variations de la métallicité du gaz, causé par un mélange
incomplet. A cause de I'évolution rapide dans toutes les zones radiales du modéle, les distri-
butions en métallicité different peu d'une zone a I'autre (leur pic étant proche du rendement
stellaire), et la migration radiale ne change pas ce résultat. D'un autre coté, la migration radiale
aplati les profiles radiaux de métallicité (Fig. 12 de l'article en Sec. ), en amenant des
étoiles pauvres en métaux des régions externes vers les régions internes (riches en métaux), et
des riches en métaux des régions internes vers les régions externes (pauvres en métaux). A
cause de ce mélange, les profiles d’abondance des populations d’étoiles a un 4ge donné élevé,
apparaissent plus plats que ce qu’ils étaient au moment de la naissance de ces étoiles. En
conséquence, leur observation ne peut pas étre utilisée pour en déduire la véritable évolution
des profiles d’abondance. Toutefois, 'importance de cet effet dépend beaucoup du profile de
métallicité du disque : si il est relativement plat au moment de la naissance des étoiles, les
effets seront négligeables, mais s'il est assez pentu, la migration radiale pourrait complete-
ment effacé cette signature. Les variations azimutales de métallicité du gaz et des étoiles sont
affectées de la méme maniere. Nous montrons que de ces variations ne constituent pas un
outil de diagnostic fiable pour la migration radiale, car ils pourraient avoir d’autres origines
(infall local de gaz peu métallique ou fusion avec une galaxie pauvre en métaux). Enfin, nous
obtenons une forme en "U" pour les profils de couleur, du fait des étoiles vieilles et plus rouges
qui se sont déplacées des régions internes vers les régions externes (ce qui a déja été trouvé
par Roskar et al. (2008a)).

3.1.2 Modéle semi-analytique d’évolution chimique avec migration radiale

A cause des limitations sur I'évolution chimique imposées par I’Approximation de Recyclage
Instantané dans la simulation N-corps+SPH, nous avons également étudié les effets de la
migration radiale en adoptant une autre stratégie. Nous avons montré que ces effets peuvent
étudiés avec une bonne précision en post-traitant les résultats de la simulation N-corps+SPH
avec un modele semi-analytique d’évolution chimique, incluant une chimie détaillée et une
description paramétrée de la migration radiale. Dans ce travail, nous avons donc introduit
la migration radiale dans un code d’évolution chimique semi-analytique. Il est a noté, qu’ici,
nous avons traité la migration radiale sans séparer les deux composantes (le churning et le
blurring). Pour cela, nous avons choisis de modéliser la migration radiale comme un proces-
sus de diffusion, en utilisant un formalisme similaire a celui de Sellwood & Binney (2002),
étant donné que leur paramétrisation est validée par I'analyse de simulation N-corps par

1. dans cette approximation les étoiles massives se forment et meurent instantanément en libérant du matériel
gazeux enrichi en éléments chimiques, les progéniteurs de SNIa sont notamment concernés
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FIGURE 3.3 — Comparaison des résultats du modele semi-analytique avec la simulation N-
corps+SPH. Dans tout les panneaux, les courbes rouges représentent les résultats du modele
N-corps+SPH a la fin de la simulation (10 Gyr), et les courbes vertes indiquent les résultats
obtenus avec notre modeéle semi-analytique. En haut a gauche : densité surfacique d’étoiles et
en haut a droite : densité surfacique du gaz; dans ces deux panneaux la courbe en tirets bleus
correspond au profil initial du gaz. Milieu a gauche : profil de métallicité. Milieu a droite :
profil de couleur B-K. En bas a gauche : profil du taux de formation stellaire. En bas a droite :
rayon de naissance vs. rayon final de toute les étoiles.
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FIGURE 3.4 — Profils radiaux issus de notre modele, pour divers quantités obtenues avec la
migration divisés par les profils correspondants obtenus sans migration. Ces résultats sont
obtenus sans I’Approximation du recyclage instantané, et nous donnons les résultats tous les 2
Gyr, la courbe dorée représentant les résultats finaux a 10 Gyr. Premiére ligne : taux de masse
éjectée par les étoiles, densité surfacique du gaz, et taux de SNIa. Deuxiéme ligne : taux de
masse de O-16 éjectée, et profils d’abondance en O-16 et Fe-56 dans le gaz. Troisieme ligne :
profils du rapport O/Fe dans le gaz, et profils du Deutérium.

Brunetti, Chiappini & Pfenniger (2011). Pour déterminer la valeur des parameétres du modeéle
de migration, nous avons analysé les déplacements stellaires dans la simulation N-corps+SPH,
en ajustant par des gaussiennes les distributions de populations stellaires (par exemple Fig.

) autour de leur rayon de formation. Un couplage différent par certains aspects entre un
code N-corps+SPH et un code semi-analytique a été réalisé par Minchev, Chiappini & Martig
(2013), pour I'étude de la Voie Lactée.

Dans la Fig. 3.3 nous comparons les profils principaux issus de notre modeéle semi-analytique
avec ceux du modéle N-corps+SPH a la fin de la simulation (10 Gyr). Nous obtenons une
concordance satisfaisante entre les deux simulations, ce qui illustre le fait que notre méthode
d’implémentation de la migration radiale en tant que diffusion des étoiles, permet de saisir les
effets les plus significatifs de la migration sur I'évolution galactique.

87



Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

Les résultats principaux de notre étude :

» Nous avons développé une méthode de post-traitement des simulations N-corps+SPH,
afin I'évolution chimique a la migration radiale. L'intérét du couplage entre simulations
N-corps et semi-analytique est de profiter des avantages de ces deux types de simula-
tions : 'analyse de simulations N-corps permet une description réaliste de la diffusion
stellaire, et les simulations semi-analytiques permettent une description plus détaillée
de I'évolution chimique (avec plus d’éléments chimiques, les effets de I'infall, et sans
I’Approximation de Recyclage Instantané).

+ Nous trouvons que la migration radiale affecte I'évolution chimique a la fois indirecte-
ment (en affectant les relations dge-métallicité et les distributions en métallicité des
étoiles déplacées dans le disque) et directement, en déplacant les sources de nucléo-
synthese de longue durée de vie (SNIa ou les étoiles de la Branche Asymptotique des
Géantes (AGB) de masse 1.5 M) altérant ainsi les profils d’abondance dans le gaz.
Ce qui est illustré dans le panneau en haut a droite de la Fig. oll on voit que la
migration diminue le taux de SNIa dans les régions internes, et 'augmente dans les
régions externes, ce qui affecte le profil du Fe56 et, par conséquent, le profil de O/Fe.

« Nous avons montré comment les profils radiaux des éléments O, Fe et D sont affectés
par la migration dans le cas de notre simulation (Fig. 3.4), mais d’autres éléments (e.g.
les éléments formés par le Processus lent (s-process) dans les étoiles AGB) pourraient
aussi étre concernés.

¢ Nosrésultats du post-traitement montrent clairement que I’ensemble des conséquences
de la migration radiale sur I’évolution chimique ne peut pas étre évalué avec des simu-
lations utilisant '’Approximation de Recyclage Instantané.
Nous insistons cependant, sur le fait que 'impact de la migration radiale sur I'évolution
chimique dépend du systéme étudié. Trois facteurs ont été identifiés pour I'instant : la force
des inhomogénéités dans le potentiel gravitationnel, e.g. la barre ou les bras spiraux (en
considérant que les perturbations les plus fortes engendrent les effets les plus significatifs) ; la
durée de la migration radiale (plus la barre agit longtemps, plus les effets sont importants) ;
et la pente des profils d’abondance au moment ot la plupart des étoiles se forment. Ces
facteurs peuvent s’annuler les uns les autres et masquer les effets de la migration radiale sur
I’évolution chimique : par exemple, une barre forte attirant du gaz peu métallique vers les
régions internes va aplatir les profils de métallicité ; les étoiles formées a partir du gaz ainsi
altéré auront quasiment les mémes abondances chimiques partout dans le disque, méme si la
migration radiale est tres forte. C’est ce qui arrive dans la simulation étudiée ici, bien que la
platitude des profils de métallicité observée des les premiers temps de la simulation, s’explique
par I’évolution en boite fermée avec une formation stellaire rapide et précoce. Dans le cas
d’une galaxie évoluant plus lentement de I'intérieur vers I'extérieur, des profils de métallicité
plus pentus seraient attendus; toutefois, dans ce cas, une étoile aurait moins de temps pour
migrer, alors 'impact de la migration sur I’évolution chimique ne serait pas forcément plus
significatif.
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Il est a noter qu’'un infall continu de gaz pauvre en métaux, ce qui est attendu pour la Voie
Lactée, devrait aussi atténuer 'impact de la migration radiale sur la composition chimique du
gaz, en diluant les variations radiales des abondances.

3.1.3 Article : Migration radiale, impact sur I'évolution chimique

89



of the

ROYAL ASTRONOMICAL SOCIETY
MNRAS 436, 1479-1491 (2013)

g
e

doi:10.1093/mnras/stt1667

Advance Access publication 2013 October 3

Radial migration in a bar-dominated disc galaxy — I. Impact on chemical

evolution

M. Kubryk,'* N. Prantzos' and E. Athanassoula?

YUPMC-CNRS, UMR7095, Institut d’ Astrophysique de Paris, F-75014 Paris, France
20AMP, LAM, 2, place Le Verrier, F-13248 Marseille cedex 04, France

Accepted 2013 September 3. Received 2013 September 2; in original form 2013 April 16

ABSTRACT

We study radial migration and chemical evolution in a bar-dominated disc galaxy, by analysing
the results of a fully self-consistent, high-resolution N-body+smoothed particle hydrodynam-
ics (SPH) simulation. We find different behaviours for gas and star particles. Gas within
corotation is driven in the central regions by the bar, where it forms a pseudo-bulge (discy-
bulge), but it undergoes negligible radial displacement outside the bar region. Stars undergo
substantial radial migration at all times, caused first by transient spiral arms and later by the
bar. Despite the important amount of radial migration occurring in our model, its impact on
the chemical properties is limited. The reason is the relatively flat abundance profile, due to
the rapid early evolution of the whole disc. We show that the implications of radial migration
on chemical evolution can be studied to a good accuracy by post-processing the results of the
N-body+SPH calculation with a simple chemical evolution model having detailed chemistry
and a parametrized description of radial migration. We find that radial migration impacts on
chemical evolution both directly (by moving around the long-lived agents of nucleosynthesis,
like e.g. SNIa or asymptotic giant branch stars, and thus altering the abundance profiles of the
gas) and indirectly (by moving around the long-lived tracers of chemical evolution and thus af-
fecting stellar metallicity profiles, local age—metallicity relations and metallicity distributions
of stars, etc.).

Key words: galaxies: abundances — galaxies: evolution — galaxies: ISM — galaxies: kinematics

and dynamics.

1 INTRODUCTION

In the past decade, observational and theoretical studies suggested
that radial migration of stars may play an important role in shaping
the properties of galactic discs. Already in the 1990s, it was realized
that the observed dispersion in the age—metallicity relation of the
solar neighbourhood (Edvardsson et al. 1993) was apparently too
large to be explained solely by orbital diffusion due to epicyclic mo-
tions (i.e. by stars born in the inner Galaxy, in regions of metallicity
higher than the local one). Moreover, Wielen, Fuchs & Dettbarn
(1996) argued that the Sun should have originated ~2 kpc inwards
from its current Galactocentric radius, in order to explain its high
metallicity with respect to the one of the local interstellar medium
(ISM) and of nearby stars; that value was close to the maximum
radial epicyclic excursion AR ~ /20y /k ~ 2kpc (in view of the
observed local values of radial velocity dispersion oz ~ 50 km s~
(Holmberg, Nordstrom & Andersen 2009) and epicyclic frequency

* E-mail: kubryk @iap.fr

© 2013 The Authors

k ~ 37kms~ ' kpc™' Binney & Tremaine 2008). Since then, the
solar metallicity has been revised downwards (Asplund et al. 2009)
and it is compatible with the one of nearby young stars and of the
local ISM; still, it is unclear whether observations require important
radial mixing, i.e. beyond the one implied by epicyclic motions; see
e.g. Haywood 2012; Nieva & Przybilla 2012).

Sellwood & Binney (2002) (hereafter SB02) showed that, in
the presence of recurring transient spirals, stars in a galactic disc
could undergo radial displacements much larger than envisioned
before: stars found at corotation with a spiral arm may be scattered
to different galactocentric radii (inwards or outwards,) a process
which preserves overall angular momentum distribution and does
not contribute to the radial heating of the stellar disc. This devel-
opment paved the way for a large number of theoretical studies
on radial migration, both with numerical N-body codes and with
semi-analytical models.

Lépine, Acharova & Mishurov (2003) considered a toy-model
disc with corotation at a fixed galactocentric radius, removing stars
locally and ‘kicking’ them inwards and outwards. They find that
in the case of the Milky Way disc, the abundance profile (assumed
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to be initially exponential) flattens in the 8—10 kpc region, but cur-
rent data are inconclusive in that respect (Luck & Lambert 2011).
Analysing N-body-+smoothed particle hydrodynamics (SPH) sim-
ulations, Roskar et al. (2008b) presented a systematic investigation
of the implications of radial migration (a la SB02) for the chem-
ical evolution of galactic discs; they discussed dispersion in the
age—metallicity relation, broadening of the metallicity distribution,
flattening of observed past abundance profiles and flattening of
the observed past star formation history. Some of those effects were
analysed in more detail with a simple toy model by Prantzos (2009),
who found that the SBO2 mechanism produces an age-dependent
dispersion in the age—metallicity relation (because young stars have
insufficient time to migrate from far-away regions with different
metallicities) and showed how the tails of the local metallicity dis-
tribution can be affected by that process.

Schonrich & Binney (2009) coupled a full chemical evolution
code with a parametrized prescription of radial migration, distin-
guishing epicyclic motions (‘blurring’) from migration (‘churning’)
due to transient spirals. They found excellent agreement between
the results of their model and observations of the solar neighbour-
hood and they suggested that radial mixing could also explain the
formation of the Galaxy’s thick disc, by bringing to the solar neigh-
bourhood a kinematically ‘hot’ stellar population from the inner
disc. That possibility was subsequently investigated with N-body
models, but controversial results are obtained up to now (compare
e.g. Loebman et al. 2011 to Mincheyv et al. 2012). The issue is still
under debate and it is unclear whether the Galaxy’s thick disc is due
to secular evolution or to the effects of past mergers (e.g. Bournaud,
Elmegreen & Martig 2009; Brook et al. 2012; Forbes, Krumholz
& Burkert 2012; Steinmetz 2012; Bekki & Tsujimoto 2011), while
Bovy, Rix & Hogg (2012) suggest that the thick disc is not a distinct
component of the Milky Way.

Minchev & Famaey (2010) suggested a different mechanism for
radial migration than transient recurring spirals, namely resonance
overlap of the bar and spiral structure; this strongly non-linear cou-
pling leads to a more efficient redistribution of angular momentum
in the disc and produces a stellar velocity dispersion increasing with
time, in broad agreement with local observations. This bar—spiral
coupling was studied in detail by Shevchenko (2011) and Brunetti,
Chiappini & Pfenniger (2011); the latter found that the extent of
radial migration depends also on the kinematic state of the disc,
being reduced in the case of kinematically hot discs. The radial
motion of stars in discs was analysed with N-body+SPH models
for both non-barred (Grand, Kawata & Cropper 2012a) and barred
(Grand, Kawata & Cropper 2012b) disc galaxies. By tracing parti-
cle motion around the spiral arms they showed that particles move
along the arms in the radial direction, migrating towards the outer
(inner) radii on the trailing (leading) side of the arm. On the other
hand, Comparetta & Quillen (2012) found that radial migration may
also be induced by short-lived transient density peaks (produced by
interfering spiral patterns) and it may be more pervasive than that
mediated by the growth and decay of long-lived individual spiral
patterns. Migration due to short-lived, recurrent grand design spirals
is also found in the simulations of Athanassoula (2012). Finally, the
observed diversity of photometric disc profiles and, in particular, the
properties of their outskirts (see Bakos et al. 2011, and references
therein) have been interpreted in terms of radial migration, either
fully (Roskar et al. 2008a), or partially (Sdnchez-Blazquez et al.
2009).

In this work, we study the implications of radial migration on the
chemical evolution of a barred disc galaxy. We use an N-body+SPH
simulation to study the evolution of a disc galaxy embedded in (and

interacting with) a live dark matter halo of 10'> M, for 10 Gyr; an
early-type disc galaxy with a strong bar is formed (Section 2). We
quantify the extent of radial migration for stars and gas (Section 3)
and we study its implications for the chemical evolution of the
disc in Section 4. We find that, despite the important amount of
radial migration occurring in our model, its impact on the chemical
properties is limited. The reason is the rather flat abundance profile
which is established early on in our model, due to the rapid early
evolution across the whole disc.

The analysis of the results allows us to describe the radial dis-
placement of stars in the disc in a parametrized way. We imple-
ment this parametrized description in a ‘traditional’ detailed chem-
ical evolution model (including long-lived sources and sinks of
elements). This strategy allows us to overcome the limitations of
the Instantaneous Recycling Approximation (IRA) adopted in the
N-body+SPH simulation and to investigate in detail the true impact
of radial migration. We find (Section 5) that radial migration impacts
on chemical evolution both directly (by affecting the age—metallicity
relations, abundance profiles and metallicity distributions of stars
across the disc) and indirectly, by moving around the long-lived
nucleosynthesis sources and thus altering the abundance profiles of
the gas; we show, in particular, how the radial profiles of O, Fe
and D are affected. Our post-processing results show clearly that
the full impact of radial migration on chemical evolution cannot be
evaluated with numerical codes using IRA.

2 THE NUMERICAL SIMULATION

The simulation used in this paper was done with the GADGET3 code
and it is very similar to simulation 116 described and analysed
in Athanassoula, Machado & Rodionov (2013), except that here
we describe the old disc component (disc in the standard GADGET
notation) by 200 000 particles and that the softening of the halo and
disc is 100 pc (instead of 50 pc in simulation 116).

The adopted simulation has four components (HALO, DISC,
GAS, STARS), having the following initial settings.

(i) A disc made of two initial components that are a gaseous
disc (component GAS), and an old stellar disc (component DISC)
having the same initial azimuthally averaged density distribution.
Therefore, the density distribution of the initial total disc is

My R 2 2
R, 7)) =—— —— h—), 1
PaR. 2) 4mth?zg P ( h ) e <Zo) ()

where My =5 x 10'° Mg is the total mass of the disc (gas
and old stars), the initial gas fraction is 0.75, h = 3kpc is the
disc scalelength and zo = 0.6kpc is the disc scaleheight. The
DISC component is made of 2.5 x 10° particles having mass
2.5 x 10° My, and has an imposed initial radial velocity disper-
sion of o (R) = 100 exp (—R/3h) kms~!. The number of particles in
this component remains constant during the simulation. The GAS
component features 7.5 x 10°particles having mass 5 x 10* Mg,
which can be partially converted into new-formed stars belonging
to the component STARS (this one is empty at the beginning of the
simulation). So the number of particles in the components GAS and
STARS can change.

(i1) A live spherical halo (component HALO) having the initial
density distribution:

My, aexp(—r?/r?)
pn(r) = R S
2n2 re  re+y°

; @
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Figure 1. Face-on view of the simulated galaxy at 1, 2, 5 and 10 Gyr. Gas-
particles are displayed in the upper row and star particles in the lower one.
The colour scale on the right shows the number of particles in each pixel.

where M, = 2.5 x 10" Mg is the halo mass, y = 1.5kpc
is the core radius, r. = 30kpc is the cut-off radius. And o =
[1-— ﬁexp(yz/rf)(l —erf(y/ro)]”" is a normalization factor.
There are 10° particles having mass 2.5 x 10° Min the HALO
component.

(iii) The softening length is 50 pc for all components, and the
opening angle for the tree-code is 0.5.

The particles in the component GAS are converted into stars with
the prescriptions (including a threshold on gas volume density)
given in the paper of Springel & Hernquist (2003), hereafter SHO3
(see Section 2 and, in particular, equations (2) and (23) of that
paper), which lead to a satisfactory agreement with the Schmidt—
Kennicutt law. Thermal feedback is also introduced as in SHO3, and
the IRA is used for the chemical enrichment of the gas particles,
implemented as described in section 5.3 of SHO3. Metal diffusion
between neighbouring gas particles is not taken into account. No
gas infall is considered in this simulation, i.e. the galaxy evolves as
a closed box for 10 Gyr.

Some snapshots of the evolution are shown in Fig. 1. Most of the
stars are formed during the first ~2 Gyr; in that period, the gas is
depleted and the disc is dominated by the presence of spiral transient
structures. After 2 Gyr, a bar is formed in the centre of the galaxy
and grows steadily until the end of the simulation, when it extends
to almost half the size of the stellar disc. The bar drives gas from
the inner Lindblad resonance radius inwards. Evolving locally as
in a closed box (i.e. without being replenished by infall), the gas
is steadily depleted all over the disc, but more rapidly in the inner
regions. Towards the end of the simulation, due to the combined
action of the bar and star formation, the remaining gas is found
mostly in a ring outside the bar which is separated by the central
gaseous concentration by a low-density annulus. The same holds
for the stellar disc, which forms an inner ring (see Buta 1995 for a
definition and description of inner rings).

The central bar appears to be the most significant asymmetric
structure in the potential, reducing the importance of spiral arms
as it grows (Fig. 1). Therefore, it is expected that various dynami-
cal phenomena linked to asymmetries in the gravitational potential
(e.g. disc warming, radial migration, chaos, resonances, etc.), will
increasingly be consequences of the action of the bar, rather than of
other structures (such as transient spiral arms).

Fig. 2 displays the evolution of the azimuthally averaged radial
profiles of the surface densities of stars, gas and star formation rate,
as well as of the average stellar and gas metallicities and the one of
stellar tangential velocity. It should be emphasized that the average
surface density profiles provide little information for the inner disc,
which is dominated by the bar. The aforementioned profiles clearly
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Figure 2. From top to bottom: azimuthally averaged radial profiles of the
stellar surface density, gas surface density, star formation rate, average stellar
and gas metallicities and rotation velocity curves. Curves correspond to
snapshots taken every 2 Gyr, with the thick solid ones corresponding to the
final (10 Gyr) result.

reflect the inside-out formation of the disc, with the gas profiles
being much more rapidly depleted in the inner disc than in the outer
one, resulting in oxygen profiles becoming flatter with time. The
gaseous profile is mostly depleted in the inner disc, due to both the
adopted SFR law and the action of the bar which gradually produces
a spoon-shaped profile. The stars at the edge of the bar can switch
from almost circular orbits to elongated ones (aligned with the bar
axis), thus contributing to the bar growth. Once on an elongated
orbit, a star oscillates between central region and the radius of its
former circular orbit. As a result, the stellar profile acquire the
same spoon-shape, and it evolves with time as the bar grows longer.
The SFR profile displays similar features as the gaseous profile,
as expected. The small values of the SFR outside 14 kpc result in
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Figure 3. Evolution of the total gas amount (top) and of the total star
formation rate ( bottom) in the simulation.

a steep stellar profile beyond that radius. In the absence of infall,
the gas is substantially depleted, only ~8 per cent of the initial
quantity remaining at the end of the simulation in the whole galaxy
and ~13 per cent in the disc region (outside the bar). One should
notice that the final gas metallicity in the outer disc is lower than
at previous epochs. This is a consequence of low-metallicity gas
from the region of bar corotation region driven inwards (see also
Section 4.1) since bar corotation is located at R ~ 15 kpc towards
the end of the simulation.

Fig. 3 displays the evolution of the total amount of gas (top) and
of the star formation rate (bottom). Due to the adopted criteria for
star formation, more than 65 per cent of the stellar population of the
galaxy is formed in the first Gyr of the evolution and approximately
85 per cent is formed in the first 2 Gyr.

3 GLOBAL BEHAVIOUR OF STAR
AND GAS PARTICLES

The orbit of a test particle (star) in the potential of a galactic disc is
commonly described, to first-order approximation, as the superposi-
tion of a main circular motion (defining the guiding radius), and har-
monic oscillations called epicycles. Following SB02, we call blur-
ring the radial oscillations around the guiding radius and churning
the modifications of the guiding radius. Churning may occur through
resonant interactions of the star with non-axisymmetric structures
of the gravitational potential (spirals, bar), causing changes in the
angular momentum of the stars. SB02 showed that stars near coro-
tation of a spiral perturbation may gain (lose) energy and angular
momentum as they fall in the potential well of that perturbation
from the leading (trailing) edge, while conserving the value of their
Jacobi constant. Those changes in angular momentum make them
move towards the outer (inner) disc, where they are deposited in a
new quasi-circular orbit. The process conserves the overall distri-
bution of angular momentum and does not add random motion, i.e.
it does not heat the disc radially. In contrast, blurring conserves the
angular momentum of individual stars but it heats radially the disc
(the epicyclic radius increases with time).

In a companion paper (Kubryk, Athanassoula & Prantzos, in
preparation), we analyse in some detail the behaviour of star parti-
cles undergoing churning and, in particular, the role of bar corotation
and its interaction with spiral arms, in that behaviour. Here, we study
the impact of both churning and blurring on the chemical evolution
of the disc. It is instructive to consider first the global behaviour
of star and gas particles in the simulation, by plotting their initial
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Figure 4. Upper panel: birth radius (at any time) versus final radius (at
10 Gyr) of all star particles; the colour scale represent the percentage of
total stellar mass at final radius, while the red curve displays the mean birth
radius of the stars at each final radius (in bins 100 pc wide). Lower panel:
evolution of the mean birth radius of the stars at each final radius with
snapshots taken every 2 Gyr and with the thickest full curve corresponding

to the final time of 10 Gyr. Non-migrating stars are located on the diagonal
black line (birth radius = final radius).

versus final radius (for star particles, the initial radius is their birth
radius).

The results for the star particles appear in Fig. 4. Stars at a given
final radius Ry originate from a large range of birth radii R;. The
distribution of R; versus Ry is not symmetrical with respect to the
diagonal implying that it is not solely due to blurring (=epicyclic
motion). The average ratio R;/R; differs significantly across the
galaxy: it is smaller than 1 in the inner zones(R; < 5.5kpc) and
larger than 1 in the outer ones. Stars in the inner galaxy were born
on average a couple of kpc outwards, whereas stars lying in the
outer zone were born several kpc inwards. The secular evolution
of the bar is responsible for the inwards movements of the stars
lying inwards of 5.5 kpc at the end, because stars on initially near-
circular orbits can be captured on elongated orbits at the edge of the
bar, implying a mean displacement towards small radii. The steady
increase of the ratio with R; is due to the fact that there are smaller
and smaller amounts of native stars as one moves to the outer disc:
the corresponding average birth radius of the stellar population at
Ry is then more and more affected by the population which migrated
from the inner zones.
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Figure 5. Same as in the previous figure, but for gas particles. Except that
here we consider the initial radius (at # = 0 Gyr), since no new gas particle
appear during the simulation time.

The results for gas-particles, appear in Fig. 5 (upper panel), where
the birth radius of the previous figure is replaced by the initial
radius since all the gas particles are present at the beginning of the
simulation. In the upper panel, we distinguish two regions: inner
(<8kpc) and outer (>8 kpc) one.

In the inner region, almost all gas particles come from larger radii
(there is practically no particle which has kept its original radius
since the beginning). As for the stars, the inward movement of the
gas particles lying in the inner zones is due to the bar (Roberts,
Huntley & van Albada 1979; Athanassoula 1992); this gas falls
to the innermost regions following orbits with an important radial
component. As a result, since the gas forms a continuous fluid (con-
trary to the stars), the stream of falling gas creates a shock at each
leading edge of the bar. The gas at radii smaller than the corotation
radius, initially on circular orbits, loses energy and angular momen-
tum each time it passes through the shock, thus it also falls towards
the inner galaxy. The inflowing gas forms a small central gaseous
disc (Figs 1 and 2), where the gas density remains high enough to
trigger star formation even at late times (Fig. 2). The inner galaxy is
then constantly depleted of its gas by star formation and fed by the
action of the bar, which brings gas from more and more large radii
as the corotation moves outwards (because of the slowing down of
the bar). As a result, the area between the central gaseous disc and
the corotation of the bar is almost devoid of gas in the end.
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In the outer regions (R > 6 kpc), the gas particles are only slightly
affected by the bar corotation radius: particles at radii smaller than
corotation move slightly inwards (<1 kpc) while the ones at larger
radii move slightly outwards. But the average initial radius remains
close to the diagonal, around which the distribution of initial radii
stays roughly symmetric.

Comparing Figs 4 and 5, we see that both stars and gas display
strong evolution in the inner regions, while only the stars display
such evolution in the outer galaxy. The average displacement of
gas particles in response to gravitational potential asymmetries is
smaller than the one of stellar particles, because gas is a continuous
dissipative fluid while stars form a non-dissipative, discrete, one.
The bar affects the gas mainly by driving large amounts of it to
the inner regions, where they fuel star formation. Its role on the
behaviour of the stellar fluid is more diverse, as will be discussed
in the next sections.

4 CHEMICAL EVOLUTION

One of the major applications of the work of SB02 concerned the
age—metallicity relation in the solar neighbourhood. Using a toy
model for the evolution of the metallicity profile of the Milky Way
disc and a probabilistic description of the radial migration, the au-
thors showed that a large dispersion can be obtained in the local
age versus [Fe/H] relation. They found that this dispersion can be
substantially larger than the corresponding observational scatter and
compatible with the results of the survey of (Edvardsson et al. 1993).
The seminal paper of Roskar et al. (2008b) revealed other impli-
cations of radial migration, concerning the metallicity distribution
and the stellar metallicity gradients in the disc.

In this section, we explore the aforementioned consequences of
radial migration in our bared disc model. Our investigation is limited
by the use of just one metal in the numerical simulation, and by the
fact that the IRA has been adopted. For those reasons, standard
monitors of chemical evolution like e.g. abundance ratios (O/Fe
etc.) cannot be used and the results are inaccurate at late times and
low gas fractions (where IRA fails to account for the late return of
metal-poor gas from long-lived low-mass stars). Still, it is instructive
to explore some of the implications of that approximate treatment
in order to get some insight into the effects of radial migration on
chemical evolution.

4.1 The age-metallicity relation

We assume in the following that the unique metal in the simula-
tion represents oxygen, because it constitutes almost half of the
solar metallicity and because its evolution is described by IRA in
a satisfactory manner in many cases, being a product of short-lived
massive stars. We are fully aware that at late times IRA may over-
predict oxygen abundances, but we are interested mostly in relative,
not absolute, values of the abundance.

Fig. 6 (upper panel) displays the evolution of the azimuthally
averaged metallicity in three different galactocentric radii, located
at 4, 8 and 12kpc, respectively. Metallicity increases rapidly in
the first couple of Gyr and more slowly (less than a factor of 2
or 0.3 dex) in the remaining evolution. This applies to all radii,
albeit with a small delay in the early stages, due to the inside-out
formation of the disc (see fifth panel from the top in Fig. 2). The
most conspicuous feature in Fig. 6 is the decline of the metallicity
at 12kpc in the last 2 Gyr of the evolution which is, in principle,
unexpected. The origin of that feature is understood after inspection
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Figure 6. Evolution of the azimuthally averaged gas metallicity [O/H]
(upper panel) and of the corresponding dispersion (in dex, lower panel) at
three different galactocentric zones of width AR = 1kpc: 4 (solid blue), 8
(green circles) and 12 (red triangles) kpc.

of Fig. 2: in the last 2 Gyr of the evolution, bar corotation is located
at ~12kpc and drives inwards gas from the outer regions; that gas is
metal poor because the metallicity profile declines rapidly outside
12 kpc (due to weak stellar activity at R > 12kpc), and dilutes the
oxygen abundance at that radius while at the same time flattens the
abundance profile in the region between 12 and 16 kpc.

The lower panel of Fig. 6 shows the dispersion in the gas metal-
licity in those same zones. Dispersion is fairly small (less than
~0.1 dex) during the whole evolution in the 4 and 8 kpc zones. In
contrast, it becomes important in the 12 kpc zone in the last couple
of Gyr, for the same reason as the decline in metallicity of that zone,
namely the dilution with metal-poor gas from the outer disc. This
gas is driven inwards by the bar corotation and does not exchange
metals with local gas, because of the simplified treatment of metals
in the adopted version of the GADGET code. Thus, although the effect
of the declining metallicity discussed in the previous paragraph is
real (at least in the framework of our model), the effect of a late
increasing dispersion is a numerical artefact, which impacts also on
the results of the stellar metallicity dispersion as we shall see in the
next paragraph.'

The stellar age—metallicity relation at 4, 8 and 12 kpc is displayed
in Fig. 7, for all the stars found at 10 Gyr in those zones (left-hand
panels) and for those stars only that have been formed in those same
zones (right-hand panels). In all zones, metallicity remains flat for
stars younger than 6 Gyr, as expected, because of insignificant star
formation during that period. For stars born in situ, dispersion is
small and follows the corresponding gaseous dispersion (see Fig. 6),
except in the first couple of Gyr where the gas metallicity increases
rapidly: since our stellar age bins have a width of 1 Gyr, we obtain a
large range of metallicity values in the first bins (and consequently
a large dispersion) even though the corresponding ‘instantaneous’
dispersion in the gas is small. It should be noticed here that the
term ‘dispersion’ has not exactly the same meaning in the case of

! We are currently implementing a considerably improved module of chem-
ical evolution in the GADGET code, which contains elements from short-lived
and long-lived sources — including Fe from SNIa —, and accounts for mixing
of gas phases.

All

2 4 6
Age (Gyr)

Age (Gyr)

Figure 7. Stellar age—metallicity relation for three zones at galactocentric
radii R = 4, 8 and 12kpc, respectively (from top to bottom) and width
AR = *1kpc. Results are displayed for all stars present in the zone at
10 Gyr (left-hand panels) and for stars which were formed in that zone and
are still there at 10 Gyr (in situ stars, right-hand panels). In all panels, at
each age bin (A(Age) = 1Gyr) the metallicity distribution is fitted by a
Gaussian function, and its peak and standard deviation are displayed with
(red) dots and error bars, respectively.

gas and stars: for the gas, it means instantaneous dispersion (at any
given time), but for the stars it always concerns a given age-interval
(here taken to be of 1 Gyr); as a result, independently of any radial
migration, the latter is always larger than the former: stars of age
4(20.5) Gyr have a larger metallicity dispersion than the gas had
4 Gyr ago.

At late times, metallicity evolves little and in situ formed stars
present smaller dispersion. Radial mixing, either through churning
or blurring, increases that dispersion, albeit by modest amounts. We
confirm the trend originally found in SB02 of smaller dispersion
with decreasing age: it is due to the fact that younger stars have
less time to migrate from far away regions. However, the overall
effect is smaller in our case because the metallicity gradients we
obtain are substantially flatter than in SB02 at all ages. At very late
times, dispersion increases in the outer regions (see panels for 8
and 12 kc), for a reason independent of radial migration: The bar
corotation progressively moves outwards, driving inwards metal-
poor gas from the outer disc which is mixed (but not completely)
with metal richer gas in the regions from 8 to 12 kpc. This is seen in
Fig. 2 (the gas metallicity profile of the outer disc flattens at 10 Gyr
from metal-poor gas driven inwards) and in Fig. 13 (bottom-left
panel, with important azimuthal variations of gas metallicity at
12kpe). It is these variations in gas metallicity (from incomplete
gas mixing from outer regions) that drive the large dispersion in
stellar metallicity in the outer regions at late times.

Those results are quantitatively illustrated in Fig. 8, which shows
that dispersions generally decrease with time and that the fractional
dispersion difference between all the stars and the in situ formed
ones is also a decreasing function of time (except in the case of stars
at 8 and 12 kpc, due to the aforementioned reasons).
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Figure 8. Evolution of the stellar metallicity dispersion in three zones of
galactocentric radius R = 4, 8 and 12kpc and width AR = +1kpc. The
dispersion is calculated as one standard deviation o ([O/H]) around the mean
value. The blue curves (circles) correspond to all stars present in the zone
and the green curves (squares) to stars formed within the zones; both curves
read on scales on the left. The red (dashed) curve represents the difference
of the two others o gif = |0 a1 — Tinsitu| and is read on the right-hand axis.

4.2 Metallicity distributions

As discussed in Roskar et al. (2008b), radial mixing reshuffles the
metallicity distributions of stars across the disc. Our simulation
shows clearly this effect, as can be seen in Fig. 9. In each one of the
AR = 1kpc wide zones centred on 4, 8 and 12 kpc, respectively,
stars born in situ constitute a minority at all metallicities. The stellar
population at 4 kpc is dominated by stars from outer zones while
those at 8 and 12 kpc are dominated by stars from the inner disc.
Due to the rapid metallicity evolution, stars originating in differ-
ent regions and ending in the same zone cover the whole metallicity
range but differ little in their average metallicity. The small dif-
ferences in the peak metallicities are explained by the fact that all
zones in our model evolve practically as closed boxes, since gas
particles do not suffer significant radial displacement and there is
no gaseous infall. In that case, the peak of the metallicity distribu-
tion corresponds to the stellar yield, which is fixed in the model.
The largest differences occur in the zones at 8 and 12 kpc, where
stars originating in the inner and the outer zones differ, on average,
by 0.1 dex in metallicity. Combined to the fact that most of those
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Figure 9. Contributions to the metallicity distributions of three radial zones
(R = 4, 8 and 12kpc, from top to bottom, and width AR = £1 kpc) from
stars born in situ (squares and blue curves), coming from the inner galaxy
(crosses and green curves) and from the outer galaxy (triangles and red
curves). The width of the metallicity bins is 0.1 dex.

stars are formed quite early (first 2 Gyr) and have enough time to
migrate all over the disc, this produces a negligible change in the
peak of the metallicity distribution.

For that same reason, the width of the metallicity distributions is
barely modified between stars born in situ and all the stars found in
a given zone, as can be seen by comparing the black solid curves
between left- and right-hand panels in Fig. 10. On the other hand,
radial mixing does change the ratio between young and old stars
in a given region, as can be seen in that same figure: as one moves
outwards, from 4 to 12kpc, the fraction of ‘young’ stars (here
defined as those younger than 7 Gyr) born in situ becomes more
and more important with respect to the one of ‘old stars’ (older
than 9 Gyr), because of the inside-out star formation; however, if
all stars are considered, then ‘young’ stars are always a minority,
even at 12 kpc (right-hand panels in Fig. 10), because most of star
formation occurs in the first couple of Gyr in our model.

4.3 Evolution of abundance profiles

The shape of the abundance profiles of disc galaxies constitutes a key
diagnostic tool of their evolution. It has been realized long ago, with
simple (independent-ring) models, that the inside-out formation of
discs produces generically profiles in the gas and young stars which
flatten with time (Matteucci & Francois 1989; Prantzos & Aubert
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Figure 10. Metallicity distributions in three regions (of radius R = 4, 8 and
12 kpc, from top to bottom), for all the stars found in those zones (left) and
for the stars born in situ (right). In each panel, three classes of stellar ages
are displayed: ‘young’ (<7 Gyr, squares and blue curves), ‘middle-aged’
(7-9 Gyr, crosses and green curves) and ‘old’ (>9 Gyr, triangles and red
curves); their sum (total metallicity distribution) is indicated by the black
curves. The width of the metallicity bins is 0.1 dex.

1995; Boissier & Prantzos 1999; Hou, Prantzos & Boissier 2000).
This was confirmed by chemo-dynamical simulations, e.g. Samland
& Gerhard (2003). In a recent study comparing various codes of
disc evolution for Milky Way type discs, Pilkington et al. 2012) find
that (i) the gradient of oxygen may vary widely from one simulation
to another, but in most cases it is substantially larger than observed
in the Galaxy and (ii) in most cases, the oxygen profile flattens with
time.

On the basis of such considerations, it was expected that obser-
vations of stars of various ages across the disc of the MW could
reveal the shape of the abundance profile as a function of time al-
lowing one to probe the evolution of that profile and thus to draw
conclusions about the local history of star formation rate versus
infall and/or radial inflows of gas. Although most studies of disc
chemical evolution agree that profiles flatten with time, some mod-
els (e.g. Chiappini, Matteucci & Romano 2001) based on a different
assumptions conclude that profiles steepen with time.

Such observations have been conducted over the years, using
mostly planetary nebulae to trace the past evolution of abundance
profiles. In particular, Maciel & Costa (2009) find that the abundance
profile of oxygen flattens with time, thus supporting quantitatively
the findings of Hou et al. (2000). However, Stanghellini & Haywood
(2010) find the opposite trend, namely a steepening of oxygen pro-
files with time. It appears that the systematic uncertainties in ages
and distances of those sources are so large at present that they do
not allow for a robust evaluation of past abundance gradients. The
situation may change in the future, with improvement in distance
estimates and the use of proxies for the age, e.g. the [«a/Fe] ratio
(Cheng et al. 2012).

Roskar et al. (2008b) realized that one of the consequences of ra-
dial migration is to reduce and even inverse the abundance gradient
of a stellar population across the galactic disc: an early steep gradi-
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Figure 11. Abundance profiles of stars in various age bins. After radial
mixing, profiles appear to be flatter for old stars, in contrast to what happens
with the gaseous profiles.

ent may be subsequently erased by migration of old stars towards
the outer regions. Thus, even in the absence of any systematic un-
certainties, abundance determinations in planetary nebulae would
be of little help in revealing the past abundance profile of the disc.

We present in Fig. 11 our profiles in stars of various age bins. It
can be seen that, contrary to Fig. 2, where the gas abundance pro-
file systematically flattens with time, the stellar average abundance
profile appears to be flatter for older stars. This confirms the finding
of Roskar et al. (2008b) and implies that even accurate observations
of present days abundance profiles of stars of various ages cannot
reveal the past history of the true abundance profile of the disc.

We notice, however, that the implications of this finding are not
totally negative because, in the case of a monotonic evolution of
the profile, the true abundance gradient of a stellar population at the
time of its formation should have been steeper than observed today
(since radial migration always flattens it). If the presently observed
abundance profile of old stars is steeper than the one of the gas (as
claimed by e.g. Maciel & Costa 2009), then it can be safely inferred
that the disc evolved from a steeper to a flatter profile. This is by
itself an important conclusion, albeit in a qualitative level.

The strong early star formation of our disc galaxy leads to small
early-abundance gradients and thus minimizes the effects of radial
migration, despite the fact that the stars have time enough (8 Gyr,
on average) to migrate. Thus, the average metallicity profile of stars
after the first 2 Gyr (which constitute about 90 per cent of all stars)
in our simulation has a slope of dlog Z/dR = —0.03 dexkpc™'. At
the end of the simulation (10 Gyr), those same stars display a slope
of —0.02 dexkpc™!, i.e. radial migration has modified the slope of
the abundance profile by only —0.01 dex kpc™'.

In order to evaluate the effect of a steep initial metallicity profile
(while keeping the same dynamical evolution), we imposed an ar-
tificial gradient of —0.08 dex kpc™' to all stars formed in the first
2 Gyr and we assumed that the disc evolved exactly as in our sim-
ulation. The results appear in Fig. 12 (top panel) and are compared
to those of the original simulation (bottom panel). It can be seen
that the slope of the final abundance profile is of —0.04 dexkpc™!,
i.e. the same amount of radial migration modified the slope by
—0.04 dex kpc~!, instead of —0.01 dexkpc™! in the original simu-
lation. We conclude that the effect of radial migration on the final
abundance profile of stars depends not only on the strength of the
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Figure 12. Evolution of the stellar metallicity gradient in the case of our
simulation (bottom) and of the same simulation with an imposed initial gra-
dient of —0.08 dex kpc™! (top). The stellar population after time r = 2 Gyr
is displayed with thin curves in both panels; that same population, at the end
of the simulation (i.e. aged of 8 Gyr) appears in thick curves.

various churning mechanisms, but also on the overall history of the
disc (star formation versus infall and resulting chemical evolution).

4.4 Azimuthal variations of metallicity

The question of azimuthal variations in either the gaseous or stellar
metallicity of a disc galaxy has been addressed by various authors
either from the observational (Li, Bresolin & Kennicutt 2013, and
references therein) or from the theoretical point of view, e.g. Di
Matteo et al. (2013) and references therein. In particular, Di Matteo
et al. (2013) explored the possibility of azimuthal variations in old
star composition as signatures of radial migration, in the case of
a barred galaxy. In their controlled experiment (N-body with the
SPH part switched off, i.e. no star formation) they imposed initial
metallicity profiles and studied the azimuthal distribution of star
particles after 4 Gyr. They found azimuthal metallicity variations
depending on the initial metallicity profile and persisting during the
whole period of bar activity.

Our results concerning the azimuthal metallicity of gas and stars
are displayed in Fig. 13. It can be seen that in early times azimuthal
variations are small in both gas and stars (0.1 dex at maximum).
At late times, as the bar corotation moves outwards, metal poor
gas is driven inwards from the outer disc, creating local azimuthal
variations of up to 0.3 dex (a factor of 2) in the gas metallicity at
12kpe. As already discussed for Fig. 2, this important gas inflow
reduces the average radial metallicity of gas in the outer disc. How-
ever, the bulk of the stellar population in all radii is formed in early
times and despite substantial radial migration it shows no signifi-
cant azimuthal variations in its metallicity, because the metallicity
gradient is always small. If a steep metallicity profile is imposed (as
in Fig. 12) stronger azimuthal variations in the stellar population
are obtained, but they never exceed the corresponding variations in
the gas metallicity.

We notice that important azimuthal variations in the gas metal-
licity can also be obtained in the case of local infall of metal-poor
gas (infall is not included in our simulation). In an analogous way,
a merger with a metal-poor satellite could also create azimuthal
variations in the stellar metallicity. For those reasons, it appears
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Figure 13. Azimuthal variations of metallicity in four different times (2,
4, 8 and 10 Gyr, from top to bottom) and in three different galactocentric
distances: 4, 8 and 12 kpc (solid, dotted, dashed, respectively), for the gas
(left) and for the stars (right).

that azimuthal variations of metallicity in either gas or stars do not
provide unambiguous information about radial migration.

5 CHEMICAL POST-PROCESSING
AND THE IMPLICATIONS OF NON-IRA

As discussed in Section 4, the analysis of the chemical evolution
part of our simulation is limited by the use of IRA and of a single
metal. Here, we show that it is possible to overcome this limit and
gain considerable more insight, by post-processing the evolution
of the simulated disc with a simple, classical model of galactic
chemical evolution including a much more elaborated chemistry.
In this section, we first establish a parametrized description of the
churning+blurring processes in the disc of our simulation. We then
implement it in a classical chemical evolution model for that same
galaxy, first with IRA, in order to check whether the results of the
numerical simulation — which uses IRA — are satisfactorily repro-
duced. We show that this is indeed the case. We drop then the IRA
and run the same model by introducing more chemical elements
and, in particular, Fe from SNIa. This procedure allows one to
exploit in detail the chemical evolution of the system (by introduc-
ing more metal sources or different prescriptions for the rates for
e.g. SNIa), once the successful description of churning+blurring
through a parametrized scheme is established.

5.1 Parametrization of churning+blurring

Up to now, two different types of parametrization of radial mixing
have been introduced in the literature. SB02 adopted a global mixing
scheme, in which one assumes that a star born at radius R at time ¢
may be found at time 7, (i.e. after time t = #, — ¢) in radius Ry with
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a probability P(Ry, R;, T) given by a Gaussian function

2
P(R;, Ro, 7) = (2m02) P exp <_M)’ 3)
2072
where o, is the 1o dispersion in the radial displacement of the
particles from their birth place R, after time r. SB02 adopt, for
illustration purposes an expression for o, which includes two terms
accounting for churning and blurring, respectively; notice that their
term for churning is not symmetric with respect to particle ex-
change (i.e. it depends explicitly on Ry) but this does not have to be
generically the case.

On the other hand, Schonrich & Binney (2009) treat separately
blurring and churning. For the former, they make some assump-
tions about the radial dependence of the radial velocity dispersion
of stars. For the latter, they adopt a local scheme, in which only
stars from second-nearest neighbouring zones can exchange places
during a time-step, with a probability adjusted to reproduce some
observables in the solar neighbourhood, such as the metallicity dis-
tribution. According to their scheme, not only stars but also cold gas
(molecular) is affected by churning. However, it seems improbable
that gas — which is dissipative — behaves as the collisionless fluid
of stars. Furthermore, molecular gas is bound in molecular clouds
with lifetimes of only 107 yr, i.e. too short for any appreciable ra-
dial displacement. The results of our numerical simulations support
these considerations, as discussed in Section 3 (see also Fig. 5), so
we shall ignore here any radial migration of gas particles; we shall
see that this approximation is valid for most of the disc, but not
inside the bar, which drives rapidly gas towards the central regions.

In this work, we adopt an approach similar to the one of SB02,
since their parametrization is supported by the analysis of numerical
simulations by Brunetti et al. (2011) who analysed a star-only con-
trolled simulation performed with the GADGET-2 code. Although they
had no gas or star formation in their simulation, their conditions are
not very different from ours, since in our case star formation occurs
essentially in the first couple of Gyr. Brunetti et al. (2011) found that
the radial displacement of stars in their simulation can be described
by Gaussian functions simulating a diffusion process. They caution
that modelling the stellar migration as a diffusion process is valid
only for time intervals less than the diffusion time-scale, which they
estimate from the simulation results to be of the same order as the
rotation period. In other terms, radial migration can be described as
a diffusion process with diffusion coefficients depending both on
time and (original) position.

We first follow the positions of all the stars of the numerical sim-
ulation born at a given radius Ry as a function of time. As displayed
in Fig. 14 those stars are found at later times ¢ at various positions
R,. The distributions of particles as a function of the position can
be approximated by Gaussians with widths generally increasing as
a function of time. Similar behaviour characterizes the radial posi-
tions of stars born in that same radius R at later times or at different
original radii. By constructing a sufficiently dense grid in R, and
t, we find that the evolution of the radial dispersion of stars can be
described by expressions similar to the one of equation (3), where
the widths are given by

a:(Ro) = a(Ro)t" + b(Ry). @

Our fitting procedure produces values of N in a narrow range
N = 0.4-0.5 at all radii and we fixed here N = 0.5. Using a
least square method, we get the values of a(Ry) and b(R,) at each
radius Ry:

a(Ry) = —6.67¢ >Ry +2.75, (5)

0.20 ;

— 2Gyr
/\ 3Gyr

— 4Gyr

0.15 5Gyr ||

0.10}
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09915

AR (kpc)

Figure 14. Radial positions of particles born at radius Ry = 8 kpc between
0 and 1 Gyr after times 7 spanning the range of 2 to 9 Gyr.

b(Ry) = —2.26¢ 'Ry + 2.71. (6)

We implement this description of radial migration in a 1D code of
chemical evolution with independently evolving annuli (Boissier &
Prantzos 1999). The initial configuration contains a dark matter halo
of 10> M with an NFW profile and a gaseous disc of 5 x 10" M
with an exponential scalelength of 2.7 kpc, i.e. the same initial con-
ditions as the N-body+SPH simulation. The disc annuli evolve as
closed boxes, assuming azimuthal symmetry and IRA. The local
star formation rate is assumed to be W(R, 1) = v % T§2, with v ad-
justed as to reproduce the final gas profile of the simulation. During
a time-step d¢r a mass of stars mgs(Ry, t) = W(Ry, t)dr is created
at radius Ry. In subsequent time-steps, that mass undergoes radial
migration to other zones R according to the adopted probabilistic
description of equations 3 and 4. Obviously, if the final profiles
of gas, gas metallicity and SFR of the 1D simulation match the
corresponding final profiles of the N-body+SPH simulation, the
chemical evolution part of the former simulation can be considered
as a successful description of the latter. And if the final profiles of
stars and stellar metallicity as well as the initial versus final radii of
the two simulations match each other, then the adopted probabilistic
description scheme can be considered as a successful description of
the radial migration obtained by the N-body code.

The results of our 1D calculation appear in Fig. 15, where they are
compared with those of the N-body+SPH simulation. It can be seen
that, the final profiles of gas and star formation are reasonably well
reproduced by the parametrized simulation, albeit with a sizeable
difference in the bar region (from 2 to 6 kpc). The reason for that
discrepancy is that we do not consider any radial motion of the gas,
an approximation which accounts well for the relation of Ry versus
Rt of gas particles in most of the disc (see Fig. 5), but not in the
region of the bar, which drives gas inwards. This also accounts for
the small discrepancy of the final SFR observed in that same region.
The metallicity of the gas is well reproduced over the whole disc.

The aforementioned features are obtained in the independent ring
approximation adopted for the gas. The results for the final profiles
of stars, stellar metallicity and colour depend also on the adopted
prescription for radial migration. In Fig. 15, it is seen that over a
12 kpce region (from 3 to 15kpc) the curves of the average initial
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Figure 15. Results of the 1D chemical evolution model with IRA
and parametrized description of the radial migration, as developed in
Section 5.1, compared to those of the N-body+SPH calculation. In all pan-
els, thin curves correspond to final profiles (at 10 Gyr) obtained with GADGET
and thick curves to corresponding profiles obtained with the parametrized
description and the semi-analytical model. Top left: stellar surface density
and top right: gas surface density; in both panels the dashed curve cor-
responds to the initial gaseous profile of the disc. Middle left: metallicity
profile; middle right: B—K colour profile. Bottom left: star formation rate
profile. Bottom right: birth radius versus final radius for all star particles (to
compare with Fig. 3).

R, versus final R; radius of the stars between the two simulations
differ by an amount smaller than the difference between Ry and Ry
in the N-body-+SPH simulation (a difference which reaches almost
5 kpc in the outer disc). This suggests that the adopted description of
radial migration manages to reproduce reasonably well the effect.
Furthermore, the final profiles of average stellar metallicity and
B—K colour are also well reproduced; in particular, we obtain the
upturn of B—K around 13 kpc, as in the N-body+SPH simulation.
Taking into account the extreme simplicity of our formula (using
Gaussian functions with a regular time dependence, while the true
situation is more complicated), we consider the overall result as
fairly successful.

In summary, we have shown that a simple model of galactic
chemical evolution, augmented with a simplified description of ra-
dial migration a la SB02, can reproduce fairly satisfactorily the
results of a full N-body+SPH calculation, once the diffusion coeffi-
cients have been determined from the latter simulation. This opens
the way for realistic post-processing of N-body simulations, with
simple chemical evolution models including many more chemical
elements and nucleosynthetic sources (that were neglected in the
N-body simulation). For instance, one may consider other elements
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than the single case of oxygen considered here, like e.g. Fe from
both core collapse and thermonuclear supernovae; it is also possible
to study the evolution of the system dropping IRA and considering
the finite lifetimes of stars, allowing one to consider the evolution
of s-elements or deuterium. We illustrate some of those possibilities
in the next section.

5.2 Implications for chemical evolution

We run the same model as in the previous section, considering
the finite lifetimes of stars as well as Fe from SNIa. We adopt the
stellar lifetimes of Schaller et al. (1992), the stellar yields Woosley &
Weaver (1995) and the prescription of Greggio (2005) for the rate of
SNIa, which accounts for single degenerate dwarves as progenitors
of those objects; each SNIa is assumed to eject 0.7 M) of Fe. We run
the model twice: a first time without radial migration (i.e. assuming
independent annuli) and a second time with radial migration.

The results of the two simulations are compared in Fig. 16,
which displays the final radial profiles of various quantities ob-
tained with radial migration divided by the corresponding profiles
obtained without radial migration.

A first effect concerns the rate of mass ejection from long-lived
sources (top-right panel). Radial migration depopulates the inner
disc and populates the outer one with long-lived (low-mass) stars.
In the absence of radial migration the long-lived stars return lately a
considerable amount of gas in the inner disc, where little gas is left
and; with radial migration, a fraction of them does not return that
mass in their birth place, but in the outer disc, where they migrate.
However, the impact is not the same in the final gaseous profile of
the inner and outer disc (top-middle panel): in the inner disc, almost
the totality of the gas is depleted early on from star formation, and
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Figure 16. Radial profiles of various quantities obtained with radial migra-
tion divided by the corresponding profiles obtained without radial migration.
Calculations are performed without IRA and results are displayed every two
Gyr, the thickest curves corresponding to the final profiles at 10 Gyr. First
row: rate of mass ejection by stars, gas surface density and rate of SNIa.
Second row: rate of mass ejection of O-16 and gas abundance profiles of
0O-16 and Fe-56. Third row: gas profiles of O/Fe ratio and deuterium.
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the gas non-returned from the migrated stars is a large fraction of it;
radial migration reduces the surface density of gas in the inner disc.
In contrast, in the outer disc, little of the initial gas is consumed. The
supplementary gas brought by the ejecta of migrated stars barely
changes the overall surface density there.

The rate of oxygen ejection (middle-left panel) behaves in a
similar way to the rate of gas ejection (upper-left panel), albeit for
a non-intuitive reason: in the case of a strong early star formation
(as in this simulation), most of oxygen is released at late times not
by massive stars but by the numerous intermediate and low-mass
stars formed early on, which simply release their initial oxygen
(their net yield being zero, there is no chemical enrichment). In
the inner regions, some of those stars are missing because of radial
migration, hence less oxygen is released lately. The opposite holds
for the outer regions. However, those considerations do not impact
on the oxygen profile, because only the massive stars (which do not
have time to migrate) enrich the local ISM with oxygen: in the inner
disc radial migration reduces the local gas amount (see top middle
panel and previous paragraph), and the dilution of the same oxygen
mass in a smaller gas amount results in a larger oxygen abundance,
by ~20 per cent. The effect is negligible in the outer disc.

SNIa produce a large fraction of iron in a galaxy, from one to
two thirds, depending on the assumed prescription for their rate. In
our case, radial migration removes a large fraction of SNla from
the inner disc and brings them in the outer disc (top right). The
effect on the Fe abundance profile is straightforward in the outer
disc, where Fe mass fraction is found to be ~40 per cent larger with
radial migration. In the inner disc it is negligible: the missing Fe
from migrated SNIa is compensated in those regions by the effect
of the Fe ejected from massive star explosions being diluted in less
gas (see previous paragraph for oxygen).

The effects analysed in the previous paragraphs are summarized
in the bottom-left panel, displaying the O/Fe ratio: radial migration
of long-lived stars (including SNIa) makes the O/Fe ratio larger in
the inner disc (by up to 20 per cent) and smaller in the outer one
(by 30 per cent). Overall, it introduces a ~50 per cent difference
between the O/Fe ratios at 5 and 15kpc; this corresponds to an
increase of ~0.02 dex kpc*l in the radial gradient of [O/Fe] in the
gaseous phase.

Finally, in the bottom-middle panel we display an interesting
effect concerning the abundance of deuterium. Deuterium is pro-
duced only in the big bang, it is only destroyed when passing in
stellar interiors (a process called astration) and most of it is astrated
in the numerous low and intermediate-mass stars; as a result, its
abundance is steadily reduced in chemical evolution. Radial migra-
tion removes a fraction of those stars from the inner disc, hence
the abundance of D in the gas of those regions is not depleted as
much as in the case of no migration but remains much higher, by
up to 80 per cent. In the outer disc, the D-free gas released by the
migrators has little effect, because there are considerable amounts
of the initial gas, which has not been consumed by star formation.
We then find that, overall, radial migration introduces an increase

in the absolute value of the D gradient of ~0.025 dex kpc~!.

6 SUMMARY

In this work, we study the effect of radial migration on the
chemical evolution of a bar-dominated disc galaxy, by analysing
an N-body+SPH simulation and using appropriately tuned semi-
analytical models.

We find that the non-dissipative fluid of stars behaves differ-
ently from the dissipative fluid of gas regarding radial migration

(Section 3): stars experience strong radial migration over the whole
disc, while gas remains (on average) near its initial radius in the
disc; however, in the inner galaxy, the bar transfers large amounts
of gas to the central regions, affecting considerably the evolution
of the developing bar/bulge. Here, we focus on radial migration of
stars in the disc, leaving the evolution of the bulge for a future study.
By ‘radial migration’ we mean here all types of radial displacement
of stars, moving them away from their place of birth.

We studied the impact of radial migration on various aspects of
the chemical evolution of the disc (Section 4), although our study
was hampered by the use of the IRA and of a single metal (oxygen).
Radial migration increases the stellar metallicity dispersion in all
zones and all ages, but other factors contribute to that dispersion as
well, namely the metallicity variations in the gas, due to incomplete
mixing. Because of the rapid evolution in all the model zones,
metallicity distributions differ little from one zone to another (their
peak being close to the stellar yield), and radial migration does
not change that result. On the other hand, radial migration flattens
the metallicity profiles, bringing metal-poor stars from the outer to
the inner (metal-rich) zones and metal-rich stars from the inner to
the outer (metal-poor) zones. Because of that mixing, abundance
profiles of old stellar populations of a given age appear flatter from
what they were at the period of stellar birth; as a consequence,
their observation cannot be used to infer the true evolution of the
abundance profile. The extent of that effect, however, depends a
lot on the metallicity profile of the disc: if it is relatively flat at
the stars’ birth, the effect will be negligible, but if it is quite steep,
radial migration may not completely erase that signature. The same
holds for azimuthal variations in the metallicities of gas and stars.
We argue that such variations are not a safe diagnostics for radial
migration, since they may have other origins (local infall of metal-
poor gas or a metal-poor merger). Finally, we obtain a U-shaped
colour profile, with old and red stars migrated from the inner to the
outer disc (as already found in Roskar et al. 2008a).

Because of the limitations on chemical evolution imposed by
the IRA adopted in the N-body+SPH simulation, we also studied
the effects of radial migration on chemical evolution by adopting a
different strategy. We have shown (Section 5) that those effects can
be studied to a good accuracy by post-processing the results of a full
N-body+SPH calculation with a simple chemical evolution model
having detailed chemistry and a parametrized description of radial
migration. A somewhat different coupling between an N-body+SPH
code and a semi-analytical code of chemical evolution was recently
performed by Minchev, Chiappini & Martig (2013), for the case
of the Milky Way disk. We found that radial migration impacts on
chemical evolution both indirectly (by affecting the age—metallicity
relations and metallicity distributions of stars moved across the
disc) and directly, by moving around the long-lived nucleosynthesis
sources [SNIa or asymptotic giant branch (AGB) stars of 1.5 M@]
and thus altering the abundance profiles of the gas; here (Section
5), we have shown how the radial profiles of O, Fe and D are
affected in the case of our simulation, but other elements (like e.g.
s-process elements produced in AGB stars) may be concerned as
well. Our post-processing results show clearly that the full impact
of radial migration on chemical evolution cannot be evaluated with
numerical codes using IRA.

It should be stressed, however, that the impact of radial migration
on chemical evolution depends on the system under study. Three
factors have been identified up to now: strength of inhomogeneities
in the gravitational potential, e.g. bar or spiral arms (stronger per-
turbations favouring larger effects); duration of the radial migra-
tion (the longer the bar acts, the larger the effects); and steepness
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of abundance profiles at the time most of the stars are formed
(steeper profiles favouring larger effects). Those factors may cancel
each other and mask the effects of radial migration on chemical
evolution: for instance, a strong bar driving metal-poor gas inwards
will flatten the metallicity profile; the stars created from that gas
will display quasi-similar abundances all over the disc, even in the
case of strong radial migration.

This corresponds to the simulation studied here, although the
reason for the flat early metallicity profile is the evolution as a
closed box with a rapid early star formation. In the case of a galaxy
evolving more slowly inside-out, steeper metallicity profiles are
expected; however in that case, there is less time left to an average
star for radial migration, so its impact on chemical evolution will not
necessarily be more important. Notice that continuous infall of low
metallicity gas, as expected in a galaxy like the Milky Way, should
also attenuate the impact of radial migration on gas chemistry, by
diluting radial abundance variations.
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3.2. Un modéele de la Voie Lactée avec migration radiale

3.2 Unmodele de la Voie Lactée avec migration radiale

De par la position que nous occupons dans la Voie Lactée (VL), cette galaxie offre des obser-
vations détaillées d’'un grand nombre de propriétés galactiques, qui nous sont inaccessibles
lorsque nous observons les autres galaxies. Des informations sur la composition chimique et
la cinématique sont maintenant disponibles pour quelques milliers d’étoiles d’ages divers, a la
fois dans le voisinage solaire, le long du disque Galactique, et en fonction de I'éloignement au
plan de la Galaxie. Nous avons également un grand nombre de données concernant le contenu
en gaz de la VL (ces composantes atomique et moléculaire, et sa composition chimique) en
fonction du rayon galactocentrique. Par ailleurs, le satellite Gaia (lancé le 19 décembre 2013)
offrira d’ici environ 5 ans, une encore plus grande quantité de données sur les étoiles, couvrant
un rayon d’environ 8 kpc autour du Soleil. Ces données permettront d’étudier I"évolution des
propriétés de la VL avec une précision largement améliorée.

Cette abondance de données, combinée avec les indices suggérant que la VL a évolué sans
perturbation majeure durant environ les 8 derniers milliards d’années (e.g. Hammer et al.,
2007, et références dans cet article), font de notre galaxie un laboratoire idéal pour tester les
théories de I’évolution des galaxies. Cependant, les modeles actuels (N-corps+SPH dans le
cadre ACDM) ont des difficultés a produire des disques de type tardif, e.g. Silk & Mamon (2012)
et références dans cet article. Malgré un effort théorique intense et des propositions diverses
de solution — basées sur un seuil de formation stellaire (Guedes et al., 2011) ou sur le feedback
des étoiles (Ubler et al., 2014) — aucun paradigme généralement accepté n'a émergé pour le
moment.

Les propriétés chimiques de la Voie Lactée (relation dge-métallicité locale, distribution en
métallicité locale, ratio d’abondance vs métallicité, profils d’abondance le long du disque)
ont été largement étudiées longtemps avant I'arrivée des simulations numériques a grandes
échelles. Ces études étaient réalisées al'aide de modeles semi-analytiques simples, soit pour le
voisinage solaire, soit pour le disque complet (avec des modeéles en "anneaux indépendants”)
et ont révélé certains aspects clés de I’évolution chimique de la VL : le besoin d'une source
supplémentaire de Fe, les SNIa, pour reproduire la diminution observée de O/Fe en fonction de
la métallicité ; le besoin d'une accrétion de gaz des les premiers temps de la Galaxie et pendant
de longues périodes, pour reproduire la partie précoce de la distribution en métallicité des
naines G, ainsi que la grande abondance du Deutérium aujourd’hui; le besoin d'une variation,
en fonction du rayon, de I'efficacité de la formation stellaire, afin de reproduire les gradients
observés dans les profils radiaux d’abondance (e.g. Pagel, 2009; Matteucci, 2012). Ces résultats
sont robustes qualitativement, mais pas quantitativement, a cause des larges incertitudes de
mesures dans les données observationnelles (e.g. dispersion dans la relation age-métallicité,
forme de la distribution en métallicité), et aussi a cause des courants radiaux de gaz, dont
le role encore mal compris. Bien qu’ils soient bien justifiés par la physique (e.g. Lacey &
Fall, 1985), il n’a jamais été montré que les courants radiaux jouent un réle important dans
I’évolution chimique de la VL, a cause de I'impossibilité d’observer ou bien de déduire de la
théorie les profils de vitesse de ces courants dans la Galaxie.
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Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

En interagissant avec la barre le gaz peut se déplacer radialement, et il en est de méme pour
les étoiles. Les effets de la migration radiale sur les profils d’abondance ont été étudiés, dans
une certaine mesure, a I’aide de simulations N-corps+SPH par Friedli & Benz (1993) et Friedli,
Benz & Kennicutt (1994). Dans les années 90, les observations ont révélé que la Voie Lactée a
bien une barre centrale (Blitz & Spergel, 1991), mais sont origine, sa taille, et son age ne sont
toujours pas bien connus aujourd’hui. Par conséquent, son impact sur I’évolution chimique
de la VL est difficile a évaluer quantitativement.

3.2.1 Ingrédients du modele

Dans ce travail, nous présentons donc un modele d’évolution de la Voie Lactée, incluant les
mouvements radiaux du gaz et des étoiles. Dans notre modele, la Voie Lactée est construite
graduellement par accrétion de gaz primordial dans le potentiel gravitationnel d'un halo
de matiere noire "typique", de masse finale 10>M,. Lévolution de ce halo est extraite de
simulations cosmologiques ACDM produites par Li et al. (2007).

Les éléments caractéristiques de notre modele sont :

o Pour le taux de formation stellaire (TFS) nous utilisons une prescription dépendante de
la densité surfacique locale du gaz moléculaire. Cette prescription est issue de 'analyse
de plusieurs jeux de données observationnelles concernant a la fois la formation stel-
laire aux grandes échelles (de I'ordre du kpc) et aux petites échelles (<1 kpc) (Krumholz,
2014). Nous calculons la densité de H, a I’aide des prescriptions semi-empiriques de
Blitz & Rosolowsky (2006). Cette prescription est utilisée pour la premiére fois dans un
modele d’évolution de la Voie Lactée, les autres modeles utilisant majoritairement la loi
de Schmidt-Kennicutt ¥ o Z’é ol le taux de formation stellaire dépend de la densité
surfacique du gaz total (HI+H2) avec k = 1.5. D’autres modeles ont exploré différentes
possibilités (e.g. Boissier & Prantzos, 1999; Chiappini, Matteucci & Romano, 2001), que
nous comparons aux observations de traceurs du TFS dans la Fig. (panneaux du
milieu et du bas). Nous constatons que le TFS dépendant de la densité surfacique du
gaz moléculaire (courbes bleues) est celui qui coincide le mieux avec les observations
entre 3 et 13 kpc, avec la prescription adoptée par Chiappini, Matteucci & Romano
(2001) (courbes vertes).

« Nous introduisons une prescription pour les courants radiaux de gaz, pour lesquels
nous considérons le cas d'une barre similaire a celle de la Voie Lactée opérant pen-
dant les derniers 4 Gyr, qui déplace le gaz vers vers 'intérieur et vers I'extérieur de la
corotation avec la barre.

¢ Pour la migration radiale, nous considérons séparément les mouvements épicycliques
des étoiles (le blurring) et les variations du rayon de I’orbite guide (churning). Notre
traitement de la migration radiale est un mélange de différentes techniques utilisées
dans divers articles. Comme dans Sellwood & Binney (2002) et Schénrich & Binney
(2009) — mais contrairement a Minchev, Chiappini & Martig (2013, 2014) ou Kubryk,
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FIGURE 3.5 - En haut : profils de densité surfacique de divers traceurs du taux de formation
stellaire (TFS) ; la courbe en points — sans barre d’erreur — est la forme analytique de Green
(2014) issue de I'observation des rémanents de super novae, que nous considérons représenta-
tive du profil du TFS dans la VL. Au milieu : TFS théoriques ou empiriques comparés au profil
des traceurs du TFS dans la VL (la courbe en point dans le panneau du haut). La I'expression
des TFS est indiquée dans le panneau. Tous les profils sont normalisés a la méme valeur a
R =8 kpc. En bas : rapport entre les TFS théoriques ou empiriques et le profil représentatif.
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Prantzos & Athanassoula (2013) — nous traitons séparément les mouvements épicy-
cliques (blurring) et les variations du rayon de I'orbite guide (churning) des étoiles.
Pour le blurring, nous adoptons un formalisme analytique basé sur I’approximation
épicyclique. Et pour le churning, nous nous inspirons des simulations N-corps+SPH —
comme dans Minchev, Chiappini & Martig (2013) et Kubryk, Prantzos & Athanassoula
(2013) - et nous adoptons une description paramétrée, utilisant des coefficients de
diffusion dépendants du temps et du rayon. De cette maniéere, nous sommes capables
d’étudier quantitativement I'impact des mouvements épicycliques seuls sur la disper-
sion dans la relation age-métallicité locale, et bien sfir, les effets combinés du churning
et du blurring.

» Pour I'évolution chimique, nous avons utilisé les "rendements" stellaires récents de
Nomoto, Kobayashi & Tominaga (2013), bien adaptés a I’étude de I'évolution de la
Voie Lactée. Nous rappelons que le rendement stellaire est le taux de masse éjectée de
différents éléments/isotopes (par les vents stellaires ou les super novae) par une étoile,
par rapport a sa masse initiale ; et que les rendements dépendent de deux parametres
principaux : la métallicité initiale du gaz formant les étoiles, et la masse initiale des
étoiles. Ces rendements sont utilisés dans les modeéles pour calculer I'enrichissement
chimique du milieu interstellaire, c’est-a-dire la quantité éjectée pour divers éléments
chimiques (ici nous utilisons les 82 isotopes stables des données de Nomoto, Kobayashi
& Tominaga (2013)) ala fin de la vie des étoiles. La grille que nous utilisons est composée
de 6 métallicités initiales, allant de 0 a 3 fois la métallicité solaire 7, dont 4 métallicités
initiales entre 1/20Z, et 2Z, ce qui permet de modéliser avec une meilleure précision
alafois les zones internes (ot le gaz atteint des métallicités élevées) et les zones externes
(ol le gaz reste peu métallique) de la Voie Lactée. De plus, elle contient a la fois des
étoiles étoiles de masse intermédiaire et des étoiles massives, calculer pour les mémes
valeurs de métallicité, ce qui est un avantage considérable si on veut étudier aussi les
produits des étoiles de masses intermédiaires, comme le C ou le N.

» Nous utilisons le formalisme de "Single Particle Population", qui est le seul compatible
avec la migration radiale, car il permet de considérer les déplacements radiaux des
sources de nucléosyntheése, et en particulier des SNIa (Kubryk, Prantzos & Athanassoula,
2013).

Nous comparons nos résultats a un grand nombre de données observationnelles, concernant
I’évolution globale de la Voie Lactée, les profiles radiaux actuels de différentes quantités, et
le voisinage solaire. Nous utilisons des données récentes pour les profiles radiaux du gaz
atomique et du gaz moléculaire, ainsi que pour le Taux de Formation Stellaire (TFS). Pour
I'évolution de la masse et du TFS de galaxies similaires a la Voie Lactée, nous utilisons les
résultats de van Dokkum et al. (2013). Pour I'évolution du voisinage solaire, nous utilisons les
données de Adibekyan et al. (2011) et Bensby, Feltzing & Oey (2014), incluant des relations age-
métallicité, des distributions de métallicité, et différents ratios d’abondance chimique pour

2. Les autres grilles de métallicité ont généralement deux métallicités initiales utilisables pour les étoiles
du disque de la Voie Lactée (environ 1/20Z et 2Z5). Dans les modeles d’évolution Galactique, il faut ensuite
interpoler, voire extrapoler, entre les valeurs données par les grilles.
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les disques mince et épais. Enfin, pour les les échelles de longueur et les densités surfacique
locales des disques minces et épais, nous utilisons les données issues de I’analyse de Bovy
etal. (2012).

3.2.2 Résultats globaux

Notre modele reproduit correctement les valeurs des principales observables "globales" du
disque et du bulbe (ici R<2 kpc) de la Voie Lactée (Fig. 3.6), c’est-a-dire : les masses d’étoiles,
de gaz atomique et moléculaire, les taux d’accrétion, le TFS, CCSN et SNIa. Nous obtenons des
masses de HI et H, dans le bulbe, plus élevée que dans les observations, et un taux de CCSN
dans la partie basse des valeurs compatibles avec les observations, a cause de la pente choisie
pour I'IMF des étoiles massives. Nous avons un trés bon accord entre I’évolution des masses
stellaires du bulbe et du disque et les observations correspondantes de I’évolution "empilée"
de galaxies similaires a la Voie Lactée (van Dokkum et al., 2013) : a la lumiere de ces données,
la Voie Lactée apparait comme une galaxie disque assez moyenne.

Les profils actuels d’étoiles, de gaz (HI et H,), de TFS, et de vitesses de rotations sont sont bien
reproduites par le modele (Fig. 3.7). Comme attendu, (e.g. Friedli & Benz (1993)) les courants
radiaux produits par la barre aplatissent le profil du gaz entre 3 et 6 kpc et, en conséquence, les
profils correspondant de TFES et O/H. Le profil de Fe/H est moins affecté, a cause de I’action
des SNIa : le gaz poussé vers 'intérieur par la corotation dilue la métallicité en O et Fe dans
les régions internes, mais les SNIa poussées vers I'intérieur compensent la dilution du Fe en
relachant leur propre Fe. En considérant les incertitudes actuelles dans tous ces profils, nous
pouvons dire que les valeurs que nous avons choisies pour la vitesse des courants de gaz, sont
proches des valeurs les plus hautes possibles. Si la barre galactique a agit pendant les quelques
derniers milliards d’années, elle doit avoir induit des vitesses radiales inférieures a ~0.5 km/s
en moyenne azimutale (bien sir, les vitesses radiales du gaz, le long de la barre, devraient
avoir des valeurs plus élevées). Les profils d’abondance d’autres éléments chimiques et leur
évolution font I'objet de I'article suivant.

3.2.3 Résultats locaux

Nous trouvons qu’avec le schéma de migration radiale adopté (ou blurring et churning sont
séparés), les régions significativement affectées sont entre 4 et 12 kpc, et nous trouvons
I'impact le plus grand entre 5 et 9 kpc kpc. Les étoiles de ces régions sont formées en moyenne
1 ou 2 kpc plus a l'intérieur de leur position actuelle, et sont plus vieilles de 1 ou 2 Gyr en
moyenne, par rapport aux étoiles formées in-situ (Fig. 10 de l'article en Sec. ). Ceci
implique notamment, que le Soleil s’est probablement formé ~1.2 kpc plus a I'intérieur que
sa position actuelle (R, = 8 kpc). La métallicité moyenne dans cette région il y a 4.5 Gyr était
[Fe/H]~0, alors que la métallicité du gaz au voisinage solaire actuel était plus basse de ~0.15
dex (Fig. 11 de 'article en Sec. ). Cela explique quantitativement pourquoi la métallicité
actuelle du gaz local — qui a augmenté depuis de 0.12 dex — est a peut pres la méme que celle
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FIGURE 3.6 — Résultats de notre modele d’évolution de la VL, comparés aux observations.
Dans tous les panneaux : la courbe bleue indique 1'évolution du disque (r >2 kpc), et la
courbe rouge celle du bulbe (r <2 kpc). Les barres verticales a 12 Gyr indiquent les contraintes
observationnelles (voir table 1 dans I'article en Sec. )
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FIGURE 3.7 — Résultats globaux de notre modele pour les profils principaux de la VL, et compa-
raison aux observations. Les résultats du modéle sont indiqués a 5, 8 Gyr (courbes rouges en
traits pleins fins) et a 12 Gyr (courbes rouges en trait épais). Les panneaux montrent les résultats
pour différentes quantité nommées dans chaque panneau, et les données observationnelles
pour le disque actuel sont indiquées par les régions colorées ou les points.

109



Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

du Soleil aujourd’hui.

Conformément a ce qui a déja été montré dans des études précédentes, nous trouvons que
la migration radiale ameéne au voisinage solaire principalement des étoiles vieilles et peu
métalliques, ayant pour effet d’aplatir la relation age-métallicité. Elle augmente également la
dispersion en métallicité de tous les ages stellaires, la rendant plus large avec 1'age, comme
cela avait été trouvé dans Sellwood & Binney (2002).

Nous soulignons que les observables locales de notre modéle concernent ce qui est communé-
ment appelé le "cylindre solaire", désignant toutes les étoiles trouvées a la fin de la simulation
dans un cylindre de rayon 0.25 kpc autour du Soleil (quel que soit leur leur éloignement au
plan galactique). Nous n’appliquons pas de biais observationnel a nos résultats. Pour cette
raison, un résultat concordant aux observations n'implique pas nécessairement que le modele
est correct, mais seulement qu’il possede potentiellement des propriétés intéressantes. Le
seul critere de sélection que nous sommes amené a utiliser est celui de I'dge des étoiles, afin
de différencier le disque mince du disque épais (nous reviendrons sur ces résultats plus loin).

Résultat intéressant : Les observations "empilées" de galaxies de masse stellaire 5 x 101 M,
(i.e. de masse stellaire similaire a celle de de la VL) van Dokkum et al. (2013), permettent de
construire I’évolution "moyenne" des galaxies observées de cette masse. Il est intéressant de
noter que notre modeéle d’évolution de la VL donne des résultats proches de cette évolution
(Fig. 3.9), ce qui tendrait a montrer que la Voie Lactée est assez représentative des galaxies
ayant une masse stellaire de 5 x 101° M.

Résultat important : nous montrons quantitativement que — dans le cadre de ce modele et
avec I'avertissement du paragraphe précédent — les mouvements épicycliques ne peuvent pas
produire les dispersion de métallicité observées (Fig. 3.8). En revanche, le schéma de migration
que nous avons adopté reproduit correctement la dispersion dans la relation age-métallicité
issue des observations. Nous montrons que cette observable est 'un des traceurs les plus
prometteurs pour I'étude de 'amplitude de la migration radiale dans la Voie Lactée, et qu’il
devrait étre examiner minutieusement dans les futures études observationnelles et théoriques.
Ce résultat est important, car le fait qu'un mécanisme de migration radiale plus important
que les épicycles soit nécessaire pour expliquer les observations de la composition chimique
du voisinage solaire, est encore sujet a débat (e.g. Haywood (2012), Nieva & Przybilla (2012)).

Par ailleurs, le ratio d’abondance [O/Fe] ne montre que tres peu de variations dans sa disper-
sion en fonction de I'4ge stellaire, ce qui en fait un bien meilleur indicateur de 1'dge des étoiles
que la quantité [Fe/H] ; ce résultats reste valide pour les autres ratios impliquant des éléments
a (quantités [a/Fe]), ce qui avait déja été montré par Bovy et al. (2012).

Nous analysons I'origine des populations stellaires trouvées dans le voisinage solaire, en
fonction de leur métallicité (Fig. 13 de I'article en Sec. ). Nous trouvons que, pour toutes
les métallicités, les étoiles sont ~1 Gyr plus vieilles en moyenne, que les étoiles formées
localement ayant la méme métallicité; elles ont également une dispersion en adge de ~1-3
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FIGURE 3.8 — Résultats de notre modele sur I'évolution chimique du voisinage solaire, en
fonction de I'age des étoiles. En haut : parmi toutes les étoiles situées au voisinage solaire a la
fin de la simulation, la courbe bleue indique la fraction d’étoiles nées in-situ pour chaque age,
la courbe rouge indique la fraction d’étoiles (quel que soit leur rayon d’origine) de chaque age,
présente au voisinage solaire. Au milieu : la relation age-métallicité des étoiles. Pour notre
modele, la métallicité moyenne est indiquée par la (courbe rouge pleine) et la limite a +10 par
la (zone colorée jaune). Les coubes vertes et marrons indiquent la moyenne et la limite a +10
pour deux jeux de données observationnelles (voir article en Sec. ). En bas : dispersion
dans les relations adge-métallicité présentées dans le panneau du milieu, avec les mémes
couleurs. La zone bleue indique la dispersion dans la relation dge-métallicité des étoiles dans
le cas ol seuls les épicycles déplacent les étoiles.
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FIGURE 3.9 - Comparaison des résultats de notre modele avec les observations "empilées" de
galaxies de masse stellaire ~ 5 x 10'° M, (courbes en points) de van Dokkum et al. (2013). En
haut : évolution du TFS total de notre modele (courbe noire pleine), et contributions du bulbe
et du du disque. En bas : évolution de la masse stellaire du bulbe (r <2 kpc) et du disque (r >2
kpc) dans notre modeéle (courbes pleines rouges et bleues respectivement).
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Gyr autour de I’age moyen. Clairement, la migration radiale affecte considérablement la
relation adge-métallicité, permettant a des étoiles jeunes de faible métallicité, de cohabiter
avec des étoiles vieilles tres métalliques. Dans notre modele, les étoiles les moins métalliques
du voisinage solaire ont ~11 Gyr et viennent, en moyenne, des régions a 5-6 kpc du centre
Galactique; et les étoiles de métallicité solaire ont ~4.5 Gyr et viennent de r ~7 kpc. Les étoiles
locales les plus métalliques ([Fe/H]~0.3-0.4 Z5) ont 3-4 Gyr, et viennent des régions internes
de la Galaxie (~2-3 kpc). Nous trouvons que les étoiles d’ages et rayons de naissances différents
contribuent, dans une certaine mesure, dans tous les bins de métallicité (Fig. 14 de l'article en
Sec. ).

3.2.4 Disque mince et disque épais

Gilmore & Reid (1983), ont identifié le disque épais comme une composante distincte de la
Voie Lactée, sur la base de comptages d’étoiles vers le pole Sud Galactique. Depuis lors, et
malgré des études observationnelles et théoriques poussées, I'identité du disque épais reste
difficile a saisir. Beaucoup de ses propriétés (si ce n’est toutes) different clairement de celles du
disque mince, en particulier son age, sa métallicité, ses ratios d’abondances, sa cinématique,
sa distribution spatiale. Toutefois, il n'y a apparemment pas de frontiére clairement définie
séparant le disque mince du disque épais, et la communauté peine toujours a établir un
tableau clair des relations (si elles existent) entre le disque épais et les autres composantes de
la Galaxie (le bulbe, le halo, le disque mince). Ainsi, un grand nombre de scénarios pour la
formation du disque épais ont été proposés, impliquant soit des influences extérieurs soit une
évolution séculaire par migration radiale, e.g. Sales et al. (2009) ;Minchev, Chiappini & Martig
(2013) ;Rix & Bovy (2013) et les références dans ces articles.

En particulier, la migration radiale a été suggérée comme un mécanisme possible de formation
du disque épais par Schonrich & Binney (2009), qui ont développé un modele semi-analytique
et en ont étudié les résultats concernant les propriétés chimique et cinématiques. Ils ont
notamment montré que leur modele peut reproduire plusieurs propriétés clés du disque épais,
juste par évolution séculaire : la morphologie (i.e. le profil vertical présentant une combi-
naisons de deux exponentielles au voisinage solaire), les gradients d’abondances verticaux
et le comportement bi-modal dans le plan [O/Fe] vs [Fe/H], avec le disque épais ayant un
ratio O/Fe plus élevé que le disque mince pour les mémes valeurs de métallicité. Certains
de ces résultats ont également été trouvés dans les simulations N-corps, e.g. Loebman et al.
(2011). Mais d’autres travaux (Mincheyv et al., 2012), indiquent que la migration radiale aurait
peu d’effets sur I'épaisseur des disques, et donc que I'évolution séculaire du disque n’est pas
suffisante pour expliquer la formation du disque épais, alimentant le débat sur sa formation.

Dans notre modeéle, nous n'avons pas de données sur la cinématique des étoiles, ni sur leur
positions verticales. Pour séparer les étoiles de ces deux disques, nous utilisons alors un critére
simple, déja suggéré dans la littérature : 'dge des étoiles (une autre raison pour ce choix étant
I’absence de direction verticale dans notre modele, nous empéchant d’utiliser les criteres
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FIGURE 3.10 — Résultats de notre modele concernant les disques minces et épais, et compa-
raison aux observations. En haut : [a/Fe] (a gauche) et [O/Fe] (a droite) en fonction de la
métallicité [Fe/H], pour toutes les étoiles présentes aujourd’hui au voisinage solaire dans notre
modele (courbe marron pleine) et pour les étoiles formées in-situ (courbes en points bleus).
Au milieu : [a/Fe] (a gauche) et [O/Fe] (a droite) vs. métallicité, pour les étoiles du disque
épais (>9 Gyr, courbes vertes) et pour les étoiles du disque mince (<9 Gyr, courbes rouges). Les
données observationnelles sont indiquées par les points avec les couleurs correspondantes.
Dans les panneaux du haut et du milieu, les zones colorées indiquent les limites a +10 de
notre modéle. En bas : les distributions en métallicité du disque mince (courbes rouges) et
disque épais (courbes vertes) de notre modele. Les histogrammes indiquent les données ob-
servationnelles avec les couleurs correspondantes. A noté que le critere de sélection utilisé
dans données observationnelles utilisées pour le panneau en bas a droite favorisent les étoiles
du disque épais. Pour cette raison, nous avons baissé d'un facteur 3 arbitraire les valeurs
observationnelles concernant le disque épais afin d’avoir une concordance avec notre modele.
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reposants sur la cinématique ou des quantités spatiales dans cette direction). Nous supposons
que les étoiles plus vieilles que 9 Gyr, appartiennent au disque épais, et que les plus jeunes
appartiennent au disque mince.

Nous évaluons quantitativement la structure radiale des disques mince et épais dans notre
modele. Nous trouvons que, du fait de formation graduelle du disque de l'intérieur vers
I'extérieur, le disque épais a une échelle de longueur considérablement plus courte que le
disque mince (Fig. ), malgré le fait que les étoiles le constituant ont été bien plus affectées
par la migration radiale que celles du disque mince. Les densités surfaciques locales des
deux disques concordent tres bien avec les récentes évaluations observationnelles, ce qui
est vrai également pour I'échelle de longueur du disque épais. En revanche, pour le disque
mince, nous obtenons une échelle de longueur ~1 kpc plus courte que celle estimée avec
les observations. Au total, le disque épais représente environ 1/3 du disque stellaire complet
(mince + épais), et représente 1/4 de la densité surfacique d’étoiles au voisinage solaire.

Résultat important 1 : Nous avons montré que le simple critere d’age adopté ici, permet de
reproduire assez bien le comportement observé de [a/Fe] vs. [Fe/H] pour les étoiles identi-
fiées comme appartenant aux disques mince et épais selon différents critéres (chimiques ou
cinématiques) ; aussi, nous reproduisons les distributions de métallicité, avec une trés bonne
concordance avec les observations pour le disque mince, et de facon satisfaisante pour le
disque épais (Fig. ); et les profils surfaciques des deux disques. Ces résultats vont dans
le sens de I'hypothese selon laquelle le disque épais est simplement la partie du disque de la
Voie Lactée qui s’est formée dans les premiers milliards d’années, et que le disque épais local
est constitué en grande partie d’étoile venant des régions internes de la Galaxie par migration
radiale. Toutefois, nous n’avons pas la dimension verticale (selon I'épaisseur du disque), ni la
cinématique des étoiles dans notre modele, nous ne pouvons donc pas comparer le critére
d’age avec les critéres cinématiques ou de positions (selon I'éloignement au plan Galactique).

Résultat important 2 : nous étudions en détail I'évolution de nombreuses abondances d’élé-
ments chimiques dans les disques minces et épais locaux, et nous comparons nos résultats a
un grand nombre de données observationnelles issues des surveys récents. Nous montrons
que de telles études nécessitent une grille fine et homogene de rendements d’étoiles (comme
celle fournie dans Nomoto, Kobayashi & Tominaga (2013), que nous utilisons ici). Ce résul-
tat est important car les études de I'évolution chimique de la VL. dépandent beaucoup des
rendements stellaires, Nous trouvons que pour certains éléments observés, i.e. le comporte-
ment de [a/Fe] vs [Fe/H], les observations peuvent étre reproduites correctement a la fois
pour le disque mince et le disque épais, mais les résultats sont bien moins satisfaisants pour
d’autres éléments. Les données actuelles et a venir fourniront des contraintes fortes sur la
nucléosynthese stellaire, et sur I’évolution globale du disque de la Voie Lactée, en particulier
en les combinant avec les données cinématiques et spatiales.

3.2.5 Article: Le voisinage solaire, le disque mince, le disque épais
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FIGURE 3.11 — Résultats de notre modéle concernant les disques minces et épais. Colonne
gauche : étoiles et rémanents stellaires (issus de la mort des étoiles). Colonne droite : étoiles
lumineuses uniquement. En haut : profils stellaires a la fin de la simulation : magenta : total;
vert : disque épais; rouge : disque mince. Chaque courbe est ajustée entre 5 et 11 kpc par
une exponentielle (courbes en tirets), les échelles de longueur et densités surfaciques a 8 kpc
sont reportées dans la table 3 de l'article en Sec. . En bas : fractions cumulées de masse
des disques minces et épais par rapport a la masse totale du disque (My;sque) : Mmince(<
1) Mgisque (courbe rouge), Mepais(< 1)/ Mgisque (courbe verte) en fonction du rayon.
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ABSTRACT

Context. We study the role of radial migration of stars on the cheméwalution of the Milky Way disk.

Aims. In particular, we are interested in the impact of that prea@sthe local properties of the disk (age-metallicity rietatand its
dispersion, metallicity distribution, evolution of abwamte ratios) and on the morphological properties of thetieguhick and thin
disks.

Methods. We use a model with several new or up-dated ingredients:iatand molecular gas phases, star formation depending on
molecular gas, yields from the recent homogeneous gridigedvwy Nomoto et al. (2013), observationally inferred Shiges. We
describe radial migration with parametrised time- andusdiependent ffusion codicients, based on the analysis of a N-be8PH
simulation. We also consider parametrised radial gas flmgsiced by the action of the Galactic bar.

Results. Our model reproduces well the present day values of mosteofrthin global observables of the MW disk and bulge, and
also the observed "stacked" evolution of MW-type galaxies Ookkum et al. 2013). The azimuthally averaged radiaaigt of gas
inflow is constrained to less than a few tenths of&rRRadial migration is constrained by the observed dispeisithe age-metallicity
relation.Assumingthat the thick disk is the oldest9 Gyr) part of the disk, we find that the adopted radial migracheme can
reproduce quantitatively the main local properties of thie &and thick disk: metallicity-distributions, "two-breln" behaviour in
the QFe vs F¢H relation, local surface densities of stars. The thick distends up te-11 kpc and has a scale length of 1.8 kpc,
considerably shorter than the thin disk, because of theeéasut formation scheme. We also show how, in this frameywaukrent
and forthcoming spectroscopic observations can condtnainucleosynthesis yields of massive stars for the metglliange of 0.1
Z,1t02-3Z,.

Key words.

1. Introduction studied long before the era of large scale numerical sironst
] o _ Such studies were performed with simple numerical models, e

The Milky Way (MW) offers the possibility of detailed observather for the solar neighborhood or for the whole disk (with-"i
tions of a large number of galactic properties, which arectinajependent ring” models) and revealed some key aspects of the
cessible in the case of other gaIaXieS. Information on Cbemichemicaj evolution of the Ga|axy: the need for a Supp|emen_
CompOSition and kinematiCSI iS now availa:b!e'for a few thﬂdsatary source of Fe (beyond massive Stars), name|y SNia, to.rep
stars of various ages, both in the solar vicinity, acrossMié quce the observed decline off@ with metallicity; the need of a
disk and away from the Galactic plane. A large amount of ifgng-term early infall, to reproduce the early part of thel@arf
formation also exists for the gaseous content of the Galéy (metallicity distribution and the high present-day aburmaof
molecular and atomic components and its chemical compasiti deuterium; the need for a radial variation in thgaency of star
as a function of galactocentric radius. formation (angor the corresponding infall timescale) in order to

This wealth of information, as well as the evidence for evmbtain the observed gradients in the radial abundance ggsofil
lution without major perturbations in the past 8 Gyr or s@(e.(e.g. Pagel 2009; Matteucci 2012). The aforementionedtsesu
Hammer et al. (2007) and references therein), makes the MWaag robust qualitatively but not quantitatively, becaubtame
ideal test bed for theories of galaxy evolution. Howeverfent uncertainties in the observational data (e.g. dispersitims age-
models encounter fliculties in producing late-type disks, e.gmetallicity relation, shape of the metallicity distribomi), and
Silk & Mamon (2012) and references therein. Despite an Beeralso because of the poorly understood role of radial gaseous
theoretical €ort and several claims for a solution to the probflows. Although they are well justified on physical grounds -
lem - involving star formation threshold (Guedes et al. 20dr1 e.g. Lacey & Fall (1985) - radial flows were never shown con-
stellar feedback (Ubler et al. 2014) - no commonly accepéed pclusively to play an important role in the chemical evoluatiaf
adigm has emerged up to now. the Milky Way, because of the impossibility to observe orto i

The chemical properties of the MW (local age-metallicity rfer from theory the corresponding radial velocity profilestie
lation, local metallicity distribution, abundance raticsmetal- Galaxy.
licity, abundance profiles across the disk) have been extdns
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The action of the bar can mix radially not only gas but also Minchev & Famaey (2010) suggested &&ient mechanism
stars, and thefBects of stellar radial motions on the abundander radial migration than transient recurring spirals, mfymeso-
profiles have been studied to some extent with N-B&®H nance overlap of the bar and spiral structure (Sygnet e&B)t
codes by Friedli & Benz (1993) and Friedli et al. (1994). Olthis strongly nonlinear coupling leads to a mofgagent redis-
servations in the 90ies revealed that the MW does have a biébution of angular momentum in the disk and produces a stel
(Blitz & Spergel 1991), but its origin, size and age are noll wdar velocity dispersion increasing with time, in broad agnent
known yet; as a result, its impact on the evolution of the MW isith local observations. This bar-spiral coupling was &ddn
difficult to evaluate quantitatively. detail by Shevchenko (2011) and Brunetti et al. (2011). Hte |

Independently of the role of the bar, Sellwood & Binne%er study found that the extent of radial migration deperisis a
(2002) showed that, in the presence of recurring transigint <00 the kinematic state of the disk, being reduced in the case
rals, stars in a galactic disk could undergo important fatim ©f kinematically hot disks; they also showed that radial raig
placements: stars found at corotation with a spiral arm ey 0N can be assimilated to aftiision process, albeit with time-

scattered to dierent galactocentric radii (inwards or outwards@anI pé)st;tlotr;]-deperlldegntfﬂ;slilog coﬁlg:_eintfs. Tlha;_t idea v]yasgpnk-
a process which preserves overall angular momentum distrifffmed by the analysis of N-boeysPH simulations of a dis

tion and does not contribute to the radial heating of thdzstelJalaxy by Kubryk et al. (2013): they extracted suchflio@nts

disk. Using a simple model, they showed how this process c{%ﬂm the simulation of an early-type barred disk and, apyyi

increase the dispersion in the local metallicity vs ageti em in a semi-analytical model of that same disk, they skiowe
; Y getieta igeat all the main features of the N-bod$PH simulation can

well above the amount due to the epicyclic motion. This dev .
opment paved the way for a large number of theoretical stRE reproduced to a good accuracy. They also showed that radia

ies on radial migration, both with N-body codes (e.g. Rogkgpgration moves around not only "passive” tracers of chanic
et al. 2008; Sanchez-Blazquez et al. 2009: Martinez-Serr&y°lution (i-. long-lived stars, keeping on the surfabeschem-
et al. 2009; Sales et al. 2009; Roskar 2010; Minchev & Fam '&g‘l composition of the gas at the time and place of theihbirt
2010; Minchev et al. 2011; Brunetti et al. 2011; Minchev et aPUt /S0 "active” agents of chemical evolution, i.e. loivgd nu-
2012b; Grand et al. 2012; Baba et al. 2013; Bird et al. 2019£0Synthesis sources (mainly SNla producing Fe ahé M,

Di Matteo et al. 2013; Kubryk et al. 2013; Grand et al. 2014}ars producing s-process elements). _

and with semi-analytical models (Lépine et al. 2003; Prasitz . !N this work we present a model for the evolution of the MW
2009; Schonrich & Binney 2009a; Minchev et al. 2013: Wang;'s_k' which includes radial motions of gas and stars. The MW i
& Zhao 2013; Minchev et al. 2014). Because of thiidilty to Puilt gradually by infall of primordial gas in the potentiakll
produce realistic MW-like disks, the former class of models ©Of @n evolving "typical” dark matter halo of final massiM,.
cused mostly on generic properties of radial migrationgias The star formation rate depends on the local surface deoity

of it and impact on some observables), while the latter fedusolecular gas, after recent observational findings (Bigteal.
exclusively on the properties of the MW. (2008); Leroy et al. (2008); Krumholz (2014) and references

. ) . o therein). Gas radial flows are considered for the case of a MW-
_ Ro'skar_ et al. (2008) mvesﬂgatet_j the |mp|IC<.’:ltl0_nS.0f I'fike bar operating for the last 6 Gyr. For the chemical eviolut
dial migration for the chemical evolution of galactic diskih e adopt recent sets of yields from Nomoto et al. (2013), pro-
N-body+SPH simulations. The mainffects they found and yjging a homogeneous and fine grid of data, well adapted to the
analysed are: the resulting dispersion in the age-metgllie- 56 of the MW disk; we also adopt a phenomenological SNia
lation, the broadening of the local metallicity distrirti the ate pased on the observed time-delay function of extaatel
flattening of observed past abunldanc.e profiles and the fllagtensy 4 (Appendix C). We adopt the formalism of Single Particle
of the observed past star formation history. Population, which is the only one applicable to the caseditta
Schénrich & Binney (2009a) introduced a parametrised prigigration, since it allows to consider the radial displaeets of
scription of radial migration (distinguishing epicyclications nucleosynthesis sources and in particular of SNia (Kubtyi.e
from migration due to transient spirals) in a semi-anahftic2013).
chemical evolution code. They found excellent agreement be Our treatment of radial migration of stars is a mixture of the
tween the results of their model and observations of ther solachniques adopted in some pevious works in the field. As in
neighborhood. They suggested that radial mixing could edso Sellwood & Binney (2002) and Schénrich & Binney (2009a) -
plain the formation of the Galaxy'’s thick disk, by bringirmgthe but unlike Minchev et al. (2013, 2014) or Kubryk et al. (2013)
solar neighborhood a kinematically "hot" stellar popuatirom - we consider separately the epicyclic motion of stars ¢blur
the inner disk. That possibility was subsequently invedéid ring) from the true variation of their guiding radius (ching).
with N-body models, but controversial results are obtaimetb For the former, we adopt an analytic formalism based on the
now: while Loebman et al. (2011) find that secular processes (epicyclic approximation. For the latter, we are inspiredNby
radial migration) are diicient to explain the kinematic proper-body+SPH simulations - as in Minchev et al. (2013) and Kubryk
ties of the local thick disk, Minchev et al. (2012a) find thisch- et al. (2013) - and we adopt a parametrised descriptiongusin
anism instficient and suggest that an external agent (e.g. eatiiyie- and radius- dependentfitision codicients. In this way,
mergers) is required for that. The issue is still under delmy. we are able to study quantitatively the impact of epicyclic-m
Sales et al. (2009); Wilson et al. (2011); Navarro et al. (391 tion alone to the dispersion of the local age-metallicitiation
Bekki & Tsujimoto (2011); Brook et al. (2012); Forbes et aland, of course, the collective impact of the two processkes-(b
(2012); Steinmetz (2012); Liu & van de Ven (2012); Bird et afing+churning).
(2013); Kordopatis et al. (2013); Haywood et al. (2013); IiRoS The ingredients of our model are presented in Sec. 2 and
et al. (2013). On the other hand, using mono-abundance @opslome of them are described in more detail in Appendices B and
tions (i.e. defined in the plane of [Be] vs. [F¢H]), Bovy et al. C. Some of the observational constraints are presenteddn Se
(2012b) conclude that the thick disk is not really a disticatn- 2.5, while the adopted gas and SFR profiles are discussed in de
ponent of the Milky Wayas suggested in Schonrick& Binney tail in Appendices A and B. The global evolution of the Galaxy
(2009b) see also Rix & Bovy (2013) for a review. (i.e. various quantities as a function of time and radiugres
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sented in Sec. 3 and the results are compared to observations v 5 101 112 1.0

particular, in Sec. 3.2 we discuss quantitatively théudion co- 1 T 1 T
Halo Mass (Mg)

Time (Gyr)
T T

efficients adopted in our model and the amount of the radial mi-1g:
gration they produce along the disk. The results concerthiag

solar vicinity (age-metallicity relation and its dispensj metal-

licity distribution, abundance ratios) are presented ian. Sel

and 4.2. We then analyse the properties of the thick diskchvhi

is assumedhere to be just the old part of the disk (ag@ Gyr); 1ot
we show that this assumption leads to results in fair agraéme
with most of the observed chemical and morphological prop-
erties of the thick disk (Sec. 4.3). A summary of the resudts i
presented in Sec. 5.

Il Il ‘ Il Il
T T ‘
Virial Velocity (km/s)

200

2. The model

2.1. Building the Galaxy: Dark matter, baryonic infall and star
formation

In our model, we construct the Galaxy "backwards", i.e. vee ar 100
guided in the selection of the model parameters by the ptesen
day properties of the Milky Way (e.g. radial profiles of bamj® | | | | | ]
matter and rotational velocity, which depends also on tkieli
bution of the dark matter halo). Unfortunately, none of thle+ Redshift z
vant observational data (rotation curve, surface densifilps
of gas and stars, masses of the bulge and the disk) are aslguratig. 1. Evolution of the mass (top) and the virial velocity (bottoof)
known yet. And even if this were the case, determination ef tlseveral DM haloes with final mass (M- out of the 200 extracted
structural parameters of the various components of thex@aldor this study - from the simulation of Li et al. (2007h{n curves. In
would still sufer from degeneracy problems; see e.g. the exc8pth panels, théhick (red)c_urves correspond to the average history of
lent summary of mass models of the Milky Way in Sec. 4 &l the 200 DM h’aloes, which we assume here to represent seri
Courteau et al. (2013). of the Milky Way's DM halo.

For the purpose of this work, we describe the Milky Way as
a superposition of three components: a DM halo, a bulge and a
disk. The parameters adopted for the description of theuevol . . .
tion of eac?h component a?e given in the nexF: subsections. WOPt @ Navarro-Frenk-White profile with=1, 5=3, y=1 and
notice, however, that the actual distribution of the baigana- CC'€ radiuso=25 kpc. _ .
terial within the inner 2 kpc is much more complex than assime_ For the evolution of the DM halo we use the simulations of
here, because it can contain a number of components such k& al. (2007), who calculated the growth of DM haloes in a
boxy/peanut bu|ge, a dlS'W bu|ge, a classical bu|ge as well ég:DM model. We extracte_d aboyt 200 DM haloes with final
the inner extension of the Galactic disk. These have vefgrdi mass of 1& M from that simulation and we took an average
ent shapes, kinematics and formation histories. The fpeanut over all masses at each redshift. We adopt this smoothed evo-
bulge is composed of disk material, but is vertically exeshd lution (thick curve in Fig. 1) as a reasonable approximafam
sticking clearly out of the Galactic disk, the classicalgaivas the evolution of the DM halo of the MW, at least for the past 8
formed well before the disk and can be described as spheri&¥", where no major merger is thought to have occurred. We do
while the disky bulge can be roughly described as younger af@f account for any concentratiofiect due to the interaction of
thinner than the Galactic disk (Athanassoula 2005). OurehodParyons with the DM halo, i.e. we assume that the DM halo has
which is essentially 1D, cannot describe all this compiexite ~ at all redshiftszthe profile of Eq. 1, with the central densjiy(2)
will thus not extend our study to the region inwards of two kp&arying with time as to have the mass(2) of Fig. 1 enclosed
which will be designated as " the bulge" here (we will use tHithin the virial radius.
term "disk" for the region outside 2 kpc).

o
—
AN
w
K
o

2.1.2. Infall of baryonic matter

2.1.1. Evolution of dark matter profile . ) ) o
We assume that the MW is built gradually from gas infalling in

The present day virial mass of the DM halo of the MW is typithe potential well of the DM halo. In fact, infall has been sizh
cally estimated tdpn=10"* Mo, although variations by a factorered long before the current paradigm of galaxy formatios wa
larger than two around that value are found in the literateu®.  established, both on theoretical and observational grawind
Rashkov et al. (2013) and references therein. Its densif{i@r deed, infall dfers an elegant solution to the so-called "G-dwarf

can be generically described by: problem”, namely the dearth of long-lived stars of low metal
licity in the solar neighbourhood, with respect to the peedi

po(ro) tions of the simple "closed-box" model of chemical evolatio
p(r) = (1) (Pagel 2009); it is also required to keep the present-dap-abu

(r/ro)" [1+(r/ro)1]¢=Y dance of deuterium in the local ISM to its nearly primordial
wherepg andrg are, respectively, the characteristic njassrgy value (Steigman et al. 2007); and finally, high velocity deu
density and radius of the halo amdg,y are parameters with of HI are observed on trajectories crossing the MW disk (e.g.
values inferred from simulations or from observations.dHee Wakker et al. (1999) and references therein).
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The infall rate, as a function of space and time, plays a cries in the MW disk. Observations are of little help at présen
cial role in determining the properties of the MW disk (gad arthey generally find low metallicities for gas clougsesently
abundance profiles), along with other ingredients, sucthas falling to the MW disk ¢0.1 Z,, e.g. Wakker et al. 1999),
star formation rate. At present, it cannot be determinemhfiicst  but they provide no information on the past metallicity o€lsu
principles (but see e.g. Naab & Ostriker (2006) for such an alouds or on their abundance ratios. In an attempt to oveecom
tempt, based on simplifying assumptions about the evalufo that dificulty, Schonrich & Binney (2009a) assumed that the in-
the disk within the DM halo). Marasco et al. (2012) have rdalling gas has a metallicity of 0.1-Z but its enhancement in
cently suggested a profile for the present- day infall ratesifg  a-elements mirrors the one obtained by their model in some ar-
on the MW disk, based on a model of the Galactic fountain, usbkitrarily chosen outer zone specifically the one at 12.125 kp
to simulate the HI emission of the Galaxy. Their profile peaks Here we adopt the simplest possible (but still arbitrary) as
at a galactocentric distance eB kpc (slightly outside the so- sumption, namely that the infalling gas has always primairdi
lar neighbourhood) and corresponds to a global infall rhte composition, i.e. only foi=H,D,*He*He and’Li is the term
Mo/yr, compatible with the amount required to sustain the MWg;(r, t)=F4(r, t) Xi(r, t) different from zero (wher;(r,t) is the
star formation without depleting its gaseous content. Bwwvdf mass fraction of isotop. This assumption hardlyfcts the re-
the uncertainties in the parameters of the model, we do ot csults for the chemical evolution of the disk, but it allows fbe
sider their proposed infall profile as a tight constrainti@sent existence of disk stars with metallicities lower than/j=-1
(see Sec. 3); it may become such if confirmed by future studiésee Bensby (2013) and references therein).
especially if some hints on the past infall profile become als
available.

In this work weassumeas in most studies of that kind) a
radial profile for the infall rate as a function of time. Ont®t The most widely used SFR prescription in semi-analyticadimo
time variation of infall in each zoneis assumed (in most casesls of galactic evolution is the so-called "Schmidt-Kentidaw,
an exponential decay law, with a characteristic time se@lp, based on observations of quiescent and active disk galakies
the gas infall rate per unit area of the diBlg, (t) (Mo/pc’/yr) is  surface density of the star formation ratéfisx X, where the
constrained by the requirement that its integral over tiguga¢s  gas surface densifyg runs over three orders of magnitude and
the total baryonic (i.e. stargas) surface densiyroiops(r, T) at  the data suggest=1.5 (Kennicutt & Evans 2012). It turns out

2.1.3. Star formation

present timel': that this form of the SFR, with=1.5 is too flat to fit the MW
- data: Misiriotis et al. (2006) fin&k=2 from their modelling of
Fo(r.)dt = = rT 2) the IR emission of the MW.
j(; o1 roropdl. T) @ In their model of the MW, Boissier & Prantzos (1999)

adopted a law of the fori#(R) o TL°V(R)/R; the factoV(R)/R

i o 1/R for a flat curve of the rotational velocity(R) and is
ttributed to spiral waves inducing star formation withttfra-
uency (Wyse 1986; Wyse & Silk 1989). On the other hand, Chi-

appini et al. (2001) adopteH(R) « ZrorE%>, whereSror is the

In the case of independent-ring disk models, Eq. 2 is used to
uniquely and accuratellyy(r, t). When radial migration is taken
into account, the final baryonic profile depends not only an t
integral ofFg(r, t) over time, but also on the extent of migration

In those conditions, it becomediitult to reproduce accuratelytotal disk surface density (dominated in the inner GalaxyHey
ETOLObS_(r’ T)_|n the endTof the S|mulat|or1. Hert_e we adopt - afte|rapidly increasing stellar profile), and they introducedu&af
some iterations - forf" Fq(r,t)dt @ profile which depends onin the SFR @iciency, below 2 M/pc. Both SFR laws repro-
our migration cofficients: the combination of the adopted infaljyce satisfactorily several key properties of the MW digkode
and star formation prescriptions and the adopted radiafati@ properties are also reproduced satisfactorily to varicegrees
sche_me prqduces a quasi-exponential stellar profile inrttl®@® by models adopting éfierent combinations of SFR, infall afudt
the simulation. _ _ radial inflow prescriptions, e.g. (Matteucci et al. 198%Rzos
Concerning the infall time-scales, we adopt for the bulgg Aubert 1995; Portinari & Chiosi 1999; Naab & Ostriker 2006;
(hereafter taken as the region withir2 kpc) 7=2 Gyr every- Schénrich & Binney 2009a) ).
where and for the disk >2 kpc) a smoothly increasing func-  The aforementioned laws make use of the total gaseous pro-
tion, reachingr(20kpc)=8 Gyr. The adopted profile af(r) can file of the disk. Based on detailed, sub-kpc scale, obsemvsbf
be seen in the bottom right panel of Fig. 5.This form of the ing Jarge sample of disk galaxies, Bigiel et al. (2008) havanébu
fall rate insures (i) continuity at the bulge-disk trarmitand (i)  that the SFR appears to follow the Burface density, rather than
a characteristic time-scale of7-8 Gyr for the solar neighbour-the HI or the total gas surface density. In a companion paper,
hood, which has been shown to help reproducing the local Geroy et al. (2008) argued that the observed radial decfine i
dwarf metallicity distribution(Chiappini et al. 1997; Prantzos  star formation #iciency is too steep to be reproduced only by
& Silk 1998)*. The radial dependence ofr) implies that the increases in the free-fall time or orbital time and they fouo
gaseous disk (and, thereof, the stellar disk) is formed@siut. clear indications of a cutfbin the SFR. Based on an updated set
We note that one may also consider cases with the same infalbbservational data, Krumholz (2014) concludes in higngc
timescale over the whole disk, but with a strong radial depefview that "the correlation between star formation andsHhe
dence of the star formatiorfficiency (see next section): in suchfyndamental one".
cases, the gaseous disk is formed everywhere at the same pace-o|lowing these studies, we checked whether such a corre-
but the stellar disk is still formed inside-out. 'spondence between the adopted SFR and molecular gas profiles
The composition of the infall is equally important when ihso holds in the MW disk. For that purpose, we used up-te-dat
comes to discuss the evolution of abundances and abunda}ncg,rof”es of the atomic and molecular gas in the MW (see Ap-
1 Notice that the metallicity distribution constrains directly the in- P€Ndix A) and and we adopted recent data for the SFR profile
fall time-scale in models without radial migration; the latter has in the MW disk, including luminous massive stars, pulsars an
been shown to broaden slightly the metallicity distribution, asfound SN remnants (see Appendix B). The comparison, as discussed
in Roskar et al. (2008) and in this work (Sec. 4.2 in Appendix B appears to favor that idea, as also noticece{alb
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with older data sets) by Blitz & Rosolowsky (2006). We findttha - s(r, t) is thenetrate of isotopé brought in zone (i.e. gas
the SFR follows the kiprofile to better than 30% in the 3-13 kpcentering minus gas leaving that zone) because of radial flows
range. from adjacent disk regions.

In view of this observational support, both for the MW disk The first term of the right hand membe(r, t)=A(r)¥(r, t)
(this work) and for external galaxies (Bigiel et al. 2008rde has already been discussed in Sec. 2.1.3: the star formrat®n
et al. 2008), we adopt here a star formation law dependingen tensity¥(r, t) = aXn(r, t) is proportional to the surface density
H, surface density. In order to calculate it in the model of cherof the molecular gas (Appendix B).
ical evolution, we adopt the semi-empirical method of B8tz Since we do not consider outflows from the disk in this work,
Rosolowsky (2006) to calculate the raRao=Hz/HI in a galac- the termfi(r, t)=A(r)Fg;(r, t) represents simply the infalling ma-
tic disk (see Appendix A). We notice that this method prosgidéerial in the disk and it is always positive. As already dssed
two more observational constraints to disk models, nantay tin Sec. 2.1.2, the rate of gas infall (summed over all iscddpis
present-day radial profiles of atomic and molecular gasclwhionly loosely constrained observationally, both in time apdce,
are not considered usually (see, however, Ferrini et aB4L9 and so is its composition. Here we adopt for our baseline inode
Molla & Diaz (2005)). We also notice that a SFR proprtional tan infall of primordial composition, exponentially dedhg in
the surface density of molecular gas has been recently nsedime with a radially dependent characteristic timeseétg, dis-
disk models by Kang et al. (2012); Lagos et al. (2011); Fu.et played graphically in Fig. 5 (bottom right panel).

(2013). The terme;i(r,t) is calculated as a sum over all zonds
(including zoner) and all timest” < t of the ejection rate of
isotopsd, E;(r’, t—t’) from a single stellar population SSP formed
at timet — t’ in zoner’ and found in zone at timet with a
We calculate the chemical evolution in a fully self-conesigt probability P:

way, i.e. by accounting for all the sources and sinks of thesma R At

ofag|ver_1 isotope in a radial zone Iocat_ed at galactocedisic &(rt) = f f dtu(r’, )E (', t = V)P(r, I, t — t)dr’ 5)
tancer. Sinks are due to gas removal, either by local star forma- o Jo

tion ¥(r, t), by flow of gas outside the zomeor by removal of oA .

stars formed in the past in zomevy stellar migration. SourcesWnerey(r’. t)dt'is the stellar mass created in the annutuat
are stars produced locally at all previous times and dyingrst M€ U’ during the timesteplt. Ei(’,t — t') is the ejection rate

t within zoner, gas moved inside zoneat timet through radial Of ISOtopei at timet from a SSP of unit mass formed at tirtie
inflows or infall from the intergalactic medium and finallyass With the metallicityZ(r’, ') of the gas of zone’ at that time;
that have been formed in other regions and are dying in zonl depends on the adopted stellar initial mass function &ed t
at timet due to radial migration. Obviously, only long lived star&dopted stellar yields and it is extensively discussed ipekp
have time enough to migrate away from their birth place kefoffiX €. where we provide information about the SNia rates and

dying and releasing their gas. As already emphasized inykub#€!ds. We consider 82 isotopes of all elements from H to Ge,
et al. (2013), to this class belong: interesting metal poedsi summing their abundances at each time-step in order to-calcu

like SNIa (for Fe-peak nuclei) and stars of.3-2 M, (impor- late the abundances of the corresponding 32 elements. firhe te

tants producers of s-nuclei); "sinks" of isotopes, (i.egdived Ei(”’.t~t) includes also the contribution from SNla.

stars ejecting material poor in a given isotope) which deple The termP(r, 1", t — t') represents the probability that a star

deuterium and dilute the other metal abundances. orn at timet’ in zoner” is found in timet in zoner, carrying
While in the independent ring models for disk evolution on@ith it the chemical compositioX;(r”, t') but also releasing ma-

may work with surface densities of all extensive properégs € correspondéng to that composition and to the age’. It

functions of galactocentric distanceany coupling of the rings is normalized tof,” P(r,r’,t—t)dr'=1 and it is discussed in Sec.

(through gaseous radial inflows or migration of stars) makes2.3.

necessary to work with properties integrated over the whntg The use of the SSP formalism leads to the creation of "star

of radiusr. In the following we shall consider the equations oparticles” of variable mas$m(r, t) = y(r, t)dt endowed with the

chemical evolution by integrating all extensive quangitever set of chemical abundance§(r,t) corresponding to the place

2.2. Chemical evolution

the surface area of the ring centered at and time of their formation. One may use then the same tools
) , for the analysis of the results as in the case of the N-body sim
Ar) = m[(r+dr/2)* = (r —dr/2)7] (3) ulations, and obtain a self-consistent comparison of tesé-

tween semi-analytical models and N-body simulations, gdre.
The mass of gas in the ring is, obvioustyy(r) = A(r)Zg(r), Kubryk et al. (20{3)_ y s
whereZy(r) is the gas s_urface dgpsny, and S|m|I_ar eXPressions Ajthough we use two phases of the ISM, the ejecta of the
hold for all other extensive quantities. The evolution & thass ;415 are uniformly and "instantaneously" mixed localy in

(in Mo) of a given isotope with mass fractionX; in the zoner  he total amount of gas. The reason is that the time-step in

is given by our model (~30 Myr) is larger than the timescales of the mix-
d(myX;) ing of the ejecta (a few Myr, typically) or the timescales for
—— =YX +g +fi+ 5 (4) the survival of molecular clouds. Thus, the ISM in each zone

dt (Hl'and Hy) is characterized by a unique composition at each
where: time step.

- y(r,t) is the star formation rate in the whole ring ;

- €i(r, 1) is the rate of isotopic mass release iy stars pro-
duced in all previous epochs everywhere in the disk (inclgdi
the zone) and are found im at timet; The orbit of a test particle (star) in the potential of a gttac

- fi(r,t) is thenetrate of isotope entering zone from out- disk is commonly described, to first order approximatiornthas
side the disk (i.e. any infalling minus outflowing materj@hd superposition of a main circular motion (defining theiding

2.3. Stellar migration
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radiug), and harmonic oscillations called epicycles. Followingor the time dependence of the radial velocity dispersion we
Schénrich & Binney (2009a), we cdlurring the radial oscilla- adopt
tions around the guiding radius acturningthe modifications 1033
of the guiding radius. Churning may occur through resomant i _ 0y
teractions of the star with non-axisymmetric structureshef ou(r.9 = max{lz, ou(r.T) (T) }km/s (10)
gravitational potential (spirals, bar), causing changethé an- o ) .
gular momentum of the stars. The process conserves thellove#8ich is in agreement with e.g. the evaluation of Holmberj et
distribution of angular momentum and does not add random n{g007) for local stars. The time dependence of the rotakizea
tion, i.e. it does not "heat" the disk radially. In contrasrring locCity Vc(r,t) is obtained self-consistently from our model. The
conserves the angular momentum of individual stars butitsheresulting probabilities of epicyclic displacement aresereted in
radially the disk (the epicyclic radius increases with fjme Fig. 8 (middle panel)Notice that the probability distribution

In N_body schemes, the overalfects of both b|urring and obtained by Eg. 6 is not symmet.rlc w.r.t. the birth rad|u§ r
churning are naturally obtained. Semi-analytical modeisel Of the stars, because the dispersioa.(r) depends on thefinal
on N-body simulations use the knowledge obtained from the Kadius rthrough Egs. 7, 8 and 9
body run to describe the extent of radial migration, withdist
tinguishing between the twdfects, e.g. Minchev et al. (2013); ; P ;
Kubryk et al. (2013); Minchev et al. (2014). Here, we followz'3'2' Radial migration (churning)
SBO02 and Schonrich & Binney (2009a) and we parametrise sdpro different types of parametrization of churning have been
arately blurring and churning. introduced in the literature. In their probabilistic scheer8B02
assumed that the amplitude of the radial mixing of stars efrag
found at radius (Eq. 6) is the sum of the blurring and churning
termso, = (02 +0z)" where they adopt for the churning term
Up to now, two diferent types of parametrization of radial mixin the solar neighbourhoatd.=0.4 R, v7/tg, wherety=12 Gyr is
ing have been introduced in the literature. Sellwood & Binnehe present age of the local disk. On the other hand, Schoéric
(2002) adopted a global mixing scheme, in which one assuniianey (2009a) adopt a local scheme, in which only stars from
that a star born at radiu$ at timet’ may be found at timé(i.e. up to second-nearest neighbouring zones can exchanges place
after timer = t—t’) in radiusr with a probabilityP(r, r’, 7) given during a time-step, with a probability adjusted to repragiszme

2.3.1. Epicyclic motion (blurring)

by a Gaussian function observables in the solar neighbourhood, such as the ne@talli
N2 distribution.
P(r.r',7) = (2n02)Y2 EXp[_ (r- r2) ] (6) The parametrization of SB02 appears to be supported by the
202 analysis of numerical simulations by Brunetti et al. (2Q1iho

whereo; is the 1o dispersion in the radial displacement of th%OunOI that the radial displacement of stars in their simofat

particles of ager at radiusr. SB02 adopt, for illustration pur- (CONCerning only stars, but no gas) can be described by Gauss
poses an expression for. which includes two terms, account-functions simulating a dusion process. They caution that mod-
ing for churning and blurring, respectively. To describerting elling the stellar migration as aftlision process is valid only for

in the solar neighbourhood, they assume a time-indepeadent time intervals less than theftlision time-scale, which they esti-
plitude o,=0.16 Ry whereR4;=8 kpc is the guiding radius of themate from the simulation results to be of the same order asthe

Sun and the term 0.16 describes the amplitude of epicyclic n]if)‘ti.on p_eriod. In other.terms,. radial migration can b? dbsdas
tion for a radial velocity dispersion of 34 k& Schénrich & & difusion process with dusion codficients depending both on

: . -time and (original) position. Their conclusions were canéd
Binney (2009a) treated also separately blurring and chgeni : ! .
For the former, they used the distribution function of aragulby the analysis of a gastar simulation (N-bodySPH) for a

momentum of stars and they made plausible assumptions on?ﬁéed dis!;ﬁggla>t<y by K?bry{g et a:;t(2013) ;Vho e;(aluatedd tlﬁel_did
radial and temporal dependence of the stellar radial vigldgs- 'US'ON COSHCIENTS &S a function of ime and position and applie
persion them to a semi-analytical model of that same galaxy, includ-

In this work, we adopt a simple description for the epicycIiE1g detailed chemistry. In that way, they were able to repoed

motion and calculate itsiects independently of those of churnSUccessiully the results of the N-body simulation (seer tRigj.
ing. Our model is based on the epicyclic approximation (Binn 15).This implies that the |mplgmentat|pn of rgdlal migration
& Tremaine 2008), where the oscillations of stars arounﬁthéhrough the procedure described in this section, succesdfy

C . : . : .o captures the main features of a N-body simulation.
?;é?al?gggi%gj;?rssdescnbed by the resulting dispersidheir In a similar vein, Minchev et al. (2013) combined the analy-

sis of a N-bodySPH simulation with a semi-analytical model to
(o-u(r)2> study in detail the fects of radial migration on the Milky Way
<0‘r2> = > (7) disk. Their scheme of radial migrationfiiirs from the one of
K Kubryk et al. (2013) in that they evaluate the amount dffudi

where the frequency, of harmonic oscillations at radiusis Sion not with analytical functions derived from the N-bodys

given as a function of the rotational veloclg(r) by ulations, but through sampling of the original and final latel
positions as a function of time.
o = 3 Vc(r) ) In this work, we adopt a probabilistic description of churn-
r ing, a la SB02, which combines some features from the afore-

and for the radial velocity dispersiom,(r) we adopt the mentioned studies, except that the ffiméents describing our
presently (timet=T) observed one in the Milky Way (Lewis & probabilities are extracted from the N-beeyPH simulation

Freeman 1989), parametrised as that we analysed in Kubryk et al. (2013). Notice that in Kubry
' et al. (2013), the cdicients extracted form the N-body simula-
oo(r,T) = 40 gR)/BkeC|m /g (9) tion are total (i.e. churningplurring) coeficients. For the pur-
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pose of this work, we extract from that simulation the fiee Meusinger (1998); Portinari & Chiosi (2000) and more rekent
cients for churningpnly, by following the variations of the an-in Spitoni & Matteucci (2011); Bilitewski & Schonrich (20);2
gular momentum of stars which correspond to variationseif th Mott et al. (2013); Cavichia et al. (2014). They have variows
guiding radius. We fit the corresponding radial distribofevith  tivations (mostly to fit the abundance profiles, but also gat a
Gaussian functions of &-width as a function of birth radius  star profiles) and they are generally applied to the studyhef t

and timet since stellar birth : MW disk. As expected, results are not conclusive, becaigse th
N depend not only on the parametrization of the unknown inflow
o(t,ri) = a(r)t™ + b(ri) (11) velocity patterns, but also on the other unknown (and pateme

and we findN ~0.5. However, the disk galaxy analysed iri]zed) ingredients of the models, especially the adopted &kR

. infall profiles as functions of time. In fact, most of the sesifo-
Kubryk et al. (2013) has a strong and long bar, reaching alen ! e .
of ~8ykpc in téle en()j of the simu?ation at 190 Gyr. In cont%ast {gIs on one (and seldomly more) causes of the radial inflos, i.

Milky Way has a small bar, not necessarily as old as 10 Gyr ( Sither viscosity (e.g. Spitoni & Matteucci (2011) or inféd.g.

next section); its fect on churning will then be smaller than iﬁgﬁ’ltewsm & Schonrich (2012)) or the impact of a galacticrba

the aforementioned simulation. Indeed, if we adopt theffcoe(e'g' Cavichia et al. (2014)), assuming a correspondingunfl
cients of Kubryk et al. (2013) we obtain a large dispersiotinan velc'fr%%om% alleged causes of radial inflows, the impact of
IcohcoasI: %ﬁ éw?éa:gcgtyc;elt?‘t(laggmﬁithenftr: rgfevaLcj)tr)I:y?(f gtu ralm?ggE) a galactic bar is well established, both from simulationd an

: : : - bservations. Numerical simulations (Athanasso8@2]
while keeping their temporal and radial dependence, byyapp, rom o ) h
ing the transformation riedli & Benz 1993; Shlosman & Noguchi 1993) showed that

the presence of a non-axisymmetric potential from a bar can
o (t, M iniswork = o(t/5, I )kpazo13 (12) drive important amounts of gas inwards of corotation (CR) fu
elling star formation in the galactic nucleus, while at tiaeng

i.e. we assume that the evolution at, 9ay4,0 Gyr in our model time gas is pushed outwards outside corotation. In a disk«gal

is similar to the one aroune:2 Gyr in the simulation of Kubryk this radial flow mixes gas of metal-poor regions into meteit-r

et al. (2013); physically, this corresponds to the epochrestiee  ones (and vice-versa) In the past, bars were believed terfltie

bar in the simulation has similar size to the one of the currechemical abundance profile in the disk because of the laale sc

MW bar. A posteriorj we shall see (Sec. 4) that this transformatreaming motions they induce, e.g., Friedli et al. (1994);t-

tion leads to acceptable results for the observed dispeirsitne sky et al. (1994); Martin & Roy (1994); Dutil & Roy (1999). But

local age-metallicity relation. The churning d¢beients of our recent studies with two-dimensional (2D) higher spectral a

model are presented, discussed and compared to those of-Schpatial resolution integral field units show that there agglin

rich & Binney (2009a) in Sec. 3.2. gible differences of abundance gradients between barred and un-
The two migration mechanisms are treated independentlylirred galaxies, e.g. Sanchez et al. (2012). We noticerttaatri

one another in our model, i.e. we can consider tfects of blur- recent study with a high resolution N-bod$PH simulation of

ring or churning alone. This allows us to evaluate the impéct an isolated barred disk (Kubryk et al. 2013), we find that the b

each one of them on the radial mixing of the disk and on the m¥rives indeed large amounts of gas from corotation inwddts,

sulting dispersion in e.g. the age-metallicity relatiorttie solar no significant gas displacement occurs outside corotaten (

neighbourhood (see Sec. 4). Of course, in our baseline modiéd). 5 in Kubryk et al. (2013)). It seems now that bars may be

both of them are considered. changing the chemical abundance profile inside the coootati
The mechanism of radial migration discussed in this sec- radius but they have only a small impact outside the barfitsel
tion, is not applied to the gas in our model. In contrast to One of the (many) diiculties of introducing theféect of a

the dissipationless stellar fluid, gas is dissipative and ifitle  bar on the radial gas flows of a galactic disk in semi-anadytic
affected by that mechanism; this can be seen e.g. by compar-models, is the uncertainty on its strength and length eimlut
ing Figs. 4 (stars) and 5 (gas) in Kubryk et al. (2013). The The length of the MW bar is estimated to 2.5-3 kpc (Babusiaux
bar, however, drives gas inwards and we describe this radial & Gilmore 2005; Bobylev et al. 2014), although higher values
inflow in the next section. have also been reported (Cabrera-Lavers et al. 2007).

For the purpose of this work, we adopt a radial inflow ve-
locity profile induced by a bar of current siRg=3. kpc, having
a corotation radius &:=1.2 Rg, a typical relation between bar
Pioneering work of Tinsley & Larson (1978) and Mayor & Vi-length and corotation radius (e.g. Athanassoula 1992) fidhe
groux (1981) noticed the potential importance of radiakgass outside corotation is outwards and we assume it extendsthp to
flows for the chemical evolution of galactic disks. Lacey &8IFaouter Lindblad resonance (OLR), located at radasg ~ 1.7
(1985) presented a systematic investigation of the cadsesb Rg (e.g. Athanassoula et al. 1982), which corresponds@@
flows, namely: i) viscosity of the gaseous layer of the digk, ikpc today. The flow velocity profile(r) has azimuthally aver-
mismatch of angular momentum between the gas of the disk aag#d absolute velocities of a few tenths of/knsimilar to the
the gas infalling on it and iii) gravitational interactiohstween one of Portinari & Chiosi (2000). The adopted velocity peid
the gas and a bar or a spiral density wave in the disk. They rtisplayed in Fig. 6.
ticed that in all cases it is flicult to predict the magnitude and  Our treatment of infall and radial flow is not self-considten
the profile of the corresponding inflow velocity and exploreds Mayor & Vigroux (1981) and Lacey & Fall (1985) have
with parametrized calculations the impact of suffieets on the pointed out, the two are coupled through conservation ofikamg
chemical evolution of the Galaxy. momentum. However, a quantitative treatment of tiiea im-

Further parametrized investigations with simple 1D mogdlies that the angular momentum of the infalling gas is known
els of disk evolution are made in e.g. Clarke (1989); Somméhis is not the case, since the rotational profile of the limfgl
Larsen & Yoshii (1990); Goetz & Koeppen (1992); Chamgas is unknown. A parametrised exploration of tHég@ is per-
cham & Tayler (1994); Edmunds & Greenhow (1995); Thon &rmed in the recent work of Bilitewski & Schénrich (2012).

2.4. Radial gas flows
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Table 1.Global observational constraints for the MW Table 2. Local observational constraints (surface densities ofagub
stars - in My/pc - at Ry=8 kpc)

Disk (>2 kpc) Bulge &2 kpc)

Stellar mass (19 M,,) 3.-4. (1) 1.-2.(1) Stellar mass 38+2 (1)

Gas mas5(10° M) 8.1+4.5 (2) 1.2:0.8 (3) Gasmass  10.3:3. (2)

HI mass (16 M,,) 4.9+2.5(2) 0.005 (3) HI mass 6.£2. (2)

H, mass (18 M,) 0.9+0.4 (2) 0.05 (3) H, mass 1.20.7 (2)

SFR (My/yr) 0.65-3 (4) — a: Total stars, includes stellar remnants

Infall rate (Mo/yr) 0.6-1.6 (5,6) — b: Total gas, includes 0.28 of He by mass fraction.

CCSN rate (per 100 yr) 21 (7) 0.23:0.1 (7) Referencegl) Flynn et al. (2006); Bovy & Rix (2013); (2) This

SNla rate (per 100 yr) 0:40.2 (7) 0.14-0.06 (7) work (Appendix A).
a: Total includes 0.28 of He by mass fraction.
Referenceg¢l) Flynn et al. (2006); (2) This work (Appendix . . ) .
A); (3) Ferriére et al. (2007); (4) Robitaille & Whitney (20}t ratios vs metallicity. The introduction of stellar radialigra-

Chomiuk & Povich (2011); (5) Marasco et al. (2012); (6) Lehndion makes it possible to use some new constraints: Schonric
& Howk (2011); (7) Prantzos et al. (2011). & Binney (2009a) suggested that this ingredient may help ex-
’ plain quantitatively the observed "two-branch" behaviouthe

[O/Fe] vs [FeH] relation, namely the local thick vs. thin disk
Here, we simply ignore thatfiect, implicitly assuming that the dichotomy. We confirm this here, using large data sets from re

infalling gas has the same angular momentum as the disk gag&it surveys. We also use the observed (albeit yet uncpdiain
the accretion radius. persion in the local age-metallicity relation as a suppletaue/

constraint of our model. We shall refer to all those constsain
) _ ) Sec. 4We draw, however, the attention to the fact that com-
2.5. Observational constraints for the Milky Way parison of model results to observations is not a straightfo

A successful model of the chemical evolution of the Milky Wa))Nard enterpnse,' becays_e of various selectlon biaseffacting
especially one involving a large number of parameters (as g\e latter (magnitude limited, kinematic etc.). In our case all
semi-analytical models featuring radial motions of stamsl a ocal observables of this model concern the so-called "sala

gas), should satisfy a large number of observational caimss; cylinder”, that is all stars found in the end of the simula-
both global (concerning the whole Galaxy) and local onea{cdio" in @ cylinder of radius 0.25 kpc (half the size of our ra-
cerning the solar neighbourhood). Unfortunately, the ealaf 12l bin), perpendicular to the Galactic plane and centered
most of the observational constraints depend heavily orernd” the solar pqsmon, at Galactocentric ql|stancd?0=8 kp(;.
lying model assumptions. Thus, the mass of the bulge is edfj those conditions, a successful comparison to observatie
mated as low as©10° M, (McMillan 2011) or as high as 2:4 30€S not imply that the model is necessarily correct, only
10'° M, (Picaud & Robin 2004). Similar uncertaintie§ect the that it possesses potentially interesting features. The i
stellar disk, e.g. (Flynn et al. 2006; McMillan 2011), conte of current and forthcoming data (with .9. RAVE, LAMOST,

ing its scalelength (from-2 to more than 3 kpc) and total mas$&>A1A €tc.) will make necessary the adoption by the models
(from ~3 to more than & 101° M. For the purpose of this work of the same selectlo_n criteria as the _observatlonal surveys

we adopt the results of the analysis of Flynn et al. (200@ith °"d€r to draw meaningful and quantitative conclusions.
Fig. 15), showing that for a local stellar surface densitgef __Finally, we also compare our results to the "average histo-
Mo/pc (35.5 My/pc "counted”, plus an assumed 10% enhanchles of mass building of Milky Way type .gaIaX|es (total el
ment from azimuthal average of spiral arms) and for scaggthen Mass of 5 18 Mo) from the recent analysis of HSBDSS data

in the range 2.2-3.5 kpc, the mass of the disk lies in the range O™ van Dokkum etal. (2013).

10'° Myand the one of the bulge in the range 1-2%M,. The
to&l%l stellar mass (bulgadisk) is much better constrained5x
10" Me.

In Table 1 we present the basic observational facts conceTilre results of our model for all the main outputs (total mass,
ing the present-day amounts of gas and stars in the bulge amaks of stars and gas, either atomic or molecular, ratesof st
the disk of the Milky Way. We also present adopted values af@mation, infall, CCSN and SNla, as well as the scalelemth
references for the rates of star formation, infall (fairlgcer- the stellar disk) as a function of time are displayed in Fig. 2
tain), core collapse supernovae (CCSN) and thermonuadlear Isoth for the bulge (here taken to be the region with#2 kpc)
pernovae (SNla). Radial profiles for all those quantitie€¢pt and the diski( >2 kpc). They are compared to the observational
the uncertain profile of the infall rate and the unknown onfes data reported in Table 1, plotted at timzel2 Gyr.
supernovae rates) constitute also important constraimtshe The results reproduce fairly well the aforementioned prese
models and they are discussed in Appendices A and B. We dlay observational constraints, with the exception of the ga
clude the rotational velocity of the gas in the constraisitsce amounts in the bulge, which our model overpredicts. We eotic
radial migration changes the distribution of the baryowimpo- however, that a significant fraction of the bulge gas is inftinm
nent and thusféects the rotation curve. Radial abundance prof ionized gas {3 10’ Mo, Ferriére et al. 2007, increasing the
files of stars and gas constitute equally important comgsai total gas amount of the bulge By80%; if this is taken into ac-
but they depend also on adopted nucleosynthesis yield® Hesunt, the discrepancy with our model (which does not actoun
we consider only the O and Fe profiles and we leave a detaifedionized gas) is reduced considerably. A smaller disaney
discussion of all other elements for an accompanying paper. appears in the present day rate of CCSN: both in the bulge and

The observational constraints for the solar neighbourlmod the disk, our model predicts values on the low side of the ob-
clude the "classical” ones: local amounts of gas and statsd€T servations, despite the fact that the corresponding stardion
2), age-metallicity relation, metallicity distributioabundance rates are well reproduced. This discrepancy is due to thetado

3. Global evolution
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Fig. 2. Evolution of various quantities in the baseline scenamoall

panelssolid blue curves correspond to the evolution of the disk-@ gt g). 2007). One may also ask whether the Milky Way evolved
kpc)_ anddotted red ones to that of the bulge (<2 kpc), r_espectlvely. as an average disk galaxy of the same present-day mass 510
}I'/zgllgall)l.)ars at 12 Gyr represent observational conssdsge text and Mo. In a recent study van.Dokkum et al. (2013) provide relevant
data by studying progenitors galaxies of that mass out te red
shift z=2.5, using data from the 3D-HST and CANDELS Trea-
sury surveys. They find that90% of the stellar mass of those
stellar IMF, which has a steep slope cf-2.7 (the Scalo slope) galaxies was built since=2.5, with most of the star formation
above 0.5 M(see Appendix C for details). occurring beforeg=1. Furthermore, the mass in the central 2 kpc
Regarding the evolution of the gas, we notice that its ma@kthose galaxies increased by a factorGfbetweerg=2.5 and
in the disk remains quasi-constant after the fi¥&tGyr, while 2=1, implying that bulges likely formed in lockstep with disks
it decreases by almost a factor of 30 in the bulge. It is istereduring that period. However, aftee1 the growth in the central
ing to notice that the adopted prescriptions for the evadnasf regions gradually stopped but the disk continued to be bpilt
the molecular fraction and the corresponding SFR (Sec.l8ll a In Fig. 3 we compare our results to those of van Dokkum
Appendix B) lead to a dierent evolution between the atomicet al. (2013) (their Fig. 4, where we converted redshiftokt
and molecular contents of the bulge and the disk: the bulgenigck time assuming ACDM cosmology with parameters from
dominated today by K while the disk is dominated by HI, asthe recent PLANCK analysis). It can be seen that our result fo
observed. Also, the total disk SFR2 Mc/yr, corresponds fairly the total SFR (upper panel) lie slightly below the SFR of van
well to the observed one; this was not obviaugriori, because Dokkum et al. (2013) (by~20% at the peak of SFR, the dif-
we assume that the SFR depends on the molecular gas whidleience gradually decreasing with time. At late times, ehier
concentrated in the inner Galaxy (see discussion below).  a fairly good agreement between our model and the data. Con-
Finally, the scalelength of the stellar disk increasesdifga cerning the stellar masses (lower panel), our results, foothe
from ~1.5 kpc at 2 Gyr to 2.3 kpc at 12 Gyr. The latter value isulge (assumed to be the region of radius2 kpc, as in van
in reasonable agreement with values in the literaturet@3 Dokkum et al. (2013)) and the disk £2 kpc) are in fairly good
kpc from the TMGS survey (Porcel et al. 1998), 2.25 kpagreement with the observed "stacked" evolution of MW-type
from COBEDIRBE data analysis (Drimmel & Spergel 2001)galaxies. In the case of the bulge, the agreement for thg earl
2.15£0.14 kpc from the dynamical analysis of SEGUE G-dwarf{sart of the evolution stems for our adoption of a rather lang i
(Bovy & Rix 2013). In Sec. 4.3 we shall discuss further the igall timescale for the bulgerE&2 Gyr). At late times we always
sues of thin and thick disk scalelengths. find a small increase in the mass of the bulge, due to migration
The question of whether the Milky Way is a typical spirafrom the inner disk (see Sec. 4). Overall, we conclude that ou
galaxy or not is an open one, since it appears underlumirasusresults are compatible with the idea that the MW evolved as a
its rotational velocity of 220 ks (Flynn et al. 2006; Hammer typical disk galaxy of present day stellar magsx 10'° M.
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(2013), but it contrasts with the results of Schénrich & Bign
(2009a), who find little evolution in metallicity for all theones

E & of their model after the first couple of Gyr. On the other hand,
E “é Minchev et al. (2013) do find a steady increase ofifjen all
E E zones (as here), but at the same pace everywhere. In othme; ter
= L et the metallicity gradient stays always the same in Schéngich
19 N Binney (2009a) and approximately the same in Minchev et al.
éo . e (2013), while it is reduced (in absolute value) in our cadasT
W 4= e simple result, due to the flierent assumptions about the infall
W S Tifall/SFR rate vs SFR of the dlierent models, has important implications
£/ e 10 BN E for the impact of the radial migration on the chemical projesr
1 1P S of the disk.
o= = 1 =t
1< oooi Ne* 3.1. Gaseous profiles and the SFR
- = g 4 Fig. 5 presents a synthetic view of the main results of ourehod
. . R A s compared to observations. Except for the right top (vejocit
lg .é S 01y~ o curve) and bottom (infall timescale) panels, all other feades-

0.1 ?/ ——— 1 3 001 g — play three profiles, at 4, 8 and 12 Gyr; the latter (thick cliise
oot T ol to be compared with observational data. .
) — w A ‘ ‘S‘N\S/C‘CS‘N’ As discussed in Sec. 2.1.2, the infall timescale of the disk
& 10¢ E e E as a function of radius (right bottom panel) is tailored to

= gL 5 F = ] smoothly match the bulge timescale «f <2 kpc)~1.5 Gyr to
o ] oley” 3 the timescale of the outer disk while going through the valie
o 10:‘ —H |— o05p T T3 7(r=8 kpc)~7-8 Gyr for the solar neighbourhood. The latter has
N ERS ~0 g K// been shown to provide a good fit to the local metallicity @istr
= / 12 9E 3 bution in simple (independent-ring) models of the MW chemi-
L} /I B -3 cal evolution (e.g. Chiappini et al. (1997); Boissier & Puars
5 10 5 10 (1999)) and we show that this is also the case here (Sec-4), al
Time (Cyr) Time (Gyr) though the adopted SNla rate and tifii@ets of radial migration

play also some role. The resulting profiles of infall rate egp
in the right above-bottom panel. Because of the shortetlinfa

Fig. 4. Evolution of various quantities in the baseline scenaria fasc- gmescales in the inner disk, the final infall profile pea |

tion of time, for five diferent radial zones, at 2(red), 5 (green), 8 (thic
blue), 11 (cyan) and 14 (magenta) kpc. Observational datadal sur-
face densities of gas and stars are indicated with filledesirat =12 In a recent work, Marasco et al. (2012) use a model of the
Gyr. Galactic fountain to simulate the neutral-hydrogen eroissif

the Milky Way. Their model was developed to account for ex-
ternal galaxies with sensitive HI data. For appropriatapaater
values, their model reproduces well the observed HI emissio

In Fig. 4 we present the evolution of several key observablgsthe MW. They find a global current value e2 My/yr for
for selected radial zones (2, 5, 8, 11, 14 kpc) of our moded Tkhe MW and they derive the infall profile displayed in the tigh
main common feature is the more rapid evolution of the inngphove-bottom panel (dashed curve), which peaksakpc. In
disk, reflected in the earlier rise of the stellar surfacestgof our model we obtain a similar value for the total present day
the inner zones and in the more rapid decrease of the conéspanfall rate (~1 Mo/yr, see Fig. 3), but our infall profile peaks
ing gas fractions. In the cases of the stellar and gaseotexsurat ~3 kpc. Bilitewski & Schénrich (2012) tested the Marasco
densities, the local observationsra8 kpc (Table 2) are nicely et al. (2012) profile in their chemical evolution model with r
reproduced. dial flows induced by the mismatch of angular momentum be-

A noticeable feature is the quasi-constancy of the molecut@een the infalling gas and the disk (i.e. with flow velogtitis-
fraction fyoL for most of the evolution; it is due to the fact thatinctively different from our adopted radial inflow pattern). Their
from the two factors assumed tffect it (Eq. B.3 to B.6 in Ap- best fit models (reproducing the Fe abundance profile) have an
pendix B), the temporal profile of stellar density flattensaté¢ exponentially decreasing radial profile for the infallingsg not
times, while its early rise in the inner regions is compeaséity a peaked one; when they introduce the Marasco et al. (2012)
the corresponding decrease of the gaseous profile. profile, they find a local minimum, at 9 kpc in the final [Fg

The net gas depletion time scale (i.e. taking into accouttt bgrofile, which is totally uncorrelated to observations. Vdendt
the SFR and the infall rates) is shorter in the inner Galaay thattempt such a test here and we simply notice that the existen
in the outer one: the ratio of the infall rate to the SFR becomef a peak in the present day infall profile appears naturally i
smaller than unity within~1 Gyr atr=2 kpc but only after 10 our model, albeit not in the claimed position. Further stgdi
Gyr atr=14 kpc. This gives a measure of the radially varyingnd understanding of the properties of the gas accretediioato
star formation #iciency of the model, due to the adopted SFRIW, including its velocity profile, will provide much more se
dependence on the molecular gas. vere constraints to evolution models of the Galaxy.

Finally, the evolution of [FH] in the local gas (bottomright ~ The radial profiles of gas (total, Hl and}Hare in rather good
panel of Fig. 4) never saturates, even in the inner zonere the agreement with observations, for the largest part of thie. diis
always a steady albeit small increase of metallicity, ewdata the inner disk, the presence of the bar plays an importaat rol
times. This resultis in agreement with the work of Minchealet inducing radial flows of both gas (see below) and stars. The mi
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Fig. 5. Model profiles (ed solidcurves) at 4, 8 Gyrthin curves) and at 12 Gytl{ick curves) of various quantities and comparison of the lattér w
observational data concerning the present-day disk of titeyMVay. For all gaseous profiles (gas, Hlp Hyas fraction and molecular fraction),
observational constraints are those discussed in Appexdixd presented in Fig. A.2. For stars, the shaded area isleduny two exponential
curves with scalelengthiRy=2.1 and 2.7 kpc, respectively, which fix the range of plaesilalues for the stellar disk; they are normalised to a
surface density oF,(R=8 kpc)=38+2 M,/pc in the solar neighbourhood. Data for the MW rotation curve faom Sofue (2012); thdashed
curves represent the contributions of the bulge, disk ankl mhatter (blue, green and red), respectively (see texti@ibulge contribution). Data
for the star formation rate (SFR) profile are discussed inefpix B and displayed in Fig. B.1. The observed present dafil@iof infall rate
(dottedcurve) is based on estimates of Marasco et al. (2012) (s€e e bottom rightpanel displays the adopted timescales for exponential
infall. Data for Oxygen are from HI regions (Simpson et aR39Afflerbach et al. 1997) and OB stars (Smartt & Rolleston 1997 pD&lCunha
2004) and for iron from Cepheids (Luck & Lambert 2011; Lereastlal. 2013; Genovali et al. 2013).

grating long lived stars, had they remained in place, theycco a result, the corresponding SFR in that region is also lower b
return their H-rich ejecta in the local ISM at late times. Tiver- ~20% than the adopted observed profile (right below-top panel
all result of those motions is a total gas profile going thtoag in Fig. 5). For the same reason, i.e. the dependence of th@8FR
broad maximum at-7 kpc, still compatible with the observa-the producg,22®, the SFR in the outer disk decreases more
tions (Fig. 5, panel in left column and second row from the topslowly than its "observed" profile: in that region the protifeH,

This is also true for the HI profile (middle top panel in Fig. 5) and, therefithe SFR, is dominated by the slowly decreasing gas

profile, contrary to the inner disk, where it is dominated by t
The "dearth” of stars in the inner disk (with respect to ampidly increasing star profile.

exponential profile) is due to radial migration. It has a ciea

pact on the molecular profile and, consequently, on the SFR in The model rotation curve at12 Gyr compares fairly well
that region. Indeed, the molecular fractifnis proportional to to the data of Sofue (2013) (right top panel in Fig. 5). It peak
the producEcas?® (Eq. B.5) and, because of the reduGkgs at ~212 knys in the solar neighbourhood, where the contribu-
in the region 3-5 kpc, it lays on the low side of the observéion of the disk exceeds slightly the one of dark matter. This
tional bounds (middle above-bottom panel in Fig. 5). Mlikig is slightly lower than the canonical IAU value of 220 fsrand
with the corresponding gas surface density (left belowpapel clearly lower than some values recently proposed in thealite
in Fig. 5), it leads to a lower than observed blrface density ture (see Bhattacharjee et al. (2013) and referencesitheréie

in the "molecular ring" (middle below-top panel in Fig. 5)s A rotation curve is used in all time-steps to evaluate theyeficc
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ones (towards the anti-center) outside corotation and upeo
—_— OLR. Maximum absolute values of the (azimuthally averaged)
V(Radial Inflow) radial flow velocity are 0.5 kiis. Higher values for the adopted
duration of the bar would lead to substantial depletion @f th
gaseous layer in the inner disk, impossible to replenisimialli
Indeed, the middle and bottom panels of Fig. 6 display theazet
dial flow rate through the ring of radiugmiddle) and the rate of
infall onto that same ring (bottom). Around corotation, fbe
mer (calculated ag = 27 r v, Zy(r)) is higher than the latter. Al-
though our model is nothing more than a toy model (since none
of the adopted parameters can be observationally detedraine
present), we notice that the range of the velocity valuesiane
ilar to the ones adopted in Portinari & Chiosi (2000) for thee
of a simulated bar (their figure 13), i.&. <0.5 knys.

The present day profiles of gas and SFR reflect short-term
features of the Milky Way and they do not constitute strong-co
straints; indeed, on a timescale of 49, comparable to the time-
step of our model, they may change considerably. Consgraint
obtained through time integrated profiles (with negligitdee
variations within short timescales) are more severe in téat
spect. The profiles of stars and metallicity belong to théss!

As already discussed (see Sec. 2.4 and references thengin) o
of the main &ects of the radial flow induced by a bar is to flat-
ten the abundance gradients in the region around the ciomtat
(the other one being to fuel star formation in the centraimesg).
This is clearly seen in the final oxygen profile (left bottonmeh

of Fig. 5), which displays a flattening in the region 3-5 kpheT
iron profile (middle bottom panel of Fig. 5) is les8exted, be-
cause the sources of Fe (mainly SNla) are |lékcted by those
Radius (kpc) of O (CCSN) in that region. The latter are distributed as th® g
which has a flat profile in that region, whereas the former - be-
longing to an older population - have a steeper distribufidre

0.5

km/s

-0.5

0.1

Mo/ yr
o

Fig. 6. Top: Adopted velocity profile for radial inflow. Positive veloc- o 4} ti0n of the metallicity profiles is similar to the onetained
ities indicate flow inwards (towards the Galactic center) argative

ones an outward flow. The flow velocity is everywhere zero teetbe in many other studies (e:g. .BOiSSier & Praptzos (1999); H@h €
assumed appearance of the bai=#.5 Gxg/r. Profilyevg are given &t 6, (ZOQO)) and reflects_the_lnSIde-outformatlon O_f the d'_Skh‘me
8, 10 and and 12 Gyr (cyan long-dashed, blue short-dasheengiot- Profiles flattening with time. Those profiles will be widelyeas
ted and red solid, respectively). As corotation moves ordysee text), IN Sec. 4 to study the main observables in the solar neighbour
the flow pattern moves alsbliddle: Corresponding mass flow profileshood. A detailed study of the evolution of the abundance lgfi
through radial zonesBottom: Corresponding mass infall profiles (rateof all the elements of our model, both in the gas and in thésstel
of mass infalling over the ring of radiwusand widthAr=0.5 kpc, at=6, populations, is left for a future work (Kubryk et al. in prepa
8, 10 and and 12 Gyr. tion).
Fig. 7 displays the star formation profiles of our models as
a function of the local gas surface density for threffedént
epochs: at=4, 8 and 12 Gyr, respectively. Comparison is made
motion and the extent of blurring in the disk (see Sec. 2.3V&) to the data compiled by Krumholz et al. (2012) for a large num-
notice that the contribution of the material within 2 kpcheto- ber of star-forming galaxies. It can be seen that our valieds |
tal rotation curve is not straightforward to calculate. &ivthat the low range of the observed SFR values for a given gas surfac
the boxypeanut bulge (which is the main contributor in masgensity. In particular, the rate at 12 Gyr presents the stisep
within 2 kpc) is vertically extended, we model the bulge fotaat g5 ~10 Mo/pc? that is "observed" in the MW disk; how-
tion curve for radii beyond 2 kpc using the spherical appra« ever, it is slightly smaller than "observed" in the innerkdisd
tion, which should not be worse than a number of other apprastightly larger than "observed" in the outer disk. Thesermip-
imations made here. We will refrain from modelling the rimat ancies are also displayed in the SFR profile presented in Figs
curve within 2 kpc. 5 (right below-top panel) and B.2. The key point here is the ab
The gaseous profiles arffected by the radial inflow inducedsence of a correlation between the SFR and the local gassurfa
by the bar, which is modelled here as shown in Fig. 6. It is a@ensity in both the data and the model. Itimplies that sorherot
sumed that the bar appears afteé Gyr and that it grows in size, factor is at play, namely molecular gas, as discussed in Agiige
its radius increasing from 2 kpc at 6 Gyr to 3 kpc at 12 Gyr arland in the recent review by Krumholz (2014).
its corotation radius from 2.4 kpc initially to 3.6 kpc in tkad.
Simulations show indeed that in disks with large gas fratjo -
the appearance of a bar can be delayed for several Gyr (Aﬂhar?az' Stellar profiles
soula et al. 2013), compard to cases with no gas. It then groWse model stellar profiles result from the combined histdry o
with time, while slowing down, pushing the corotation reance star formation and radial migration. The former is discdsise
outwards, as in our model. The velocity profile has positigke v the previous section. Here we analyse the impact of steltiial
ues (towards the Galactic center) inside corotation andtihey migration.
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Fig. 8. Top: Model radial velocity dispersion at 2 Gyr (thin curve) and
. . . . . 12 Gyr (thick curve)Middle: Probabilities of blurringBottom:Proba-

~ The adopted radial velocity dispersion profitg, appears pilities of churning. In all panels our results (solid cusyare displayed
in Fig. 8 (top panel) for two epochs, &t2 Gyr and 12 Gyf.  for for stars of home radius=5, 7.6 and 10 kpc, and for 2 Gyr (thin)
The corresponding local values (ai8 kpc) are 21 kn's and 40 and 12 Gyr (thick curves). The latter should be compared gocthr-
knys, respectively. We calculate then the probabilities ofadad responding quantities reported in Schonrich & Binney (2008otted
displacement due to epicyclic motion and we show the resufistograms.
for the same two epochs and thre&elient radial zones in the
middle panel. The thick solid curves correspond to an age of
12 Gyr, i.e. too,=40 knys for the stars in the solar neighbor- . - o
hood and may be compared to the corresponding curve obtaifg@pabilities separately, the probability of finding a $tam the
by Schénrich & Binney (2009a) (dotted curve in middle panelijiner disk to the outer one is larger than the inverse, becafis
Our formulation of the epicyclic motion produces similas-di the larger variations in the gravitational potential pesations
tributions to those of Schonrich & Binney (2009a) in the soldn the inner disk than in the outer disk.
neighborhood and beyond, and somewhat narrower disifiiti ~ The middle panel of that figure displays the fractions ofsstar
in the innermost disk, but the overall agreement is quitedgoo born in those same radii, that are found at radiirsthe end of

The corresponding probability functions for churning agpethe simulation; those fractions are the time integratethaiodi-
in the lower panel of Fig. 8. They are evaluated as discusdis of the upper panel, weighted by the corresponding EBR(
in Sec. 2.3.2 and are broader than those of blurring. In therin history. This explains why the distribution of the outer ioegy
disk, they are not very ffierent for the ones adopted in Schonricks more peaked and less wide than the inner one in the middle
& Binney (2009a), but they are clearly narrower than theefattpanel than in the top one: stars are formed in the inner disk ea
in the outer disk: in the simulation of Kubryk et al. (2013s$ lier than in the outer one, on average, because of the irmitle-
radial migration occurs in the outer regions. formation scheme adopted here. As a result, inner disk séaes

In the top panel of Fig. 9 we present the total probabiliti€¥) average more time to migrate than those formed in the outer
(blurring + churning) of a stellar population born in a given radisk. Even if the probability distributions in the top pamegre
dius (here: 4, 8 and 12 kpc, respectively) to be found in sorigntical at all birth radii (assuming for instance the sgme
other disk radius after times 4, 8 and 12 Gyr. We recall thatential inhomogeneities over all the disk), those in the dted
the radial bin in our simulation has a size=0.5 kpc. As dis- Panel would still be wider in the inner disk, simply because o

cussed in Sec. 2.3 (see also Fig. 8) for the blurring and ahgirnthe inside-out star formation. Quantitatively, one seas 12 %
of the stars born in the region of radius@.25 kpc are found in

2 We calculate the profile of radial velocity dispersion and tror-  the end of the simulation in radius-8+0.25 kpc. On the other

responding epicyclic amplitudes at each time step; herehsershe hand, only 13% of the stars born in radius8+0.25 kpc are
results for only two ages. found in that radial bin in the end. However, if the two adjatce
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Fig. 9. Top Probabilities of stellar migration (blurring churning) Fig. 10.Average radius of origin of starto), average stellar agen{d-

adopted in this work (see text); they are shown for threenbtlii (4, dle) and star surface density profilbgfton), as a function of galac-

8 and 12 kpc) and for three snapshots (after 4, 8 and 12 Glyudle: tocentric radius. In all panels, tlntinuous(red) curve corresponds

Fractions of stars which are born in radii 4, 8 and 12 kpc ard@uind to the results of the model with radial migration (churnitdurring),

in galactocentric radius r in the end of the simulation,alZ Gyr.Bot- while thedotted(blue) curve shows the results with no radial migration.

tom Fractions of stars found in the end of the simulation inirddB8  In thetopandmiddlepanels, thehaded aereaontains the:1o- values -

and 12 kpc according to their birth radiudn all panels, radial bins are containing+34% of the stars - around the average. In the bottom panel,

Ar=0.5 kpc wide, as indicated by the bin width of the histogramd a a best fit exponential with scalelengti=20f the exponentially decreas-

the size of the coloured boxes. ing outwards.25 kpc in the 3 to 13 kpc region and viith=8 kpc)= 38
M,/pc is also displayed (green dashed line).

bins on either side of that radius are also considered (touaxtc

for epicyclic motions of amplitude-1. kpc), one sees that theof the stars of that region are formedrinc7 kpc and have mi-
fraction of stars born in that region and still found theraghe grated herex~12 % of its stars have migrated from<4 kpc.
end, is~52%, i.e. more than half of the stars formed in that "exn contrast, a negligible amount of stars presently foung-ih3
tended solar neighbourhood" - defined-a8+1 kpc - remainin kpc originates fromr=8 kpc.

place. The impact of radial migration (blurringchurning) on some
The bottom panel in Fig. 9 displays the fractions of staradial properties of the disk appears in Fig. 10. The top pane
found in the end of the simulation in final galactocentriciraddisplays the initial ) vs. final {¢) star radius. The blue dotted
ri=4, 8 and 12 kpc, respectively, and born in other positiotiae is the diagonalr{ = r¢) while the solid curve indicates the
r in the disk. These fractions integrate not only the probabédverage valug and the shaded area théo values around that
ity distributions (upper panel) and the SFR histories (athén average. It can be seen that stars presently found in therregi
middle panel), but also the fact that there is more mass in the r¢ <10 kpc, originate from regions located on average-
inner disk than in the outer one, because the surface demsity 2. kpc inwards. On the other hand, stars presently founden th
file decreases exponentially outwards. For that reasonmetiudt- bulge (here taken to be the regiornk2 kpc) have a significant
ing fractions are asymmetric in each radius, with largestioms fraction of them originating from the inner disk, from up to 3
originating from the inner disk than from the outer one. Thukpc. Finally, stars beyond=13 kpc are very little fiected by ra-
from all the stars presently found in the binrat8+0.25 kpc, dial migration on average (at least with the adopted scheme f
only ~10% are formed in that bin; if the "extended solar neiglehurning). We note that Minchev et al. (2013) find a bimodsd di
bourhood" is considered, as before, the correspondingidrac tribution function for the average birth radius of starsgertly in
rises to 38%. Only 7% of the remaining stars originate oetsithe solar neighbourhood (their Fig. 3, right): the maximsriok
the extended solar neighbourhood (at radiB. kpc), while 55% cated in the regior 5.6 kpc and a secondary maximum is found
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at ~7 kpc, compared to a single maximum-&4.2 kpc in our

model. It is dificult to compare the two models, since they are —
based on dferent N-body simulations andftérent descriptions r THIN DISK iTH/CK DISK
of the radial migration. We suspect that it is the strongeaioa I

larger OLR radius in their case that produces a more extendeg -0000000000000000000000000000 SN TR o
mixing of stars from the inner regions to the solar neighboch o 1
while we have "calibrated” our bar to the one of the MW size. « | 1

The aforementioned results explain also the average age of 4 | Al stars : ]
stars in each galactocentric radius (middle panel in Fig. thé L In situ
average age of stars formed in the bulge<@ kpc) is~9 Gyr, r
in the solar neighbourhood5 Gyr and beyond 12 kpc it is 4 04 L
Gyr. Stars presently found in the regior 5¢ <11 kpc are, on ‘ :
average, 1-2 Gyr older than those formedsitu, because their
population has been altered by the radial migration of tare —
the inner disk. Again, beyont=13 kpc, the average stellar age™
is not d@fected. It should be noticed that a uniform age dispersim?ilo'4
of ~ +3 Gyr is found at all radii.

Itis clear that radial migration, as implemented in our nipde
affects the stellar disk mostly in the 4 to 12 kpc region. This can
be also seen in the final surface density profile (bottom pianel
Fig. 10), which presents a slight but significant deviaticomnf
a pure exponential in that region. As a result, the stellax pr 0.4
file cannot be reproduced with a single exponential, butenath?o 5
with two exponentials. This feature also appears in theystiid > '
Schonrich & Binney (2009a), obviously for the same reasons: 0
since the adopted céiients for radial migration are not too
different in the two studies, as discussed above. It is not clear, : , :
however, that this is a generic feature of such models, stnce—0-4 \ L
may also depend, to some extent, on the boundary conditions, ©0 4 8
i.e. the normalisation of the infall rate profile. Age(Gyr)

L

0

0.8

0.6

T B BRI

—
[av]

] Fig. 11. Solar neighbourhood: Average birth radiusg), average
4. Local evolution [Fe/H] (middle and average [e] of starsifotton) as function of their

. ) . . . age. In all panels, thdotted(blue) curves display the results for stars
The results discussed in the previous section for the whisle dformedin situ and thesolid (red) curves the results for all stars found

help understanding in detail the results obtained for tHarsoat T=12 Gyr in radiusr=8+0.25 kpc. Theshaded aeream all panels
neighbourhood, defined here as the radial bin=@+0.25 kpc. encloset1o values around the corresponding averages. Data points are
Fig. 11 displays the average birth radius of stars found ig tHrom the survey of Bensby et al. (2014). The dotted vertite bt 9
zone in the end of the simulation, as a function of their age. $yr separates the thin from thick disk stars, according ¢oa$sump-

the absence of any radial migration, the birth radius woelthie tion made here (see Sec. 4.1. The symibdenotes the position of the
horizontal line ar=8 kpc. As expected - in view of the discus->U" in the corresponding panel, as well as in Figs. 12, 13 and 1
sion in sec. 3.2 - the average birth radius when radial mmgrat
is considered, is close to 8 kpc for the youngest stars, lug-it
creases steadily for older stars. The reason for that deiisa
twofold: first, the older stars have more time to migrate fro
other regions and, in particular, from the inner disk; sekdhe
SFR atr=8 kpc is low in the first few Gyr, while it is quite high
in the inner disk during that same period (see top right panely 1. The local age-metallicity relation and its dispersion

Fig. 4). Thus, the old stars migrating here from the innek dis

overwhelm by number the few old stars formed locally. A locathe impact of radial migration on the chemical evolution of
"average star" of aget.5 Gyr originates from ~7 kpc, whereas the local disk appears in the middle and bottom panels of Fig.
stars older than 8 Gyr were born inwards of 5.5 kpc, on averadé. The local average age-metallicity relation (middlegiared
Equally interesting is the spread in birth radii which irases solid curve) is flatter than the one for the locally born statae

as a function of age (the associatedIlispersion in the birth dotted curve); the latter represents the metallicity eiotuof
radius is indicated by the shaded area). The®3 of the lo- thelocal ISM. The dterence is nul for the youngest stars and in-
cal stars of solar age have birth radii ranging between 5&b atreases with stellar age: iti€.1 dex for a stellar age of 4.5 Gyr
8.5 kpc, while 23 of those with an age of 8 Gyr were born beand 0.4 dex for 8 Gyr old stars. The reason is that stars frem th
tween 2.5 and 8 kpc. Their birth place impacts on their chamiénner disk dominate the local old stellar population, analiti
composition and féiects significantly the properties of the solaner regions have undergone a more rapid chemical evoligam (
neighborhood. We notice that the same behaviour of birttusadbottom right panel in Fig. 4). The flattening depends on blo¢h t
vS. age, not only qualitatively but also quantitativelypigained adopted radial migration scheme (the churningitcients) and

in the N-body simulation of e.g. Loebman et al. (2011); Broake whole history of the disk (the inside-out formation ahd t
etal. (2012), which are not tuned to reproduce a Milky Wakdisresulting abundance profiles). We notice here that Minchal. e
the oldest stars of their simulation presently in the "soldin- (2013) obtain a less pronounced flattening in the solar fgigh

r(Eer" (between 7 and 9 kpc from the center), have home radii as
small as 2 kpc.
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hood (with respect to the local gas evolution, their FigtHis is in the work of Haywood et al. (2013) who reanalysed a sample
probably due to the fact that the metallicity evolutioffelis little  of local stars with high quality abundance determinatidhsit
from one radial zone to another in their model, whereas we dkig. 6 and 7). However, they interpret their data as two tfear
tain substantial dierences (Fig. 4), as a result of the inside-ouiffering regimes with dferent slopes off/Fe] vs age, while we
formation. find just a gradual decline of the/fFe] ratio, albeit with a strong
Our model curve of [F#] increases slowly but steadily with reduction of the corresponding slope with time.
time, by 0.1 dex in the last 4.5 Gyr and by a larger amou0t4 An interesting feature in Fig. 11 is the dispersion intragtlic
dex in the previous 5 Gyr period, between 4.5 and 9 Gyr). Ay radial migration in the [F&l] and [Fe] vs. age relations.
discussed in the previous paragraphs, the increase is emen nthe 1o dispersion is quite important in the former case and it
pronounced for the stars formed in situ (i.e. the local gaduev will be further analysed below. However, we notice that tfee d
tion, displayed as a dotted curve in the middle panel of Flg, 1 persion in the [@Fe] relation is quite small{0.1 dex) at every
which amounts to 0.2 dex for the last 4.5 Gyr. age; the reason is the quasi-similar evolution of the 8DIEN
The behaviour of metallicity vs age plays an extremely infatio in all radial zones of our model (right above-bottonmgla
portant role in studies of galactic chemical evolution.rblges of Fig. 4), except those of the bulge. This fact justifies the of
the degree of gas processing through star formation and reeta[O/Fe] as a proxy for age.
lease (a strong late star formation favouring a fast latesme of Anticipating on the contents of the next section concerning
metallicity), the role played by infall ( a strong late iffdllutes the issue of the thick disk, we notice that stars both older an
the metal content of the gas and stops the increase in ngetajiounger than-9 Gyr cover a wide range of overlapping [F&
ity), etc. Most of the successful models of local chemicalev values (respectively, from less than -1-t0 and from -0.7 to 0.3)
tion predict a continuous rise of the metallicity with tinaes, this and also overlapping ranges of/[k&] values (from 0.6 te-0.1
one; see e.g. Boissier & Prantzos (1999); Goswami & Prantzsd from 0.3 to<0, respectively). As already done in Binney
(2000); Chiappini et al. (1997); Naab & Ostriker (2006); 8ch & Sanders (2013) and Haywood et al. (2013), we shall classify
rich & Binney (2009a) for independent-ring models, but afso those stars as belonging to the thick and thin disks, reiseéct
models with radial migration, e.g. Minchev et al. (2013, 201 we shall explore the consequences of that assumption irettte n
The near solar value for the metallicity of the gas obtairtetPa section.
Gyr is in agreement - within observational errors - with abse  In the top panel of Fig.12, the blue dashed curve displays the
vations of nearby young stars (Nieva & Przybilla 2012). 8indraction of stars born at 8 kpc as a function of stellar agdlenh
the gas is locally well mixed today - and presumably at earlithe red solid curve displays the corresponding fractionlstars
times as well - the fact that the metallicity of the Sun 4.5 &yo present at=8 kpc (i.e. born anywhere but found ir8.25 kpc
is larger than the corresponding gas value in our model,i@aplin the end of the simulation). The fraction of stars bornito-is a
that the Sun was not born locally, but migrated from inneagal decreasing fraction of stellar age, because of the SFRistteN
tic regions as suggested in Wielen et al. (1996). We notiaeith (see Fig. 4, top right panel). On the other hand, the fraation
our model, the average stellar metallicity 4.5 Gyr ago i<{ira all stars currently in the solar neighborhood increasewdset
cally solar (red solid curve in middle panel of Fig. 11) anghdr 0 and 8 Gyr because large numbers of old stars have migrated
than the corresponding gaseous metallicity by 0.15 dexy@ "t to the solar neighbourhood, shifting the average age toehigh
ical" local star of age 4.5 Gyr has a solar metallicity. Coneloi values (see Fig. 10). In particular, almost all stars oldant10
with the upper panel of the same figure, it implies that theihe Gyr have been formed inwardsie£5 kpc, on average. We notice
cal composition of the Sunis indeed representative of th&§r that a similar result concerning the formation of stars g@nédy
old local stellar population, which has aneragehome radius found in the solar neighbourhood vs. those formed in situ was
of ~7 kpc (at least in the framework of this particular model). Alfound in Roskar et al. (2008), i.e. their Fig. 3 (bottom lednel).
though it is rather early to draw definitive conclusionsppaars This result has some important implications: It impliesttha
that the hypothesis that the Sun was formed inwards (by 1e® kpadial migration makes it impossible to try to infer the pasal
of its present galactic position, is the most convenientifeoto star formation rate through star counts as function ofatelfje
explain several observational facts (see Nieva & Przy(@i(d2) (e.g. Rocha-Pinto et al. (2000)): most of the old stars pithse
for an updated discussion and references). found here were formed elsewhere, whereas the opposits hold
The bottom panel of Fig. 11 displays th¢Re vs age rela- for the younger stars. For that same reason, it becomes sRpos
tion. It starts at values around [Be}~0.5 for the oldest stars - ble to use the method of the luminosity function of white disar
where only CCSN enrich the ISM - and then decreases smootimrder to infer the star formation history of the solar rtagur-
to [O/Fe}~0 for the youngest stars, because of the steady Fe lrvod, e.g. Isern et al. (2013) and references therein.
put from SNla. The average stellar value of/f@] at a given In the middle panel of Fig. 12 we compare the modeliHie
age (red solid curve) is lower than the one correspondinido tvs age relation to data of two recent major surveys. We dyspla
evolution of the local ISM (blue dotted curve), becausedtds- observational data from a re-analysis of the Geneva-Camarh
inated by stars from the inner regions where evolution aeclir survey (Casagrande et al. 2011) and from the survey of Bensby
at a more rapid pace: as can be seen in the right above-botttral. (2014). In both cases, we determine average valueskand
panel of Fig. 4, the ratio of SNI&@CSN increases more rapidlyo widths around those averages in the/fevs age relation, by
in the inner disk than in the solar neighbourhood, implyingtt using age bins of 1 Gyr; we apply the same statistics to oueinod
the QFe ratio decreases more rapidly in those inner zones; thisiars. Both sets of observational data display a quasitaons
also reflected in the composition of the stars that have nddra[Fe/H]~0 for ages up to 9 Gyr (in fact, a fairly small decrease of
in r=8 kpc from those regions. 0.1 dex for Casagrande et al. (2011) or 0.2 dex for Bensby et al
The decrease of [Be] with time is more rapid for the older (2014)). In contrast, our model presents a sizeable matglli
stars and considerably slower for those younger than 9 Bgr; evolution, as discussed above.
latter corresponds to a quasi-equilibrium between CCSN and In order to make a better comparison of the metallicity dis-
SNIla rates at late times (Fig. 4). This distinctive behaviou persion vs age between observations and the model, we show in
the decrease of [Be] for old and young stars is also appareribe bottom panel of Fig. 12 the&-dispersion around the aver-
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disk regions, where the very rapid evolution produced aiguas
identical age-metallicity relation; as a result, thesessthow
smaller dispersion in their metallicities. Our analysistaf data

of Casagrande et al. (2011) and Bensby et al. (2014) shows no
such decrease for old stars. We notice however, that a reasal

of the data of the GCS survey and of Adibekyan et al. (2011) by
Haywood et al. (2013), leads to a decreasing dispersiorgiit]F

for the older stars, in line with our model (at least quailtly).

. In summary, the dispersion in the age-metallicity relation
stems from the extent of churning (which is related to theinh
mogeneities of the gravitational potential)dthe SFR history
of the disk. Comparison of theoretical dispersions to olasr
ones constrains the combination of those processes, nptshe
churning (or churningblurring). Comparison to other data, e.g.
past and present metallicity gradients, will be necessadig-
entangle the varioudiects.

0.02 -

In situ

4.2. The local metallicity distribution

In the absence of stellar migration, the number of stars as& f
tion of their age constitutes the best and most direct trater
the past star formation history of a given region. Becausb®f
lack of reliable stellar age estimates, metallicity is oftssed as
proxy for age. Assuming that no stars enter or leave thesyste
) the metallicity distribution (MD) probes not only the pasrs
____________ i 1 formation, but also the influence of any gaseous flows: ousflow
shift its peak to lower metallicity values (they reduce tefec-
tive yield"), while inflows make it narrower than in the absen
of gaseous flows (i.e. the so called "closed box" model). Tthe s
uation becomes more complicated when Fe is used as a tracer of
metallicity - which is usually the case - because more thdih ha

Fig. 12. Solar neighbourhoodfop Fraction of all stars ever boin situ of galactic Fe is produt_:ed by S.Nla’ '.[he rate of Whlch IS not re-
in the solar neighbourhood (bluttted and fraction of all stars found lated to the star form_atlon rate in a simple way. A”O_' it b_eme
in the solar neighbourhood at=T2 Gyr (redsolid) as a function of €V€N more complex in the case of stellar radial migration, be
stellar age. Average [fd] of stars fiddle and 1e dispersion around cause the MD probes then not the local star formation history
the averagehptton) as function of stellar age, compared to observdut the history of a large fraction of the galactic disk. logh
tions. Thesolid (red) curve in the middle panel displays the results fawonditions, it is dfficult to make robust inferences from the ob-
all stars found at #12 Gyr in radiug=8+0.25 kpc. In both panels, the served MD about some particular model ingredient (either th
shaded (yellow) areapresent the-1c limits of the model; the brown SF history, the SNla rate, the infall rate, any radial inflaas
(dotted and greendashedl curves represent the corresponding avefpe extent of radial migration), since all of them play somie r
gges g”&tl‘fl Ii(rggi‘%f the ObS?V?“O_Ir_ﬁ of Cas\%%;:ndhe gt 3" (2011) and shaping the MD. Despite the degeneracy of the problem, the
ensoy et al. , respectively. e narro Shaded aerean : . . .
the bottompanel shows th?e results of a calculation with blurring only. Z/IV%ILS“SQ important constraint of the overall model of galacti
In Fig. 13 we present our results for the local MD. The lower
panel displays the MD of stars formeusitu (dotted histogram)

. i which peaks at 0.08 dex and terminates abruptly at 0.1 dex. It
age value. We display our results for blurring only (bluedsta 554 gisplays the MD obtained with only the epicyclic motion
aerea) and for blurring plus churning (yellow shaded amal, considered (dashed histogram), which peaks at the samé meta
we compare with the corresponding dispersions of the data”tgty and is slightly broader, extending up to 0.15 dex.dfip
Bensby etal. (2014) (green dashed curves) and Casagraade ghe total MD - inciuding blurring and churning - is shown (red
(2011) (brown dotted curves). We notice soméiatences be- ¢ rve): it is considerably broader than the previous twaritis
tween the two data sets, the one of Bensby et al. (2014) h@yinns and extends up to [F=0.4. It was already pointd out
ing a slightly larger dispersion than the one of Casagrande e py chiappini (2009) that the local evolution cannot prodstees
(2011);th|s may be due to kinematic biases and to magnitude 55 metal-rich as [7Bl]=0.4. Here we show that the conclusion
selection dfects holds even if epicyclic motion is considered. Only radiatyra-

The epicyclic motion, as calculated in our model, producéisn can account for such stars in the solar neighbourhood.
a uniform dispersion 0£0.1 dex for most stellar ages; only the  The upper panel of Fig. 13 shows the average age of the lo-
older ones - age9 Gyr - have a slightly larger dispersion, up tacal stars, for those formeid situ (blue dotted curve) and for
+0.2 dex. The epicyclic motion is notSicient to explain the ob- all stars (red solid curve). The latter are always older ttemn
served dispersion in the age-metallicity relation. Whemrnng former, by 1 Gyr for the less metallic ones and by 2.5 Gyr for
is also considered, dispersion increases steadily, u®18-0.4 those of [FegH]=0. For higher metallicities, there are no stars
dex. For thick disk stars (assumed here to be older than 9 Gyoymedin situ and the average age of those present in the solar
the model dispersion starts decreasing. The reason ishibise: t neighborhood - coming from inner regions - is around 3-4 Gyr.
old local stars are formed almost exclusively in the innegmorhe corresponding &=dispersion in ages is1 Gyr for the less

Age(Gyr)
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Fig. 13. Solar neighborhood: Average age of staop), average birth Fig. 14. Solar neighborhoodtop: Metallicity distribution in the region
radius (iddle and number distribution of stars (metallicity distribu-of radiusr=8+0.25 kpc, with the age ranges of the corresponding stel-
tion, botton) as function of their metallicity. In all panels, tlotted lar populationsBottom: Metallicity distribution in the region of radius
(blue) curves display the results for stars formieditu and thesolid r=8+0.25 kpc, with the radial ranges of the birth radii of the egpond-
(red) curves the results for the average values of all stansdfat =12  ing stellar populations.
Gyr in radiusr=8+0.250 kpc. Theshaded aereas thetop andmid-
dle panels enclose 10~ values around the corresponding averages. The
dashedhistogram in the lower panel is calculated with théeet of
epicycles only. most metallic stars at [[Ad]=0.4. Stars from the 9-11 kpc range
do not contribute to metallicities higher than solar.
Our results present similarities, but also somfetdénces
with those of Minchev et al. (2013). In both cases, the major-
metallic stars (which are quite old anyway) and it incredsesity of stars originate from the 7-9 and 5-7 kpc ranges, whike t
more than 2 Gyr for the metal-rich stars. most metallic stars come inwards of 5 kpc. However, the pefiks
The middle panel of Fig. 13 shows the average birth radittsee MDs in the 3-5 and 5-7 kpc ranges are at lower metallgitie
of the local stars. The old and less metallic ones originatenf than the one of the 7-9 kpc range (their Fig. 3, middle pahel).
r ~6 kpc, whereas those with solar metallicity originate froraur case, the peaks of the MDs in the 3-5 and 5-7 kpc ranges are
r ~7 kpc; the average birth radius of all local stars is at6.5 found at higher metallicities than the one of the 7-9 kpc gang
kpc, as stated in Sec. 2.3. Star more metallic than the Sum halso, the importance of the 3-5 kpc range is larger in thegeca
birth radii increasingly closer to the galactic center,hatthose than in our model, probably implying a stronger influencerfro
of [Fe/H]=0.4 coming from the region around 2 kpc. the bar.

The results of the last two paragraphs are presented iregreat
detail in Fig. 14. The upper panel displays the MDs of four a
ranges, namely 0-3 Gyr, 3-6 Gyr, 6-9 Gyr an® Gyr. The
more the stars are young, the more their MD is narrow (b&ilmore & Reid (1983) identified the thick disk as a distinct
cause metallicity increases less rapidly at late times)raack component of the MW, on the basis of star counts towards the
it peaks to higher [F#l] values. The lower panel displays theSouth Galactic pole. Since then, and despite an intensewabse
MDs of five radial ranges, namel3 kpc, 3-5 kpc, 5-7 kpc, 7-9 tional and theoretical investigation, the identity of theck disk
kpc(="extended solar neighborhood"), 9-11 kpc; there are praemains elusive. It clearly ffers from the thin disk in many,
tically no stars entering the solar neighborhood from belybh if not all of its main properties, namely age, metallicitipua-
kpc in our model. Most stars originate from the 7-9 kpc rangkance ratios, kinematics, spatial distribution; stillert are no
and their MD peaks at [[FE]=0. The smaller the average birthwell defined boundaries distinguishing the thin and thickdi
radius of stars (down to 3 kpc), the more they contribute & tlnd no clear picture yet of the relationship - if any - of thiekh

9€3. Thin vs. thick disk: age, composition, structure

Article number, page 18 of 31



M. Kubryk , N. Prantzos and E. Athanassoula : Evolution offtiky Way with radial motions of stars and gas

disk to the other galactic components (bulge, halo, thik)dis
Thus, a large number of formation scenarios of the thick disk e R
have been proposed up to now, involving either external-nflu I [a/Fe] T [0/Fe] i
ences or secular evolution through radial mixing, e.g. Selal. 1
(2009); Minchev et al. (2013); Rix & Bovy (2013) and referesc 0.4 [}
therein. F
In particular, radial migration has been suggested as a po- +
tential thick disk formation mechanism by Schénrich & Bin- L
ney (2009a), who developed a semi-analytical model (siriila ok
some respects to the present one) and investigated exdgnsiv L 1
the resulting chemical and kinematic properties. In paldig L I L DA T

All stars |

All stars
In situ ]

In situ

they showed that for some values in the parameter space, thei | [a/Fe] . [o/Fe] |
model can reproduce several key properties of the thick disk Thick disk Thick disk
just by secular processes: morphology (i.e. the two-slagge v Thin disk [ +Thin disk]

tical star density profile in the solar neighbourhood), tadical .
abundance gradient and the puzzllitngo-branch" behaviour M
of O/Fe vs F¢H, with the thick disk displaying larger Be val- F.
ues than the thin disk for the same range of metallicitiem&of 0
those results were also found in N-body simulations, e.gbko 3 + :
man et al. (2011), but others, especially the claimed dyoami R A ‘ ‘ e

behaviour of thick disk stars, were not confimed and are still0-2 [ Thick disk 7 EThick disk e
under debate (see e.g. Minchev et al. (2013)) and re1‘erencgs15 EThin disk i/} r Thin disk
therein). ' Adi : / _
: . . . i12- ] Ben13-
In this work we do not consider any properties of the disk 4 i \

Model— .. Model —

vertical to the plane (either chemical or kinematic) and aeuf

on its radial properties, in particular concerning the solEgh- g g5
bourhood. In view of the uncertainties as to the best defining
feature of the thick disk, we adopt the simplest possibleeeri 0
rion, namely age. Following Binney & Sanders (2013) and Hay- -0.8-04 0 0.4 -08-04 0 04

wood et al. (2013), we assume that the thick disk is simply the [Fe/H] [Fe/H]

early period of the MW disk formation, lasting from -12 to -9

Gyr, whereas the thin disk corresponds to the subsequent 9 Gy ) i

of evolution. There is no physical ingredient in our modeitth F19: 19- Solar neighborhoodTop: [a/Fe] (eft) and [QFe] (ight) vs.
marks the transition between the two eras: star formatigalli metallicity, for all stars present todagdlid brown curve) and for all

. . . . . : stars born in situdottedblue curve) Middle: [«]/Fe (eft) and [QFe]
and radial migration all over the disk are continuous fuscdiof right) vs. metallicity, for stars of the thick disk-@ Gyr, greencurve)

time and space. Still, the consequences of that simple @8sUlhg for stars of the thin disk® Gyr, red curve). They are compared
tion are quite important, as can be seen in Fig. 15, wherewstrito corresponding data from Adibekyan et al. (2011) (left)l drom
data are plotted as a function of [H} and compared to relevantBensby et al. (2014) (right). ltop andmiddlepanels theshaded aereas
observations. enclose thet1o values around the corresponding model averages. In
In the upper panels of Fig. 15 we display the evolution dfie bottompanel, the thin (red) and thick (green) disk metallicity-dis
[a/Fe] (lefty® and [QFe] (right) vs [F¢H] for all the stars cur- tributions (solid curves) are compared to the correspandinserved
rently present in the radial bin=8+0.25 kpc (solid curve) and ©nes (red and greaiotted histograms Data in the left bottom panels
for those born in situ (dotted curve). As expected, the cofve frowsﬁ‘d'gtega(ggig;: (Iﬁoﬂlé Ii?tle?)cirs],g 'T;Qenﬂgnhgebrcs’ttfgm‘;mé?smk
the [a/Fe] evolution of_the in situ stars lies I.owerthan the one o art))/itrarily reduced by a factor of 3 to match roughly thade re-
all the stars pr(_esent in the solar cylln_der, the .Iatterffecae.d sults, since the adopted selection criteria in that workifélve presence
by old stars migrated from inner regions, which have highgf hick disk stars in the sample (see text).
[a/Fe]for the same value of [Ad]. The same holds for [Be].
In the middle panels of Fig. 15 we display separately the
evolutions of the "old" stars>@ Gyr, aka thick disk) and of
the "young" stars €9 Gyr, aka thin disk). As expected fromto the one of the thin disk at higher metallicities. Our agera
the results already presented in Fig. 11, thick disk stavercotrends of f/Fe] vs [FgH] are in good agreement with the data
a wide range of metallicities extending to approximatellaso of Adibekyan et al. (2013) both for the thick and the thin disk
while thin disk stars appear around [F§~-0.8 and extend up and we consider this to be a successful test of the idea that th
to [FeH]~0.4. The former have highewr/Fe] values than the thick disk can be identified with the component of the diskeold
latter and never reacly[Fe]<0.1, in rough agreement with ob-than 9 Gyr. We notice that the modeloddispersion of §/Fe]
servations. In fact, thefFe] evolution of the total stellar pop-of the thick disk is larger than the corresponding one of e t
ulation (solid curve in upper panel) coincides with the offie @isk.

the thick disk at low metallicities and converges prognedgi In the case of the thin disk, the evolution af/Fe] corre-

3 We assume thatofFel=(Mg/Fel[Si/Fe]y2, although Adibekyan sponds practically to the one of the situ formgd stars (the
et al. (2011) assurtﬁ[{a tr]lagz[/[:g]z([Hg/Fe}g[)/s,i/Fe}F[Ti?,:e]y3; hg\,_ dotted curve, same as in the upper panel), an importantréeatu
ever, the adopted massive star yields of Nomoto et al. (203} also
other yields, e.g. Woosley & Weaver (1995) - fail to reprogltise ob- * We classify stars in the sample of Adibekyan et al. (20119 thtn
served behaviour of Ti as anelement in the halo of the MW. For thatand thick disk by applying the criterion (dividing line inghO/Fe] vs
reason, we adopt twe elements with well behaved yields. [Fe/H] plane) suggested in Adibekyan et al. (2013).

T

] \'

A
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already identified in the work of Schonrich & Binney (2009a).
However, this does not imply that thin disk stars are mostly,gqq 77 " " T T 77T 7 T T
formed in situ: a large fraction of thin disk stars are fornied Star surface density Luminous stor surfoce density
other galactic regions and migrated in the solar neighbmeath
during the last 9 Gyr. But in the beginning of that period, the. 100
value of [p/Fe] all over the inner diskwvas already reduced to &
~0.2 - because of the previous activity of SNla - and it evolve
very slowly afterwards (see Fig. 11, bottom panel). ~ 10

Our results for [@Fe] vs [F¢H] are displayed in the right 1:_1(”(@ o)
top and middle panels of Fig. 15 and they are compared with the | #(%9;( ? J 8
IC yr 3

data of Bensby et al. (2013) The behaviour is qualitatively, but E
not quantitatively, similar to the one atfFe]. Although oxygen
is ana element, its evolution is slightly ffierent from the one of
[a/Fe] here, because we included Si in the definitionagFE]:
a non-negligible amount of Si is produced by SNla, while this
is not the case for oxygen. As a result/F@] varies more than
[a/Fe] extending both to higher and lower values. However, de-
spite the resulting large variation of [Be], our results do not
match satisfactorily the data of Bensby et al. (2014) which e
tend from [QFe}>0.6 to values lower than -0.2. The decline of
[O/Fe] in the data is much steeper than in our model. Itfisodilt
to say whether this discrepancy is due to the model (inadequa
yields or SNia rates) or to the data (uncertainties in thegery
abundances).

In the bottom panel of Fig. 15 we present the resulting met&il9- _16. Thins vs. thick diskLeft: Stars plus stellar remnantRight:
licity distributions for the thin and thick disk, and we coarp Luminous stars onlyTop: Present day stellar profilemiagenta Total;

: reen (thick disk); red: thin disk. In all curves, there is an attached
them to the data of Adibekyan et al. (2013) (left) and Bens st-fit exponential (dashed line of same colour) in the &gclrange,

_et al. (2014) (right). The metalllcr[y dlstrlbuthn_ of thieick disk with scalelengths and column densitieRgt8 kpc as reported in Table
is already presented in Fig. 14 (top panel): it is the curveeso 3. gottom: Cumulative fraction of the thin and thick disk masses with
sponding to stars old than 9 Gyr. It is quite broad, it extemals respect to the correspondning total disk md&gs: Minin(< 1)/Maisk

to [Fe’H]~0 and it peaks at [FEl] ~-0.6 to -0.5. the thin disk MD (red curve) andViic(< 1)/Muaisk (green curve) as a function of radius

of the model is much narrower, it extends up to/He-0.45 and

it peaks at [FEH]~O0.

The thin disk MD is in excellent agreement with the data of ] ] )
both Adibekyan et al. (2013) and Bensby et al. (2014). Astfer t Mostly in the region between 5 and 8 kpc (see upper panel in
thick disk MD, it extends only up to [F&l]=0 and thus it does Fig. 10). The spatial distribution of the old stellar pogida (>9
not reach the metallicity range dfigh-alpha metal-rich stars GYr, i.e. the thick disk according to our assumption) hasbee
(hamt) in the sample of Adibekyan et al. (2013), which appeapétered by that process qonS|derany more than the one of the
to be bi-modal in that respect; this bi-modality, which has$ yyoung stellar population: it presents a more pronouncehfiu
to be confirmed, cannot be explained in the framework of otffan the thin disk in the region 5-8 kpc.
model. The sample of Bensby et al. (2014) is biased in favor of The surface densities of staremnants of the model in
thick disk stars (it contains 234 stars in a total of 629), @ vihe solar neighbourhood are 10.M¢*, 28 Mo/pcand 38
reduced the proportion of its thick disk a factor of 3, to lorih - Mo/pPc?, respectively for the thick disk, the thin disk, and the
in agreement with our results in Fig. 15. total (thin+thick). In comparison, the recent work of Bovy

The results of Fig. 15 confirm the suggestion of Schonriéh Rix (2013) who analyzed the dynamics of 16 269 G-type
& Binney (2009a) that radial migration can explain the twgwarfs from SEGUE (sampling the radial range 5 kpa <
branches observed in the ] vs [FgH] relation. They also 12 kpc) leads to a dynamically determined surface density of
provide further support to the idea that the local thick disls Stars-remnant<Z.=38+4 Mo/pc’atr=8 kpc. In our case, stellar
formed by that process, since they reproduce succesdfillpt emnants contribute for_ 5 Mpc?, and stars still shining for 33
cal distributions of both the thick and the thin disk. HowgveMo/Pc(our IMF extending from 0.1 M to 100 M, we have
the absence of any features in our model (either morphaabgif© brown dwarfs included). We notice that in their analydis o
or kinematic) concerning the direction vertical to the @tita the local surface density contributed by mono-abundange po
plane, does not allow us to explore further this issue. ulations, Bovy et al. (2012a) find a total surface density-con

We now turn to the radial distribution of the thick and thifffibuted by stars oE.=30+1 Mo/pc, which depends slightly on
disks in our scenario. In Fig. 16 we show (upper panel) thiatadthe adopted IMF: for a Kroupa (2001) IMF, they obtain=32

surface density profiles of stars older and younger than 9 Gike/PC’. in excellent agreement with our results. The respective
respectively, after radial migration. The region thatffered" ontributions to the surface densities of the thin and tklicks

mostly from radial migration, being depleted by its stasstie 2PPearin Table 3. Locally, the thick disk (defined as inaigdill
region between 2 and 4 kpc, i.e. the bar corotation regiaxrsStStars older than 9 Gyr) contains aboy# df the column density

from that region have migrated both to the bulge and outwar@€ the thin disk. The total baryonic surface density in thiaso
neighbourhood, including 13.2 }ypc? for the total gas, is 51.2

5 We use the criterion suggested by Bensby et al. (2014) forlgssi- Mo/pC’. This is in agreement with the local baryonic contribu-
fication into thin and thick disk, namely probabilities hegtthan 2 for tion of Zgas + £,=55+5 Mo/pc® estimated in Zhang et al. (2013)
the former and smaller than 0.5 for the latter. Of Zgas + .=51+4 Mo/pc? estimated in Bovy & Rix (2013).

1

Cumulative fraction f(<r) Cumulative fraction f(<r)

0.8

Thin

Thin ]

Thick

[

4 8 12 16 4 8 12 16
Radius (kpc) Radius (kpc)
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Table 3. Properties of the Galactic disks>2 kpc). length of our thin disk is substantially smaller than those o
: i tained in these studies.
Thin _Thick Total As already discussed extensively in the literature (e g &Ri

Z(8kpc): Stars 245 85 33 Mpc Bovy (2013) and references therein) the radial extensichef
X(8kpc): StarsRemnants 28 10 38  Mpc thin and thick disks can be used to constrain various saeari
¥(8kpc): Remnants 3.5 15 5  ypc for thick disk formation. In particular, the lack of highstars
Scalelength: Stars 2.7 1.8 2.35 kpc atr >10 kpc and large distances from the plane, constrains the
Scalelength: StagfRemnants 2.7 1.65 2.25 kpc strength of migration due to transient spiral structureainnot
Mass: StarsRemnants 2.2 1.2 3.4 YoMmbe very dficient beyond that distance. In our case, the thick disk

has a short scalelength and thfaency of radial migration is
indeed small beyond=11-12 kpc, as seen in e.g. the profiles in

The surface density profiles of the thick and the thin disks the top and middle panels of Fig. 10). However, the thin disk

our model, as well as the total stellar one, cannot be fitted wappears also to be shorter than in the observations.

single exponentials over the whole radial range of 3 kpc to 16 The lower panels of Fig. 16 display the corresponding cumu-

kpc. The reason is the depletion of the inner disk due to fadiative fractions of the thin and thick disks as a function &f-d

migration (but also due to gas flows away from bar corotatiaancer. As already stated in Sec. 3 and Fig. 4, we define here the

at late times). We obtain, however, rather satisfactorywite  disk as the region of radius>2 kpc, the region inside belonging

a single exponential for a limited radial region, here tat®ebe to the bulge. The resulting fractionsfi@ir very little in the two

between 5 and 11 kpc. The best fit results for the thin and th&ses (starsremnants and stars only): the thick disk contributes

thick disks and their sum, both for the case of luminous staiknost as much as the thin disk in the inner Galaxy (where a

and for stars plus stellar remnants, appear in Table 3 anijin Harge fraction of the stars was formed in the first 3 Gyr) aad it

16 (as dashed lines). contribution gradually lags behind the one of the thin disthw
The scalelength of the total (stars plus stellar remnaigg) dradius. On the total, the thick disk weights about half thessna

of our model (2.25 kpc) is in excellent agreement with thenec of the thin disk, i.e. their stellar masses are 1.2, and 2.2

dynamical estimate of Bovy & Rix (2013) for the Milky Way:10'° M, respectively.

2.15+0.14 kpc. We notice that their analysis of the combina- The derived mass ratio of the thick and thin disks of the MW

tion of constraints from rotation-curve shape and surfd@esity M ;./Min ~1/2 is substantially higher than expected from ob-

measurements leads to a local value for the rotational itgloC  servations of external disk galaxies by Yoachim & Dalcanton

Ve = 218+ 10 knys, which is not very dferent from the value (2006): they find that Mick./Minin. iS @ decreasing function of

of 212 knys of our model (see Fig. 5). The total stellar mass @fie rotational velocity of disks, ranging from 1-2\& ~70 knys

our disk is lower than the value of 4.6 M, obtained by Bovy to 0.2 atvc ~200 knys; the ratio we find is almost 3 times larger

& Rix (2013), because they obviously include the regiondasi than the latter value. On the other hand, basedpitzerob-

2 kpc in their calculation of the disk mass, while we do not inservations of a sample 6f30 galaxies, Comeron et al. (2011)

clude it. For those reasons, our estimate of the total steiék find that thick and thin disks have, typically, similar mass@ur

mass of 3.4 18 My (end point of our calculations in Fig. 2) cor-value of 0.5 lies between those two results.

responds to the total stellar mass outsid@ kpc. If we add the

final stellar mass 1.3 1M, that we find inside 2 kpc, we ob- _ ) S

tain a total stellar mass of 4.7 M, again in agreement with 4-4. Abundances in local thin and thick disks

the estimates of Bov_y& Rix (2.013?‘ Up to now, we used only two elements, namely O and Fe, to
We find systematically a thick disk more centrally condenseg,qy the chemical evolution of the MW disks. These are key
than the_ thin d|_sk,_|.e. with ascalelen_gth shorterldykpc. The  glements in galactic chemical evolution studies, becalieg t
reason is the inside-out star formation of the Galaxy: t ole ghyndant and easy to measure. However, the evaluation of
stellar population is more centrally condensed than thegou,,ygen abundances in stars is not straightforward (seeteg.
one and radial migration does not change that feature (@ho ,onqgraphy by Stasinska 2012 and references therein)e whil

it certainly attenuates i). . N . the evolution of Fe is fiected by uncertainties on its massive
The scalelength of the stellar thick disk in our model is og4, yields and on the rate of SNla.

the lower side of the values derived recently from obseowsti '\ eth of data from recent and forthcoming surveys will
Bensby et al. (2011), analysing high quality spectra of iad§ 515,y one to explore the diagnostic potential of many moee el
from the inner and the outer disk, showed that for Galactimimen ments - produced mainly in massive stars - complementirg thu

distances beyond 10 kpc, only chemical patterns assoaidtied 1, information obtained from O and Fe. Such observatiotis wi
the local thin disk are found, even for stars far above th@G@l 5154 help to constrain the stellar yields, whictfeu still from

plane. They evaluated the scalelength of the thick diski®@c, |5,qe uncertainties in some cases (see Romano et al. (201) f

assuminghat the one of the thin disk is 3.8 kpc. recent study of the impact of stellar yields on the chemivat e
Cheng et al. (2012) studied thelFe of 5620 stars from i of the MW). As we emphasize in Appendix C, the yields
the SEGUE survey in the region of galactocentric distances® Nomoto et al. (2013) that we adopted here are particularly
< R/kpc < 16 and distance from the plane 0.%5Z|/kpc < aqapted to the study of the galactic disk, because they @ver
1.5. They found that the high-(thick-disk) population has a njtorm grid of 6 initial metallicities Z=0, 0.001, 0.002, 0.004,
short scale length: 1:82 kpc), while the the lows population § gog .02 and 0.05, i.e. from 0 to about 3 times solar); they

(associated with the thin disk) has a scalelength of 3.4 J”z‘pc-grovide a uniform and fine metallicity gfictovering the metal-
similar analysis of Bovy et al. (2012b) finds somewhat larger

values (2.0_&0.05 k_pc for the thick and 3@-_2 k_pC for the thin ‘s yniform in the sense that yields from both low mass and massiv
disk) but with considerably smaller uncertainties. Oulegior  stars are provided for the same metallicities. Fine in thssef having
the scalelength of the stellar only thick disk (1.8 kpc) ig00d several data points within a small metallicity range (in gadthmic
agreement with the aforementioned studies ; however, tilescscale).
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Fig. 17. Average composition of 4.5 Gyr old stars in the solar neighrig. 18.[X/Fe] vs [F¢H] for various intermediate mass elements in the

bourhood, elementatdp) and isotopic potton) compared to the ob- solar neighbourhood: comparison of the average stellangances of

served solar composition. Most elements and isotopes apectiuced the model to data of Adibekyan et al. (2013). The data aré Bt

within a factor of two of their solar value. The corresporgiiralues for thick disk (green) and thin disk (red) according to the pripgion of

the local ISM 4.5 Gyr ago are0.1-0.15 dex lower for all elements butAdibekyan et al. (2013), in the middle panel of their Fig. Phe model

H and He. No normalisation of the results is made here. results are normalised such as the average abundance lostarsicof
age=4.5 Gyr that are present today in the solar neighbourhoodlés s
(see text).

licities encountered all over the Milky Way during the mgjper-

[Loed(fgt'ésr :\ljlt\e/v'l;z;)gﬁgable a detailed study ofboth the irned ceed then with the analysis of thin vs thick disk as in the jotey
' section for O vs Fe.

The yields presented in Nomoto et al. (2013) have also some We dis PR ;
X . ! play our results in Fig. 18, and we compare them with
flaws, as other sets of yields used in GCE studies, e.g. WpOSl@ 5 from the survey of Adibekyan et al. (2013) for the lobai t
& Weaver (1995). Figure 17 presents our results for the &€era, j hick disks. It can be seen that the observations af thle

composition of local stars of 4.5 Gyr. As discussed in presio o anis are nicely reproduced in the framework of our model:
e model accounts quantitatively for the evolution of Mg, S

sections, the O and Fe abundances are very close to solangn
possible the analysis of Sec. 4. For other elements, NOWBer -5 a0 Cr in both the thin and thick disks. A qualitative agree
situation is less satisfactory: this is the case for all @etabe- o is 5150 obtained for the cases of Na and Al, while Co and
tween (and including) P and Ti and most of their isotopescivhiji yanroduce well the data for the thin disk only. In contréise

are severely underproduced. Obviously, if the yields waken 46| ails to reproduce Ti (which behaves observatioreslgn

at face value, the observed evolution of those elementabres. « element), V, Mn and Co. The failure of the adopted yields o re
Fe&/H would not be reproduced. produce these observations does not necessarily implytéa

We assume here that the isotopic yields of Nomoto et &.something wrong with the yields, at least not in all casdter

(2013) diter from the "real life" yields by various factors (ofall, the solar abundances of a large number of elementsstill

the order of a few), but their metallicity dependence is ectr fer from systematic uncertainties and are subject to rewigee

We correct for those factors by normalising the average aampe;g. Scott et al. 2014 for the Fe group elements). Crosskshec
sition of local stars 4.5 Gyr old to be exactly solar and welappwith respect to other observational data (concerning keeghélo

the derived correction factor for each isotope to its evotuat stars) should be made and the role of the IMF investigated be-
all places. In that waywe force all isotopic abundances and rafore concluding. We notice here that there is certainly dfenm

tios to be exactly solar for an average local star of age 4.5 Gywith the Nomoto et al. (2013) yields for the cases of Ti and V,
because we assume that the Sun is such an averag®&gro- as can be seen from Fig. 10 in that work, where comparison is
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gradually by infall of primordial gas in the potential welf a
"typical" dark matter halo of final mass ¥M,, the evolution

of which is extracted from numerical simulations (Sec. 25tar
formation depends on the local surface density of molegdar
which is calculated by semi-empirical prescriptions oftB&
Rosolowsky (2006) (Sec. 2.1.3 and Appendix B). For the tadia
flows of gas, we consider only the case of a MW-like bar op-
erating for the last 4 Gyr and driving gas inwards and outward
of corotation (sec. 2.4). We consider separately the efpocym-

tion of stars (blurring) from the true variation of their dirig ra-
dius (churning). For the former, we adopt an analytic foiamal
based on the epicyclic approximation; for the latter, wepado
a parametrised description, using time- and radius- degpr@nd
diffusion codficients, extracted from a N-boegPH simulation
and adapted to the case of the MW disk (Sec. 2.3). For the chem-
ical evolution, we adopt recent sets of yields from Nomotal et
(2013), providing a homogeneous and fine grid of data, well
adapted to the case of the MW disk (Appendix C). We adopt
the formalism of Single Particle Population, which is thdyon
one applicable to the case of radial migration, since italto
consider the radial displacements of nucleosynthesisssand

in particular of SNla (Kubryk et al. 2013).

We compare our results to an extended set of observational
data, concerning the global evolution of the MW, the present
day radial profiles of various quantities and the solar ddin
We adopt recent data sets for the radial profiles of the atomic
and molecular gas (Appendix A) and the SFR (Appendix B).
For the mass and SFR evolution of MW-like disk galaxies we
consider the results of van Dokkum et al. (2013). For thelloca
evolution, we adopt data from the surveys of Adibekyan et al.
(2011) and Benshy et al. (2014), including age-metallicita-

Fig. 19. [X/Fe] vs [F¢H] for various intermediate mass elements ir%lr?: ?ﬁlrr]\“;tr?(lj“?;ltl)ézlg Iggfsu tllc:)irrl]zlia; (ilco\/ra{rl]oeuzczli)éjlgﬂg?&m;fm%ﬁ

the solar neighbourhood: comparison of model to data of Beesal. . h . . '
(2014) The data are splitinto thick disk (gre@n2) and thin disk (red, Surface densities of the thin and thick disk, we considerdd d

P <0.5) according to the probabilitiga given in Bensby et al. (2014). from the analysis of Bovy et al. (2012b).

[X/Fe]

[X/Fe]

[x/Fe]

The model results are normalized such as the average almedeer all Our model reproduces well the present day values of all the
stars of age4.5 Gyr that are present today in the solar neighbourhoaaain "global” observables of the MW disk and bulge (herertake
is solar. to correspond to regions outside and insiéde® kpc, respec-

tively), namely: stellar, atomic and molecular gas masses
ofinfall, SFR, CCSN and SNla (Fig. 2). We obtain a higher mass
cR‘ Hl and H; in the bulge than observed and a CCSN rate on the
6w side of the observations, due to tour use of a steep IMRdn t
massive star range (slope=1.7). We obtain a very good agree-
ment between the model evolution of the bulge and disk stella
ass and the corresponding observations of the "stackdalevo
l6n" of MW:-type disks of van Dokkum et al. (2013) (Fig. 3): in

made of a simple GCE evolution model with halo and local di
data: it is obvious that, even after normalisation to sofues,
the observed evolution of Ti and V can not be reproduced.

In a similar vein, we compare our results to the data of t
Bensby et al. (2014) survey in Fig. 19. The agreement of t

model to observations af-elements Mg, Si and Ca is excellentthe light of these data, the MW appears as a fairly averade dis

as in Fig. 18; in contrast, the evolution of oxygen is poody r éllaxy. We notice, however, a deficiency, of the order of 20% |

X ! . a
produced, as discussed in Sec. 4.3. The agreement with Al %q earl . :

X e o . : y SFR of the model with respect to the observations.
Na is qualitatively, but not quantitatively, good and thidufiee in The present day profiles of stars, gas (HI andl ISFR and

the case of Ti as bad as before. ; . X
- L ; : : tational velocity are also well reproduced by the modéj.(F
We notice th?t the. separation into thm and thick disks . As expected )(/e.g. Friedli & Ber?z 1993) ragial gas flcgf/j;/g in-
made on the basis ofﬁlerept criteria in Adibekyan et al. (201.3)duced by the bar flatten the gaseous profile in the region 36 kp
and Bensby et al. (2014): chemical vs kinematic, respdgtive (9 consequently, the corresponding profiles of SFR ahti O

Despite that, there is rather good agreement between the ?Iﬁ o X )
deta Sets, maing  compariso of model 0 e data meainafl 1P 165 et hestue ol e e o She
Here we attempted such a comparison for the first time, srg)wﬁ’\ y

the important potential of such detailed observations tstrain and Fe in the inner regions, but SNIa driven inwards comptensa

X . ; for the Fe dilution by releasing their own Fe. An inspectidn o
both stellar yields and evolutionary models for the MW disk. Fig. 5 shows clearly that the radial profiles in the inner diak

constrain significantly the extent of gaseous and stellaiang
induced by a bar in the 3-6 kpc region. Taking at face value the
present-day uncertainties in all those profiles we can saytlle

In this work we present a model for the evolution of the MWelocity values that we adopted for the radial flow of gas (Fig
disk, involving radial motions of gas and stars. The MW idtbui6) are close to the upper limit of what should be expectedhdf t

5. Summary
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Galactic bar has operated for the past few Gyr, it must have that stars of dferent ages and filerent birth radii contribute to
ducedazimuthally averagedadial velocities of the gas of lesssome extent to all metallicity bins (Fig. 14).

than ~0.5 km's (of course, radial gas velocitiedong the bar To handle the issue of the thin vs thick disk we adopt a simple
would have higher values). The abundance profiles of other efiterion already suggested in the literature, namely agether
ements and their evolution will be considered in a forthamni reason for that choice being the absence of the z-direationii
paper (Kubryk et al. 2014). model, making it impossible to use kinematic or spatial guan

The main focus of this study is the impact of stellar radial miities in that direction)We assume that stars older than 9 Gyr
gration on the properties of the Galactic disk. We find thathw belong to the thick disk and younger ones to the thin.dislat
the adopted scheme for radial migration (blurreurning), the Simple criterion allows us to reproduce fairly well the otvsel
regions mostly fiected are those in the range 4-12 kpc and [#/Fe] vs. F¢H behaviour of starslassified as belonging to the
particular the zone between 5 and 9 kpc. Stars in those regi#tin and thick disks on the basis offérent criteria(chemical
are formed on averagel-2 kpc inwards of their current posi-Or kinematic); at the same time, we reproduce the correspgnd
tion and are, on average1-2 Gyr older than locally formed metallicity distributions, very well for the thin disk andtssfac-
stars (Fig. 10). This implies, in particular, that the Sursyweob- torily for the thick disk (Fig. 15). Both results provide aig
ably formed~1.2 kpc inwards of its present positionRf=8 kpc  SUppOrt to the idea that the thick disk is simply the earlyt pér
from the Galactic center. The average metallicity in thaioe the MW disk (corresponding to the first few Gyr of its forma-
4.5 Gyr ago was [Féf]~0, while the local gas metallicity at thatt'O_n) a_nd that the local thlcl_< disk r_esults largely from tlaelial
time was~0.15 dex lower (Fig. 11). This explains quantitativelynigration of stars from the inner disk.

why the present day local gas metallicity - which has inaedas  We evaluate quantitatively the radial structure of the #nd
since then by 0.12 dex - issolar today. thick disks in our model. We find that, because of the inside-

iQpt formation adopted, the thick disk has a considerablyteho
ﬁgalelength than the thin disk (Fig. 16), despite the faat th
as undergone a much more important radial migration than th
latter. The local surface densities of both disks are in kete
greement with recent evaluations and this is also truehfer t
calelength of the thick disk; however, we obtain a thin itk
'“F scalelength shorter byl kpc than the one observationally de-
ermined. Overall, the thick disk accounts fg8 Iof the total
stellar disk and for 4 of the local stellar disk surface density.
Finally, we investigate in detail the evolution of severate
mental abundances in the local thin and thick disk and we com-
. L . pare our results to the large data sets obtained from reoent s
(half the size of our radial bin), perpendicular to the Galac ey Wwe argue that such a study requires fine and homogeneous
tic plane and centered on the solar position, at Galactocen- qs of stellar yields (such as the one provided by Nomogd.et
tric distance Ro=8 kpc. We do not apply any selection biases 5413) adopted here). We find that several observed feitge
on those results in order to compare with specmc observa- o hehaviour of 4/Fe] vs FgH, can be reproduced fairly well
tions. For that reason, a successful comparison to obsenva-fo poty the thick and thin disks, but the situation is muctsle
tions does not imply that the model is necessarily correct, gaistactory for other elements. Current and forthcomiaigén
only that it possesses potentially interesting features. this field will provide powerful constraints on stellar neckyn-
We show quantitatively that - at least in the framework of thihesis and the overall evolution of the MW disk, especialhew

model and with the caveat of the previous paragraph - epicyatombined with kinematic and spatial information.
motions cannot produce the observed metallicity dispersio ]
contrast, our adopted radial migration scheme reproduedls wAcknoweledgmentsVe are grateful to T. Bensby for provid-
available observations of dispersion in the age-metsfligila- N9 data before_thelr_publlcatlon and advice on their use. EA
tion (Fig. 12). We argue that this observable provides ortaef acknowledges financial support to the DAGAL network from
most powerful probes of the extent of radial migration in th&e People Programme (Marie Curie Actions) of the European
MW and it should be scrutinized in future observational dret t Union's Seventh Framework Programme FRID7-2013under
oretical studies. On the other hand, the localiH€] abundance REA grantagreement number PITN-GA-2011-289313 and from
ratio is found to have very little dispersion with age, makina the CNES (Centre National d’Etudes Spatiales - France). We

much better proxy for age than [F; this is also true for other &S0 acknowledge partial support from the PNCG (Programme
[/Fe] ratios. National Cosmologie et Galaxies - France).

As already shown in previous studies, we find that rad
migration brings mostly old and metal-poor stars in the s
lar neighborhood, thus flattening the age-metallicitytieta It
also increases considerably the dispersion in metallaigyvery
age, making it larger with age, as found in Sellwood & Binne
(2002); however, dispersion decreases for the oldestistang
model, because they originate from the inner regions which
derwent a rapid and fairly similar evolution.

We emphasize that the local observables of our model
concern the so-called "solar cylinder”, that is all stars faund
in the end of the simulation in a cylinder of radius 0.25 kpc

We analyse the origin of the stellar populations presently
found in the solar neighborhood as a function of their metaj- A ; :
licity (Fig. 13). We find that, at all metallicities, starsearl Gyr ‘%ppendlx A: Gas in the MW disk
older, on average, than locally formed stars of the samelmeta Fig. A.1 we present the data adopted for the gas profiles
licity; they also display an age dispersion-0f-3 Gyr around of the MW. Atomic hydrogen (HI) is displayed in the upper
the average age. Cleary, radial migratidieats dramatically the panel and molecular hydrogen {Hs displayed in the middle
relation between age and metallicity, allowing for youraystof panel. In both cases, data are from Dame (1993),0lling & Mer-
low metallicity to co-exist with old stars of high metalligi In rifield (2001) and Nakanishi & Sofue (2003). The data havenbee
our model, the less metallic local stars a1l Gyr old and orig- rescaled to a distance o$R8 kpc of the Sun from the Galactic
inate, on average, from the regionrat5-6 kpc, while stars of center. Notice that Olling & Merrifield (2001) adopted theukks
solar metallicity are-4.5 Gyr old and originate from ~7 kpc. of Wouterloot et al. (1990) outside the solar circle and ¢hok
The most metallic local stars ([F4]~0.3-0.4 Z) are 3-4 Gyr Bronfman et al. (1988) inside it. The bottom panel showsthe t
old and originate from the inner Galaxy,rat-2-3 kpc. We find tal gas surface densiBs=1.4(HI+Hy), the factor 1.4 accounting
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Fig. A.1. Surface density profiles of atomic hydrogen HI(top), molecuFig. A.2. Average profiles of the previous figufBop atomic and mole-
lar hydrogen H(middle) and total ga&c=1.4 (HI+H,) (bottom). Disk cular hydrogenmiddle total gas ;bottom fractions of gas (solid) and
data (beyond 2 kpc) are from: Dame (1993), solid; Olling & kiter molecular gas (dashed). For the latter panel, an expohsteitar den-
field (2001), dotted ; and Nakanishi & Sofue (2003, 2006)hdds The sity profile with a scale-length of 2.3 kpc normalise&t¢R=8 kpc)=38
dot-dashed curve in the HI panel corresponds to data frorbdfla & M/pcis adopted, while the molecular fraction is evaluated wita t
Dedes (2008) and in thehbanel to data from Pohl et al. (2008). Bulgeformalism of Sec. B.

data (inner 2 kpc) in all panels are from Ferriere (2001).

Table A.1.Gas in the MW disk (2-19 kpc) in 20M,.

for the presence 6f28% of He. In all panels, the data for the in- HI H, Total*

ner Galaxy (R2 kpc) are from Ferriére et al. (2007) and they Dame (1993) 3.25 1.12 6.10

are provided for completeness, since the evolution of thgebu Olling & Merrifield (2001) 5.85 1.21 9.90

is not studied here. Nakanishi & Sofue (2003, 2006) 2.75 0.71 4.86
Despite systematic fierences in the data, the gas profiles ingﬁ'hbleét'z f‘ (nggf (2008) 7.7 055

the three panels of Fig. A.1 share some common features: Adopted average 4902 09035 8235

- The HlI profile is essentially flat in the 4-12 kpc region.

- The H; profile displays the well known "molecular ring" in
the 4-5 kpc region and declines rapidly outwards.

- The total gas profile is approximately constant (or slowlgppear in Table A.1. The derived masses appear lower than the
declining outwards) in the 4-12 kpc region; it is more rapidlones obtained with the mass model of the ISM in the Milky Way
declining inside the molecular ring, as well as outside 18, kpof Misiriotis et al. (2006), who find total masses ol)41.3 x
where it has a scalelength of 3.75 kpc (Kalberla & Dedes 20089° M, and My =8.2 x 10, respectively, but they match the FIR

In order to minimize systematic uncertainties in the folowemission of the whole Galaxy, whereas we quote here results f
ing, we shall adopt as the "reference gaseous profiles" for the 2-19 kpc range; there are considerable amounts of Hein th
MW disk the averages of the aforementioned observed profiriger disk, as discussed in e.g. Kalberla & Dedes (2008).
as a function of galactocentric radius. They appear in Fig, A We find then that the Galactic disk has a total gaseous content
top panel for HI and i and middle panel for the total gas. Wedf ~8.2£3.5 10 Mgin the 2-19 kpc range. Assuming an expo-
adopt as a typical uncertainty in each radius, either 50%ef thential stellar profile with a scalelength+.3 kpc for the MW
average value (typical statistical uncertainty in e.g. &aghi disk, normalised to a local (R8 kpc) surface density. =38
& Sofue (2006) or half the dierence between the minimal andlo/pc® (Flynn et al. 2006), we find a total stellar mass of 3.2
maximal value in each radial bin (whichever is larger). Tae r10"® M and we obtain the radial profile of the gas fraction

sulting values for the total galactic content of Hl; ldnd gas ch(R)zﬁ. It is displayed in the bottom panel of Fig. A.2

1: Total includes 0.28 of He by mass fraction.
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é Fig. B.2.it Top: SFR surface density vs total gas surface denkfy) (
= and vs. H (right) for the MW disk, in the region between 2 and 13 kpc.
In both panels, curves represent the same quantities ag.iBHi; the
0.1k _ long dashed curve (SERE(H,)) corresponds quantitatively to the fit of
e Bigiel et al. (2008) to extragalactic data and fits quite wedl adopted
0 4 . 8 12 16 "observed" SFR profile in the MW disBottom The "observed" SFR
Radius (kpc) vs. gas relation in the MW is compared to a compilation ofagatactic

data from Krumholz et al. (2012).

Fig. B.1. Top Observed surface density profiles of various SFR trac-
ers (see text); the dotted curve - with no error bars- is tredyéinal

form suggested by Green (2013) and it is here adopted assesyiee . . . o
tive of the MW SFR profileMiddle: Theoretical or empirical SF ratesformatlon tracers for the MW provided in Boissier & Prantzos

compared to the adopted profile of SFR tracers (the dottecgedoom (1999), who considered HIl re_gions, but also pulsars ar!érsup
the upper panel); all profiles are normalised to the samesval®=8 novaremnants. Here we consider such tracers related tavmass

kpc. Bottom ratio of the theoretical or empirical profiles to the adapteShort-lived, stars and their residues: pulsars, supememuaants
observed one. (SNR), and OB associations. Those objects have ages upwo a fe
My for SNR and up to a few tens of My for OB associations and
isolated radio-pulsars, so they can probe recent star tovma
Galactic radial distributions of luminous massive stats; p
sars, SNR and OB associations appear in Fig. B.1.The distrib
dflon of luminous massive stars is from Urquhart et al. (2013
tRe one displayed on Fig. B.1 is the average between the-south
((Pa n and northern hemisE)brLeres and is considered to be camplet
) r luminisities above 2 10L . The pulsar distribution (Lorimer
thell\rﬁlvghlztfosu;rgéo S;téll(y\(;\}e display the molecular fraC,[iOZOOA}; Lqrimer et al. 2006) c_on_tains more than 1000 puls_dts. A
v i ) ACUCHstributions have a broad pic in the region of the molecrifay
f2(R)=g, 4%, which shows a plateau of +0.65 in the region anq their radial variation agrees well with the much spadséa
of the molecular ring (3-6 kpc) and decreases strongly outsva of Williams & McKee (1997) on OB associations. Lorimer et al.
down to a few % (albeit with large uncertainties). (2006) proposed an analytical fit to the pulsar distributiehich
is in perfect agreement with the one proposed for the digidh
. . . of Galactic SNR in the recent compilation of Green (2013)owh
Appendix B: Star formation in the MW disk used 56 bright SNR (to avoid selectioffexts). The latter dis-

Star formation in the MW is discussed in the recent review &fbution (thick dotted curve, corresponding to model C it
Kennicutt & Evans (2012). They discuss only "traditionatit- Work) is also displayed in the upper panel of Fig. B.1 andvegi
ers of star formation, also used in extragalactic studies AIR  bY

emission. In their Fig. 7, they display a radial distributiaf the B
SFR, claimed to be based on data from Misiriotis et al. (200§} oy _ (5) ox
who made a full 3D model of the Galactic FIR and NIR emis- h R P
sion observed with COBE. Misiriotis et al. (2006) found that

their modelling of the IR emission corresponds to a SFE% whereRy=8 kpc and parameters. and G=5.1 (Lorimer et al.
and they compared their findings to a compilation of old st§2006) give B=1.9 and G5.).

and it is a monotonically increasing function of radiusefat-
ing as before the gaseous and stellar profiles over the disk
gion between 2 and 19 kpc we find an average gas fraction
06=0.20:0.05 for the disk. If the bulge (of stellar mas4.5
10'° M,, iand negligible gas) is also included, the gas fraction

el

(B.1)

R-Ro
=)
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There is reasonably good agreement between all the SRt the "observed" SFR increases almost linearly wighathd
tracers of Fig. B.1, with the exception of the one for lumisouhat the SFR proposed by Bigiel et al. (2008)%0.009%,/(10
massive stars of the RMS survey (Urquhart et al. 2013), whibh,/pc?), reproduces quite well the data [Notice that the mea-
differs considerably from the others inside 4 kpc (were selectisurement of Bigiel et al. (2008) concerrp ldurface densities
biases are expected to be more important, even for such luatiove 3 M/pc?, i.e. they correspond to the upper half of the
nous stars) and displays an unexpected enhancement in-thdigere; it appears that, at least in the case of the MW, that de-
gion around 9 kpc. Baring thosefflirences, we shall adopt Eqpendence is prolonged to even smaller surface densitietfjel
B.1 as the expression for the radial dependence of the SHR inthottom panel of Fig. B.2 the "observed" SFR vs. gas relation i
MW disk, after normalising it (by putting A3.5 My/kpc?y) to  the MW disk is compared to data of a sample of disk galaxies
the total SFR rate of the Milky Wa¥yw=2 Mo/y (Chomiuk & from Krumholz et al. (2012). It is clearly seen that the MWidis
Povich 2011): SFR corrsponds to a small range of gas surface densitiebasd t
the extragalactic data of SFR vs. gas cannot be used as guide t
the MW SFR; in contrast, data on MW SFR vs. tbver a larger

erf‘I’(R)RdR = Yuw (B.2) dynamical range of KHand dfer convincing evidence for a linear
relationship between the two quantities.

In the middle panel of Fig. B.1 we compare the "observed" In view of this observational support, both for the MW disk
SFR profile with various theoretical or empirical profilestire  (this work) and for external galaxies (Bigiel et al. 2008yhe
literature, which make use of the corresponding profilesefit et al. 2008), we adopt here a star formation law depending on
or molecular gas discussed in this section. All of them ame nghe H surface density. In order to calculate it in the model
malised to the adopted observed value of the SFR in the sd¥chemical evolution we adopt the suggestion (based on em-
neighborhood. pirical grounds) of Blitz & Rosolowsky (2006), that the rati

The most widely used SFR prescription is the so-calldo=H2/HI in a galactic disk dependson the mid-plane hydro-
"Schmidt-Kennicut" law, based on observations of quiesaad Static pressur@ey and is given by
active disk galaxies¥ « XX, where the gas surface densiy
runs over three orders of magnitude and the data suggéss. Ruol = Pext (B.3)

It turns out that this form of the SFR, witli=1.5 is too flat to fit o = Po '

the MW data: Misiriotis et al. (2006) find=2 from their mod-

elling of the IR emission of the MW. Also, it is well known that wherePy is a reference pressure, or, numerically
steeper function is required in galactic chemical evotutitod-

els in order to explain the observed abundance gradientein t Pex/k  |*9%010

MW disk. ol = [m]

Boissier & Prantzos (1999) adopted a law of the f&f(R) o
tational velocityV(R) and is attributed to spiral waves inducing  The mid-plane pressure is evaluated as
star formation with that frequency (Wyse 1986; Wyse & Silk
1989). On the other hand, models by Chiappini (2001) adopt 05
¥(R) o« ZrorZg’, whereZror is the total disk surface density Fext _ 545 o113k ( 2G )( %, ) ( UG )(h_)
(dominated in the inner Galaxy by the rapidly increasing-ste k 10 Mg /pc?/\ 10 My /pc? km/s/\pc
lar profile), and they introduced a cuffdn the SFR éiciency, (B.5)
below 2 My/pc. Both SFR laws appear also in the middle and
lower panels of Fig. B.1: they fit relatively well the "obsed’ j.e. it depends on the total gas surface der&ityhe star surface
SFR profile and it turns out that the corresponding model®repdensityx.,, the gas velocity dispersion; and the stellar scale-
duce satisfactorily several key properties of the MW disk. heighth,.

The aforementioned laws make use of the total gaseous pro-By adopting typical values ofg=10 knys andh,=300 pc
file of the disk. Based on a detailed, sub-kpc scale, obdenst and the gas and star profiles of Fig. B.3, we find a rather good

of alarge sample of disk galaxies, Bigiel et al. (2008) hawentl agreement between the observed and theoretically cadculat
that the SFR appears to follow the Burface density, rather thanmolecular fractions in the MW disk

the HI or the total gas surface density. In a companion paper,

Leroy et al. (2008) argued that the observed radial declinej _  Rmol

star formation #iciency is too steep to be reproduced only by? ~ Rmnol + 1

increases in the free-fall time or orbital time and they fdumo

clear indications of a cut#bin the SFR. as seen in the top panel of Fig. B.3. The resulting radial leofi
Following these studies, we check whether such a correspbh(R) = f2(R) Z6(R) and HIR) = [1 - f2(R)]Zs(R) also com-

dence between the adopted SFR and molecular gas profiles Ry favourably to the observed ones (middle panel). Firtak

holds in the MW disk. The comparison, presented in the middterresponding

and lower panels of Fig. B.1, is favorable to that idea: th& SF

follows the H profile to better than 30% in the 3-13 kpc rangey, oy _ 0,009 f,(R) Z:(R)
Fig. B.2 displays the data in aftirent way, namely SFR e 2 10 Mo /pc®

surface density vs gas (total or molecular) surface dessitn

the top left panel, it appears that the "observed” SFR véoies reproduces fairly well the "observed" SFR profile of the MW

steeply with the total gas density and it cannot be fit withna-si disk in the 4-12 kpc region, and somewhat less succesfutly ou

ple Schmidt-Kennicutt" lawf « 2&5; a strong radial depen- side that region (bottom panel).This agreement was alraaey

dence of the SFfciency, such as the aforementioned ones, tiged in Blitz & Rosolowsky (2006), albeit with older datarco

required to improve the situation. In the top right paned iséen cerning the gas and SFR profiles of the MW.

(B.4)

(B.6)

) Mo/kp&/yr (B.7)
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Fig. B.3. Top: Observed molecular fractiofy= e

(solidcurve) and Fig. C.1. Top Stellar mass vs. lifetimeMiddle: Stellar death rate af-

theoretical onedashed), obtained with the prescription of Eq. B.6 fromter an initial "burst" forming 1 M of stars:dN/dt = dN/dM xdM/dt,
the displayed gaseous and stellar profiléstied. Middle: Observed wheredN/dM is the stellar IMF anal M/dt the derivative of the curve
in the top panel. The thick portion of the curve (up~t85 My, corre-
sponding to a star of 8 By} is the rate of CCSN. The bottom right part of
the middle panel displays the corresponding SNla rate {the telay
2e/1.4 andx(HI)=(1-f,)x Zg/1.4. Bottom Observed SFR profiles in distribution or TDD) adopted in this work (thick curve); & & mixture
the MW disk, vs a theoretical SFRIgshedl curve), obtained from the of the Greggio (2005) formulation for the SD scenario up ® @yr
and an extrapolatios t* after that time, in order to fit the data points

(solid curves) vs. theoreticalashedcurves) profiles of HI and §i the
latter are obtained from the observed gas profile and thedtieally
evaluated molecular fractiofy (both in the top panel), as(H,)=fx

theoretical profile of the molecular gas in the middle panel.

Appendix C: Chemical evolution

from Maoz et al. (2012) (filled circles) and from Maoz et al0{R)
(squares)Bottom Time-integrated numbers of CCSN (thick portion of
upper curve), single stars of massBIM,(thin portion of upper curve)
and SNla (lower curve), as a function of time, for an initilalifst" of 1

Me.
In studies of galactic chemical evolution, the changes ef th °
chemical composition of the system are described by a system

of integrodiferential equations. Thmass of elemefgotope iin
the gas isn = mg X, (wheremg is the mass of the gas adglis

the mass fraction df and its evolution is given by:

d(mg Xi)

gt - -¥X; + E;i (+infall or outflow) terms

at a rate¥X;, while at the same time stars inject in the ISM th
element at a ratg;(t). Therate of ejection of element i by stars

is given by:

My
E(t) =f Yi(M) (t - 1) D(M) dM

My

(C.2)

in the form of elemeriisotope i tellar yieldof i from massM).
®(M) = dN/dM is the Initial Mass Function, assumed to be
independent of timé M is the mass of the smallest star that has
lifetime Ty = t andMy is the most massive star of the IMF;
Because of the presence of the tefttt — r), Eq.C.1 and
C.2 have to be solved numerically (except if specific assump-

i.e. star formation at a rat# removes elemeritfrom the ISM ions, like the Instantaneous Recycling ApprroximatioRAI-

Are made). The integral C.2 is evaluated over the stellasesas

properly weighted by the terd(t — 7y) corresponding in each
massM. It is explicitly assumed in that case thedt the stellar
masses created in a given place, release their ejecta irstirae

place

This assumption does not hold anymore if stars are allowed

to travel away from their birth places before dying. In thase,

the mas<(t) released in a given place of spatial coordinate
where the star of madd, created at the time- 7y, dies attime and at timet is the sum of the ejecta of stars born in various
t (if its lifetime 7y is lower thant) and relesases a maggM) placesR and timest — t/, with different star formation rates
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metallicity of the MW disk during its whole evolution except
perhaps, its earliest phases).

F ‘ ‘ H ejection rate " We adopt the stellar IMF of Kroupa (2002) in the mass range
1072 ¢ (Mg My™") 5 0.1-100 M, but with a slopex=-2.7 in the range 1-100 Mthe
10-4 L 7 "Scalo slope"), since the "Salpeter slope" of -2.35 ovatpoes

metals in the evolution of the Solar neighborhood. Moregter
105 ¢ = "Scalo" slope is similar to the one of the Integrated GataldtiF

Eoo E (IGIMF) suggested in e.g. Kroupe recent, which is apprdpria

£ for galactic evolution studies .
10~ ¢ E We adopt the yields provided by Nomoto et al. (201B)ey
10°F E concern both low and intermediate mass stars in the mase rang
108 F E 0.9 to 3.5 My(calculations from Karakas (2010)) and for mas-
107 . sive stars in the range 11-40MThey are particularly adapted
10-8 F - to the study of the galactic disk, because they cover a unifor

E i+ 3 grid of 6 initial metallicities Z=0, 0.001, 0.002, 0.004, 0.008,
1073 ¢ E 0.02 and 0.05, i.e. from 0 to about 3 times solar), allowing fo
104 F - a detailed study of both the inner and the outer MW regions.
10-5 b 3 This constitutes a clear advantage over other sets of widsely
10-6 F 3 yields (e.g. Woosley & Weaver (1995)). The massive star isode
107 E of Nomoto et al. (2013) have mass loss but no rotation; yiefds

E hypernovae (very energetic explosions) are also providewb

F—— do not use them here. We include all 82 stable isotopic specie
10-5 F - from H to Ge. We calculate their evolution and we sum up at each
10-6 2 3 time step to obtain the corresponding evolution of theinale-

tal abundances. We notice that the use of the yields in clamic
1077 ¢ E evolution calculations requires some interpolation in thass
10-8 F : - range of the super-AGB stars (6 or 8 to 11 M

S ST R ST B B =T I We force the sum of the ejected masses of all isotopes of a

10 100 1000 104 star to be equal to the original stellar mass minus the onleeof t

Time (Myr) compact residu (white dwarf, neutron star or black hole)sTh

is important in order to ensure mass conservation in thesyst
) - during the evolution. We interpolate logarithmically tHelgs in
Fig. C.2.Ejection rates of hydrogen, carbon, oxygen and Fe from aStFﬁetallicity and in the mass range between 3.5 and 11 &nd

lar population of 1 Mas a function of time. Yields are from Nomoto . . - .
et al. (2013).The curves representelient metallicities, as indicated inWe include a detailed treatment for the production of thétlig

the top panel . The dotted curves show the contribution oeSnisult-  nuclides Li,Be and B by cosmic rays (Prantzos 2012).
ing from a SSP of 1 M) to the production of those elements. For the rate of SNla we adopt a semi-empirical approach:
the observational data of recent surveys are well deschiged
power-law in time, of the formc t%, e.g. Maoz & Mannucci
) o L , (2012) and references therein. At earliest times, the DTinis
¥(t', R) forall stellar masseM with lifetimeszy < t-t’ Instead nowryuncertain, but a cutfémust certainly exist before the for-
of Eq. C.2, theisochroneformalism, concerning instantaneousnation of the first white dwarfs~35-40 Myr after the birth of
bursts" of star formation or_SlngIe .Stellar PopulationSk3, he SSP). We adopt then the formulation of Greggio (2005) for
has to be used then. Eq.C.2 is re-written as the single-degenerate (SD) scenario of SNIa. That forrmrat
reproduces, in fact, quite well the observations up-4e5 Gyr
Yi(M)dN (see Fig.C.1, middle panel). For longer timescales, wher&D
(T) (C.3) scenario fails, we simply adopt thie! power law. The corre-
-t sponding SNla rate at timefrom all previous SSP is obtained
wheredN = ®(M)dM is the number of stars betwedth and as
M+dM and¥(t-t")dt’ is the mass of stars (in M created in time ¢
intervaldt’ at timet’. The term dN/dt)._ represents the stellarrg  (t) = f P(t')DTD(t — t')dt (C.4)
death rate (by number) at timef a unit mass of stars bornin an 0

instantaneous burst at tinet’. The termY;(M)dN/dtrepresents . .
the corresponding rate of release of elelm'énﬂVI@/yr. As in GP2000 we adopt the SNila yields of lwamoto et al.

Expression C.3 is equivalent to expression C.2 and it is udd@99) for Z0 and ZZ,, interpolating logarithmically in
in N-body+SPH simulations (see Lia et al. (2002) or WiersmA€tallicity between those values. _
et al. (2009)), since it allows one to account for the ejeeta r N Fig. C.1 we show the results for a SSP concerning the
leased in a given place by "star-particles" produced with dStellar death rates, including the CCSN rate, the SNia raie-(
ferent star formation rates in other places (see main téxt).dle panel) and the corresponding time-integrated rateth e

incorporates naturally the metallicity dependence of tted- s 5
lar yields and of the stellar lifetimes, both found in themer low mass stars aneet yieldsfor all metallicitiesexceptZ=0. The ones

Yi(M, Z_)(d N[dt)_(Z). __of massive stars atetal yieldscoming out through the final explosion.

As in Boissier & Prantzos (1999), we use here the stellar lifgne has to include then the composition of the envelope ztd as
timest(M, Z) of Schaller et al. (1992) for stars in the mass rangge mass of the star minus the mass of the remnant minus thefgten
0.1-120 Myand for two metallicities Zand 0.05 Z(covering the explosion ejecta), assumed to have the initial composition

Ei(t) = f t P(t)dt

™My

Particular care is required from users of those yields. Tiesdor
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adopted IMF, there are about 4.5 3@ CSN and 1.2 1¢ SNla
for every M, of stars formed.

In Fig. C.2 we present the ejection rates for H, C, O and Igg

Genovali, K., Lemasle, B., Bono, G., et al. 2013, A&A, 554,3R1
Gilmore, G. & Reid, N. 1983, MNRAS, 202, 1025

etz, M. & Koeppen, J. 1992, A&A, 262, 455

swami, A. & Prantzos, N. 2000, A&A, 359, 191

as a function of time, for single stars (3 initial metallief) and Grand, R. J. J., Kawata, D., & Cropper, M. 2012, MNRAS, 42295
for SNIa. SNla produce more than half of solar Fe and they hasend, R. J. J., Kawata, D., & Cropper, M. 2014, MNRAS, 433 62

minor contributions to the production of "light" metalsdikC or
O (but substantial ones to the production of Si or Ca).

We made extensive tests of the implemented SSP formali

Green, D. A. 2013, ArXiv e-prints

Greggio, L. 2005, A&A, 441, 1055

Guedes, J., Callegari, S., Madau, P., & Mayer, L. 2011, Aj2, 76

BlMmer, F., Puech, M., Chemin, L., Flores, H., & Lehnert, M.2D07, ApJ,

(Eq. C.3) against the "classical" one (Eq. C.1) and we found e 662, 322

cellent agreement in all cases.
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Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

3.2.6 Profils des abondances chimiques

Les profils d’abondance des éléments chimiques constituent une propriétés clés des disques
galactiques. Ils dépendent de I'histoire du disque et de divers effets physiques qui I'ont affecté :
la formation stellaire, accrétion et I'éjection de gaz, les courants radiaux de gaz, la migration
radiale, et les effets de marées ou les fusions avec d’autres galaxies. En particulier, 'étude de
la pente de ces profils permettait (avant que la migration radiale ne soit prise en compte)
de reconstruire directement 1'histoire de la Voie Lactée, mettant en évidence la formation
progressive du disque de l'intérieur vers I'extérieur : les zones internes évoluant plus rapide-
ment que les zones externes, la métallicité augmente plus rapidement vers le centre créant
une forte pente dans les profils d’abondance chimique ; cette pente s’atténue ensuite lorsque
I’évolution chimique des zones externes rattrape celle des zones internes. Cette évolution
devait se retrouver dans I'observation des profils d’abondances en fonction de I'’age des étoiles :
une pente forte pour les étoiles agées, et qui se réduit pour les étoiles de plus en plus jeunes.

Mais avec la migration radiale des étoiles, il a été montré par Roskar et al. (2008a) que plus
les étoiles sont agées, plus leur profil est plat, ce qui vient du fait que les vieilles étoiles
ont plus de temps pour se déplacer dans le disque. Ainsi la pente des profils est fortement
influencée par la migration, ce qui brouille I'interprétation de ces observables. Dans ce cadre,
comprendre précisément comment la migration radiale affecte ces profils, permet d’extraire
de ces marqueurs de nouvelles informations concernant I'histoire du disque.

Dans notre modele, les profils d’abondances dans les étoiles ne peuvent pas étre caractérisés
par une pente unique (Fig. 5 de 'article en Sec. ) parce qU’ils s’aplatissent vers I'extérieur
du disque, en conséquence du TFS adopté; et vers l'intérieur du disque, en conséquence
des courants de gaz induits par la barre, qui raméne du gaz des régions plus externes (moins
meétalliques) vers les régions internes (plus métalliques) ce qui a pour effet d’en diluer la
composition chimique. Nous trouvons que les profils d’abondances s’aplatissent aussi avec le
temps, a cause de la formation progressive du disque de l'intérieur vers I'extérieur : dans les
premiers temps, les zones internes forment beaucoup d’étoiles et s’enrichissent rapidement
en métaux, alors que la formation stellaire est trés faible dans les régions plus a I'extérieur,
ce qui produit un fort gradient dans les profils de métallicité dans les premiers temps du
modeéle; par la suite la métallicité des régions externes rattrape en partie celle des régions
internes lorsque la formation stellaire démarre dans ces zones, ce qui diminue le gradient de
métallicité du disque. Mais la confirmation observationnelle de I'aplatissement des profils
avec le temps, devient impossible a cause de la migration radiale. En effet, d’apres ce qui vient
d’étre dit, le gradient métallicité devrait étre de plus en plus fort quand on observe des étoiles
de plus en plus agées. Toutefois, plus les étoiles sont agées, plus elles ont le temps de migrer
dans le disque et de se mélanger, ce qui aplati (voir inverse) les profils de métallicité de ces
étoiles (Fig. 6 de I'article en Sec. ). Cet effet de la migration avait été décrit par Roskar et al.
(2008a), nous le confirmons dans notre modele. Nous comparons également nos résultats
avec Minchev, Chiappini & Martig (2014) (panneau du milieu Fig. 7 de I'article en Sec. )
qui trouvent des profils assez similaires aux notre.
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3.2. Un modéele de la Voie Lactée avec migration radiale

Final abundance gradients (dex/kpc)
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FIGURE 3.12 - Gradients d’abondances actuels de H a Ni : modele avec différentes grilles
de rendements vs. observations. Les symboles de couleurs indiquent différents jeux d’ob-
servations, et les symboles non colorés indiquent les résultat obtenu avec notre modele, en
changeant juste la grille de rendements utilisée.

Résultat important : Nous présentons les résultats du modele pour tous les éléments entre
C et Ni. Du point de vue théorique, nous insistons sur les différences systématiques dans les
profils d’abondances finaux causées par différentes grilles de rendements stellaires. Nous
trouvons que, globalement, les gradients d’abondances obtenus avec ces grilles coincident
bien avec les observations (en supposant qu’ils puissent étre décrit par une pente unique),
mais nous trouvons également des écarts systématiques (voir Fig. , les pentes obtenues
sont systématiquement 0.01-0.02 dex/kpc plus grandes (en valeur absolue) que celles issues
des observations). Nous discutons le fait que, si cette différence est confirmée, elle pourrait
étre corrigée en modifiant certains ingrédients de notre modele : en imposant une accrétion
de gaz plus rapide vers les régions externes du disque, ou en imposant pour le gaz accrété
une métallicité plus élevée que la métallicité primordiale (métallicité du gaz apres la Big
Bang). Nous trouvons également un effet intéressant suivant les numéros atomiques pair-
impaires des éléments, avec des pentes plus élevées pour les éléments impairs. Cet effet (qui
dépend par ailleurs de la métallicité initiale des étoiles), discuté dans le contexte des ratio
d’abondances dans les étoiles du halo, est trouvé ici pour la pour la premiere fois et il est
générique, i.e. il concerne toutes les grilles de rendements stellaires. Cependant, il n’apparait
pas dans les données observationnelles. Si ces données sont confirmées, alors certains aspects
de la nucléosynthese dans les étoiles devront étre revus.

Lévolution de nos profils d’abondance dans le gaz concordent bien avec les observations
extragalactiques a au redshift compilées par Jones et al. (2013) (panneau bas Fig. 7 de I'article
en Sec. ). Cependant, ces observations sont encore affectées par des incertitudes trop
importantes pour que des conclusions fermes soient dérivées de leur comparaison avec le
modele.
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Chapitre 3. Impact de la migration radiale sur I'évolution chimique des galaxies

3.2.7 Article: Les profils d’abondances chimiques
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ABSTRACT

Context. We study the role of radial motions of stars and gas on theu&wol of abundance profiles in the Milky Way disk.

Aims. We investigate, in a parametrized way, the impact of radiavdlof gas and radial migration of stars induced mainly by the
Galactic bar and its iteraction with the spiral arms.

Methods. We use a model with several new or up-dated ingredients {atand molecular gas phases, star formation depending on
molecular gas, recent sets of metallicity-dependentastgi€lds from H to Ni, observationally inferred SNla rateshich reproduces
well most global and local observables of the Milky Way.

Results. We obtain abundance profiles flattening both in the inner @iskause of radial flows) and in the outer disk (because of the
adopted star formation law). The gas abundance profilesiilatith time, but the corresponding stellar profiles appeduret steeper

for younger stars, because of radial migration. We find aetation between the stellar abundance profiles a2 Qvhich is a proxy

for stellar age. Our final abundance profiles are in overakt@ment with observations, but slightly steeper (by 0.@2-@ex kpc?)

for elements above S. We find an interesting "odd-evéect' in the behaviour of the abundance profiles (steepeeslém odd
elements) for all sets of stellar yields; however, this lvéha does not appear in observations, suggesting thatieet és, perhaps,
overestimated in current stellar nucleosynthesis caicms.

Key words.

1. Introduction Further parametrized investigations with simple 1D moaéls
i . ) disk evolution are made in e.g. Tosi (1988); Clarke (1989);

The abundance profiles of chemical elements constitute bnesgmmer-Larsen & Yoshii (1990); Goetz & Koeppen (1992);
the key properties ofgalacti_c disks. They depend onthehigst Chamcham & Tayler (1994); Edmunds & Greenhow (1995);
tory of the disk and the various physicafets that fected it:  portinari & Chiosi (2000) and more recently in Spitoni & Mat-
star formation, infall and outflows, radial flows of gas, &ao-  teccj (2011); Bilitewski & Schénrich (2012); Mott et al.q23);
tions of stars and tidal interactions or mergers with otf#ag  cayichia et al. (2014). They have various motivations (figost
ies. Most semi-analytical studies of abundance profile@wer- 4 fit the abundance profiles, but also gas and star profiles) an
formed in the frameworl_< of_ the_z so_-called mdependent-hnghey are generally applied to the study of the MW disk. As ex-
model, where the gglactlc dIS.k is simulated as an ensembl Qf:ted, results are not conclusive, because they depermthiyot
independently evolving annuli (e.g. Guesten & Mezger (398%, the parametrization of the unknown inflow velocity patter
Matteucci et al. (1989); Ferrini et al. (1994); Prantzos &Rt 1t 5150 on the other unknown (and parameterized) ingrelien
(1995); Chiappini et al. (1997); Boissier & Prantzos (19%8)u  of the models, especially the adopted SFR and infall prodiges
et al. (2000); Prantzos & Boissier (2000)) and concerned g ctions of time. Among the alleged causes of radial inflows
MW disk, for which a large number of other constraints, both | the jmpact of a galactic bar is well established, both fromusi
cal and global are available. Those studies focused mamiy® |5tions and from observations. Numerical simulations @hts-
interplay between the local star formation and infall rateshe g1 1992; Friedli & Benz 1993; Shlosman & Noguchi 1993)
impact of variable stellar IMF. They also revealed the keyi&s showed that the presence of a non-axisymmetric potentied fr
of the evolution of the abundance profile, some studies SBPPQ par can drive important amounts of gas inwards of corota-
ing a flattening of it with time (e.g. Fernm etal. (1994)anAtzos ion (CR) fuelling star formation in the galactic nucleushile
& Aubert (1995); Hou et al. (2000) while others concluded thg the same time gas is pushed outwards outside corotation. |
opposite (e.g. Tosi (1988); Chiappini et al. (1997)). a disk galaxy, this radial flow mixes gas of metal-poor region

Pioneering work of Tinsley & Larson (1978) and Mayointo metal-rich ones (and vice-versa) and may flatten the-abu
& Vigroux (1981) noticed the potential importance of radiagance profile (e.g. Friedli et al. (1994); Zaritsky et al. 443
gaseous flows for the chemical evolgtl_on ofgala_ctlc diskedy Martin & Roy (1994); Dutil & Roy (1999)), although Sanchez
& Fall (1985) presented a systematic investigation of thesea et al. (2012) find little derence in that respect between barred
of such flows, and explored with parametrized calculatitves tand non-barred disks. The study of Kubryk et al. (2013) ssgge
impact of such ffects on the chemical evolution of the Galaxy.

Article number, page 1 of 15



A&A proofs:manuscript no. Paper4_v2

that bars may be changing the chemical abundance profitieinsgults). Radial gaseous flows are included in Schénrich & 8jnn
the corotation radius but they have only a small impact detsi(2009) and Kubryk et al. (2014), but notin Minchev et al. (3D1
it, while Martel et al. (2013) find a rather complex situatioih however, in the former case, they concern mainly the ousd, di
continuous exchange of gas and metals between the bar andathere in Kubryk et al. (2014) the inner disk, since they siteil
central region of the disk. the action of a bar. The dimension vertical to the galac@ngl

The investigation of radial motions of stars - due to inhomds considered in Schénrich & Binney (2009) and Minchev et al.
geneities of the galactic gravitational potential - on themical (2013), but not in Kubryk et al. (2014). Finally, the starrfa-
evolution of disks, has a more recent history. The role of tlien and radial infall laws are fferent in the three works. All
bar has been studied to some extent with N-beBi§H codes models consider explicitly Fe production by SNla (albeithwi
by Friedli & Benz (1993) and Friedli et al. (1994). Observadifferent prescriptions for the SNla rate) and the finite lifetm
tions in the 90ies revealed that the MW does have a bar (Blagstars.

& Spergel 1991), but its size and age are not well known yet. Despite those dlierences, all three models find good agree-
Sellwood & Binney (2002) showed that, in the presence of rgent with the main observables of the MW, both locally (dispe
curring transient spirals, stars in a galactic disk couldargo sion in age-metallicity relation, metallicity distriboti, the char-
important radial displacements: stars found at corotafitth acteristic "two-branch” behaviour between thick and thiskd

a spiral arm may be scattered tafdient galactocentric radii in the QFe vs F¢H plane) and globally (stellar and abundance
(inwards or outwards), a process which preserves overgli-anprofiles). This agreement suggests that, despite theiri st

lar momentum distribution and does not contribute to théatadtion, such models still involve too many parameters antesu
heating of the stellar disk. Using a simple model, they sitbwérom degeneracy problems. We note here tHeedénce in the
how this process can increase the dispersion in the locallmetinal abundance gradient of frébetween Schénrich & Binney
licity vs age relation, well above the amount due to the eglicy (2009) and Minchev et al. (2014), who find slopes of the cor-
motion. Minchev & Famaey (2010) suggested that resonarreésponding exponential profiles of -0.1 dex kfand -0.06 dex
overlap of the bar and spiral structure (Sygnet et al. 1988) pkpc™, respectively. Recent observations of statistically iign
duces a moreficient redistribution of angular momentum incant samples of Cepheids are consistent with the latteeyahi
the disk. This bar-spiral coupling was studied in detailwit- we shall discuss in Sec. 3.

body simulations by Brunetti et al. (2011) who found thatiahd In this work, we study the evolution of abundance profiles of
migration can be assimilated to afdision process, albeit with all elements from H to Ni in the MW, using the model presented
time- and position-dependentfilision codficients. That idea in Kubryk et al. (2014, hereafter KPA2014). The plan of the pa
was confirmed by the analysis of N-bodyPH simulations of per is as follows: The main ingredients of the model are byriefl
a disk galaxy by Kubryk et al. (2013) who showed that radigresented in Sec. 2, where we also discuss some of the results
migration moves around not only "passive" tracers of chamiconcerning the impact of radial migration on the disk prtipsr
evolution (i.e. long-lived stars, keeping on the surfabesschem- We illustrate that impact by comparing a model with radial mi
ical composition of the gas at the time and place of theihbirt gration to one without it. In Sec. 3 we discuss in some detail
but also "active" agents of chemical evolution, i.e. loivgd nu- the profiles of the most important metals, namely O (Sec. 3.1)
cleosynthesis sources (mainly SNIa producing Fe-ah®é M, and Fe (Sec. 3.2) and we compare them to a large number of
stars producing s-process elements). recent observations from various metallicity tracers. ifhgact

The implications of radial migration for the chemical evoof radial migration on the evolution of the abundance prsfite
lution of MW-type disks were studied with N-body codes byliscussed in Sec. 3.3, where we compare our results to tfiose o
Roskar et al. (2008) , who found that the stellar abundanze p@ Similar study (Minchev et al. 2014) and to a compilation of
files flatten with stellar age, even if the gaseous abundarme extragalactic observations by Jones et al. (2013). In Séav8
files were steeper in the past. Schonrich & Binney (2009) iadress the issue of th¢k ratio; in view of the small dispersion
troduced a parametrised prescription of radial migratidis-( displayed by that ratio as a function of time, it can be used as
tinguishing epicyclic motions from migration due to tragrsi a robust proxy for stellar age in studies of the evolutionhaf t
spirals) in a semi-analytical chemical evolution code.yTieg- abundance profiles in the disk. In Sec. 3.5 we present oultsesu
gested that radial mixing could explain not only local obserfor all elements from H to Ni and we compare them to several
ables (e.g. the dispersion in the age-metallicity reldtmr also sets of observational data. We find good overall agreemeht wi
the formation of the Galaxy’s thick disk, by bringing to trdar  observations, but a systematically larger (in absolutea)alope
neighborhood a kinematically "hot" stellar populationrfréhe of the abundance profiles for the Fe-peak elements compared t
inner disk. That possibility was subsequently investigatéth observations. We also reveal - and we draw attention to r-inte
N-body models, but controversial results are obtained mpta ~ esting diferences between the results obtained witfedent sets
while Loebman et al. (2011) find that secular processesréi-e. Of stellar yields, as well as a manifestation of the "oddréef-
dial migration) are sfficient to explain the kinematic propertiedect of nucleosynthesis, which does not appear, howevehgn
of the local thick disk, Minchev et al. (2012) find this mechaebservational data. A summary of the results is presentgéan
nism insuficient and suggest that an external agent (e.g. eafly
mergers) is required for that.

Following the pioneering work of Schonrich & Binney
(2009), the properties of the MW disk were studied in detal
with semi-analytical models accounting for radial migratby The model presented in KPA14 for the evolution of the MW
Minchev et al. (2013) and Kubryk et al. (2014). The three modisk, involves radial motions of both gas and stars. The MW
els diter in several ways: Schonrich & Binney (2009) use a togisk is built gradually by infall of primordial gas in the mot-
model of star transfer between adjacent radial zones (wifi-c tial well of a "typical" dark matter halo of final mass (M.,
ficients tuned to reproduce properties of the local diskenghs the evolution of which is extracted from numerical simwas.
the other two are inspired by the results of N-body simufegio The infall timescale is a monotonically increasing funotiof
(but they adopt dferent implementation techniques of those regalactocentric radius, ranging from 1 Gyr at 1 kpc to 7 Gyr at

. The model
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7 kpc and slightly increasing further outwards (see FigStar
formation depends on the local surface density of mole@aar ST
which is calculated by the semi-empirical prescription8litz 10%
& Rosolowsky (2006): the SFR depends on a combination of tlae1OO i Stars
stellar surface density profile (steeply decreasing withiug) &
and the gas surface density profile (essentially flat todetys o
allows us to use the final profiles of atomic and molecular gasa
supplementary constraints to the model (see Fig. 6 in KPA14)
The adopted prescription produces a steep profilexofad ob- g
served in the Galaxy) and, thef§oa steep SFR profile in the K Gas
inner disk during most of the Galactic evolution; this imfgac 7 N~ /an
directly on the corresponding abundance profiles, as weistisc & 10 f\#
below. For the radial flows of gas, we consider only the case ofs’
MW:-like bar operating for the last 6 Gyr and driving gas inder
and outwards of corotation. The radial velocity profile of tes (R = I B
flow induced by the bar is similar to the one adopted in Poriting 100
& Chiosi (2000) (their Case B for the bar), but not exactly thg
same: Portinari & Chiosi (2000) consider additional rafi@ks . 10
inwards, acting all over the disk, while we limit ourselveghe o
case of the bar alone. The adopted radial velocity profilé/sg C;
in Fig. 1. = 01¢ f’
We considered separately the epicyclic motion of starg{blu 1 T ‘
ring) from the true variation of their guiding radius (chimgy), g
as in Schoénrich & Binney (2009). For the former, we developed
an analytic formalism based on the epicyclic approximation
the latter, we adopted a parametrised description, usimg tand 0.1
radius- dependent filusion codicients, extracted from the N- F
body+SPH simulation of KPA13, which concerns a disk galaxy I Cola iyt 1
with a strong bar; as discussed in KPA2014, we adapted those 4 8 12 16 4 8 12 16
transfer cofficients taking into account the smaller size of the Radius (kpc) Radius (kpc)
MW bar. For the chemical evolution, we adopted recent sets of
metallicity-dependent yields from Nomoto et al. (2013p\pd-

Ing a homerneous and fine grld of data, well adapted to the c ecular gas fractiofio at 4, 8 ¢hin curves) and 12 Gytigickcurve).
O.f the MW disk. For comparison purposes, we also_ USEd_OI e curve at 12 Gyr is compared to observational data for teeemt-
yields from Woosley & Weaver (1995) and CHie& Limongi  gay profiles of the correspoding quantitisbgded aereafor the stars,
(2004). We adopted the stellar IMF of Kroupa (2002) with gas andfy, and points with error bars for the SFR); data sources are
slope of X=1.7 (the Scalo slope) for the high masses. For the raf@vided in KPA14 Right (from top to bottom): Infall timescales, in-
of SNla, we adopted the empirical lawR§ 12 « t11, after the fall rates, velocity profiles of radial inflow (positive vals towards the
observed delayed time distribution of those objects inredie Galactic center), ratio of SNIGCSN ; in all panels but the top one, the
galaxies (see e.g. Maoz et al. (2012) and references thehein three curves correspond to 4, 8 and 12 Gyr (thickest curve).
contrast with usual practice in studies of galactic chefréca-
lution, we adopted the formalism of Single Particle Popatat
(SSP), which is the only one applicable to the case of radial m L
gration, since it allows one to consider the radial disptaeets and Bensby et al. (2014) for the metallicity distributionavia
of nucleosynthesis sources and in particular of SNla (se&l&P Vvarious selection biases (kinematic, limited by magnitoiceo!-
for a discussion of thatfkect). Finally, we adopted a large and!Mme), which have not been applied to our results: the moeel pr
diverse set of recent observational data to constrain oatetno dictions for the solar neighborhood concern the "solamncigr”,
Our model reproduces well the present day values of md&diameter 0.5 kpc (the size of our radial bin), centeredhen t
of the main global observables of the MW bulge (assumed -
correspond to radii <2 kpc) and disk( >2 kpc): present-day ~ Assumingthat the thick disk is the oldest@ Gyr) part of
masses of stars, atomic and molecular gas, star formaties rdhe disk, we found that the adopted radial migration schesme c
as well as core collapse supernova (CCSN) and SNla rates (&@oduce quantitatively the main local properties of thie t
Fig. 2 in KPA14). The corresponding radial profiles of all$ko and thick disk: metallicity-distributions, the charadséc "two-
quantities (azimuthally averaged) are also reproducedsata Pranch" behaviour of the local/Be vs F¢H relation, local sur-
isfactory way (Fig. 6 in KPA14). The azimuthally averaged rdace densities of stars (10dypc® and 28 My/pc® for the thick
dial velocity of gas inflow in the bar region is constrainedb& and thin disk, respectively). The thick disk extends up-fd
less than a few tenths of kmin the framework of that model. kpc and has a scale length of 1.8 kpc; this is consistent with r
The local properties of the MW disk, i.e. metallicity disution ~cent evaluations (e.g. Bovy & Rix 2013 and references thgrei
and age-metallicity relation, are also well reproducedpém- and it is considerably shorter than the one of the thin disk; c
ticular, following Sellwood & Binney (2002), we showed howsistent with the inside-out formation scheme.
radial migration can be constrained by the observed digpers  Some of the main results of the model relevant for this work
in the age-metallicity relation. . We emphasize, howevat the appear in Fig. 1. The inside-out formation of the disk is evi-
observational samples that we used - from Bensby et al. {20&iénced by the evolution of both the infall rate profile and the
for the age-metallicity relation and from Adibekyan et 20{1) stellar profile. The gaseous profile, mostly flat today, wikhcal
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surface density 0£12 M,/pc, is well reproduced. The profile
of the molecular fractiorfyo = (HE—ZHZ) is well reproduced also, 0.25
after the prescriptions of Blitz & Rosolowsky (2006). Asesldy

mentioned, this profile plays an important role in our mobel, 0.2
cause it determines the molecular profile and, th&r#&wee profile

of the star formation rat®’(r) = famol(r)Zcas(r).

The profile of the SNIECCSN ratio (bottom right panel) be- (.1
comes steeper as one moves from the outer to the inner Galaxy,
because the SNla rate - being a mixture of old and youn@.05
population objects - follows a combination of the stelladan
gas profiles. The steep stellar profile increases substgritia 16
SNIgCCSN ratio in the inner disk; the outer disk, populated_
mostly by gas and young stars, has essentially SNla belgngig 12
to the young stellar population, as the CCSN: as a result, tife
SNIgCCSN ratio in the outer disk is practically constant. Noticez g
that similar results for the SNI@CSN ratio are obtained in the ¢
independent-ring model for the MW disk by Boissier & Prarstzox”
(2009), both with the numerical prescription of Greggio(2p
and with an analytical prescription for the SNla rate (tHég. e S S RS S|
11). In the present study, a fraction of SNIa - those belagtpn 12
the old stellar population - isEected by radial migration, mostly
in the region 3-12 kpc (see next paragraph). All these feataf- —
fect directly the resulting O and Fe profiles, as well as thafse 3
all other elements (see discussion in next section). T

Some aspects of the stellar radial migration of the model a‘g— 4
pear in Fig. 2. The top panel displays the fraction of stars bo
in radiusr (in a radial bin of widthAr = +0.25 kpc) and found
in the end in all other radii. It can be seen that the actiorhef t
bar brings a large fraction of the stars of the inner disk im th
outer regions: some stars bornria3 kpc are found int he so- Rena (kpC)
lar neighborhood in the end of the simulation. As we show in
KPA14, these are the most metallic stars presently founbén t=ig. 2. Top: Fractions of stars born in radiprgin=3, 8 and 13 kpc and
solar neighborhood, with metallicities [fF§]~0.4 and they are found in radiugging att=12 Gyr.Middle: Original vs final guiding radii

3-5 Gyr old. In contrast, a negligible fraction of the staesrbin  Of stars olid curvg; the shaded aerea includes o~ values (i.e. from
r >12 kpc reaches the solar vicinity. 16% to 84% of the stars) and the dotted diagonal line indictite stel-
lar guiding radii in the absence of radial migratidottom: Average

The middle left panel of Fig. 2 displays the original vs fiI':lge of stars vs Galactocentric radissl{d curvg; the shaded aerea in-

nal guiding radii of stars. Stars found in the radial rang®43- ;| des=+1 o values and thelottedcurve indicates the average age of
kpc have been formed, on average, inwards of their present p@rs formedn-situ.

sition; the dfect is most pronounced for stars in the region 6-9

kpc, where the average outwards displacement reathed.5

kpc, and it is reduced to negligible values inside 4 kpc and ou

side 14 kpc. Also, the dispersion around those averages@ueouter disk) in places far away from their home radius; this ga

large in the 6-9 kpc range and decreases outside it. Cléanly, may dfect the local metallicity and also fuel star formation (de-

ever, radial migrationféects to some extent regions at all galagending on the local star formatioffieiency). The situation be-

tocentric distances. We stress that the extent of radialatid@ comes even more complex in the case of a bar: the bar drives in-

depends strongly on the adopted (time- and radius-dep&ndeyards gas - also fuelling star formation in the inner disk ialih

diffusion codicients and on the morphology of the disk galaxyis more metal poor, in general, than the local gas and thus the

a larger amount of radial migration is expected in the case @ktallicity in the inner disk decreases; the overall resegiends,

barred disks, through the coupling of the bar to the spinaisar however, also on the ratio of the local infall rate to the SR a

(Minchev & Famaey 2010). on the previous history of the disk (which determines theainet
Finally, the bottom panel of Fig. 2 displays the average dgeli®ity at a given time). Oxygen isféected dfferently than Fe,

the stellar populations as function of Galactocentricuadboth because the main source of the latter, namely SNlaffésted

for all the stars and for the stars formiedsitu. In the latter case, by radial migration, while the source of O (massive starsjpis

the average age varies little with radius outsielé kpc, because  \We attempt an illustration of this complex behaviour in Fig.

the adopted profile of the infall imescale (Fig. 1) vari¢sdiin 3, where we plot the ratio of several quantities of the moatigh(

that region. However, radial migration brings older (onrage) radial migration and radial inflow) to those same quantities

stars from the inner disk in intermediate radii: as a resuflear tained by an identical model (same boundary conditionsgsam

age gradientis developed throughoutthe disk (solid cur¥ed. SFR and infall rates) without radial migration or radial avil

2 bottom). One can easily see that the quantitieeted mostly by radial
As emphasized in KPA14, the impact of radial migration omigration are the long-lived stars and SNla: their radiafipes

the properties of the disk is not intuitively straightfomdabe- are dfected over most of the disk. The radial profiles of SNIa are

cause migrating stars may return their gas (metal-richrigfio affected to smaller extent than those of stars, because a substa

nating from the inner disk or metal-poor if originating frahe tial fraction of SNla results from a young population, teated

Stars born in radius R=3, 8 and 13 kpc
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. ) Fe content of the region between 5 and 8 kpci30% after 4
— f(Migr/f(NoMigr) Gyr and by~10% in the end of the simulation. As a result, the
i Stars 1 SFR 1 final FgH radial profile is somewhat steeper than in the model
151 ] ] without radial migration.
! 1 1 Overall, the &ects of radial migration on the profiles of stars,
1 — 1 A 1 SNIa, SNIACCSN ratio and Fél appear to become less impor-
i T 1 tant at late times. This result appears counter-intuitatefjrst
T sight, because more radial migration occurs at longer tales
! T T F 1 (everything else kept equal). Our counter-intuitive regibue
15 1T B to the inside-out formation of the disk. At early times, thare
' 1 1 few stars (and SNla) in the outer Galaxyl: any radial transfe
i % 1 from the inner regions (where a large stellar populationdessn
formed) to the outer ones, increases the surface densityeof t
1 latter by a large amount. At late times, the stellar poporais
] in place all over the disk: the impact of radial migrationrfrthe
i T la/CC 1 inner to the outer disk (where a lot of stars are fornmesitu) is
1.5 T B proportionally smaller then.
ﬂ T 1 KPA13 performed a similar exploration of th&ects of ra-
1 HE 1 . dial migration for the case of a N-bod$PH simulation con-
7 = T ] cerning a barred disk galaxy, evolving without gaseousllinfa
1 1 (as a closed box). They found that, in that case, the strong ba
¥ ERERENEE induced a much larger amount of radial migration all over the
15 L O/H * Fe/H E disk, dfecting particularly its outmost regions. As discussed in
r T 1 KPA14, we adapted the description of the radial migration of
A T 1 that model to the one of the MW, by taking into account the
1y = + 1 size of the bar in the two cases. The smaller bar of the MW im-
r v T 1 plies smaller extent of radial migration than in the barristt of
P P P T P P P ] KPA13
4 8 12 4 8 12

Radius (kpc) Radius (kpc)

3. Abundance evolution

Fig. 3. Top: Comparison of various properties of our model, expressédur model includes the detailed evolution Of 83 isotopesmfr
as the ratio of a given quantity in the case of radial migratiothe same H to Zn. The abundances of the corresponding 32 elements are

quantity when stars do not migrate. From top to bottteft; star sur- obtained at each time step by summing over the isotopic ones.
face density, gas surface density, gas fractiofi] Profile; right: SFR IN KPA14 we have found that the adopted parameters of the
surface density, SNla rate, ratio of SNILSN, F¢H profile. Inall pan-  model (SFR #iciency, infall timescale, SNla rate, IMF, etc.) al-
els, thick curyesreprgsent_ results at 12 Gyr and thin curves at 8 andidy us to reproduce quite well the solar abundance of O and Fe
Gyr, respectively (as in Fig. 1). for theaverage 4.5 Gyr old stan the solar neighborhodd he
average birth radius of those stars is found to be at a Galacto
centric distance 0£6.5 kpc, i.e~1.5 kpc inwards of the present
day position of the Sun. This implies that the Sun is an averag
star of 4.5 Gyr in the Solar neighborhood as far as its cheyritst
concerned, but such stars are not barsitu, they have migrated

re from the inner disk.

by radial migration £40% of them explode within 1 Gyr after
the formation of their progenitor system, see Fig. C1 in Appe
dix C of KPA2013); in contrast, most stars are low-mass a

long-lived (~90% by number for a normal IMF) and their popu- Regarding the other elements and isotopes, we find that the

lation is dfected by radial migration. agreement with the solar abundances is quite good for most of
_ Gasis @ected mainly not by radial migration, but by the rathem (to better than a factor of 2, see Fig. 17 in KPA14). In sev
dial inflow induced by the bar. Its surface density is depléte era| cases, however, and in particular in the region of Sciip M
the 2-4 kpc region and slightly increased outside it; noti@ 5 clear underabundance is obtained with the adopted yiélds o
the latter increase is also due, to a small extent, to the@asNomoto et al. (2013). The reason of that disagreement is- obvi
turned to the ISM by the migrating, dying stars. The evoluild oysly a deficiency of the yields. A similar deficiency is ohtzd
the gas profile is reflected in the one of the SFR profile, whichyjhen using those yields to study the evolution of the hak(se
also dfected by the radially dependent fracti@q) of molecular Fig. 10 in Nomoto et al. (2013)). To cure for that, we normedis
gas: there is less SFR in the 2-4 kpc region than without Fadjle model results as to have the average abundances of the 4.5
migration and gas inflow. That region is also the one cormedpo Gyr old stars currently present in the solar neighborhoobtgp
ing to the peak of the infall rate during the late evolutiortfd their solar values, i.e. we corrected the stellar yielde(jrated
disk (see Fig. 1), and shows a higher infafR ratio than the gyer the IMF) to various degrees (by 2% for O, up to a factor
model with no radial migration. For those reasons (smallR S of 4 for V). In that way, we were able to compare the corre-
and higher dilution of the metallicity through the primaablin- sponding evolution of all the abundance ratigf&vs F¢H to

fall), this region is found to have a lower/@ratio than in the gpservational data of two recent surveys (Adibekyan etGil 12
model with no radial migration. The decrease in thé¢H@tio is
smaller, because some Fe is contributed in those zones iy SNIwe calculate the average metalliciy{Z/H] >= ZMEZH: of stars of
migrating inwards. But the largest impact on the chemicat evageA found in zoner, whereN; is the number of stars with metallicity
lution concerns the SNIa migrating outwards: they increhse [Z/H]; in that zone.

Article number, page 5 of 15



A&A proofs:manuscript no. Paper4_v2

Table 1. References for adopted data on Cepheids, B-stars, Hibmegi
planetary nebulae (PN) and Open clusters (OC).

- Cepheids
Element Cepheids B-stars H-I PN oC o 85E E
C i 45 =
N 1 4,5 6 7 S
@) 1 4.5 6 7,8 k=
Ne 7 -
Na 1
Mg 1 4,5 ~
Al 1 4,5 N = E
Si 1 4,5 T L ]
s 45 6 7 Sesk \?‘f\"&ﬁ\k - :
Ar 7 3 gL e
Ca 1 i ‘ L T
Sc 1
Ti 1
\% 1
Mn 1
Cr 1
Fe 1,2,3 9,10,11
Co 1
Ni 1
1: Luck & Lambert (2011), 2: Lemasle et al. (2013), 3: Genbval;
et al. (2014), 4:Gummersbach et al. (1998), 5: Daflon & Cunh’\é E
(2004), 6: Rudolph et al. (2006), 7: Henry et al. (2004), 81tye © 8.5 L
etal. (2010), 9: Magrini et al. (2009), 10: Yong etal. (2012): & ¢
Frinchaboy et al. (2013) E

Radius (kpc)

Bensby et al. 2014) concerning the local thin and thick dé&gs

a(ately. \.Ne showed how such detailed comparisons in theidu%ig. 4. Oxygen abundance profiles of Cepheids, B-stars, HII regions

will prowd_e valuable_ constraints to both stellar nucleuthiesis 4 planetary nebulae (PN): data sources are in Table 1. dopstex

and chemical evolution models. solar value of log(qH)+12=8.73 is from Asplund et al. (2009). Model
Here we extent the investigation of the abundance evolutiowrves (from bottom to top, in all panels) represent the gas@bun-

to the whole disk for all the elements of our model; we leav#nce profile at time 4, 8 and 12 Gyhick curve, respectively.

the isotopic evolution for a future paper. We use abundaatz d

from various sources andftirent classes of objects: Cepheids,

B-stars, HII regions, planetary nebulae (PN) and open etast L L . )
The first three concern young objects: Cepheids have magses. °rtinari & Chiosi (2000) and Cavichia et al. (2014) consite
plicitly radial flows induced by the Galactic bar.

Me and, depending on their metallicity, they are younger thah : : : ,
) AR, ; In Fig. 4 we display the evolution of the gaseous profile of
300-400 Myr, while B-stars and Hll regions are less than a few gen in our model at three fiérent times (4, 8 and 12 Gyr,

10" Myr old; on the other hand, PN and open clusters correspo . . \ T X
to objects with ages up to several Gyr. The sources ofthetedoHeSpeCt'Vely)' The O profile results from the joint actiortloke

. different factors:
data are presented in Table 1. - the inside-out formation of the diskffacted by both the

adopted infall profile (shorter time-scale in the inner dislg.
3.1. Oxygen profiles 1, top right) and the largerfigciency of star formation in the
inner disk (because of the larger molecular fraction thieigg, 1,
Oxygen is a major product of the nucleosynthesis of masskettom left).
stars (M>10 M,). Being short-lived (lifetime<20 Myr), such - the radial inflow, which fiects the gaseous profile and all
stars have no time to migrate away from their birth sitess(lethe abundance profiles in the inner galaxyg kpc).
than a 100 pc, as suggested by the fact that all CCSN localisedIn the 2-4 kpc region, the combination of the action of the bar
up to now in external galaxies are within spiral arms/ande- (which pushes gas partly towards the center and partly tsvar
gions of active star formation). As a result, the radial O-préhe outer disk) to the metal-poor infall leads to a local @spion
file is not dfected by radial migration. It is stronglyffacted, of O/H with respect to adjacent regions. This is due to the fact
however, by gas radial inflows, as found in numerous studi¢isat the O rich gas pushed inwards and outwards from thaimegi
with semi-analytical and N-bodySPH models, e.g. Mayor & is replenished by the metal poor infall, the rate of whichgexs
Vigroux (1981); Lacey & Fall (1985); Friedli et al. (1994)Ri- to be maximum in that region (Fig. 1). In adjacent regions the
nari & Chiosi (2000); Spitoni & Matteucci (2011); Bilitewsk  effect is smaller, because the late infall rate is less intdraet
Schonrich (2012); Cavichia et al. (2014), etc. The resuless p  The disk beyond radius ~6 kpc is not #ected by radial
sented here depend directly on the adopted treatment alradiflows. The resulting ¢H profile is smoothly decreasing out-
inflow, which corresponds to the action of the galactic bar, avards, but it cannot be described by a single exponential ove
described in Sec. 2. Among the aforementioned studies, ottig whole radial range: its slope is steeper at small radiifiat-
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ter at larger ones. If it is fitted with a single exponentibkn
the slope depends on the radial range considered. In this, wor ‘ ‘
we shall consider as baseline values those in the range pel4 k 0.8
where most of the observational data are available. o,%e Cepheids

There are several shortcomings and uncertainties in theO 4
analysis of the observed O abundances @iedent types of ob- '
jects across the Galactic disk, which are presented in the re0.2
cent monograph of Stawka et al. (2012). The various survey 0
lead to widely diferent results for the BI abundance gradi- o
entdlog(O/H)/dr (in dex kpc?), ranging from small values (- =0-2
0.023:0.06 in the PN sample of Stanghellini & Haywood (2010)-0 4
in the 2-17 kpc range) to high ones (-0.@86013 in the Cepheid
sample of Luck & Lambert (2011) in the 5-16 kpc range).

In Fig. 4 we compare our results to the data of some re-0.8
cent, representative surveys, of the aforementionedrsadée
do not plot all the data on the same figure, since this wouléd cre 0.8
ate confusion and increase artificially the scatter, bexatisys- g
tematic uncertainties betweerfférent analysis techniques (see
Stashska et al. (2012). It can be seen that our results are in over?-4
all agreement with the various observations. There aretiprac 0.2
cally no data corresponding to the inner disk4 kpc), where T
our model predicts lower values than in adjacent reasordisas o
cussed above. We notice, however, that in their study of PN3g0.2
the direction of the Galactic bulge, Chiappini et al. (20@@&n- _ 4
tified a subsample of 44 objects which actually belong to the
inner disk population (a few kpc from the Galactic center) an—0-6
have an average value of logf@+12=8.52+0.23, i.e. lessthan —0.8
expected from the extrapolation of the Henry et al. (201@xda
for PN in that region. It is not yet clear whether thaffelience 4 8 12 16
is due to systematic uncertainties between the two studiés - Radius (kpc)
appini (2009) collected line intensities from the literatwinlike

Henry etal. (2010) - orto a genine decline of the oxygen mOﬁFig 5. Iron abundance profiles of Cepheids (top) and open clusters
in the inner disk, in qualitative agreement with our results (bottom). Data sources are provided in Table 1. Symbols énutp-

per panel correspond to Ref. 3 and in the lower panel to Refisiu@
3.2. Iron profiles filled squares), 10 (brown asterisks) and 11 (green operresjae-

spectively. Curves corespond to model results at time 4,d81&8nGyr
While O is exclusively the product of massive stars, Fe has tthick curve), respectively). The thick red curve in tleg panel cor-
sources: massive stars and thermonuclear supernovae tireoniesponds to the average metallicity of a young stellar pimn of age
nucleosynthesis and chemical evolution points of viewsflén 0.2+:0.2 Gyr (Cepheids) and the shaded aerea represents thspmrde
far more complicated to deal with than O. The reasons are  ing +1-o dispersion.

- The Fe yield of massive stars, exploding as CCSN, are dif-
ficult to calculate from first principles, since CCSN exptos
are not well understood yet. Observations suggest thatdtdsyi _ ) ) _
depend on the energy of the explosion (e.g. Hamuy (2003)) Is@ntrast, in the simulation of Kubryk et al. (2013), thergesy
this parameter is not Systema’[ica”y taken into accounﬁe"'dy little star formation in the whole disk after the first COUpdeyr,
calculations. due to the lack of accreting gas; as a result, the radial ridgra

- Most of solar Fe appears to come not from CCSN but froftf SNla progenitors from the inner disk during the subseg8en
SNila (on the basis of the observed decline (f@in disk stars), Gyr of evolution (under the action of the strong bar), inse=a
but is is dificult to relate in a unique way the rate of SNla to th&tonsiderably the SNia population and the concomitant Fe pro
of CCSN (see, however, Appendix C in KPA2014). duction in the outer disk.

Radial migration introduces one more layer of complexity in  Our results for the Fél profile are displayed in Fig. 5, at
the story of Fe. As shown in Kubryk et al. (2013), a fraction dhree diferent times: 4, 8 ad 12 Gyr, respectively. In the lat-
SNIla - mainly those resulting from the oldest stellar popakes ter case, we display in the upper panel the average metallici
- may be #&ected by radial migration as single stars are. Tha#f stars aged between 0 and 0.4 Gyr, (i.e. covering the range
effect is quite important in the disk of the simulation of Kubrylof Cepheid ages), along with the corresponding rangeloef
et al. (2013), which displays a long and strong bar, its sa@ier values. Being young objects, Cepheids have no time to néigrat
axis reaching in the last evolutionary stages between 6 &pd.8 away from their birth places and theirs radial profile aftégna-

In this work, the &ect of radial migration appears to beion (displayed here) is practically the same as the oneltheg
rather small for SNla and Fe production (see right panelsgn Fat their birth. The upper panel shows clearly that radialratign
3). The reason is that star formation proceeds at a quastaan introduces very little dispersion in [A¢] for such young objects.
rate over most of the disk, creating a large number of Sifla If the observed dispersion in the sample of Genovali et 8t142
late times in those conditions, the migration of some old SNI& real and not due to measurement errorss, then its origudh
progenitors from the inner disk, modifies little the sitoat{and, be due to other factors (e.g. uncertainties in radial destasti-
in any case not beyond a galactocentric radius ©12 kpc). In  mates, azimuthal variation of fré, etc.)

>

-0.6

/
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A few other features of the A profile in Fig. 5 are worth and distance estimates of those objects makefficdit to use
noticing: them as tracers of the past gradient evolution at presetn Ev
- The profile flattens i in the 3-5 kpc region, instead of pre-worse, radial migration modifies considerably the radiafifgs
senting there a decrease, as the O profile does. The reaba isaf stellar populations, as found in Ro3kar et al. (2008), liy-m
in this region, at late times there is a population of old mreg ing metal-rich stars from the inner regions in the outer diak
itors of SNla (formed early on) which produces some Fe atigdose conditions, it becomesfiii¢ult to use abundance profiles
compensates for the deficiency of CCSN there; this is not tbEold objects to infer directly the chemical evolution loist of
case for O, as we discussed in the previous section. Thisicora galactic disk. Still, such observations, combined to otata
bution of old SNla turns out to be fiicient to smooth the el (e.g. photometry profiles, stellar gradients as a functibdis
profile in that region. tance from the galactic plane, etc.) and to appropriate tsede

- QOutside that region, the Ré profile decreases rathertaking properly into account the observational biases - pray
steeply, more steeply in any case than the corresponding@O pride valuable information on the history of the Galaxy.
file. The reason is that the ratio of SNGCSN is always higher  In Fig. 6 we display the evolution of the Fe profiles of our
in the inner disk than in the outer disk (see right bottom pahe model for all the stars ever born (right bottom panel) and for
Fig. 1), because the former has both an old and a young populars of diferent age ranges. We show the average metallicity
tion of progenitors, while the latter has only a young popafa  for stars formedn situ (dotted curves)and for all stars found
As a result, Fe production is more important proportion&ly in radiusr at the end of the simulation (solid curves); the lat-
the one of O in the inner disk, and the resulting Fe profile ier population has beerffacted by radial migration. It can be
steeper. seen that for the younger stars (up to 4 Gyr old) thtedeénces

- In the outer disk, the Fe profile is less steeply decredsetween the corresponding profiles is small, for two reaspns
ing, for the same reasons as the O profile (see previous BEctigadial migration does not have time to $he stars away from
namely the star formationfléciency of the adopted prescriptiontheir birth places, and (most importantly) i) at late timése
for the SFR. Again, the profile cannot be described by a singlbundance profile is flatter than in earlier period, so thahen
exponential. efficient radial migration cannot produce a lardieet, because

Comparison to observations is reasonably good, given e abundance flerences between fiérent radii are small in
dispersion in the data. In the case of the open clustersedispany case. Still, radial migration increases steadily tispelision
sion appears to be even larger than in the case of Cepheiés; hia metallicity with age at all radii.
however, the (poorly determined) age of the clusters, wbish  For stars older than the Sun, thifeet of radial migration
ers a range of several Gyr, certainly contributes to tfiesoe. Al on the abundance profiles becomes more and more important, as
though our Fe profile flattens in the outer disk, we never ol#ai jt makes the profiles appear today flatter than they were at the
quasi-constant 78l abundance beyond~15 kpc, in contrast to time of the stellar birth, and flatter than the ones of yoursgelr
the observational findings of Yong et al. (2012) and Heitexl et lar populations (despite the fact that the correspondirsggas
(2014) for open clusters. . _ profile was steeper in the past). In particular, the oldessgpre-

Compared to other models in the literature, our results agmably belonging to the thick disk) have a quasi-flat prafile
closer to those of Naab & Ostriker (2006), as far as the ovefe inner region, extending up to 6 kpc; beyond 9-10 kpc, how-
all Fe profile is concerned, which is also steeper in the idi#  eyer, the corresponding metallicity drops rapidly to valabar-
and progressively flattens outwards. Manifestly, this is tiuthe  acteristic of halo stars.
similar dependence of the SFR on radius inthe two casepestee  The impact of radial migration on the past abundance pro-
in the inner disk and flatter in the outer disk. In our case& #&- fjjes of a galactic disk was first identified by Rogkar et alQ@p
pendence results from the adopted SFR proportional to the-mgy, thejr Fig. 2 they show how the older stars of their simula-
cular gas (Fig. 1, left panels), while in the case of Naab & Ogpn, (~5 Gyr) have a quasi-flat metallicity profile throughout the
triker (2006) it results from the adopted I&\FRe Xas/7ovn,  disk. Although it is dificult to compare directly our results with
with the dynamical timescateyyn o r for a flat rotation curve: giher models of similar scope, because of the mafigiint as-
the factor Yrpyn varies considerably in the inner disk and muchmptions involved (see KPA2014 for a brief descriptiontf t

less outside 10 kpc. differences between the models of Schénrich & Binney (2009),
Minchev et al. (2013) and KPA2014), we attempt here such a
3.3. Evolution of abundance profiles comparison to the results of Minchev et al. (2014). In thégt B

(top left), they provide results for the stellar abundarafggac-

The abundance profiles of gas and stars depend on the interpitally all stars of their model (found in the end of the simtidn
between star formation, infall, radial inflow and radial maiton  within a distance of 3 kpc from the galactic plane), as fuoncti
of stars. Observations of the final profiles alone can hatuyls of galactocentric radius and stellar age. There afterinces
light on this complex interplay. The history of the abundanand similarities with our results, but it is not clear whetkee
profiles, if observed through some tracer of well determawgel |atter are due to similarities in the models or téfeiient bound-
could help in that respect: indeed, some semi-analytical-mary conditions. In particular, they also find that the olders
els predict gradients steeper in the past (e.g. Hou et 20020 have a flatter abundance profile than the younger ones; howeve
while others predict that gradients are flatter for oldereotyj this is probably due not to radial migration, but to the fauitt
(e.g. Chiappini et al. (2001)). As discussed in Pilkingtorale in their case the abundance profile of gas is also flatter iy ear
(2012), who surveyed 25 models (both semi-analytical atld wiime than lately, a characteristic feature of the model oagh
N-body+SPH codes), models may alsaidr widely as to the pini et al. (2001). In their case, dispersion in metalliggynore
rate of change of the gradients with time (see Gibson et@L3p
for an update). _ 2 This is not the same thing as the average gas metallicitygurie

Observations of planetary nebulae offéifent age classescorresponding time interval: the average stellar metgflis weighted
suggested that O gradients were steeper in the past (Macielig the star formation rate during that period, whereasaferage gas
Costa 2009). However, the systematic uncertaintiesting age metallicity is not.
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Fig. 6. Top Evolution of the Fe profile for stars of fierent ages, born Fig. 7. Top Evolution of the gaseous O and Fe abundance gradients.

in situ (dottedcurves) and presently found at radiRg, (solid); the Middle: The evolution of the gaseous Fe gradiembt{ed, same as in

shadedherea indicates thel o range of values. top pane) is compared to the evolution of the stellar Fe gradientt as i
appears today after stellar migratichi¢k dasheyl The squares, con-
nected by solid segments represent the results of Minchal ¢€014)
(their Table 2) for all stars found within distan@e <3 kpc from the

) . galactic planeBottom The evolution of the O abundance gradient in

important for older stars than for young ones, as in our cade dhe gas (same as in top panel) is compared to the extragatbat

probably for the same reason, i.e. more time for radial ntigna compiled from Jones et al. (2013); notice that the ttopen symbols

being available to older objects gndlarger epicyclic motions; correspond to an evaluation of MW data, which is supersegetté

however, this dispersion appears to extend further outsviamd recent one of Maciel & Costa (2013), who find no clear indimasi for

the younger stellar population, whereas the opposite @iét an evolution of the abundance gradient. .

in our case. Finally, the older stars in their simulatiorptiiy a

quasi-flat abundance profile all over the disk, whereas onr co

responding metallicity profiles plummet beyond 9-10 kpcisTh

difference is simply due to the fact that we start our simulatidtter increases by10% the abundance of Fe, but not the one of

with gas of primordial composition, whereas they adopt an i, in the region outside 6 kpc (see bottom panels in Fig. 3).

tial metallicity of 0.1 Z. Such diferences may have negligible ~ As discussed in the previous paragraphs, radial migration

impact in some cases (i.e. for almost any observable comgermmodifies thepresently observeeholution of stellar profiles. This

the solar neighborhood), but turn out to be crucial in others s illustrated in the middle panel of Fig. 7, where the eviolubf

We show the evolution of the O and Fe abundance gradieHt§ Fe gradientin the gas is compared to the Fe gradientliafrste
in Fig. 7. In the top panel we display the evolution of the graopulation as a function of their age. The gradients aredhees
dients in the gaseous phase. As already discussed, gageeud@f the last~2 Gyr (see also Fig. 6) but beyond that age the two
dients decrease in absolute value with time, i.e. the amoelaCUrves start deviating: the one corresponding to the statpu-
profiles become flatter with time (at least in the framework d@tion becomes flatter with age. For the oldest stars, theigma
this type of models). Hou et al. (2000) performed the first eorff close to zero, i.e. the abundance profile is practicalty @ar
parison between the evolution of the O and Fe abundance gr&gfults are qualitatively similar to those of Minchev e(a014),
ents and found that Fe gradients are steeper than those of O @l§o displayed in Fig. 7, although the evolution is mildettie
~0.1 dex - because of the role of SNla: the ratio of SR@SN is their case.
larger in the inner disk than in the outer one (see Fig. 1). ¥ve ¢ It is difficult to compare directly the "agetect" of radial
firm this result here, but we obtain a largeffdience between migration on the abundance profile to observations, becafuse
the two gradients ~0.25 dex - because of the mor@eient star the uncertainties in stellar age estimates. However, tiscasm
formation in the inner disk and the role of radial migratitine indirect way, through the fact that older stars are, on gera
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located further away from the plane of the disk than younger
ones, because of the increase in the vertical velocity dispe

with stellar age. Thus, analysing a sample of old, main secpie 0.6
stars belonging to the thin and thick disks from the SEGUE sur
vey, Cheng et al. (2012) find that the Fe gradient in the region™
6< r(kpc)<16 increase from -0.065 dex kpat vertical distance 0.2
from the plan&z=0.2 kpc to a positive value @ >1 kpc; this is

a clear signature of older stellar populations having ftatt®in-

dance profiles, as found in RoSkar et al. (2008); Minchev et al; 5

All stars

[Oo/FE]" " - Tn 'Sifu

144\\\\\\\\\\\*7\\\\\

(2014) and in this work. However, our model lacks the veftica =~~~ F— =0 Gyr Ty

dimension to the galactic plane and thus we cannot compare di [d/F;i} hnoll mosé‘ wéi ﬂte& O\iem* e}for} 0”1 Stc*]rS*
rectly to the data of Cheng et al. (2012): at every distanomfr 0.4 |- ' 9 . 8%09 -
the plane there is a mixture of stellar populations, the rcont ; 5 [ P N
butions of older stars increasing with the distance. Owiltes | ee? Thi K 1
presented in Fig. 7 (middle panel) include all stars fourdago  0- [ _—-==7" 1S wor 1
between galactocentric radii of 4 and 11 kpc. Qualitativillgy g1 F—=eu_  ____ _— ___ Gib13-MUCS 1536 —|
are in agreement with the observations, since they sugagat a NS o Gib13-MaGICC ¢1536 1

dient close to nul for the oldest stars and close to -0.07kgex L A

for the youngest ones. A detailed comparison to the observed.1 - L ]

tions would require a model including tlalimension (vertical 4 8 12 16

to the plane), including the observational biases, i.eeslat ap- ,

propriate distances from the plane, as in Minchev et al. 4201 Radius (kpc)

Alternatively, such a comparison would be possible if a wodu 0 F " Stellar [Fe/H] gradient (dex/kpc)

limited sample with accurate stellar ages were available. 0.02 in solar neighborhood
The bottom panel of Fig. 7 illustrates another way of coms o4

paring model results to observations of abundance graeient -

lution. The results concern the evolution of the oxygen abufy-06

dance gradientin the gas (as in top panel). The dataarefoem®-08 [ . |

servations of oxygen in high redshift lensed disk galaxiesn 0 01 02 03 04 05

the recent compilation of Jones et al. (2013); they find that t <[0/Fe]>

metallicity gradients flatten with time, by a factor of 2®9,

on average, between redshifts 2.2 and 0, although they atkno_. ) _ -

edge that the discrepancy with the MASSIV data - the highdgg: 8 Top Evolution of the GFe profile. Data are for Cepheidkigd

N : ) .~ circles fromLuck & Lambert (2011)) and for open clusters (Yong et al
d_ata_pomt In .the bottom pqnel O.f Fig. 7 Warran.ts furthee;nv (2012),asterisksand Frinchaboy et al. (2013quare$. Dottedcurves
tigation. Barring that puzzling discrepancy, we find a rafla@

. : ) correspond to model stars of average ages 11, 8, 4 and 0.2r@yr (
agreement of the high redshift data with our results. It &hbe (o to bottom) formedn situ andsolid curves to stellar populations of
stressed, however, that the comparison may not be meahingf same age found today at radiusMiddle: Mass weighted stellar
after all, because its not clear whether those isolated teédh [O/Fe] profile vs radius. Theolid red curve indicates our results and
shift systems are progenitors of MW-like disks. the shaded aereghe corrsponding:1-c range. Thedashedcurves are

from Fig. 2 of Gibson et al. (2013) and indicate results of @tlth

& Binney (2009) and Gibson et al. (2013), the latter obtaingth two
3.4. O/Fe profile different models (see textBottom The stellar F&4H gradient of stars
found today in the region 5-11 kpc is plotted vs. the averdg€&d]
ratio of those stars (see text).

The variation of the @e ratio provides important information
on the evolutionary status of a galaxian system: higheOval-
ues (typically~3 times solar) indicate a rather young system,
enriched only by the ejecta of CCSN, whilsolar values indi-
cate systems several Gyr old, enriched also by SNla. The tréswer O/Fe) into outer regions; thefect is more important for
sition from high GFe (and, more generally, high/Fe) to low the oldest stars andfacts the region between 4 and 12 kpc.
O/Fe values constitutes one of the key tracers of the chemical Similar results, at least qualitatively, appear in Fig. 8t{bm
evolution of the local Galaxy (the halo to disk transitiongleof left panel) of Minchev et al. (2014), where the [fg] profile
nearby dwarf galaxies as well. is plotted for stars of dierent ages. Mg being am element,
Inthe case of the MW disk,the/Be ratio is expected to vary,a comparison to the Be profile is meaningful. They obtain a
from high values in the "young" outer disk, to lower ones ie thvariation of [MgFe] for their youngest stars ranging fro0.16
older inner disk, in the framework of the inside-out formoati atr=6 kpc to~0.1 atr=16 kpc, as well as a flat M§e profile
scheme. In Fig. 8 (top panel), we plot th¢F®@ radial profile for the oldest stars; both results are in fair agreement auitis.
for stellar populations of ages 11, 8, 4 and 0 Gyr (from top to Fig. 8 (top panel) displays observational data from Cegheid
bottom), for all the stars found in a given region in the end @id open clusters of various ages. As with the corresponding
the simulation (solid curves) and for stars formed in sitotfed Fe/H profile of Fig. 5, the dispersion in the/Be ratio at every
curves). The decrease (with time) off@ occurs firstin the inner galactocentric radius is quite large and cannot be explairit
galaxy and progressively moves outwards. The youngesttbjeour models; radial migration can play only a marginal role in
have [QFe}~0.1 in the outer disk and-0.25 in the innermost that respect, for so young objects. No clear trend with mdiu
regions, whereas for the oldest objects the ratio varias b
to 0.4. As in the case of the F¢profile, radial migration modi- 3 Notice, however, that halo stars appear to have, in genéghkh
fies the QFe profiles by bringing evolved stellar populations (0fo/Fe] than [MgFe] ratios at a given metallicity.
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appear in the case of Cepheids, while the data for open custe
are marginally consistent with such a trend, as discuss¥alig
et al. (2012). 9.5
~N9
In the middle panel of Fig. 8, we plot the results for the masjs8 5
weighted average of all stars at the end of our simulationokive —
tain arather flat profile in the inner disk. The averagdH€~0.1 > 8
in that region corresponds to stars older than 8 Gyr, asreder 57 5
through a comparison to the upper panel, which have beerdmixg .
throughout the inner disk by radial migration. In the outiskd
less d@ected by radial migration, the average/f@] ratio in-
creases slowly but steadily, up to a value of 0.2. The ovérall 8.5
dispersion is much larger in the inner disk than in the outer,o0 o~ 8
as indicated by the shaded aerea. We compare our resules toth 5
corresponding ones reported in Fig. 2 of Gibson et al. (2013) v
and reproduced in the middle panel of our Fig. 8. The semi
analytical model of Schonrich & Binney (2009) displays a muc 2
steeper slope of [Be] vs. radius, which may result from less™
radial mixing than in our case or from a much larger gradiént o 5.5
stars formedn situ. We think that both reasons contribute to the
difference with our results, taking into account that Schor&ich . 8
Binney (2009) obtain quite large Fe gradients (dlogkfgr~- & -5
0.1 dex kpc?) and that they consider radial mixing induced onlyt "
by the transient spiral mechanism of Sellwood & Binney (2002, 7
and not by the moreficient bar-spiral interaction of our model.= ; -
On the other hand, both models of Gibson et al. (2013) displ&/
a very flat profile of [@Fe] over the whole disk, which is rather 6
difficult to understand, in view of the enhanced SBIGSN ra- bl bl L
tio in the inner disk expected from inside-out formationesties 4 8 12 16 4 8 12 16 4 8 12 186
(as discussed in Sec. 2), unless if a veffyceent radial mixing Radius (kpc)  Radius (kpec)  Radius (kpc)
occurs for the stars over the whole disk. It is clear, howebeit
for different reasons, not necessarily well analysed y&ereint

mo B-stars e Hll—regions & Planetary nebulae
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o . ... Fig. 9. Abundance profiles from C to Ar and comparison to data from
models make dierent predictions for the profiles of metalhcnyPNg (magenta’iangleps), B-stars (greesquareyand H[?I-regions (brown

and. Of. various_abu_ndance ratios and only observations el h dot9; data sources are provided in Table 1. Model curves cooresfo
clarifying the situation. gaseous profiles at time 4, 8 and 12 GyidK), respectively.

Finally, the bottom panel of Fig. 8 illustrates another uke o
the QFe ratio to probe the evolution of the Galactic disk. As
found in KPA2014, the @e ratio declines monotonically with 3.5. Other elements
time and displays very little dispersion from radial mixiag ) )
any age. It constitutes thus a natural "chronometer" assargu Oxygen and_ iron are the most frequently obsc_arved elements in
Bovy et al. (2012) and it can be used in cases where stellar af¢ solar neighborhood and the MW disk. Their abundances (as
are not known or accurately measured. Toyouchi & Chiba (201a4funct|on of_tlme an,tda_r space) constitute important constraints
have analysed 18500 disk stars from the SDSS and HARPS $§lirthe chemical evolution of the Galaxy. The other elemelatg p
veys and plotted the e gradients as a function of the/Fe] @ marginalrole in that respect: their observations maiefyeto
starting with youngest stars (lowest/Fe] values), the gradientFe or to constrain stellar nucleosynthesis models.
first decreases, i.e. it becomes more negative and therasese  In Fig. 9 we present our results for eight more elements, with
reaching positive values. However, they found large syatem abundance profiles derived from observations of B-stars, HI
differences between the samples of the two surveys (concéggions and planetary nebulae. In most cases, availatdeadat
ing the absolute values of the gradients and the turningtpoifpr the region 4-12 kpc, with the exceptions of N and S (and,
in [a/Fe]). We display our results in the bottom panel of Fig. ®f course, O) where observations of H-1l regions and PN ekten
showing a qualitative agreement with the findings of Toyadch up to 17 kpc. The inclusion of PN, presumably covering a wide
Chiba (2014): starting with the youngest stars, théfRgradient  range of ages, increases considerably the dispersion st eve
shows first a small decline, as slightly older stellar popotes dius.
are probed (with a steeper Fe gradient because too young to beAmong the 9 elements of Fig. 9, those heavier than N are
affected by radial migration); then, older populations ardopty almost exclusively products of massive stars; Si and healie
more and moreféected by radial migration and displaying flatements receive a small, but non negligible contributiommfro
ter F¢H profiles (as also indicated in the middle panel of ou8NlIa, that we take into account through the adopted yields of
Fig. 7). The oldest stars have a nearly flatHrerofile, but we SNla from lwamoto et al. (1999). All those elements are pro-
never find a positive gradient, as Toyouchi & Chiba (2014) dduced as "primaries"”, i.e. their stellar yields depentelitin the
We stress again that a meaningful comparison to obsengtiamtial metallicity of the stars. C and N have a complex nucle
should involve models properly accounting for observatldnr osynthetic origin, since they are produced both by masside a
ases. and intermediate mass stars. Their yields from massive atar

Article number, page 11 of 15



A&A proofs:manuscript no. Paper4_v2

LI L

11

[X/H]
hHhHhHhHhHl

IR ANRNET}

L TR0 T Y T A i 7 N O I I e e v \‘H\‘\H‘\H‘\H‘H\‘H\‘HLTH‘\H‘\ e

WH HWHWTH“H“HUH T HWH

[x/H]

UH“HUH“H T

iy HLHUH

[X/H]

mmoam

O coo 9000 goo 9000 coo 9999 osoo
NoRvro ROBN _Nhop ®OBRN_Nho ®OBRN SR

[X/H]

-0.4

MHHXHMHhHhHhthM

lllllllllll
4 8 12 16 4 8 12 16 4 8 12 16 4 8 12 16 4 8 12 16
Radius (kpc) Radius (kpc) Radius (kpc) Radius (kpc) Radius (kpc)

Fig. 10. Abundance profiles from C to Zn and comparison to Cepheid(ffata Luck & Lambert (2011), except for Fe data, provided iern@vali
et al. (2014)). Model curves correspond to the gaseous @sdditer 4, 8 and 12Kick curve Gyr, respectively.

sensitive to yet poorly understood (and metallicity-defestt) data) or they are too scarce (e.g. for C) to allow for any serio
stellar properties, as mass loss and rotation. In lower stass, constrains, either on the model or on the yields. (Fig. 7 dbeid
C is produced in the shell He-burning of the AGB phase amdnel)
ejected in the ISM through the 3d dredge-up, while N may be In Fig. 10 we compare our results for all elements between
produced in the bottom of the convective envelope of the AGBand Ni to a homogeneous data set for Cepheids (Luck & Lam-
star ("Hot-bottom burning") at the expense of C. N is, in prirbert 2011), large enough for a statistically meaningful pari
ciple, a "secondary" element (being synthesized from thi@in son with models. Still, Cepheids are relatively massiv@ o)
C and O during the CNO cycle, its yield depends on the initiahd evolved stars, having gone through the first dredge-hip. T
metallicity); yet, it may be produced essentially as priyir implies that they are expected to exhibit large amounts of N a
the "hot-bottom burning" of intermediate mass AGB starsiandtheir surface, formeth situ at the expense of C, and perhaps of
fast rotating massive stars. O; Na is also possiblyfeected by H-burning in those stars. In
The yields from Nomoto et al. (2013) that we adopted in thionsequence, none of those four elements observed in Caphei
work, include yields from low-mass stars from Karakas (2010can be used as tracer of the chemical evolution of the Galaxy
but the ones for massive star concern non-rotatings starsnG (but they may certainly be used as probes of the internakaucl
the complexity of the nucleosynthesis of C and N, we considesynthesis of Cepheids).
that a dedicated study for the evolution of those two element Concerning the other elements, one sees that observed abun-
would be necessary and we do not attempt it here. dances are systematically higher than solar in the solghnei
The results displayed in Fig. 9 present similar features bmrhood (except for Mn and Ni), in rough agreement with theo-
those already discussed for O, namely a flattening of the-abuetical expectations. Our final abundance profiles are ¢jiolva
dance profiles with time (due to the inside-out formationj an agreement with the data, although the obtained slope ignn g
slightly hollow profile in the bar region at late times (duehe eral, slightly larger than the observationally inferrecgpas we
combined action of the bar and of metal-poor infall). Avhia discuss below. Finally, the Cepheid data do not extend o t
data, however, display either too largédiences (e.g. betweenbar region, as to allow us to probe the predictions of the hode
B-stars and PN for S) or too large dispersion (in the case of Riere.
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Final abundance gradients (dex/kpc)
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Fig. 11. Present day abundance gradients from H to Ni: models vsnadigms. Observations are from H-Il regions (Rudolph e2@06), B-stars
(Daflon & Cunha 2004), Planetary nebulae (Henry et al. 2004) @epheids (Luck & Lambert 2011; Luck et al. 2011; Lemaslalef013).
Model results are obtained with the model described heretaré diferent sets of yields, from Nomoto et al. (2013) Woosley & Ve 995)
and Chidfi & Limongi (2004), as indicated by the open symbols and disedsn the text.

In Fig. 11, we present a quantitative comparison of the gradihieffi & Limongi (2004) vs mass loss in Nomoto et al. (2013),
ents of all elements between H and Ni to the data set of Cepheiditfferent prescriptions for some key nuclear reaction ratelseor t
from Luck & Lambert (2011), complemented with a few othevarious mixing mechanisms and the description of the final su
data presented here for completeness. We notice, howhaér, pernova explosion. Similar fierences characterise the physics
the abundance profiles are not necessarily perfect exgafenunderlying the yields of intermediate mass stars, e.g. réng-t
to be fit by straight lines of a single slope in logarithmicepa ment of hot-bottom burning. Thoseffiirences, as well as other
In our case they are not, and the slope depends on the raufigdortant ingredients (not considered in those calcutatiike
range considered: here we take the range 4-17 kpc, to compatg rotation) make any attempt for a systematic compatigen
directly with the slopes provided by Luck & Lambert (2011) fotween sets of yields rather futile. We provide such a conspari
that same range. The other data sets correspond, howeddr, toonly for illustrative purposes, being fully aware that thesll
ferent radial ranges, making a direct comparisdhailt. theoretical uncertainties should be larger than found.héke

. . . . simply notice that, in all cases we keep the same IMF and the

In order to give an idea of the theoretical uncertainties, We, o prescription for the rate and yields of SNIa.
grg\igﬁeﬁsgelg gofr ?eldc!jfgr?rnk:en#irr]sst (())fn;hies ??on:ne Nrgcr’ggtlouestmg An inspection of Fig. 11 shows that the observed gradients
(2013) (mass ranggfor massive stars: 13-40 Msing the low- aJ)‘f all elements between C and Ni lie in the narrow range of
mass yields of Karakas (2010) (1-6@M as discussed through-dlog-x/dr ~-0.04 10 -0.06 dex kppt, with the exception of C and

’ écunously) S. Taking into account the larger error bare,dhta

\c/)\lil;gg;;ng? r\ll(\/.egcgrs(elggg)j flezt_%?Bgtzr:gethrg%S:é\;eoit\?;g'gg dt other tracers are in good agreement with those of Cepheid
Hoek & Groenewegen (1997) (0.9-8Jyffor intermediate mass Theoretical results present some features common to all set

stars. The third one adopts the massive star yields officiie ©' adoptedyields. .
Limongi (2004) (13-35 M) and those of van den Hoek & Groe- i) quasi-identical slopes for the Fe-peak elements, domatha
newegen (1997) for intermediate mas stars. All those yiatds °Y SNI&;

metallicity-dependent, but they covefigirent ranges of masses 1) quasi-identical slopes for ali-elements beyond Ne;

and metallicities. The limited cover of the mass grid by é¢ t i) a distinctive diference in the slopes of even vs odd ele-
data sets implies the need for interpolation between the lo@ents, the former been smaller in absolute value than ther.lat
mass and massive star ranges, and extrapolation betweenTgheur knowledge, it is the first time that the "odd-eveffeet
most massive star of the calculated yields and the most m@knhucleosynthesis, known tdfect the behaviour of the abun-
sive star of the adopted IMF, here taken to be 10§ khese dance ratios in low metallicity stars (e.g. Goswami & Prastz
operations introduces numerical biases in the resultsaiégg  (2000), is put in evidence in the case of the Galactic aburelan
the metallicities, the yields of Nomoto et al. (2013) arevided gradients.

for a finer grid and extend to supersolar metallicities, Heth There are also some noticeabléeliences between the vari-
tures being essential for a consistent study of the evaiuio ous sets of yields.
the MW disk. The calculations of massive stars involéedent - The yields of Nomoto et al. (2013) produce flatter profiles

ingredients, e.g. no mass loss in Woosley & Weaver (1995) afod C,N and O than those of Woosley & Weaver (1995) or @hie
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& Limongi (2004); we find that this is due mainly to te ipact obecause of the key role played by the Galactic bar in radial mi
the yields of low-mass stars (from Karakas (2010) in the farmgration according to our assumptions; it$eet on the disk is
case), which have a more pronounced "hot-bottom burniragt thfound to be negligible beyond 12 kpc, with the adopted pipscr
the yields of van den Hoek & Groenewegen (1997) adoptedtions. The &ect on the Fe profile in the inner disk is rather small
the latter two cases. (of the order of 10% and it is due to the role of SNla from long-

- the "odd-even" fifect appears to be more pronounced witlived progenitors, which have time enough to migrate awaynfr
the yields of Woosley & Weaver (1995) than with those dheir birth place.
Nomoto et al. (2013), and even more so with the yields of fihie  In Sec. 3 we present our results and we compare them to
& Limongi (2004). a large number of observational data from various metgflici

- F is a particular case, since Woosley & Weaver (1995) angcers (H-1I regions, B-stars, PN, Cepheids and openaxisjst
Nomoto et al. (2013) include thefect of v-induced nucleosyn- We notice that the data base is not homogeneous and does not
thesis during the final SN explosion, while Cflie% Limongi cover uniformly the radial extent of the MW disk.

(2004) do not. . ~_ Our abundance profiles cannot be characterised by a unique
Comparing model results to observations, one sees a signifope, since they flatten progressively towards the ousr @is
cant diset of the former - by-0.2 dex downwards - for all ele- 5 result of the adopted SFR prescription) and towards the in-
ments beyond Géxcept FeFor lighter elements, there is satisner disk (as a result of the radial flow induced by the bar). We
factory agreement (within error bars) for the even eleménts  find that the abundance profiles flatten with time, as a result o

significant discrepancy for the odd ones. ~ the inside-out formation of the disk. But the observaticrai-
Some conclusions may be drawn from the comparison lgmation of this éfect in the MW becomes impossible because
tween model and observations on the one hand, and betwgethe dfect of radial migration, which cancels and even inverts
different sets of yields on the other. First, if the systemase dit. We confirm (Sec. 3.3) the mairffect of radial migration on
crepancy 0f~0.01-0.02 dex between model results and obsefe abundance profiles found by Roskar et al. (2008), namely
vations is confirmed, some key ingredients of the model shouhe flattening of the past abundance profiles of stars, which b
be revised: this could be the case, for instance, of the tedles comes more pronounced for the older stellar populations. We
of the infall rate, which should be lower in the outer diSkrthacompare quantitati\/e|y our results (F|g 7, middle par[ethbse
adopted here (as to favour a more rapid evolution and lang@r fiof Minchev et al. (2014), who find similar, albeit somewhat-fla
abundances in that region); alternatively, a metal-eedatom- ter, abundance profiles.
position of the infalling gas could be adopted, instead effth- The evolution of our gaseous abundance profiles is in fair
mordial one adopted here. Second, itis interesting to se¢heh agreement with the extragalactic, high redshift, data dtedp
the abundance gradients present any systematic trendshgithyy jones et al. (2013), which are too uncertain at present; ho
atomic number of the element, i.e. elther_steeper profileBde eyer, to draw firm conclusions (Fig. 7, bottom panel). In Sec.
peak elements orthe "odd-evertfext. Ifth|§ turns out not to be 3 4 we present the evolution of our f&] profiles. The evolu-
the case, then the ylelds'o_f nucleosynthesis should beedeamd tion of both [F¢H] and [O/Fe] profiles, modified by radial mi-
the role of the IMF scrutinized (because more massive Stars Nyration, is encoded in the stellar populations currentispnt
duce larger ratios a#/Fe). In any case, the abundance profilgg the |ocal disk and is revealed by preliminary observatioh
of a large number of elements should be accurately establishose quantities in stars atfitirent distances from the plane of
on a radial basis as large as possible. Then, the abundamce e gisk. Our 1D model lacks the dimension vertical to theela
files could be used to probe stellar nucleosynthesis, a faj@p  that would allow us to perform a meaningful comparison tdsuc

already by abundance ratios in low metallicity halo stars.  gbservations, but the results discussed in Sec. 3.4 arealitaju
tive agreement with the data (the profiles are expected tefflat
4. Summary with distance from the plane).

_ _ In Sec. 3.5 we present our results for all elements between
In this work we study the abundance profiles of elements bg-and Ni. From the theory point of view, we stress the system-
tween H and Ni in the MW disk, using a semi-analytical modelic differences in the final abundance profiles due to tiemi
involving radial motions of gas and stars. We adopt pards®r ent sets of stellar yields (the physics of both low and higlssna
descriptions of those radial motions, which are based od{b stars still sifering by several uncertainties). We find a rather
simulations for the case of stars and on a simple analytieal pgood agreement with observationally derived slopes of abun
scription for the gas radial velocity profile and are insgit®/  dance profiles (assuming they can be described by a singte exp
the presence of a bar in the Milky Way. Other key ingrediefts fential) but also some systematifdiences (see Fig. 11: in par-
the model is the assumption of a SFR dependent on the molggualar, we obtain slopes systematically 0.01-0.02 degdafin
ular gas and the use of a fine grid of recent stellar yields frofhsolute value) than the observed ones. We argue that ffés di
Nomoto et al. (2013), which include up-dated yields of lowence, if definitively established, could be cured by somésien
mass stars from Karakas (2010) and cover a large rangeiaf inipf basic ingredients of the model, namely the need for smialle
metallicities. The model reproduces successfully a lang®-n fall timescales in the outer disk or a non-primordial conifios
ber of observations concerning the solar neighborhood la@d for the infalling gas. We also find an interesting "odd-eveffect
disk of the MW, as discussed in KPA14; they include the |af larger slopes for odd elements. This metallicity-depaicf-
cal age-metallicity relation and metallicity distributicthea/Fe  fect, already discussed in the context of abundance rafies X
vs FgH relation and the surface density profiles of the thin anghlo stars, is found here for the first time and it is generéc,if
thick disks, as well as the profiles of stars, SFR, Hl anddtd concerns all sets of stellar yields. However, it does noeappn
the total amounts of gas, stars, SFR, CCSN and SNla rates inttie observational data; if observations are confirmed, soeme

disk and the bulge of the MW. _ _ of the stellar nucleosynthesis results should be revised.
In Sec. 2 we present the key model ingredients and we show

how the radial motionsfeect the profiles of stars, gas, SFR, SNIAcknowledgmentsEA acknowledges financial support to the
and Fe. We find that theffect concerns mainly the inner disk DAGAL network from the People Programme (Marie Curie Ac-
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2011-289313 and from the CNES (Centre National d’Etud
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Conclusions et perspectives

4.1 Synthese des résultats obtenus

La migration radiale des étoiles dans les disques galactiques, est un sujet de recherche récent
mais qui a pris de plus en plus d'importance au cours de ces dix derniéres années, en particu-
lier depuis le travail de Sellwood & Binney (2002), qui ont révélé que la migration pourrait jouer
un réle majeur dans I'évolution des galaxies. En effet, I'étude théorique de ce phénomene phy-
sique (al'aide de simulations N-corps+SPH ou semi-analytiques) montre qu'il est susceptible
de modifier le paradigme de I'évolution galactique, et de brouiller les marqueurs observa-
tionnels classiquement utilisés pour reconstruire I'histoire galactique. Il a été montré que la
migration radiale affecte en particulier les observations locales ou globales de la composition
chimique des étoiles du disque (profils d’abondances, relation age-métallicité, distributions
en métallicité), les observations cinématiques (la dispersion de vitesse des étoiles pourrait étre
modifiée lorsqu’elles migrent radialement), la composition chimique du milieu interstellaire
(par la migration des progéniteurs de SNIa et des étoiles de masses intermédiaires), et méme la
morphologie du disque (disque épais, profils photométriques des disques). Limpact de la mi-
gration est donc potentiellement considérable, et nécessite des études théoriques minutieuses
des différents effets qu’elle produit, afin de mettre en évidence les indices observationnels qui
pourraient étre utilisés pour quantifier son amplitude et pour pouvoir reconstruire 1'histoire
des disques.

Dans ce contexte, les observations de la Voie Lactée sont d'une grande importance, car il
est possible de résoudre les étoiles individuellement, et d’estimer leurs ages, leurs distances,
leurs vitesses, ainsi que leur composition chimique. La Voie Lactée sert donc de laboratoire
pour tester les modeéles d’évolution galactique, en comparant les résultats aux nombreuses
observations disponibles.

Dans ce travail, nous avons étudié la migration radiale des étoiles dans les disques galactiques,
et analysé ses effets sur 1'évolution de la Voie Lactée. Ce travail s'inscrit dans la lignée de
différentes études sur la migration, portant a la fois sur la dynamique de la migration et
sur son impact sur I'évolution chimique galactique. Pour mener a bien cette étude, nous
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Chapitre 4. Conclusions et perspectives

avons utilisé deux types d’outils : d'une part une simulation N-corps+SPH afin d’étudier les
mouvements des étoiles dans un modele galactique réaliste, et d’autre part des simulations
semi-analytiques d’évolution des disques, que nous avons utilisées pour construire un modele
détaillé de I'évolution de notre Galaxie.

Létude de simulation N-corps+SPH nous a permis de mettre en évidence un nouveau méca-
nisme de migration radiale dans les galaxies ayant une barre centrale en évolution séculaire.
Nous avons montré que ce mécanisme concerne peut d’étoiles, mais que dans certaines
conditions, il peut entrainer les étoiles vers I'extérieur sur de treés longues distances, et affecter
ainsi les observations des régions externes des disques. Toutefois, ce nouveau mécanisme ne
devrait avoir que trés peu d’influence sur I'évolution de la Voie Lactée. Aussi, grace a 'analyse
de cette simulation, nous avons pu dériver des coefficients de diffusion stellaire dépendant du
rayon galactocentrique et du temps, permettant de construire un modéle de migration radiale
paramétré par ces coefficients.

Nous avons introduit cette description parametrisée des déplacements radiaux des étoiles
dans un code semi-analytique d’évolution chimique galactique, et ainsi simuler I'impact de
la migration radiale sur I'évolution des disques. Nous avons montré que notre méthode de
"post-processing" des simulations N-corps+SPH par des simulations semi-analytique permet
d’étudier avec précision et avec plus de détails I'évolution chimique des galaxies simulées
en N-corps+SPH, qui ont généralement une chimie assez rudimentaire. Nous pouvons ainsi
étudier un plus grand nombre d’éléments/isotopes, les effets d'une variation de 'IMF ou du
taux des SNIa, etc.; cette étude détaillée est impossible en pratique avec un code N-body.
Nous avons montré en particulier que ’Approximation du Recyclage Instantané utilisée dans
les simulations N-corps ne permet pas une modélisation précise de I'évolution chimique, car
elle ne permet pas aux sources de nucléosynthése de longue durées de vie (e.g. SNIa ou étoiles
de masse intermédiaire) de migrer dans le disque. Grace a notre modéle semi-analytique
augmenté de la migration radiale, nous avons réalisé la premiere étude de I'impact de la
migration des sources de nucléosynthese, et montré que le déplacement de ces sources peut
avoir un impact significatif sur I’évolution du gaz interstellaire, en affectant la production du
Fe par les SNIa ou des éléments s- par les étoiles de masse intermédiaire.

Sur la base de ces travaux, nous avons ensuite construit un modele semi-analytique de 1'évolu-
tion de la Voie Lactée, incluant les effets de la migration radiale (en ajustant les coefficients de
diffusion mentionnés plus haut). Dans ce modele, nous avons inclu de nouveaux ingrédients,
qui le différencie des modeles proposés jusqu’alors : un taux de formation stellaire dépendant
du gaz moléculaire, des rendements stellaires ("yields") récents, bien adaptés au cas de la Voie
Lactée, une migration radiale séparée en deux composantes (un "blurring" analytique tiré
de I'approximation épicyclique, et un "churning" modélisé avec des coefficients de diffusion
inspirés par I'analyse d’'une simulation N-corps). Notre modele est validé par la comparaison
des résultats a des nombreuses données observationnelles de la VL, concernant aussi bien les
parameétres globaux (masse du gaz et des étoiles, taux de formation stellaire, taux des super-
novae, etc.) et leurs profils radiaux que le voisinage solaire. En passant, nous trouvons que
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4.1. Synthese des résultats obtenus

I'évolution de la VL est tout a fait "typique", comparée a I’évolution "moyenne" des galaxies
disques analogues, observées a redshift élevé.

Par la suite, nous analysons les effets de la migration radiale sur I'évolution de la Voie Lactée.
Nous montrons que les mouvements épicycliques ne sont pas suffisants pour expliquer la
dispersion observée dans la relation age-métallicité du voisinage solaire, et que d’autres
mécanismes sont nécessaires (du moins, dans le cadre de notre modele). Nous montrons que
les effets de la migration peuvent étre observés dans cette relation et nous suggérons que les
futures études observationnelles devraient porter une attention particuliére a ce marqueur.

Nous retrouvons certains résultats déja obtenus par d’autres équipes : la distribution en
métallicité des étoiles du voisinage solaire ne peut pas étre reproduite sans migration radiale
(les étoiles les plus metalliques du voisinage solaire ne peuvent étre formées locallement mais
dans les zones internes), le voisinage solaire est constitué d'un mélange d’étoiles d’ages variés,
chaque tranche d’age ayant des distributions en métallicité aseez larges, et par conséquent
il n'y a pas de relation unique entre age et métallicité des étoiles locales (conformément aux
observations).

Nous montrons qu’'un critere simple sur 1'age des étoiles pour distinguer le disque mince
du disque épais (le dernier correspondant a des étoiles plus agées que 9 Gyr) permet de
reproduire de facon satisfaisante la morphologie des deux disques (densité stellaire locale,
échelle de longueur), ainsi que la double branche caractéristique observée dans le plan [a/Fe]
vs [Fe/H] au voisinage solaire. Dans le cadre de ce modele, la migration radiale joue un role
important dans la formation du disque épais en dispersant dans une large partie du disque
les étoiles vieilles et peu métalliques des régions centrales, qui sont formées en premier. Nos
résultats vont donc dans le sens d'une formation du disque épais par des processus d’évolution
séculaire du disque, selon I'idée avancée par Schonrich & Binney (2009). Toutefois, comme
nous n’avons ni la dimension verticale, ni la cinématique stellaire dans notre modéle, nous
ne pouvons pas analyser les autres propriétés caractéristiques du disque épais et établir une
conclusion plus solide.

Enfin, nous analysons les profils radiaux d’abondances dans le disque de la VL avec notre
modele, et nous comparons avec un grand nombre d’observations concernant divers éléments
chimiques. Nous retrouvons le fait que la migration radiale peut aplatir ces profils avec le
temps (initialement démontré par Roskar et al. (2008a)), les effets les plus marqués étant
obtenus pour les populations d’étoiles les plus vieilles, qui ont plus de temps pour se déplacer
et donc pour se mélanger dans le disque. En raison de cet effet de la migration radiale, il
s’avere impossible d’observer directement les profils passés d’abondances chimiques dans
les populations stellaires ; seule une étude combinant modeles et observations (en fonction
de la distance au plan galactique, les populations les plus vieilles étant situés plus loin que
les populations plus jeunes, en moyenne) permettrait de déduite I'histoire passée de la Voie
Lactée.

Avec notre modele, nous avons pu étudier 'impact des grilles théoriques de rendements
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stellaires : nous montrons que les gradients d’abondances chimiques observés sont assez bien
reproduits quels que soient les modeéles de rendements stellaires utilisés, mais nous notons
un écart systématique de 0.01-0.02 dex/kpc entre les modeles et les observations pour les
éléments plus lourds que le Ne. Cela pourrait impliquer la nécessité d'une modification des
certains ingrédients de notre modele de la Voie Lactée. Nous obtenons également un effet
générique (valable pour toutes les grilles des rendements stellaires étudiés), lié a la parité du
numéro atomique des éléments chimiques, qui n’est pas présent dans les observations. Ce
dernier résultat est important car, s’il est confirmé, il impliquerait que certains aspects des
modeles de rendements stellaires devraient étre revus.

4.2 Perspectives
Les travaux réalisés lors de cette theése ont plusieurs suites possibles.

En premier lieu, il serait intéressant de continuer & améliorer notre modele semi-analytique
en ajoutant notamment la dimension verticale du disque. Cette étape nécessiterait une étude
préalable de I'impact de la migration radiale sur la dispersion des vitesses radiales et verticales
al’aide de simulations N-corps (en continuité de I'étude menée par Minchev et al. (2012)),
afin d’élaborer un modele quantitatif liant le déplacement radial aux dispersions de vitesses,
qui puisse étre inclus dans le code semi-analytique. Et également d’inclure la cinématique
des étoiles, peut étre en se basant sur I’approximation épicyclique, ce qui pourrait peut étre
résoudre également le probleme du couplage entre migration et dispersions de vitesses (a
condition de savoir quelle quantité se conserve lors de la migration (Minchev et al., 2012)).
Cette amélioration du code, pourrait en particulier permettre une étude plus approfondie du
lien (éventuel) entre le disque épais et la migration radiale,

Toujours dans la continuité de ces travaux sur I’évolution chimique, nous avons entrepris
d’introduire dans le code de simulation N-corps+SPH (Gadget3) une description plus réaliste
de I’évolution chimique (pas d’approximation de recyclage instantané, inclusion d'une dou-
zaine d’isotopes, des SNIa avec un taux déduit des observations). Cette amélioration du code
est importante car elle permettra d’étudier I'interaction entre migration radiale et évolution
chimique de facon plus précise qu’'avec les méthodes de "post-processing" par les simulations
semi-analytiques. Cependant, ces dernieres resteront indispensables pendant longtemps
encore, pour une étude détaillée des différents parametres (impact des grilles des rendements
stellaires, de 'IME du taux des SNIa etc.)

Concernant 'impact de la migration sur I’évolution des galaxies, une future étude pourrait
concerner les propriétés des disques extragalactiques. En effet, les phénomeénes a I'origine
des différents traits morphologiques peuvent résulter autant de processus internes (présence
de sous-structures induisant de la migration radiale, interactions avec le halo de matiere
noire, taux de formation stellaire, écoulements du gaz) que de processus faisant intervenir
I'environnement externe des galaxies (accrétion de gaz extragalactique, interaction gravita-
tionnelle avec des galaxies satellites, fusion de galaxies). Une telle étude pourrait porter sur les
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principaux traits morphologiques des disques : échelle de longueur des disques exponentiels,
brisure des profils de densité surfaciques, profils de couleurs en "U", et disques épais. Les
questions auxquelles il serait possible de répondre sont les suivantes : quelle est I'origine de
ces traits caractéristiques ? Comment sont-ils liés a la présence de sous-structures dans les
disques ? Quel est le role de la migration radiale des étoiles dans leur formation ? Et si possible,
quel est le role joué par I'environnement extragalactique ? Il pourrait notamment étre possible
d’étudier I'impact du nouveau mécanisme de migration que nous avons mis en évidence, sur
I’évolution des régions externes.

Enfin, concernant I'histoire de la Voie Lactée, nous avons vu que la migration radiale empéche
I'interprétation directe des observations, et qu’il est nécessaire de construire des modeles
combinant les différents processus a I'’ceuvre lors de son évolution, et de comparer les résultats
aux données observationnelles afin de reconstruire I'histoire de la Galaxie. Dans ce cadre, il est
a noté que seulement une petite partie de la Voie Lactée a été observée de facon systématique,
par les relevés RAVE, SEGUE et APOGEE. Cette région s’étend jusqu’a des distances de 2-3
kpc autour du Soleil. Par conséquent, les futures données astrométriques de Gaia (couvrant
des distances atteignant ~10 kpc autour du Soleil, avec des erreurs de ~10% seulement),
complémentées par les données spectroscopiques de 4MOST, permettront de contraindre
les modeles sur un plus grand volume de la Voie Lactée. De plus, ces données permettront
des études précises en fonction de I'age des étoiles, de leur position (et notamment leur
éloignement au plan Galactique), de leur cinématiques, et de leur composition chimique. Les
futurs grands relevés fourniront donc des contraintes plus fortes sur les modeéles d’évolution,
et ainsi, permettront de reconstruire plus finement I'histoire de notre Galaxie.
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